
Thesis for the degree of Doctor of Philosophy

Molecular observations at high and low redshifts

with the Odin satellite

CARINA M. PERSSON

Department of Radio and Space Science
CHALMERS UNIVERSITY OF TECHNOLOGY
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Molecular observations at high and low redshifts
with the Odin satellite
CARINA M. PERSSON
Department of Radio and Space Science
Chalmers University of Technology

Abstract

The papers in this thesis have the aim of expanding our knowledge of different pro-
cesses related to star formation in the early Universe and at present times. A complex
chemistry occurs in star forming clouds and by observing molecules, information about
the necessary physical and chemical conditions for star formation can be obtained. Our
main focus is to observe the important water molecule using the Odin satellite since the
strongest transition at 557 GHz is not observable using ground-based telescopes.

The first two papers describe a spectral line survey in a previous unobserved spectral
range towards the well-known Orion KL star forming nebula, covering a 42 GHz wide
frequency band. We found 280 spectral lines from 38 species, and additionally 64 lines
which remain unidentified. Water is very abundant in the powerful molecular outflows,
while less abundant in the extended quiescent gas cloud. In addition to H2O, we observed
H18

2 O and, for the first time in the interstellar medium, also H17
2 O. Remarkable similar-

ities are found between the outflow emission observed from the water isotopologues and
those of SO2 and SO.

The third paper covers observations towards the star forming region within the molec-
ular cloud S140. Here we focused the observations on three species: H2O, NH3, and CO
including the isotopologues 13CO and H18

2 O. The observations were performed at five
positions to reveal emission changes moving across the star forming center towards the
edge of the cloud. The water abundance is found to be about 100 – 1 000 times lower
in the outflows as compared to Orion KL, but is similar in the extended cloud. The
emissions of water and ammonia in the extended cloud show a striking similarity.

Paper IV describes our searches for weak signals emitted from molecules before the
first stars were born during the cosmic Dark Ages. Star formation during this epoch
differs substantially from star formation at present times, due to the extremely low
molecular abundances. No observational evidence exists today from this epoch, and the
search is extremely difficult. A detection would, however, be of utmost importance and
would for the first time give direct evidence about the beginning of structure and star
formation in the Universe.

Keywords: ISM: abundances – ISM: molecules – ISM: individual (Orion KL) – ISM:
individual (S140) – Radio lines: ISM – Submillimeter – Line: profiles – Line: formation
– Cosmology: early Universe – Cosmology: observations
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E.S Wirström, Carina M. Persson, Å. Hjalmarson, J.H. Black, P. Bergman,
W. Geppert, M. Hamberg, E. Vigren
IAU Symposium 251: Organic Matter in Space, Hong Kong (2008)

From molecular oxygen to primordial molecules with the Odin satellite
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Preface

”If I had been present at the creation,
I would have recommended a simpler design for the Universe.”

The Spanish monarch Alphonso X (1221 – 1284) complained about the tedious
work and difficult calculations required to revise the tables of planetary motions.

One look at the stars a dark and clear night a long time ago and I was lost in
the magic of the Universe. The infinity and the silence is the cradle for questions.
What is really out there? What is our true place in the Universe? How did it all
begin and will it have an end? What made our existence possible and does life
on other planets exist? The more I learn, the more questions come into my mind.
And I believe that this is the heart of science – to ask the right questions. When
the Greek philosopher Thales 2 600 years ago asked the question ”What is the
Universe made of?” without resorting to supernatural explanations, the question
became very powerful. Even though his answer was not correct; the Earth is a
flat disk on an infinite ocean and the Universe basically consists of water; the
question continued its own life. Even though some of our answers might be wrong
or incomplete, the questions continue to drive our imagination and research. And
the base of all our progress and efforts in history is the conviction that the Universe
is inherently understandable and can be explained by simple physical laws which
apply throughout the Universe. Today, we still do not know the complete answer
to Thales’ question about the Universe. The present dominating theory is, that
in addition to the well-known normal matter, 24% of the Universe consists of an
unknown form of dark matter. The remaining 72% of the Universe is composed of
an even more mysterious ingredient referred to as dark energy.

The Greek community was the first known one that tried the scientific method.
They were allowed to think creatively and most importantly: all new ideas were
open to challenge. It was also during this time that mathematics, the language of
science, started its first development. The Greeks also believed that ideas must
be consistent with observations and be as simple as possible. Science is, however,
performed by human beings who all have their own personal beliefs and biases.
This may influence the way they perform the experiments or what questions they
ask. But even if this sometimes may lead science in the wrong direction, eventually
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other scientists will uncover the mistakes. Or if a new seemingly crazy idea is
not accepted, if the idea is correct it will survive and eventually come up again.
Around 260 B.C. the Greek scientist Aristarchos suggested a Sun-centered system,
but he was not able to convince his contemporaries of his theory. After 1 800
years Nicholaus Copernicus developed the idea further, but still it did not fit the
observations better than the old Earth-centered model since he believed that the
planets moved in perfect circles. The lack of high-quality observations did not
allow a verification of the planetary orbits. However, the theory provided a much
simpler explanation of the apparent motion of planets, which was very appealing.

The required high-quality observations were finally performed by the Danish
astronomer Tycho Brahe (1546 – 1601), which in 1610 enabled Johannes Kepler
(1571 – 1630) to derive his famous laws about planetary motions still taught in
class-rooms today. Kepler trusted Brahes’ observations which forced him to aban-
don ancient ideas of perfect circular orbits in favour of elliptical orbits. This event
marked another transition: models must fit the observations and even small devi-
ations can lead to new discoveries.

Galileo Galilei (1564 – 1642) was a physicist who also was not satisfied with just
trusting ancient beliefs without proof. Instead he performed experiments that later
helped Isaac Newton (1643 – 1727) to formulate the laws of motion and gravity.
This again demanded more insight of physics and further developed mathematics.
Newton showed that Kepler’s laws are natural consequences of the laws of motion
and gravity, and explained why the planets moved in elliptical orbits. This is a
good example of a scientific model that both explains and makes accurate and
verifiable predictions about natural phenomena.

The year of 2009 is the International Year of Astronomy and marks the event
400 years ago when Galileo Galilei for the first time used a telescope, invented in
1608 by the German-Dutch lens maker Hans Lippershey, to discover the Universe.
For the first time ever, the four moons orbiting the planet Jupiter, the sunspots on
our Sun, craters on the surface of our Moon, and the phases of the planet Venus
were seen. This was the absolute death blow for the Earth-centered view that had
been believed in since ancient times. Galileo showed that the wandering lights on
the sky were in fact real planets, new worlds other than our own, and that we
indeed did not live at the center of the Universe. It took another 360 years until
mankind actually walked on another world, our Moon, on July 20, 1969, and thus
we celebrate the 40th anniversary of this event in 2009.

My hope is that the quest for knowledge is what characterises mankind. Those
of us who are lucky enough to be able to study and practice science are led to
wonder about the Universe and our place in it, even when each step towards new
knowledge is bound up in tedious details.



Chapter 1

Setting the scene

On the Origin of Species by Means of Natural Selection was published by Charles
Darwin in 1859 and provided an explanation of the evolution of life on Earth. But
this is not the true beginning of the story. The true beginning lies in space with
the creation of stars, planets and galaxies in the gas originating from the Big Bang.

Not so long ago it was believed that stars are eternal. But in the beginning
of the 20th century, disturbing evidence began to show that the Universe is not
static at all, but is constantly evolving much like living organisms. This includes
the birth, life and death of stars.

Our galaxy, the Milky Way, consists of hundreds of billions of stars, and in
between them there is an important component of gas and dust particles called
the Interstellar Medium (ISM). Of all visible matter in our Galaxy approximately
one sixth is composed of interstellar gas and dust. There are a number of good
reasons to study the ISM. First, it all starts here. Deep within cold molecular
clouds stars and planets are born. Without a good knowledge about the birth,
life and death of stars, it is very difficult to learn anything about the rest of the
Universe, including the origin of life and our own existence. Therefore, we need
to know more about the formation of stars and their subsequent evolution which
implies a study of the ISM.

Some 60 years ago the ISM was poorly known and star formation was still a
big mystery. How is it possible for such huge objects as stars to form? The most
natural explanation is gravity. But at the time it was a common belief that the
density of atoms in the ISM was too low for molecules to form. The density of
the interstellar medium was thought to be billions of billions less than the air we
breathe. In such tenuous gas it would not be possible for gravity to form a star.

Since stars are born deep within dark clouds, opaque to visible light, and in
addition so far away that we cannot resolve the stars, astronomers had to find
clever ways to find some answers. A powerful tool is the nature of light. In
the 19th and 20th centuries the interaction between electromagnetic radiation
and matter became evident by a number of experiments. Molecules and atoms
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radiate at precise wavelengths which form a unique fingerprint for each species.
And though it had been believed to be impossible for molecules to exist at all in
the ISM, the first detections of diatomic molecules were performed in the 1930s
when absorption lines of the cyanide radical (CN), methylidyne (CH), and ionised
methylidyne (CH+) were found in the optical wavelength regime. But, still there
was no evidence of larger molecules showing the existence of the even denser clouds
needed for star formation, even though there were some indirect observations.

The most common radiation at short wavelengths in the optical and infrared
regimes is from atoms, whereas molecules mostly radiate from cold molecular
clouds at decimetre to millimetre wavelengths in the radio regime. This com-
plicates observations since ordinary optical devices cannot be used for such long
wavelengths. In addition, the extremely weak signals also demand very sensi-
tive receivers. Hence, detections of larger molecules had to await the dawn of
radio-astronomy starting in the 1950s. In 1963, the rapid development of radio
detectors enabled the first detection of the OH molecule, which marks the begin-
ning of molecular line radio astronomy. And finally, in 1968 and 1969, ammonia
(NH3) and water (H2O) were discovered in the interstellar medium. This showed
for the first time the existence of dense clouds, even though very thin compared
to Earth standards.1

Any theory explaining star formation must also consider the temperature in
addition to density. Any increase in temperature will counteract gravity, creating
an outward pressure which will stop the collapse. If you have ever used a bicycle
pump you know that it gets warmer when the air is compressed. This is a good
example of thermodynamics and applies to bicycle pumps as well as the huge gas
clouds in the ISM which can be as big as several light-years across. When a gas
cloud contracts and the size decreases the temperature will increase, regardless of
size. Thus the collapse will halt unless the cloud can somehow lose energy. This
can be performed with the help of molecules.

When the temperature increases in a contracting gas cloud the molecules radi-
ate away the increasing kinetic energy thereby keeping the temperature constant,
which in turn allows further collapse. Molecular hydrogen (H2), the most abundant
molecule of them all, is able to cool the cloud to about 200◦ C. Star formation,
however, requires several hundred degrees lower temperatures. Carbon-monoxide
(CO), discovered in the 70s, is a well-studied and important molecule for many
reasons, and has the ability to cool the gas to the required low temperatures.
However, it cannot do the job alone.

Besides being key molecules for life, both water and molecular oxygen (O2)
have the potential of being important coolants in the star formation process, and
hence in the evolution of the interstellar medium. As such they have drawn a
lot of attention and many attempts have been made to observe these molecules.
One major difficulty is though that they are very difficult to observe from ground

1Dense clouds in space are about as dense as our best vacuum on Earth!
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since the atmosphere is completely opaque around the wavelengths of the most
interesting transitions. Such observations therefore have to be performed from
space. The first attempts were made with balloon experiments in the early 1990s
with little success. A few years later space satellites were launched to observe
water and molecular oxygen from orbits around the Earth: the ESA Infrared Space
Observatory satellite (ISO, 1995-1998), the NASA Submillimeter Wave Astronomy
Satellite (SWAS, 1998-2004), and the Swedish-led Odin sub-mm satellite (launched
in 2001, see figure on the front cover).

The main goal of these space missions has been to determine the composition
of interstellar clouds and the amounts of molecular oxygen and water, which also is
important for the chemistry. Another purpose was to improve the understanding
of the early stages of star formation by establishing the means by which these
clouds cool as they collapse to form stars and planets. All three missions have
been very successful in observing water in many different celestrial objects: cold,
warm or shocked gas in star forming regions, the circumstellar environment around
old stars, the thin atmospheres of Mars and Jupiter, as well as in comets.

At the Onsala Space Observatory we have been working with data from the
Odin satellite resulting in a number of interesting scientific papers. One example
is the detection of molecular oxygen which had been unsuccessful until 2007, when
the Odin team could claim a detection in a molecular cloud after hundreds of hours
of observation. The reason for the difficulty to detect molecular oxygen seems to
be a several thousand times lower abundance than predicted by chemical models.
In this thesis, molecular oxygen will not be discussed any further since most of my
work has been focused on water in star forming regions.

The following chapters will expand this field into a more detailed level to give
a background and introduction to the appended papers. A short introduction
to radiative transport and explanation of some simple relations are found in the
appendix for the non-familiar readers, followed by the references and a short list
of useful databases.
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Chapter 2

The Interstellar Medium

2.1 Introduction

What are the constituents of the ISM and how do they affect star formation? Does
star formation in turn affect the ISM? Is there a connection between the chemistry
of dense interstellar clouds and the cometary and planetary matter that could be
their remnants?

The search for answers to questions like this is complicated by the fact that the
ISM is certainly not a homogeneous medium with equal density and temperature,
or constituents, spread evenly throughout the Galaxy. The very dilute gas is
observable by means of its emission lines and by the absorption of starlight that
travels through it. The signals are often very weak and the radiation and gas
particles are mostly not in equilibrium with each other, which complicates the
analysis. In addition, the composition of ISM also changes with time.

The origin of these changes can be tracked into the deep and hot interiors of
stars. During their lives, the stars burn hydrogen and helium in different nucle-
osynthesis processes in their hot cores, creating heavier elements by which they
enrich the ISM at the end of their lives. Gas is also lost in stellar winds by the stars
during their entire lifetimes. Almost everything in the Universe is thus recycled,
except for the collapsed remnants of stellar cores like white dwarfs, neutron stars,
and black holes. The result of this recycling is that a small fraction of the chemical
composition of the gas is altered by the nuclear processes.

From the beginning in the early Universe, the primordial composition of the
ISM was, by mass, about three fourths of hydrogen and one fourth of helium, with
trace amounts of lithium. Today, the relative amounts of hydrogen and helium
are about the same, but with an additional small and very important fraction
of 1 – 2% of the heavier elements. These elements are created in different ways.
Almost all elements from helium to iron in the periodic system are synthesized
in nucleosynthesis processes in the hot cores of stars. For instance, in our Sun,
the proton-proton chain which is effective for T & 10millionK, combines four

7
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hydrogen nuclei into helium in a series of reactions. Synthesis of larger atoms
demand even higher temperatures. To produce carbon or oxygen from helium
in the triple alpha process temperatures above 100 millionK is required. The
creation of elements heavier than iron do not produce energy, but instead demand
so much energy that the only way to synthesize them is in the moment when a
very massive star explodes as a supernova. Our very existence therefore requires
that a high-mass star has exploded as a supernova in the solar neighbourhood
before the birth of our solar system. The dispersed elements from this supernova
was later incorporated into our Sun and planetary system. Studies of the relative
elemental abundances of the ISM can therefore give us information about the age of
stars, chemical evolution in our Galaxy, and the history of star formation including
different types of supernovae.

There also exists a complex chemistry in the envelope of old stars, on the surface
of dust grains, in comets and planets, and in the gaseous clouds throughout the ISM
that produce molecules. In fact the ISM can be considered as a unique chemical
laboratory characterised by very low densities and temperatures not available on
Earth. Species which are highly reactive and chemically unstable on Earth can
therefore be quite abundant in some parts of the ISM. These include ions like
HCO+ and radicals like OH, CH and CN. In fact, the HCO+ ion was first observed
in the ISM and only later observed and confirmed in the laboratory. In this way
studies of a chemistry otherwise not accessible is possible.

Determining atomic and molecular abundances in the ISM, of for example
deuterium, is also a way to obtain information about what happened shortly after
the Big Bang. When the Universe was only a few minutes old the three lightest
elements hydrogen (H), helium (He), and lithium (Li) were created. Since the only
known efficient process of deuterium production is the Big Bang Nucleosynthesis
(BBN), almost all existing deuterium today must be a relic from the Big Bang.
Measurements of the deuterium abundance may thus be used to constrain the
event of the original production in the BBN.

2.2 Dust grains and ices

In addition to the gas the ISM contains approximately ∼1% by mass of small dust
particles (0.01µm-1µm). These dust particles are solids composed mainly of silicate
minerals, graphite, and amorphous carbon (soot). There is also evidence that
the interstellar medium contains polycyclic aromatic hydrocarbons (PAHs), which
show some properties of both gaseous molecules and small, solid particles. The
distinction between gaseous molecules and solid-phase particles becomes blurred
when 50 to 100 atoms are bound together. The dust grains form in the outer
part of the atmosphere of old, low temperature stars together with molecules.
The radiation pressure from the star on the dust grains drives a circumstellar
wind away from the star which injects the dust and gas into the ambient ISM.
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Supernova shock waves also distribute the dust over large scales, and thus the
dust and gas are subsequently mixed into the ISM.

Dust particles are a very important part of the ISM for several reasons. For one,
they can absorb and scatter energetic photons. This shields the interior parts of a
cloud and enables molecules to survive. This absorption of ultra-violet (UV) and
visible radiation heats the grains, causing them to radiate at infrared wavelengths,
which in turn heats many molecules including water. Electrons can also be ejected
from the grains, which is an additional important heating source of the gas.

Another important issue concerns the formation of molecules. Molecules can
form in the gas-phase (see Sect. 2.3), but many reactions require a precursor
molecule. These molecules can be provided by the complicated chemistry oc-
curring on the surface of dust grains, including almost all of the production of
molecular hydrogen. At low temperatures, a gas-phase atom may stick to a grain,
migrate over the surface, and when a reaction partner is found a molecule may
form. The probability for a reaction to occur increases on a dust grain since the
environment prolongs the collision time of the elements. The formation rate of the
molecules primarily depends on the nature of the grain surface, which can be very
different, and temperature.

In colder regions the surface is often covered with a layer of volatile material.
This is typically composed of ices of water (H2O), carbon dioxide (CO2), methanol
(CH3OH), carbon monoxide (CO), methane (CH4), ammonia (NH3), and carbonyl
sulphide (OCS). Water ice is the dominant species and carbon dioxide the second
most common with about 20 percent of the water abundance. Gas-phase carbon
dioxide is, however, surprisingly rare. The icy grain mantles can be acquired
through the slow, but efficient, accretion of species in the gas-phase. The time
for removal from the gas-phase to the dust is about one billion years divided by
the hydrogen number density. With a density of 10 000 cm−3, the depletion time
scale is only about 100 thousand years, which is less than the expected lifetime of
the dense cores in Giant Molecular Clouds (more in Sect. 2.5). This depletion is
very important to take into account when we make predictions of the molecular
abundances in the gas-phase.

Molecules on the dust grains, created either on the grain or adsorbed from the
gas-phase, will most likely not stay on the dust grain for ever. They can leave
the dust grains by different methods, involving energy injections or destruction
of the dust by shocks. Molecular hydrogen production releases a large amount
of energy by which the H2 molecules promptly desorb from the grain into gas-
phase. This may also heat other parts of the grain which thereby may release
other weakly bound molecules such as CO and N2. Energetic radiation from new-
born stars may also heat the grains, again causing molecular desorption. Since
different species require different desorption temperatures, observations of star
forming regions that are warming up, may use the observed relative molecular
abundances as a ”chemical clock” for the age and mass of the protostar.
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2.3 Atoms, molecules and astrochemistry

Our understanding of the ISM is built upon observations of interstellar atoms,
ions and molecules and the study of their formation routes – astrochemistry. More
than 150 confirmed detections of molecules have been made in interstellar space,
circumstellar envelopes of old stars, comets and on planets as seen in Table 2.1.
Many more probably await future detections. Compounds of the elements which
are chemically reactive and have high abundances; hydrogen (H), carbon (C),
oxygen (O), and nitrogen (N); constitute the major part of the detected molecules.
Even though helium (He) is present in large amounts in the ISM, this atom is
very stable and does not easily take part in chemical reactions. Even though its
chemical role is small, it must be taken into account when modelling excitation
conditions in the gas-phase due to collisions between He and other species. The
first molecule to form in the Universe was also likely composed of helium, He+

2 .
Molecules that form from heavier refractory elements, such as sulphur (S), silicon
(Si) or magnesium (Mg), often reside on dust particles.

The overwhelmingly most abundant molecule of them all is molecular hydrogen
(H2) which constitutes about 99.99% of all molecules. Despite its large abundance
it is very difficult to detect. The easiest way of detection is to observe transitions
radiating in UV, and such observations have provided a vast amount of information
on diffuse and translucent molecular clouds. The rotational transitions radiating in
the infrared, are on the other hand forbidden due to the symmetry of H2, and are
therefore intrinsically weak. These transitions have been observed, to study both
cold, dense molecular gas in absorption and warm (T∼1 000K) gas in emission.
The H2 emission from cold and dense clouds is, however, only visible in places
where there are sufficiently bright, background infrared sources to allow absorption
spectroscopy. As a consequence, much of the content in cold molecular clouds
is invisible. The solution to this problem has been to observe the second most
common molecule, carbon monoxide, which seems to have a co-spatial existence
with H2. The abundance of CO relative to H2 is rather stable and is about one
part in ten thousand. The CO molecule is easily excited at modest densities and
temperatures and also very tightly bound, and is therefore an excellent probe of
cold molecular clouds. Other very familiar molecules detected in the ISM include
water, molecular oxygen, methanol, ethanol, ammonia, and formaldehyde.

Molecules can be produced in several ways, where one major formation process
occurs on the surface of dust grains as described in the previous section. In gas-
phase chemistry one major problem concerns energy, in addition to conservation of
momentum and quantum mechanical symmetry considerations. Considering ener-
getics, if two atoms collide, they will simply bounce off each-other unless they can
lose energy somehow. This may happen for instance in a simultaneous collision
with a third atom in a three-body collision. On Earth, the density is very high and
molecules form easily in three-body collisions. In space, however, the density is
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Table 2.1: 169 detected interstellar species as of November 2008a. Cyclic and linear forms
are labelled c− and l−, respectively. A question mark labels unconfirmed detections.

Hydrogen compounds Oxygen

H b,e
2 HD b H+

3 H2D
+ HD+

2 O2

Hydrogen & Carbon compounds

C b,e
2 CH2 C8H C2H

e
2 CH3C2H l−C3H

C e
3 CH3 C2H C2H

d
4 CH3C4H c−C3H

C4 CH e
4 C4H

e C2H
f

6 CH3C6H l−C3H2

C d
5 C5H C4H

− C3H6 CH2D
+? c−C3H2

CH c,e C6H C6H
− C6H

d
6 ? CH2CHCH3 l−H2C4

CH+ b,e C7H
d C8H

− H2C6 l−HC4H
d? l−HC6H

d?

Hydrogen, Oxygen & Carbon compounds

CO c e OH c, e H2O
+ f HC2CHO CH3OH e (CH3)2O

CO+ e OH+ f H3O
+ e (CH2OH) e

2 CH3CHOe (CH3)2CO
CO2

e HCO e H2CO e CH2CHOH CH3OCHO e c−C2H4O
CO+

2
f HCO+ e H2COH+ CH2CHCHO? CH3COOH c−H2C3O?

C2O HOC+ HOCO+ CH2OHCHO CH3CH2OH C2H5OCH3?
C3O H2O

e H2C2O HCOOH e CH3CH2CHO HC(O)OCH e
3

Hydrogen, Nitrogen & Carbon compounds

N b,g
2 CN c ,e HNC e

3 HCNH+ CH2CN CH3CN e

N2H
+ C3N HC3N

e HC3NH+ CH2NH CH3NC
NH b ,e C3N

− HC5N HC2N CH2CHCN CH3NH2

NH b ,e
2 C5N HC7N HC2NC CH2CCHCN CH3C3N

NH e
3 C5N

− HC9N H2CN CH2CNH? CH3C5N
HNC e HCN e HC11N H2NCN l−HC4N

d CH3CH2CN
H2NCH2CN

Hydrogen, Nitrogen, Oxygen & Carbon compounds

NO N2O HNO HNCOe NH2CHOe CH3C(O)NH2

HCNO HC(O)CN NH2CH2CN

Species containing: S, Si, Na, K, Cl, F, Al, Mg, Fe, P

S f
2 C2S PN SiC d CF+ AlCl d

SO e C3S PH3? SiN HF AlNC d

SO+ HCS+ PO SiH? NaCN d NaCl d

SO e
2 H2CS e CP d SiO MgNC d KCl d

NS e OCS e CCP SiNC d MgCN d AlF d

H2S
e CS e HCP C4Si d SiH4

d HCl

H2S
+ f CS f

2 FeO? c−SiC2 SiCNd SiS
CH3SH HNCS c−SiC3

Polycyclic Aromatic Hydrocarbons (PAHs)

aData are from http://www.cdms.de, http://www.astrochymist.org/,
http://www.cv.nrao.edu/~awootten/allmols.html and NASAs cosmic ice
laboratory. bDetected in visible light & UV absorption. cDetected in visible light
& UV absorption, and in the radio. dOnly circumstellar species. eAlso detected in
comets. fUniquely detected in comets. gAlso in/on planets in our solar system.
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much too low for this process to proceed rapidly, except in the circumstellar en-
velopes of cold AGB stars and in collapsing protostellar clouds. They offer a warm
and dense environment producing a rich chemistry. As seen in Table 2.1, some
molecules, such as C5, C7H, and HC6H among others, are only detected in these
regions. Another way to lose energy is by radiative association where emission
of a photon is produced during the collision, which conserves momentum as well
as energy. In this process, two atoms collide and form an excited molecule which
radiatively decays to the ground state before it dissociates. But the probability
for this to occur is generally very low. The symmetric H2 molecule cannot form
by radiative association of hydrogen atoms in their lowest state since this process
is strongly forbidden on account of the symmetry properties.

The chemical reactions that drive most of the interstellar chemistry are instead
the efficient ion-molecule and neutral-neutral reactions. The colliding species can
be atoms, ions, electrons, molecules or cosmic rays (CRs). Cosmic rays are rela-
tivistic charged particles: protons, helium nuclei, electrons and 1% heavier nuclei,
travelling with a speed close to the speed of light. These particles play a very
important role in the ISM and constitute a cornerstone of gas-phase chemistry.
They originate from stars and the most energetic mostly from supernovae and
very massive stars. During their travel through the ISM they may be accelerated
further by shock waves, turbulence or magnetic fields. Since the CRs are charged
they are affected and trapped by magnetic fields which permeate the ISM.

Neutral-neutral reactions possess energy barriers which can require tempera-
tures above 100K. At low temperatures they are only about 1% as likely to occur
as the ion-molecule reactions, but they often become increasingly more efficient at
higher temperatures.

Destruction of molecules occurs again by different processes, for instance by
energetic radiation or by cosmic rays. Molecules do not survive in general at
high temperatures above 3 000K. In dense regions very complex molecules can
be produced since the outer layer of the cloud, consisting of both gas and dust,
is an effective shield against the energetic UV-radiation. On the other hand,
if the clouds are diffuse, the incoming UV-photons will destroy large molecules
faster than they can be produced. Therefore only small and simple molecules
may survive in diffuse clouds. Some molecules also have the ability to protect
themselves by self-shielding. Molecular hydrogen and carbon-monoxide have this
capacity since their photo-destruction occurs through narrow spectrum lines rather
than the broad-band continuous absorption destroying most other molecules. In
the case of H2 and CO the the radiation outside these bands does not affect the
molecules. Another destruction source is dissociative recombination. An ambient
free electron recombines with a molecular ion and creates an energetic and unstable
neutral molecule. The molecule can ionise by itself, and thereby lose the electron
again, or fall apart into its neutral species.
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2.4 Molecular environments affect the chemistry

Within the Milky Way, a typical spiral galaxy, the average density is about 1 par-
ticle per cm3. Several billion solar masses of neutral hydrogen is found everywhere
in the Galactic disc, and is observable at 21 cm (1420MHz). A low-probability
transition in the ground energy level emits radiation at this wavelength when the
electron changes its spin relative to the proton. The vast amount of hydrogen
compensates for the low-probability, and allows the detection and mapping of the
spiral arms in our Galaxy. This line was detected for the first time in 1951 and
represents a very important part of radio astronomy. Molecular hydrogen is also
widespread, even though it resides mostly in discrete molecular clouds in the spiral
arms as mapped by their CO and 13CO rotational line emission.

Several classifications of molecular clouds exist with no clear boundary between
the different regions and one classification is shown in Table 2.2. As seen in
this table, there is a huge range in sizes, temperatures and densities between the
different types of clouds. Dense, star forming clouds in the ISM have about one
million particles in each cm3.

On small scales the ISM forms a multi-phase medium with three different co-
existing phases. Low density, neutral and ionised gas with a high temperature
of 1 000 –10 000K is in pressure equilibrium with high density, low temperature
.100K neutral and molecular gas. The third phase is shock heated by supernovae
to temperatures of about 1millionK and is therefore ionised. This gas occupies
most of the volume in the ISM, but most of the mass is in the dense phase. The
gas material passes continuously between the different phases.

Many of these different molecular environments in the ISM have chemical char-
acteristics which are connected to the formation and evolution of stars. The process
of star formation will significantly alter the chemical composition in the region
due to the increasing density and temperature of the collapsing cloud. In the
early stages of star formation the temperature may rise from about 10 – 15K to
100K, and at later stages powerful outflows and shocks from the new-born star
can elevate the temperature locally to several thousands of kelvin. At these high
temperatures neutral-neutral reactions can dominate the chemistry and produce
other molecules than the ion-molecule chemistry at low temperatures. In addition,
molecules that previously were frozen in the ice on dust grains will evaporate into
the gas phase at high temperatures. The evaporated species may have been formed
through chemical reactions on the surface of dust grains, for instance methanol,
or in the gas-phase before they condensed onto the dust grains. This transforma-
tion of chemical composition in a protostellar nebula will be small in the outer
part where the temperature is lower. In the inner part, which is heated by the
protostar, a major reprocessing of grains and molecules will occur.

The gas in the ISM is thus continuously changing and passing through different
phases involving a possible change of chemistry and thereby constituents. But do
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the molecules have the ability to survive when passing through these phases, or
do they always transform and evolve to other species? An interesting question
concerns how much of the organic material present in the comets of our own
Solar system is pristine interstellar material, and to what extent has it has been
processed. Is it possible that the molecular abundances are the same in the ISM
gas-phase, on the icy dust grains, in our Solar system comets and on Earth?
Observing molecules in all these different regions and comparing abundances gives
us valuable clues on how our Solar system once was born.

The origin of life is an even more difficult subject than the origin of stars
and planets. A very popular subject is to search for large, complex, carbon-
based molecules and possible precursors to DNA. Organic molecules necessary for
the origin of life have been shown to exist throughout the ISM. One such pre-
biotic molecule is the amino acetonitrile molecule, NH2CH2CN, detected in 2008.
This molecule is chemically related to the simplest amino acid commonly found
in proteins, glycine. Would it be possible for these pre-biotic molecules to be
transported via comets to newly formed planets, thereby allowing the building
blocks of life to be widely spread? This is a fascinating thought, even though the
probability that these molecules would be destroyed during the impact on a planet
is high.

As illustrated above, the molecular chemistry is affected by the environment,
but the reverse is also true, the initial molecular abundances and the level of
ionisation affect the star formation process. Thus, the chemistry both controls the
evolution of the molecular clouds and is a diagnostic of their physical conditions.

2.5 A few molecular environments

A short description of a few of the different classes of clouds that are important
in the appended papers follows:

Giant Molecular Clouds (GMCs) are the most massive individual objects in
our Galaxy typically found in the spiral arms. In these clouds the majority of
all stars form. More than half of the total gas mass in the Galaxy is found in
GMCs, and once a GMC forms the formation of stars starts almost immediately.
Thousands of low-mass stars may form, and in addition, a number of high-mass
stars which cannot form elsewhere. These huge clouds are self-gravitating objects,
which means that they are bound together by the mass of the molecular gas within
them. The internal structure is inhomogeneous with fragments of dense sheets,
filaments, cores and large low-density voids. Clumps of even higher than average
density gas fill a fraction of the volume, and the stars form only in the very densest
central parts of the most tightly gravitationally bound clumps (see Sect. 2.6). An
example of a well-known GMC is the Orion Molecular Cloud (paper I and II).

The lifetimes of GMCs are only about a few to tens of million years. The
short lifetime is due to the formation of very massive and hot stars. The route of



2.5 A few molecular environments 15

Table 2.2: Characteristics of molecular clouds in the ISM after van Dishoeck et al.
(1993).

Region Density Temp. Mass Size

[cm−3] [K] [M⊙] [pc]

Diffuse clouds 100 – 800 30 – 80 1 – 100 1 – 5

Translucent clouds 500 – 5000 15 – 50 3 – 100 0.5 – 5

Cold dark clouds
complex 102 – 103 &10 103 – 104 6 – 20
clouds 102 – 104 &10 10 – 103 0.2 – 4
cores 104 – 105 ≈10 0.3 – 10 0.05 – 0.4

Giant Molecular Clouds
complex 102 – 103 15 – 20 105 – 106 20 – 80
clouds 102 – 104 &20 103 – 105 3 – 20
warm clumps 104 – 107 25 – 70 1 – 103 0.05 – 3
hot cores 106 – 109 100 – 200 10 – 103 0.05 – 1

destruction may start once a bright O or B star is formed. These stars have surface
temperatures between 10 000 – 60 000K and produce intense UV-radiation with
photon energies above 13.6 eV. This energy is high enough to both dissociate and
ionise molecules and atoms and will produce large HII regions or emission nebulae.
The name refers to the radiation in visible light from ionised hydrogen. These fully
ionised clouds are signposts of massive star formation, and their distribution points
to a concentration in the spiral arms of our Galaxy. However, the very massive O
and B stars cannot maintain the UV-flux for more than a few million years, since
they have a very short lifetime. One of the best studied examples of a rather close
Hii region is M42 in the Orion Nebula.

Farther away from the ionising star, a transition region between the ionised gas
and the cold and dense cloud will appear: a Photo Dissociation Region (PDR).
The energies of the photons have now dropped below the necessary hydrogen
ionising energy and are called Far Ultra Violet (FUV) photons. These photons have
energies between 6 – 13.6 eV and dominate the heating and chemistry processes
in the PDRs. The most efficient heating occurs in the outer parts, where the
heated dust grains radiate strongly in the infrared producing most of the non-stellar
infrared radiation from galaxies. Deeper in the cloud, cosmic rays are the main
heating source. The cooling occurs mostly from fine-structure lines of abundant
atoms and ions, such as ionised carbon and neutral oxygen. The structure is
determined by the density and the intensity of the incident radiation field. At the
edge of the PDR, where the temperature can be thousands of kelvin, there is a
thin transition region where ionising UV-photons are absorbed by the dust and



16 The Interstellar Medium

molecules. In this zone, hydrogen atoms recombine from being almost fully ionised
to almost fully neutral. The remaining FUV-photons will dissociate molecular
hydrogen and ionise carbon, and thus this region is composed of H, C+, and O.
Deeper in the cloud, neutral atoms and molecules form subsequently in the order
of their ionisation and dissociation energies: molecular hydrogen, carbon, carbon-
monoxide, oxygen and molecular oxygen will appear in this order, before the cold
and dark molecular cloud begins.

In paper III we report observations of water, ammonia, and carbon-monoxide
in the PDR of the well-studied molecular cloud S140. Other well-known PDRs
include the Orion Bar and extended PDR, which is the interface PDR between
the OrionKL molecular cloud and the M42 Hii region.

In the cold and dark clouds the gas is mostly molecular, with H2 as the dominant
species. Due to the high density there is no penetration by visible or UV-photons,
and the ionisation is low. The chemistry is driven by cosmic rays that are able to
penetrate deep into the clouds producing the necessary ions for the ion-molecule
chemistry. Over 60 molecules have been detected in these regions, mostly at long
wavelengths. Here the largest molecules are found in the form of carbon chains,
for example HC7N, HC9N, and HC11N. Typically one or two low-mass stars can
be formed in dense cores in these clouds.

Hot cores are warm, dense, rather small, and are believed to harbour a proto-
stellar object. The warm environment gives rise to a complex and rich chemistry
with a different chemical composition than in the cold and dark clouds. The abun-
dances of hydrogenated molecules, such as NH3, H2O, H2S, CH3OH, and (CH3)2O,
are very high. Hot cores also show an enhancement in the abundance of deuterated
species, for instance the ratio of HDO to H2O is higher here than normal. Molec-
ular ions are less abundant which suggests a low degree of ionisation. The high
temperatures found in hot cores allow chemical reactions with an energy barrier,
for example the neutral-neutral reactions. The OrionKL nebula has a well studied
hot core (paper II).

A shock occurs whenever a disturbance through the medium has a speed greater
than the speed of sound, which is about 1 km s−1 in a neutral gas with temperature
below 100K. The energy of a shock with a velocity about 10 – 30 km s−1 or energetic
outflows from a protostar can elevate the temperature to thousands of kelvin, and
this largely affects the chemistry. One source of shocks are the molecular outflows
from newly born stars still embedded inside their parental could. On large scales
bipolar molecular outflows are often seen. Paper II and III report on observations
of water in the outflows from the OrionKL nebula and the S140 molecular cloud.

2.6 Star formation at high and low redshifts

The basic processes that govern star formation at both present times and in the
early Universe are the same even if the details differ a lot. The main stages are:
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Building a home Forming a gravitationally bound molecular cloud core.

Conception The gravitational collapse, accretion of infalling material and cir-
cumstellar disk-formation.

Birth The on-set of thermo-nuclear processes in the core of the star.

Leaving home The dispersal of the parental molecular cloud by a stellar wind
and outflows.

The standard theory describes the gravitational collapse of a cold and dense
cloud core. The forces to be taken into account are gravity, and the opposing
thermal pressure. A cloud will collapse by gravitation if the mass of a cloud
exceeds the Jeans mass.

MJ ≃ 22 M⊙

(

T

20 K

)3/2
( n

104 cm−3

)−1/2

, (2.1)

where T is the local temperature of the cloud, and n is the density. This equation
shows the importance of a high density and a low temperature, emphasising the
importance of cooling. The dense cores inside the GMCs fulfill the above conditions
and star formation will naturally occur.

Even though the gravitational collapse scenario qualitatively explains the for-
mation of stars, the actual details depend on the physical conditions in the star
forming cloud. This also determines the efficiency of star formation, the mass of
the resulting star, and if a binary star or a planetary system will form. From
observations we know that stars have masses between 0.08 and ∼100M⊙ where
most of the stars have masses comparable to our Sun or less, and more than half
of all stars are binary star systems. The fraction of stars with planetary systems is
unknown, but there is a possibility that a large fraction of all stars has a planetary
system, even in binary star systems.

The star formation rate varies a lot between galaxies, and also within our
Galaxy, but here is in total ∼2 – 3M⊙ each year. This has posed a problem since our
Galaxy contains about one billion M⊙ of molecular gas, and most of the gas resides
in GMCs. These clouds are gravitationally unstable and this should produce a
star formation rate higher than about 200M⊙ each year. Since the observations
show a rate which is about a hundred times lower, an additional force must be
counteracting the gravitational collapse

This additional force is supplied by the non-uniform magnetic fields that per-
meate and support the clouds. This magnetic pressure is at least comparable to
the thermal pressure and sometimes many times stronger. In order for gravita-
tional collapse to start, the gas cloud must first lose this magnetic support. This
is done by a process called ambipolar diffusion, which is the drift of the neutral
relative to the charged particles. The magnetic field tends to push the charged
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particles outwards, while the neutral particles, carrying most of the mass, are only
affected by the inward gravitational force. The friction between the outward and
inward drifting species will reduce their velocities and retard a collapse. If the ion-
isation is high, the time for the neutral species to drift inwards through the ionised
component will be longer than in the case of low ionisation. The effectiveness of a
cloud collapse is therefore governed by the fractional ionisation in the cloud, which
in turn is controlled mainly by the penetration of the clouds by cosmic rays.

It is believed that stars are formed by different physical processes in isolated
star forming regions, producing stars with masses .3M⊙, and in cluster-forming
regions (GMCs) where also high-mass stars may form. The environment in the
different regions of the ISM also creates a turbulent behaviour of the gas acting
against star formation. The turbulence exists on all scales, and may on large
scales be created when a molecular cloud experiences the differential rotation in
our Galaxy. Both gas and stars in the Galaxy disc are rotating around its center,
but the speed differs with distance from the galactic center creating a differential
rotation. Shock waves from supernovae, energetic radiation, stellar winds and
outflows from massive O- and B-stars generate turbulence on intermediate scales.
On the smallest scales, turbulence is driven by stellar winds and outflows from
low-mass stars. Such a scale-free turbulence predicts structure in the ISM on all
scales, which is indeed observed. The clouds are clumpy on every scale observed
and this has implications for our observations (read more in Chapter 3).

The actual onset of a collapse in the Milky Way may be triggered by colli-
sions between clouds streaming across a spiral arm, or when powerful outflows
and shocks from supernovae and massive stars slam into the surrounding cloud,
compressing the gas to higher densities. It may also be triggered by the decay of
turbulence or loss of magnetic support.

In the early Universe the lack of dust and heavy elements makes it very difficult
to explain the formation of the first stars, called population III stars (read more
in Chapter 6). They are believed to have formed some hundred million years
after the Big Bang. During this time the magnetic fields and turbulence are
believed to have been very low, and star formation was therefore mainly governed
by the competition between gravity and thermal pressure. The necessary cooling
was very inefficient since there were no heavy elements and only a few molecular
species with very low abundances. Cooling agents were species like H2 and HD,
which only allow cooling to temperatures of 100K or higher. As a consequence,
the first generation of stars must have been very massive, ∼100 – 1 000M⊙, and
hence very short-lived. This first generation of stars seeded the early Universe
with trace amounts of elements like carbon, nitrogen, and oxygen in powerful
supernovae explosions. Thus, the pregalactic gas gradually became enriched with
heavier elements than hydrogen and helium, and therefore a wider variety of stars
could form.
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The emerging picture of star formation is thus a very complex ecosystem of
many variables such as temperature, density, degree of ionisation, content of
molecules and heavy atoms, and magnetic fields. In addition, star formation is also
affected by the environment creating turbulence on all scales prohibiting gravita-
tional collapse. Due to the complexity, even small variations of the initial variables
will produce very different results. In the early Universe, the first stars were many
times more massive than stars today, owing to the lack of efficient molecular cool-
ing.

2.7 Summary

The Universe and the interstellar medium (ISM) are indeed far from sterile. The
ISM is a unique laboratory where a complex and surprisingly rich chemistry, totally
different from chemistry on Earth, can be studied. A revolution of our knowledge
started in 1963 when astronomers first detected simple molecules in the ISM.
Today more than 150 molecules have been found in space, some even before they
were discovered on Earth. The chemistry producing the molecules depend on
the environment: temperature, density, radiation from new-born stars, cosmic
rays, magnetic fields, turbulence, shocks and stellar winds. The chemistry in turn
affects the environment. Without molecules, stars and planetary systems would
not be able to form since star formation depends to a high degree on the cooling
properties of molecules.
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Chapter 3

Water and cooling

Besides molecular oxygen, very few molecules are attached with such an emotional
interest as the water molecule. This is of course based on the fact that water is
absolutely indispensable for the evolution of life as we know it. Moreover, water
also seems to be of equal importance to the chemical evolution of the ISM.

3.1 Water in space

One of the important properties of water, granting a status as a key molecule for
life, is the ability to act as a universal solvent. On Earth, atoms and molecules
demand liquid water as a solvent to be able to form larger species. The hydrogen
bonds between the water molecules redistribute constantly and rapidly, and this
creates an excellent environment where molecules can form. This is not the case
when water is in the form of ice, occurring at temperatures below 273K on Earth.
The water molecules are then ordered in a rigid crystalline structure which recoils
other species. In interstellar space the temperatures are mostly much lower than
this, and it therefore seems impossible for large molecules to form in the ice. But
at the extremely low densities in the ISM, paired with a temperature below 135K,
an amorphous ice will form which behaves differently than ordinary ice. This form
has similar properties to liquid water found on Earth and is the most commonly
form of ice in the ISM.

The Infrared Space Observatory (ISO) satellite has observed ices on dust grains
between wavelengths of 2 – 200µm towards a number of sources including star
forming regions, quiescent dark clouds and diffuse clouds in the ISM. The water
content is shown to account for about 2/3 of the ice in most sources. The remain-
ing 1/3 is composed primarily of CO2 and with smaller amounts of 13CO2, CO,
CH3OH, CH4, and possibly SO2, OCS, H2CS, and NH3 (read more about dust
grains in Chapter 2.2).

Water ice is also very abundant in comets, which are believed to be pristine
objects from the original solar nebula. These objects may be very important for
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the emergence of life on a planet, since there is a possibility that they can deliver
large amounts of water and complex molecules to a young planet. Water ice is in
fact by far the most abundant condensed-phase species in space, and is a major
constituent of all the planets, satellites, comets, and asteroids from Jupiter and
outwards in our Solar system.

Trace amounts of water are found in the atmospheres of Venus and Mars, and
has even been found in dark spots on our Sun with temperatures of 3 200K with
a possible origin from infalling comets. It is also believed that water is important
in planetary formation by delineating the ”snow-line” which is the distance from
a new-born star to where the condensation begins. Life supporting environments
on planets outside our solar system have been searched for since the first detection
of an exoplanet in 1995. In 2007, a major step in this direction was made with
the claimed detection of water vapour and methane in the atmosphere of the
exoplanet HD 189733b. Liquid water can exist on the surface of solid planets
and in the interior of planetary bodies, such as the Jupiter moon Europa or the
Saturn moon Enceladus, if the temperature and pressure are right. So far Earth is
the only known place with liquid water, although there are indications that liquid
water has been present in the past history of planet Mars.

The first detection of water in space was due to a special kind of radiation
process, a maser. This is an acronym for Microwave Amplification by Stimulated
Emission of Radiation, which is an amplification process for radio waves analogous
to a laser in visible light. The detected transition was a high-energy masering tran-
sition at 22GHz. Maser radiation comes from certain very small amplifying regions
of high-excitation gas in star forming regions and also from regions close to evolved
stars. The analysis is often difficult, demanding sophisticated maser models, and
is not treated any further in this thesis. The problem with water observations is
that the only available transitions using ground-based telescopes are more or less
masering in nature. This is because the Earth’s atmosphere is completely opaque
around all other lines. Observations by ground-based telescopes of the isotopo-
logue H18

2 O and deuterated water HDO have therefore been performed to estimate
water abundances in different regions. These observations are attached to large
uncertainties due to contaminating atmospheric lines and unknown isotopologue
ratios.

With the launch of the ISO satellite in 1995, a wealth of highly excited H16
2 O

transitions were observed from hot molecular regions at wavelengths in the in-
frared spectral regime. The water abundance was measured both in vapour and
solid form. The subsequent launches of SWAS in 1998 and Odin 2001, enabled
observations of the ground rotational state transition of one of the two forms of
water, ortho-H2O (see Sec. 3.3). Using its tunable receivers, Odin was also able to
observe the isotopologue ortho-H17

2 O for the first time in the ISM, in addition to
the previously observed ortho-H18

2 O by SWAS. These water transitions require less
energy to be excited than the observed ISO transitions, hence colder and more ex-
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tended regions are probed. In paper I and II we also report a detection of an HDO
transition and one highly excited transition of the other form of water, para-H2O.

3.2 Water formation

Water is composed of one oxygen and two hydrogen atoms. The maximum abun-
dance of water is therefore set by the number of oxygen atoms in the ISM. Oxygen
is the third most abundant element in interstellar space with a solar abundance
relative to hydrogen of about 7×10−4 and, as such, is a very important element in
astrochemistry. The most common gas-phase oxygen-bearing molecule is CO with
water as the second most common molecule in many environments.

There are three different major routes of water formation. At cold temperatures
the main water production is taking place on the surface of dust grains. Typical
abundances of water ice were observed by ISO to be about 10−4 with respect to the
total hydrogen content. This implies that much of the oxygen is locked into water
ice at low temperatures. If the temperature rises above ∼110K the ice sublimates,
thereby enriching the gas-phase water abundance by orders of magnitude.

The major route of gas-phase production at low temperatures .400K, is the
neutral-ion process and involves a chain of processes:

H+
3 + O → H2 + OH+

OH+ + H2 → OH+
2 + H

OH+
2 + H2 → H3O

+ + H
H3O

+ + e− → H2O + H

where the H+
3 ion is produced from the ionisation of H2 by cosmic rays and X-rays.

This gas-phase chemistry produces a theoretical water abundance of a few times
10−7 relative to hydrogen.

In hot core regions or in shocked gas where the average temperature is higher
than ∼400K, the gas-phase neutral-neutral reaction rapidly produces water using
all available oxygen not locked into the very stable CO molecule with the major
sequence:

O + H2 + 3 150 K → OH + H
OH + H2 + 1 736 K → H2O + H

where the temperatures involved are the energy barriers. These reactions produce
a water abundance of a few times 10−4. Note, that a high molecular hydrogen
content is required to prevent ”back reactions” with atomic H, which will destroy
the water molecules.

The required high temperatures for the neutral-neutral reactions to occur are
easily reached in hot cores, outflows or shocks in star forming regions. A shock
velocity of ∼10 – 30 km s−1 will elevate the temperature to several thousand Kelvin
without destroying the molecules. This produces a perfect environment for a rapid



24 Water and cooling

water production within a few hundred years which is about the same time scale
as the cooling time for the shocked gas. These shocks produce about 100 – 1 000
times more water than the neutral-ion process. Even though the temperature
quickly decreases, the water abundance will remain at a high level some hundred
thousands years, before freezing out on the dust grains. This also implies that
a high water abundance in a cold molecular gas is a sensitive probe of previous
shocks.

The highest gas-phase abundances of water are therefore found in warm re-
gions were the ice desorbs from the dust grains and the neutral-neutral reactions
additionally form abundant water directly in the gas-phase. This also implies
that water is not an important coolant on large scales, while it still may be very
important locally. Observations of water confirm high abundances in shocks and
outflows in star forming regions, with the Orion KL star forming region being a
good example (paper I and II). On the other hand, observations in cold and qui-
escent regions indicate a much lower water abundance of about 10−8 – 10−9 than
predicted by the theoretical models, with an example in paper III. One idea to
solve this discrepancy is to include the gas and grain interaction in the chemical
models, where the molecules and atoms will freeze out on the dust grains on a time-
scale of 109/nH years, where nH is the hydrogen density in cm−3. Thus, in cold,
old and high density clouds the depletion will be high and the water abundance
will be low.

Another suggestion to solve the discrepancy on large scales within a low density
medium, is to include the clumpy structure of the interstellar clouds. The ISM
displays a clumpy structure on all scales, and this structure will allow the energetic
radiation and cosmic rays to penetrate deeper in the cloud and thereby dissociating
water to a larger depth. The water emission most likely arises from a rather narrow
region from each clump within the cloud. Too close to the surface, water is photo-
destroyed by the UV-radiation, and deeper in the dense and cold clumps it depletes
onto grains. Since the clumps only fill a fraction of the observed region the average
observed emission will be much lower than in the case of a homogeneous cloud
thereby decreasing the derived water abundance. In paper II and III a clumpy
structure is indeed required to recover the observed water emission. Paper III also
finds a much higher water abundance on the surface of the high-density clumps
than in the low-density inter-clump medium.

3.3 Water transitions

A spectrum of a species depends on its structure and the participating elements.
The two hydrogen atoms in the water molecule are symmetric with respect to
each other. Their nuclear spins may be anti-parallel or parallel aligned and this
causes energy level splitting into two different subspecies, para- and ortho-water.
For high temperatures the ortho-levels are three times more populated than para.
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Figure 3.1: Energy level diagram of ortho- and para-H2O.

Radiative transitions between para- and ortho-states are forbidden.

In radio astronomy, molecular radiation arises when the molecules change their
rotational energy, described by the rotation quantum number J . Water is an
asymmetric top which means that it has three unequal principal axes of rotation.
Therefore, two additional quantum numbers KA and KC are needed for a full
description of all possible energy levels. Figure 3.1 shows the ortho- and para-
H2O energy level diagram up to energies E/k =1400K and describes the different
levels of rotational energy the water molecule may have. The dipole selection rules
allow J to change by 0 or ±1, while the quantum numbers KA or KC can change
by ±1 or ±3. The ortho-transitions have even KA and odd KC (e, o) which can
only change to a state with an odd KA and even KC , (o, e). Similarly, for para
states the quantum numbers must go from (e, e) to (o, o). Note, that collisional
transitions may occur between any level within each ortho and para sub-species.
The rotational ground state ortho-water transition observed with Odin is labelled
11,0 – 10,1 and occurs at 556.936GHz.

The water transitions have high Einstein A-coefficients and therefore need a
high density to be collisionally excited. The 11,0 – 10,1 transition has A=0.0035 s−1
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giving a critical density of ∼108 – 109 cm−3 depending on temperature. Most molec-
ular environments have densities much lower than this and this transition is there-
fore said to be subthermally excited.

The opacity for the 11,0 – 10,1 transition is high even for rather low abundances
and this has implications on the analysis of the water emission. If a transition is
optically thick we only see the ”surface” of the cloud where τ ∼1. Thus, observa-
tions of this transition cannot tell if there is more water behind the optically thick
surface. Instead, other higher lying, optically thin transitions may serve this pur-
pose. The subthermal excitation of the ground state transition may on the other
hand allow this line to be considered as ”effectively optically thin”. In this limit,
every collisional excitation will always result in a photon that eventually escapes
the cloud, even if repeatedly scattered. This approximation is, however, most
likely only valid if the opacity is .10, since the probability of being collisionally
de-excited increases with number of scatterings as measured by the opacity.

A high optical depth of the ortho-H2O 11,0 – 10,1 transition often results in self-
absorption from lower excitation foreground gas. This is clearly seen in the water
observations shown in paper I and II. The high opacity and self-absorption also
prevent a correct abundance estimation. For this reason the optically thin ortho-
H17

2 O and ortho-H18
2 O transitions are often used as substitutes for column density

and abundance determinations. This requires knowledge of the isotopologue ratios
in the respective source and introduces additional uncertainties.

3.4 Heating and cooling

The temperature in a molecular cloud is determined by the balance between heat-
ing and cooling processes. This is especially important in the context of star
formation since the increasing temperature released in the gravitational contrac-
tion counteracts a gravitational collapse. Heating and cooling occur by a variety
of processes with radiation as the dominant transport mechanism. When a colli-
sionally excited species radiatively decays before another collision occurs, energy
will be lost. The kinetic energy will be transferred to radiation that escapes the
cloud resulting in decreasing temperature. The gas may also be heated if exposed
to a radiation field. An energetic photon may ionise a species and transfer kinetic
energy to the released electron. The electron will later share this energy with
the other gas particles through collisions, thereby heating the gas. Cosmic rays
are another very important heating source, with their ability to reach deep into
dense and dark clouds where radiation otherwise is blocked by molecules and dust
particles.

To be an efficient coolant a species must have a high abundance and possess
energy levels comparable to the average kinetic energy in the cloud. In diffuse
clouds with high temperatures and in PDRs, the most important coolants are fine-
structure transitions of ionised carbon, neutral carbon, neutral oxygen, and ionised
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Table 3.1: A few important cooling species and transitions.

Species Transition Wavelength E a
u A-coeff b

[µm] [K] [s−1]

[OI] 3P1 – 2P2 63 228 8.91×10−5

[CII] 2P3/2 – 2P1/2 158 91 2.30×10−6

C 3P1 – 3P0 609 24 7.88×10−8

H2 J = 2– 0 28.2 510 2.94×10−11

HD J = 1– 0 112.2 128 5.32×10−8

CO J = 5– 4 520.6 83 1.22×10−5

13CO J = 5– 4 544.5 79 1.10×10−5

C18O J = 5– 4 546.6 79 1.06×10−5

H2O JKa,Kc
= 11,0 – 10,1 538.7 27 3.46×10−3

H18
2 O JKa,Kc

= 11,0 – 10,1 547.8 27 3.29×10−3

aThe upper state energy. bEinstein A-coefficient.

silicon. In Table 3.1, a few important atomic and molecular cooling transitions are
listed. The square brackets around the oxygen and carbon transitions denote that
these transitions are magnetic dipole transitions (also known as forbidden lines)
and provide important sources of cooling. Molecules have more low energy levels
available, as compared to atoms, which are readily excited through collisions. At
high temperatures and low densities, H2 is the dominant coolant because of its
large abundance, while generally unimportant below 100K or at high densities.
The reason is the lack of low-lying transitions, and very low A-coefficients, which
will cause collisional de-excitations to happen before a radiative transition has a
chance to occur.

Other well known molecular gas coolants are H2O, OH, and CO where the latter
is the most important coolant at low temperatures and densities. CO has closely
spaced rotational levels, is easily excited, and is the second most abundant molecule
after H2. With higher density and temperature, water becomes increasingly more
important as a coolant. Under these conditions it dominates the cooling due to
its high A-coefficients and high abundance.

If the cloud is not optically thin at the frequency of the emitted photon, the
photon will be re-absorbed and trapped within the cloud. This decreases the cool-
ing ability of the transition, and is often the case for the ground state rotational
transition of water. In this case the H18

2 O isotopologue will become more impor-
tant. The same problem applies to CO with the J =1– 0 transition, always being
optically thick in molecular clouds. When the number density of molecular hydro-
gen is about 103 cm−3 the isotopologue 13CO starts contributing to the cooling.
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Despite the 40 – 100 times lower abundance compared to 12CO, the cooling by both
these species may be of the same order of magnitude.

Interstellar dust grains also serve as important coolants by converting the ab-
sorbed energetic UV or FUV radiation to infrared thermal emission from the heated
dust grains. This radiation may in turn serve as an important excitation for the
water transitions. In addition to their role as coolants, the dust grain may also
heat the gas at the same time they absorb UV-radiation and liberate electrons
from their surface.

3.5 Summary

The water molecule seems to be indispensable for the chemistry and the evolution
of the ISM. It is an important coolant in regions of high density and temperature,
it plays an active part in the chemistry, and constitutes the major component of
the ices on dust grains where it shields molecules and allows their formation. It
is also a valuable diagnostic of shocks and outflows due to the high sensitivity to
temperature and density, including the age of the shocks. A high water abundance
is a typical signpost of star formation, shocks and outflows.



Chapter 4

Introduction to Papers I & II:

A spectral line survey of the

OrionKL nebula

A very important part of all research is to compare theory with observations.
Sometimes it is the small deviations from an otherwise perfect result that will
lead to new unexpected discoveries. It is therefore very important to perform
high-quality observations.

An unbiased spectral line survey in a previous unobserved spectral range is a
very efficient way to discover new species. If this is performed towards different
kind of objects, we obtain valuable information about the chemistry occuring in
different environments. Some sources may emit lines from numerous molecules,
while the detection rate is very low in other regions. This is a consequence of the
response by the molecules to the physical conditions in the medium, including tem-
perature, density, abundance, and the background radiation. Some molecules need
very high densities to be excited by collisions with other species, e.g. CN, HCN,
or CS. These molecules therefore radiate most strongly when the density is high
and are therefore excellent tracers of high-density cloud cores. Other molecules,
such as CO, only demand low densities and temperatures for excitation of their
lowest transitions and are thus easily observed across extended regions.

A molecule can radiate in many transitions and the strength of each transition
is determined by the environment, in addition to the molecular properties. These
properties depend on the size, symmetry and the participating elements of the
molecule, which also determine the number of allowed transitions. Small molecules
have less allowed number of transitions than large, complex molecules. This implies
that one of the difficulties to detect large molecules is that the number of lines is
very high, and may look like a dense ”forest” of weak lines, easily confused with
noise.

The accurate determination of oxygen and water abundances in the ISM has

29
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posed a severe observational difficulty: due to the absorption by the same species
the terrestrial atmosphere is completely opaque around the strongest transitions
at 119 and 557GHz. Any observations in these spectral regions therefore had to
await space or balloon experiments.

4.1 The Odin satellite

The Odin sub-millimetre wave spectroscopy satellite is especially designed to solve
these problems. Odin is a small, low-cost, and successful spacecraft with a clever
design. By the use of advanced technology two scientific disciplines are combined
on a single satellite: astronomy and aeronomy.

The astronomical scientific objectives are to study the water and oxygen chem-
istry in the ISM and star formation regions, comets and circumstellar envelopes,
while the aeronomers study molecules relevant to ozone depletion. Additional
species like ammonia and carbon monoxide, including their rarer isotopologues,
are also observable to aid the analysis of water and oxygen.

The decision to start the Odin project was made by the Swedish National
Space Board (SNSB) in 1994. The development was performed by the Swedish
Space Corporation (SSC), on behalf of SNSB, together with the space agencies of
Canada (CSA), Finland (TEKES) and France (CNES). The launch took place on
20 February 2001 by a Start-1 rocket from Svobodny in far-eastern Russia. The
orbit is sun-synchronous at an altitude of about 600 km.

By now, Odin has successfully been operating almost eight years while the
promised lifetime was only two years. Nordh et al. (2003) and the subsequent
papers in the A&A Special Letters Edition: First Science with the ODIN satellite
describe the satellite and its first science in some detail. More recent progress
is discussed by Hjalmarson et al. (2005, 2007). The last regular astronomy ob-
servations were, however, performed during fall 2007, observing the primordial
molecules for paper IV. Since then only aeronomy observations are performed by
Odin. At the time of writing this chapter; 19Nov 2008 at 6.15 PM; the number of
days in space for Odin counts to 2 830. The number of orbits around the Earth are
42 214, and of these 2 500 have been used to perform the necessary observations
for the presented papers in this thesis.

The Odin satellite is a next sensitive step after NASA’s SWAS satellite, which
had a 3.′3×4.′5 beam size, and non-tunable receivers (Melnick et al. 2000 and
subsequent ApJ letters in that issue). Odin is equipped with an offset Gregorian
telescope of diameter 1.1m, with beam widths of 2.′1 and 10.′0 at 557GHz and
119GHz, respectively. The receiver package is actively cooled to about 140K and
consists of four tunable sub-mm Schottky mixers. The frequency bands covered
are 486 – 504 and 541 – 581GHz. In addition, a fixed-tuned HEMT receiver at
118.750GHz for sensitive O2 searches was added in a late phase. Any combination
of three receivers can be simultaneously used together with a broadband acousto-
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optical spectrometer (AOS); bandwidth of 1 050MHz and resolution 0.6MHz; and
two flexible hybrid autocorrelation spectrometers (AC1 and AC2); bandwidth of
100 – 800MHz and a resolution of 0.125 – 1MHz. The main beam antenna efficiency
is close to 0.9 which makes the intensity calibration very accurate.

The Odin satellite addresses several key-questions in common with the Euro-
pean Space Agency’s Herschel satellite, to be launched in 2009. It will be located
at the second Lagrange point of the Earth-Sun system, and will cover the full far
infrared and sub-millimetre wave-band (60–670 µm). Herschel will have an order
of a magnitude more sensitive SIS mixers compared to Odin, and, in addition, a
3.5 m mirror which is the largest civilian mirror ever deployed in space. The Odin
science can therefore serve as important pilot studies with all the studied objects
in this thesis as good, and hopefully very useful, examples.

4.2 The OrionKL nebula

In the following two papers, we present the results of an unbiased spectral line
survey in a previously unobserved spectral range towards the Orion Kleinmann-
Low (KL) nebula.

At a distance of only ∼450 pc, the OrionKL region is the closest high mass star
forming region, where O and B star formation is on-going (see Genzel & Stutzki
1989 and references therein for a review). Thousands of stars, including stars many
times more massive than our Sun, are produced in this vigorous star forming cloud.
It is very complex and chemically structured and contains extremely young and
massive embedded stars, not yet visible due to the surrounding dust. All these
bright hidden protostars heat the dust which radiates in infrared, producing the
brightest infrared region in the 1◦ large Orion Molecular Cloud OMC-1 complex.

The position on the sky is easy to find, situated about 1′ NW of the Trapezium
stars, which is close to the middle star of the sword in the Orion constellation. The
brightest object has a spectral type O6 and a mass of 33M⊙. These stars are found
close to the centre of a dense cluster, where the stellar density near the centre is
about 10 000 stars per pc3. This can be compared to our solar neighbourhood
where only a few stars in each pc3 are found. The UV-radiating O stars have
cleared much of the ambient gas, allowing about half of the cluster members to
be visible in optical light. Their intense radiation has also ionised the surrounding
gas in the M42 Hii region in front of OMC-1, and the interface between M42 and
OMC-1 constitutes one of the famous PDRs in Orion.

The chemical richness in a star forming region like OrionKL, together with
its proximity, have made this object an ideal target for spectral line surveys at
millimetre and sub-mm wavelengths. And indeed, this is one of the best studied
regions of the interaction of young massive stars and their parental molecular cloud.
Fig. 4.1 shows a colour composite image of the Orion Nebula. The Odin beam is
drawn around the central position of our observations, which is the position of the
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Figure 4.1: The Odin beam overlaid on a colour composite image of the central part of the
Orion Nebula, M42, also showing the BN/KL region, based on 81 images obtained with
the infrared multi-mode ISAAC instrument on the ESO Very Large Telescope (VLT)
at the Paranal Observatory (ESO PR photo 03a/01 2001). The red emission at 2 µm
comes from shock excited H2 caused by a strong bipolar outflow wind from a very young
massive star newly born. This is addressed in considerable detail in paper II.
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most luminous infrared object in the region OrionKL region, IRc2.
In addition to the chemical structure, the OrionKL region also has a com-

plicated velocity field. The large Odin beam (2.′1 at 557GHz) encompasses the
following subsources: the bipolar low- and high-velocity outflows, the hot core, the
compact ridge and extended ridge, as well as the extended PDR region. These
regions have different sizes, different centre velocities, and have different velocity
fields. This will produce lines with characteristic line widths and shapes at char-
acteristic centre velocities from each subregion, which allow a separation of the
emission into its constituent parts.

4.3 Results of Paper I and II

The spectral survey required approximately 1 100 revolutions of observations to-
wards one position in the centre of the star forming cloud. Each orbit gives about
one hour of astronomical observations. In the end a 42GHz wide frequency band
was covered between 486 – 492GHz and 541 – 577GHz, thereby filling the gaps
between previous ground-based spectral line surveys.

The power of a spectral line survey is the detection of numerous lines from many
species with the same beam and calibration at the same time, thereby reducing
uncertainties arising from beam-filling and technical considerations.

Some results:

1. We detect a total of 280 lines from 38 different molecular species. In addition,
we detect 64 unidentified lines, representing 19% of the total.

2. The total beam-averaged emission in our survey is dominated by CO, o-H2O,
SO2, SO, 13CO and CH3OH. Species with the largest number of lines are
CH3OH, (CH3)2O, SO2,

13CH3OH, CH3CN and NO.

3. Six water lines are detected, including the ground state rotational transition
11,0 – 10,1 of o-H2O, its isotopologues o-H18

2 O and, for the first time in the
ISM, o-H17

2 O, which shows emission from the Low- & High Velocity Flow,
and the Compact Ridge. Hot Core emission from water is observed from the
p-H2O 62,4 – 71,7 transition with an upper state energy of 867K. We have also
observed the HDO 20,2 – 11,1 transition from the Low Velocity Flow, Compact
Ridge and the Hot Core.

4. Line profiles:
The o-H2O line has a central asymmetry that suggests strong self-absorption
in the blue Low Velocity Flow by lower excitation foreground gas. The re-
markable similarity of the line profiles of o-H18

2 O, o-H17
2 O, and SO2 suggests

a similar origin and chemistry of the water isotopologues and SO2 in the Low
Velocity Flow, with additional High Velocity Flow emission mainly in the
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red wings. Comparison of the o-H18
2 O and SO line profiles shows an almost

identical line profile in the red wing, suggesting an elevated water and SO
production from shock chemistry in the red outflow, which is moving into the
molecular cloud. In the blue outflow, which is leaving the molecular cloud,
an elevated abundance is only found for SO and not for water, implying an
absence of shock chemistry. Contrary, to SO and SO2, comparing CO with
o-H2O, we find that the very broad line profiles, strongly dominated by out-
flow in both species, are almost identical in the blue wing, while water shows
excess emission in the red wing.

5. Clumpy medium:
The analysis shows that the water outflow emission is most likely emitted
from a clumpy medium, filling about a quarter of the Odin beam.

6. We detect the 10 – 0 0 transitions of NH3 and the isotopologue 15NH3. The
main isotopologue shows emission from both the Hot Core, Low Velocity Flow
and Compact Ridge, while the rarer isotopologue only exhibits emission from
the Hot Core where the ammonia abundance is high.

7. Isotopologue abundance ratios of D/H, 12C/13C, 32S/34S, 34S/33S and 18O/17O
are calculated, as well as the molecular abundance ratio of O/S, all in agree-
ment with previous findings.

8. Different methods are used to obtain rotation temperatures and column den-
sities. For eight different species with at least four lines and a sufficient energy
range in the transitions, the rotation diagram method and the forward model
are applied. The LTE approximation is used for all other species.

9. Abundances in each subregion are estimated for all species, and we find very
high gas-phase abundances of H2O, NH3, SO2, SO, NO, and CH3OH. An
important fact here is that all our abundance determinations, including those
for water vapour, are based upon the same methodology.

10. Since our abundance estimates agree rather well with the results from earlier
ground-based spectral surveys, we believe that the water abundances in the
various subregions, determined from our Odin observations, also should be
accurate.

11. A comparison of our estimated gas-phase abundances with the ice inventory
of ISO, sheds new light on the chemical origins of H2O, CH3OH, NH3 and
SO2 in the various OrionKL subregions.
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ABSTRACT

Aims. Spectral line surveys are useful since they allow identification of new molecules and new lines in uniformly calibrated data
sets. The subsequent multi-transition analysis will provide improved knowledge of molecular abundances, cloud temperatures and
densities, and may also reveal previously unsuspected blends of molecular lines, which otherwise may lead to erroneous conclusions.
Nonetheless, large portions of the sub-millimetre spectral regime remain unexplored due to severe absorptions by H2O and O2 in
the terrestrial atmosphere. The purpose of the measurements presented here is to cover wavelength regions at and around 0.55 mm –
regions largely unobservable from the ground.
Methods. Using the Odin astronomy/aeronomy satellite, we performed the first spectral survey of the Orion KL molecular cloud core
in the bands 486–492 and 541–576 GHz with rather uniform sensitivity (22–25 mK baseline noise). Odin’s 1.1 m size telescope,
equipped with four cryo-cooled tuneable mixers connected to broad band spectrometers, was used in a satellite position-switching
mode. Two mixers simultaneously observed different 1.1 GHz bands using frequency steps of 0.5 GHz (25 h each). An on-source
integration time of 20 h was achieved for most bands. The entire campaign consumed ∼1100 orbits, each containing one hour of
serviceable astro-observation.
Results. We identified 280 spectral lines from 38 known interstellar molecules (including isotopologues) having intensities in the
range 80 to 0.05 K. An additional 64 weak lines remain unidentified. Apart from the ground state rotational 11,0–10,1 transitions of
ortho-H2O, H18

2 O and H17
2 O, the high energy 62,4–71,7 line of para-H2O (Eu = 867 K) and the HDO(20,2–11,1) line have been observed,

as well as the 10–01 lines from NH3 and its rare isotopologue 15NH3. We suggest assignments for some unidentified features, notably
the new interstellar molecules ND and SH−. Severe blends have been detected in the line wings of the H18

2 O, H17
2 O and 13CO lines

changing the true linewidths of the outflow emission.

Key words. ISM: individual: objects: Orion KL – ISM: lines and bands – ISM: molecules – line: identification – submillimeter –
surveys

� Odin is a Swedish-led satellite project funded jointly by the
Swedish National Space Board (SNSB), the Canadian Space Agency
(CSA), the National Technology Agency of Finland (Tekes), and the
Centre National d’Études Spatiales (CNES, France). The Swedish
Space Corporation (SSC) was the industrial prime contractor and is also
responsible for the satellite operation.
�� Appendix B is only available at electronic form at
http://www.aanda.org

1. Introduction

Being the most popular target for spectral line surveys, in the
Orion KL position OMC-1 has been the focal point of at least
∼20 observational efforts in the mm and submm bands over
the last 20 years, starting with Johansson et al. (1984, 1985),
and in the frequency range 72–91 GHz. White et al. (2003)
provide an extensive list of this earlier work in their intro-
duction. Using the James Clerk Maxwell Telescope (JCMT),
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White et al. (2003) surveyed the bands 455–469 and 492–
507 GHz, surrounding the lowest frequency range of our
Odin spectral scan (486–492 GHz). The frequency range 607–
725 GHz, just above the Odin spectral scan band 542–576 GHz,
has been surveyed by Schilke et al. (2001) using the Caltech
Submillimeter Observatory (CSO).

More recent additions include 159.7–164.7 GHz (Lee &
Cho 2002), 795–903 GHz (Comito et al. 2005), 260–328 GHz
(Yoshida & Phillips IAU 2311), and an IRAM 30 m survey
(168 GHz in three windows between 80 and 281 GHz) by
Tercero et al. (IAU 2311).

The first imaging line survey of Orion KL in the submm
range (337.2–339.2 and 347.2–349.2 GHz) was recently re-
ported by Beuther et al. (2005), who used the Submillimeter
Array interferometer. They later employed the same instrument
to make measurements around 680 and 690 GHz with similar
bandwidths (Beuther et al. 2006).

The luminous Orion Kleinmann-Low infrared nebula
(Orion KL; L ≈ 105 L�), and its surrounding molecular cloud,
is the nearest (distance of 450 pc) and probably most studied
massive star formation region in the sky. A very useful review
has been written by Genzel & Stutzki (1989); for reference up-
dates see e.g., Olofsson et al. (2003), and Wirström et al. (2006).
Here we summarise some source component designations and
dynamical properties particularly relevant to the molecular line
identification work in the current presentation of our Odin spec-
tral scan data, which includes our molecular line assignments (in
the Online Table 6).

Odin’s circa 126′′ antenna beam is centred on the most
prominent infrared “point” source in the KL nebula, IRc 2
(RA 05h35m14.s36, Dec. –05◦22′29.′′6 (J2000)). The Orion hot
core source, with a size of only ≈10′′ and centred only 2′′ S
of IRc 2, is a warm (≈200 K, or even higher; cf. Sempere et al.
2000), dense (≈107 cm−3) clump or rather collection of clumps,
characterised by a spectral line width of 5–15 km s−1 centred
on vLSR = 3–6 km s−1 and exhibiting emission from nitrogen-
containing species at markedly enhanced abundances. The out-
flowing gas, or the plateau source, with a size of 40–60′′, may be
characterised in terms of a bipolar high-velocity flow elongated
in the SE-NW direction (reaching velocities of ±100 km s−1),
and a SW-NE extended low-velocity flow (the “18 km s−1 flow”)
of size 15–30′′, centred on 10 and 5 km s−1, respectively. Further
details on the complex structure of the outflow – such as a cen-
tral jet and localised “bullet” type emission within the high ve-
locity flow – are nicely revealed by the IRAM 30-m CO J = 2–1
maps by Rodríguez-Franco et al. (1999). Within the Odin 126′′
antenna beam there is also an N-S extended quiescent molecu-
lar cloud structure (the ridge), with densities of 104–106 cm−3

and temperatures in the range 20–60 K, and characterised by
line widths of 3–5 km s−1 and an abrupt velocity shift across the
KL nebula from vLSR = 8 km s−1 (in the south) to 10 km s−1 (in
the north). The large-scale chemical structure of many important
ridge molecules is outlined in Ungerechts et al. (1997).

The interaction between the bipolar high-velocity outflow
and the surrounding ridge gas produces shock heating and
shock enhanced chemistry, markedly visible in terms of bright
H2 emission, strong high-J CO lines and uniquely strong emis-
sion from abundant H2O (Melnick et al. 2000; Olofsson et al.
2003). Also the roughly orthogonal low-velocity outflow com-
ponent appears to interact with the ambient gas, creating density,

1 Poster contributions at Symposium No. 231 of The International
Astronomical Union, Asilomar 2005. Abstracts available at
http://asilomar.caltech.edu/

temperature and column density enhancements in the ridge gas.
One such feature is the compact ridge cloud (∆v = 3 km s−1;
vLSR ≈ 8 km s−1) situated only 10–15′′ S of IRc 2, on the north-
ern tip of the 8 km s−1 ridge cloud, where complex oxygen-
containing molecules have been observed to be abundant. The
hot core itself might also be a result of shock-induced compres-
sion. A recent finding along these lines is enhanced [CI] forbid-
den line (3P2–3P1) emission north and south of IRc 2 (in a shell
of radius ≈20′′, where the outflow encounters ambient gas), and
proposed to result from CO dissociation in shocks (Pardo et al.
2005).

Although the major source constituents are commonly dis-
cussed in the literature as outlined above, we caution readers
that observations yielding higher spatial resolutions (e.g. Blake
et al. 1996; Wright et al. 1996; Beuther et al. 2005, all employ-
ing aperture synthesis) reveal that the KL core composition is in
fact more complex and breaks down into further sub-structures
of sizes �103 AU.

We present here the observational results and line identifica-
tions. Numerical analyses such as column density and rotation
temperature estimates are included in an accompanying paper in
this A&A issue (Persson et al. 2007, Paper II hereafter).

2. Observations

The present data-set was obtained in a four-part campaign run-
ning over 1.5 years, starting in spring 2004 (Feb.–Apr.), followed
by fall 2004 (Aug.–Oct.) and continuing in the same manner
in 2005. This division naturally arises from the combination of
source coordinates and Odin’s orbital plane (Sun-synchronous
low Earth orbit) leading to seasonal visiblilty constraints for low-
declination sources such as the Orion nebula.

The dedicated observing period spanned over ∼1100 revo-
lutions with a very high success rate due to consistently stable
spacecraft performance. Each orbit allows 61 min of astronomi-
cal observations, whereas the source line-of-sight is occulted by
the Earth and its atmosphere for the remaining 35 min of the
orbital period. We employed position switching (PSW) in order
to acquire cold sky reference spectra. This was implemented by
regularly reorienting the entire spacecraft by −15′ in RA with
a cycle time of 1 min, carried out by the onboard momentum
wheels. The resulting efficiency penalty for slew time was low
(<20%).

The beam size and main beam efficiency of Odin’s 1.1 m off-
set Gregorian telescope at 557 GHz are 2′1 and 0.9, respectively,
as measured in continuum observations of Jupiter assuming a
Jovian brightness temperature of 145 K and a disc-like source
geometry (Frisk et al. 2003).

The pointing is maintained in real time by the attitude control
system, assisted by two star trackers with an angular separation
of 40◦. It has been empirically established that the reconstructed
attitude uncertainty is ≤15′′ most of the time.

There are four tunable submm receivers of single-sideband
(SSB) type in the radiometer, all of which were employed
for these measurements. Image band rejection is achieved us-
ing Martin-Puplett filters with cooled termination absorbers and
Schottky mixers are used for frequency down-conversion. The
channels have centre frequencies of 495, 549, 555, and 572 GHz
and the design of the receiver system allows simultaneous use of
RX555 and RX572, or RX549 and RX495 (Frisk et al. 2003).

The tuning range of 14 GHz was not fully exploited in all
channels although the combined results from the complemen-
tary pair RX549 and RX555 cover all their accessible frequency
range. System temperatures in the passband centres were around
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3000–3500 K with few exceptions as measured by switching be-
tween the main beam and a hot load at room temperature. For a
given tuning, Tsys does not change in time by more than a few per-
cent due to the stable conditions and no interfering atmosphere.

The observing strategy was to tune the receivers in 0.5 GHz
steps and observe for 25 orbits. The resulting overlap in be-
tween adjacent tunings gives a net on-source integration time
of 50× 61× 0.8/2≈ 20 h per channel. This commonly used ap-
proach was adopted to reduce potential impacts of artificial spec-
tral patterns/transients or baseline effects which could arise in
one tuning but conceivably not in both.

Three spectrometers were used: one acousto-optical spec-
trometer (AOS) and two hybrid autocorrelators (AC1/2). The
former has a bandwidth of 1.1 GHz and a channel spacing of
620 kHz, while the latter two can be used in several modes. In
the low resolution mode used here, the bandwidth is 700 MHz
with 1 MHz channel spacing. The AOS and the ACs have rather
different characteristics and therefore we have used slightly dif-
ferent approaches in building the final spectra, hence the division
into two parts of the next section.

3. Data reduction

The data reduction has been performed in two parallell, indepen-
dent efforts by members of the Odin Team situated at the Onsala
Space Observatory and in the University of Calgary. The spec-
tra presented in this paper are the products of the data reduction
at Onsala. The very similar Calgary results have been used to
verify the quality of the spectra shown here. Although a few dif-
ferences were found for lines at a level below 0.1 K (or below 4σ
in terms of the baseline noise), we are encouraged to believe that
the majority of such weak lines are real.

3.1. AOS and data from RX549/RX555

3.1.1. Calibration and averaging

There were essentially three complicating factors that needed
special consideration in these data sets.

Frequency correction: by using telluric ozone and water (and
occasionally rarer lines during the occultation phase, the ca-
pability exists to check the frequency setting to a very high
accuracy, as is illustrated in Fig. 1. It was found that there
was an offset of 0–5 MHz from the commanded value lean-
ing towards the upper value most of the time. Furthermore,
on a few occasions the offset was seen to change instanta-
neously by 2–3 MHz in mid-observation between two ap-
parently stable offset levels. Thus it was deemed necessary
to register telluric frequency references at all times and cor-
rect the astronomical spectra accordingly. If no atmospheric
lines were present in a particular tuning, overlapping astro-
nomical lines inherent to a different but adjacent tuning with
a known frequency correction, were cross-correlated to find
the proper correction. This method gave consistently posi-
tive results and we now believe that the absolute frequency
uncertainty is 1 MHz (≈0.5 km s−1) at worst.

Channel dependent RMS: probably owing to the large band-
width of the AOS, the system temperature profiles had rather
steep gradients towards the upper and lower edges, often
leading to noise temperatures in these portions twice the
mid-spectrum values. When averaging together two adjacent
tunings, the low-noise central channels from one tuning will
be combined with the high-noise edge channels of the other.
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Fig. 1. Tracing the frequency deviation using the telluric H17
2 O line. As

is evident, there was an early sudden shift of the line position, corre-
sponding to an AOS laser mode jump during warming up – a small
penalty because of our shared astronomy/aeronomy mission. The times
of such shifts can be determined accurately since they affect the total
power levels of the spectrometer. The gray dashed line shows the cor-
rection applied to the data from this sample observation.

This has been taken into account in the weighting procedure
by letting the most recently measured Tsys profile represent
the formal noise in each channel of the the next spectrum
to be included in the average. Provided that the integration
times and resolutions are all the same, and that we have a
good linear correlation between Tsys and the channel RMS,
this approach is easily justified.

Side-band suppression: In general, we have very good sup-
pression of the undesired image band (�20 dB in at least one
tuning). In the RX555 tunings, there is one exception where
the appearance of an image SO line indicates a suppression
of only 10 dB. Similarly poor SSB suppression was seen
more frequently in the RX549 data through the emergence
of telluric image ozone lines in occultation phase data. As is
evident in the final result, we had in general more problems
with high Tsys and unexplained baseline ripples in this fron-
tend/backend configuration, probably related to the poorer
SSB performance. In those cases where image lines were
seen in the final average (almost exclusively due to the strong
H2O and 13CO lines at 557 and 551 GHz, respectively),
the appropriate channels were excluded to remove the inter-
ference. The complementary tunings certified that no gaps
were created in the total average, although the noise is vis-
ibly higher in these portions due to less net observing time.
Potential low-level image line intrusions are in general suffi-
ciently weakened not to be seen in our baseline noise, owing
to the satellite motion Doppler correction which serves to
disperse image band signals.

Other pre-averaging measures consisted of first linearising the
readouts of the AOS aided by internal frequency comb measure-
ments, then resampling the AOS spectra to whole MHz to match
the AC resolution.

The individual spectra each represent one on-source obser-
vation in the PSW cycle which is equivalent to 24 s integration
time. During one such observation, the variation of the projected
satellite orbital velocity in the direction of the source is not taken
into account which introduces a slight spectral smearing of as-
tronomical lines. However, the magnitude of the Doppler shift
change at most amounts to ∼200 m s−1 and is considerbly less
for the major part of the orbit.

The baseline stability was very good (Sect. 3.1.2) and no
fits were subtracted from the spectra in the averaging procedure.
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Fig. 2. Baseline levels and slopes in 52 RX555 and RX549 observations
before any baseline subtractions. The error bars in the upper panel cor-
respond to 3σ. The slopes are measured as the level difference of two
halves of the spectra whose centres are separated by 496 MHz. This fig-
ure indeed highlights the stability of the receiver/AOS/calibration chain,
but the upwards trends of the levels towards the ends of both spring ob-
serving runs remain unexplained. There is also an observation that inex-
plicably appears to lack continuum signal (while telluric spectral lines
could still be detected).

However, to obtain accurate line property estimates for the very
weak features, we opted to subtract a piecewise linear fit from
the broadband end products, putting the baseline level at zero
around clearly detected emission lines.

3.1.2. Baseline stability/continuum level

We have estimated the dust continuum beam averaged antenna
temperature around 550 GHz using the spectra from the RX549
and RX555 receivers. One value was extracted for each tuning
as shown in Fig. 2 and the average amounted to TA = 0.45 K
(1800 Jy beam−1).

Due to the crowding of strong lines in some tunings, this cal-
culation relied on noise statistics and did not require that the po-
sitions of lines were known beforehand. The assumptions made
were instead i) at least half the channels in a spectrum were
largely unaffected by emission lines, ii) the baselines are largely
flat compared to the noise scatter of the intensity in individual
spectra, and iii) the noise is Gaussian and the RMS is well de-
scribed by its formal value derived from the radiometer formula.

The simple procedure was then to sort all channels accord-
ing to increasing intensity and select the bottom half of the
distribution (the top half is “contaminated” by emission lines).
Statistically, the expectation value of the distribution is then
found by adding 0.8×RMSformal to the mean value of the se-
lected low-intensity channels.

To further remove effects of baseline variations, and to get
a handle on the baseline stability, each spectrum was divided
into two 500 MHz subspectra on which the calculation described
above were performed. The average difference between the two

halves in each tuning then additionally supplied an indication of
the first order trend (or slope) of the baselines. Figure 2 also il-
lustrates the results found here. Although it is obvious that a sys-
tematic baseline pattern was present throughout the RX549 ob-
servations, the RX555 baseline performance is quite satisfactory.

3.2. ACs and data from RX495/RX572

The 700 MHz AC spectra are created by stitching together seven
112 MHz portions. To achieve the double coverage of each fre-
quency interval as we do with the AOS, one AC was split into
two portions, 3+4 subbands, and placed on each side of the other
AC that covered the central 700 MHz in the passband.

Each such sub-band is typically “well behaved” in terms of
having Gaussian noise and a uniform gain curve. However, in
the PSW observing mode there is for unknown reasons a lin-
ear falloff in channel intensity from the start of each on and off
sequence. Due to the inescapable slight asymmetry between on
and off measurements, and to the fact that the drift rate changes
gradually over the channels in one sub-band, the calibrated spec-
tra end up with a low-level curved saw tooth-like appearance
with two sub-bands forming each tooth. This pattern has been
removed by using high-order polynomials after careful compar-
isons with the results obtained by calibrating each sub-band sep-
arately. Around the extremely broad CO line at 576.3 GHz, this
method failed and the corresponding two tunings were instead
cured by employing a corrective procedure that nullifies the ef-
fects of the intensity drift mentioned above but is very time-
consuming.

The uppermost 200 MHz of the RX495 spectrum were
acquired from a tuning that suffered instability; the LO alter-
nated between being properly locked and oscillating between
frequency offsets of ±33 MHz. Using the recorded IF current and
the amplitudes of the [CI] forbidden line line at 491.7 GHz (vis-
ible in individual spectra, TA≈ 6 K) as guides, about ten minutes
of integration was recovered. In spite of the higher noise level
thus obtained, we chose to include this spectral section since it
contains two strong lines, the [CI] and a low-energy methanol
transition (TA≈ 1.2 K).

We did not find any evidence of image band lines interfering
in the signal side band for these two receivers, nor did we find
any significant frequency offsets (at most ≈ 1 MHz) from nomi-
nal values in telluric line position controls in sample tunings.

4. Results

4.1. Summary

Table 1 lists some general figures and characteristics for the sur-
vey as a whole. As is evident from this Table, our integrated in-
tensity is dominated by the continuum emission by a ratio of 5:1
(see Sect. 3.1.2 for details). The line-to-continuum ratio found
here, 20%, is much lower than that at 350 GHz, 50%, but rather
close to the 15% found at 650 GHz (Schilke et al. 2001). For a
larger telescope (such as the Herschel Space Observatory) one
can expect this value to increase somewhat due to increased in-
tensity from the abundant lines from the compact line sources
(<10′′) compared to the dust continuum source whose KL com-
ponent is about 30′′ as seen in for example the 345 GHz bolome-
ter map of Siringo et al. (2004).
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Table 1. Survey overview.

Property Value
Bandwidth covered 42 GHz
Number of lines detecteda 344
Line density 8 GHz−1 (range: 4–20)
Line intensity range 0.05–80 K
Number of species detectedb 38
Typical RMS reached ∼25 mK/1 MHz channel
Total

∫
TA dv 2 455c/2 525d K km s−1

Total line luminositye, f 5 × 1026 W
Mean line-to-continuum ratiog 0.2

a Incl. U- and T-lines (see Sect. 4.4). b Including isotopologues and C i.
c Over all lines detected. d Over all measured frequencies. e Using the
expression 2.65×Tr×θ/λwhere θ= 2.1′ and λ is given in centimetres, to
find the flux density per beam. f Using a beam-filling correction factor
of 1.25 for data near 490 GHz. g Near 550 GHz.

4.2. Spectra and identifications

The final spectral scan results from the four receivers can be seen
in Figs. A.1–A.4. The frequency scale is counted w.r.t. a source
velocity of vLSR = +8 km s−1, and markers are placed at the
laboratory rest frequencies of the transitions attributed to the line
features.

The general method for identification was to select the most
plausible species after comparisons with available molecular
databases2 (SLAIM03: Lovas 2003; CDMS: Müller et al. 2001;
JPL: Pickett et al. 1998) of predicted/calculated or directly
measured transition frequencies (SLAIM03 contains both kinds
wherever available). The selection criteria included: frequency
coincidence, expected abundance, line strength, line width, line
velocity, and upper state energy. Where possible we have also
used rotation diagram analysis (cf. Goldsmith & Langer 1999)
to guide our identification, as discussed in Paper II.

In the case of marginally detected line features suspected to
arise from more complex molecules such as dimethyl ether and
methyl formate, we also required that other lines of similar ex-
pected emission characteristics be visible at other frequencies
within the observed bands.

It is important to note that any conceivable artificial sharp
features produced in the radiometer would likely be stable in
the sky frequency rest frame and thus would be significantly
smeared here since the satellite motion Doppler correction of
each spectrum varies between –7 and +7 km s−1 over one orbit.

The line counts, upper state energy ranges and total inte-
grated intensities for each detected molecule are listed in Table 2.
All identifications (molecule and laboratory rest frequency) can
be found in Table 6 (available on line).

Also of interest here are the spectral offsets of the measured
lines relative to the laboratory frequencies. We have estimated
these from the value found at the peak intensity channel of the
lines (assuming a systemic emission velocity of +8 km s−1) and
they are listed in full in Paper II. The average offset per molecule
is −0.6 MHz but this cannot be used as a quality measure of the
data fidelity nor the accuracy of tabulated rest frequencies since
different molecules emit at different velocities (as is likely re-
flected by the high dispersion, 3.2 MHz). In addition, these emis-
sion velocities are often instrument-dependent due to varying
beam fillings of the different source components. Nonetheless,

2 On line locations at http://www.cdms.de/ (CDMS) http://
spec.jpl.nasa.gov/ (JPL) (SLAIM03 is not available on line but
some of its content is maintained under http://physics.nist.gov/
PhysRefData/).

Table 2. Summary of all detected species.

Species Number Energy range
∫

TA dv
[K] [K km s−1]

CH3OCH3 47 106–448 18.3
SO2 42 75–737 239.9
34SO2 5 79-457 2.6
SO 5 71–201 181.5
33SO 3 191–199 6.5
34SO 2 191–197 15.6
CH3OH vt = 1 42 332-836
CH3OH 34 38–863 108.6
13CH3OH 21 37–499 6.8
13CH3OH vt = 1 2 373–670
CH3CN 17 410–1012 9.3
NO 12 84–232 11.1
CN 8 54 8.5
H2CS 5 138–343 1.7
H2CO 3 106–133 38.5
H13

2 CO 1 130 0.6
HDCO 3 114–141 2.8
OCS 3 604–658 1.3
o-H2O 1 61 320.3
p-H2O 1 867 2.2
o-H17

2 O 1 61 9.4

o-H18
2 O 2 60–430 16.2

HDO 1 66 10.7
HC3N 2 648–799 0.6
CO 1 83 1100
13CO 1 79 174.3
C17O 1 81 6.0
C18O 1 79 24.3
C 1 24 38.7
NH3 1 27 20.6
15NH3 1 27 0.7
HNC 1 91 10.7
N2H+ 1 94 1.5
H2S 1 166 4.4
CS 1 129 24
13CS 1 173 v blend
SiO 1 190 17.6
29SiO 1 187 1.4
30SiO 1 185 0.5
HCS+ 1 186 v blend
NS 1 442 v blend
U-line 28 – 9.1
T-line 36 – 7.2

by choosing the 35 strongest lines of methanol (which conve-
niently has narrow emission lines), we minimise this effect and
get a dispersion of only 1.1 MHz. While this is slightly higher
than the stated estimated frequency uncertainty of our spectra,
there are a number of possible remaining explanations aside
from data error such as lab measurement/calculation error and
line blending.

4.3. Important line blends

A means to identify and subsequently remove “interfering”
lines is helpful, particularly in the detailed study of line shapes
(where the signal-to-noise ratios of the lines are such that this is
feasible).

It now seems convincingly clear that the line wings of the
rarer isotopologues of water and carbon monoxide are affected
by emission from SO2, 34SO2, CH3OH and CH3CN. Fortunately,
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the emission from these species can be accurately modelled due
to the wealth of other lines from these species present in our
band, allowing determinations of column densities and excita-
tion temperatures. We have in the course of our analysis tried to
reconstruct the true shapes of some lines by subtracting pollut-
ing emissions from our spectra, and in Paper II one successful
example is demonstrated (H17

2 O).
We caution that this approach is only useful in contexts

where the interfering lines emit in an optically thin portion of
the main line (or if the gas is stratified so that the optically thin
line arises in the near side of the gas column). For instance, we
do not find it likely that the SO2 line at 556.960 GHz signifi-
cantly alters the profile of the main water line (at 556.936 GHz)
since i) the optical depth towards the centre of the water line
is very large, and ii) according to the interpretation in Olofsson
et al. (2003) the High Velocity Flow as seen in water is located
in front of (or around) the Low Velocity Flow from which the
sulphur oxide lines mainly originate, as evidenced by their line
widths and source size.

4.4. Unidentified line features

We have defined U-lines – clearly detected lines well distin-
guished from the baseline noise – and T-lines, which are only
marginally visible (T for “Tentative”) against the noise, or in an
apparent line blend. The lines of both types are marked in the
spectra and listed in Table 3.

We have in some cases found candidate species (Table 3)
which have not fulfilled all our criteria for an unequivocal des-
ignation and they are kept as U- or T-lines. Some of the more
interesting scenarios are discussed below.

4.4.1. New SO+ lines?

Interstellar SO+ was first detected in the shocked clump IC443G,
presumably being formed in the dissociative shock caused by
the supernova remnant (Turner 1992). Our weak unidentified
lines at 486.845 and 487.209 GHz tentatively can be identified
as the J = 21/2–19/2 e and f doublet of the reactive radical SO+

in its 2Π1/2 ground state (JPL; Amano et al. 1991). The sug-
gested assignment is consistent with the detection in Orion KL
of lower energy SO+ lines at 115.804, 116.180, 208.590, and
255.353 GHz (Turner 1994). Our assignment is further strength-
ened by the U-line at 347.743 GHz observed by Schilke et al.
(1997) which we identify here with the J = 15/2–13/2 e tran-
sition of SO+ at 347.740 GHz. However, the corresponding f
transition at 348.115 GHz is hidden in a blend with 13CH3OH
and 34SO2.

4.4.2. Other notable frequency coincidences:
SH− and ND

Our weak, slightly broad lines near 546.138 and 546.176 GHz
could be associated with the NJ = 11–01 hyperfine transition
cluster of the ND radical in its X3Σ− ground vibronic state
(CDMS; Saito & Goto 1993; Takano et al. 1998). If so, the
strongest component is at a blue-shifted position closer to the
Hot Core velocity, in agreement to what is seen in other nitrogen
hydrides such as NH2 (which we tentatively conclude to be blue-
shifted after studying the 900 GHz spectral survey of Comito
et al. 2005 in detail). NH3 on the other hand – discussed further
in Paper II – has a ∼60% Hot Core contribution but this is heav-
ily masked by its optical depth in both the Hot Core and in the

Table 3. Unidentified (U) and/or marginally detected (T) lines.

Frequency Type Sugg. Table
[MHz] [U/T] ident. continued
486 845 T SO+ 555 914 T –
487 209 U SO+ 555 933 T –
487 507 T CH3CHO 556 267 T –
488 477 T – 556 633 T –
488 598 U CH3OCHO 559 239 U CH3OCHO
488 633 U CH3CHO 559 816 T HDO
489 193 T – 559 861 U CH3OCHO
489 709 T SiS 559 913 U –
491 496 U CH3OCHO 560 753 T –
491 892 U – 561 971 U –
541 926 T – 562 118 T –
541 981 U CH3OCHO 562 960 U –
542 945 U – 563 033 U –
543 873 U – 563 481 T HNCO
544 016 T SiS 564 105 U –
546 138 U ND 564 418 T SH−

546 176 T ND 566 066 U –
546 662 T – 567 485 U –
546 805 T – 569 138 U HNCO
547 080 T – 570 303 U –
547 162 T – 570 335 T –
547 262 T HNCO 570 790 T –
549 142 T HNCO 570 814 T –
549 199 T HNCO,H2CS 571 151 T HNCO
549 449 U – 571 217 T HNCO
549 719 T SO2,(CH3)2O 571 477 T H2C18O
550 132 T SO2 572 596 U –
552 308 U – 572 678 U –
552 846 T – 574 184 U –
553 667 U CH3OCHO 575 397 T –
553 716 U – 576 446 U –
555 312 T – 577 160 T –

Compact Ridge. Unfortunately, the predicted shape of the line
bundle as a whole does not match the observation and one would
need to invoke non-LTE excitation to explain this difference.

A weak unidentified line at 564.418 GHz may originate in
the J=1−0 rotational transition of SH− in its X1Σ+ ground state,
measured to fall at the frequency 564.422 GHz (Civiš et al.
1998). A new interstellar anion would be of utmost interest since
only one has been found previously, namely the discovery of
C6H− which was recently reported by McCarthy et al. (2006).
Thus – although our line is not strong enough to claim a detec-
tion (∼3.5σ relative to the local noise) – we chose to perform a
very simple column density calculation (or an upper limit thereof
if the line turned out false). By employing the LTE assumption
with full beamfilling, an excitation temperature of 100 K, and
a dipole moment of 0.273 D (adopted from the ab initio cal-
culations of Senekowitsch et al. 1985), we arrive at a figure of
NSH− = 2 × 1013 cm−2. The scenario used would be consistent
with SH− residing in the extended OMC-1/M42 face-on PDR
(discussed in Wirström et al. 2006). Should the origin of the line
(if real) be any of the smaller Orion KL components – as indeed
the observed line width (∆vFWHM = 11 km s−1) seems to indi-
cate – the column density rises by a factor of ∼200. We deem
at least the PDR column density to be a reasonably low value
in light of the rather unknown chemistry of similar hydrides in
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the interstellar medium. The SH radical, for instance, has only
been found in the atmosphere of a Mira variable through mid-
IR transitions (Yamamura et al. 2000). Nevertheless, a possible
contribution from SH in a C3 spectrum towards Sgr B2 has been
reported by Cernicharo et al. (2000). We also note that a for-
mation pathway exists involving H2S (via dissociative electron
attachment), a molecule observed by Odin in the present survey
and treated in Paper II.

Both these candidates (marked by gray arrows in the spec-
tra figures) can be confirmed or ruled out by the forthcoming
Herschel mission (discussed further in Sect. 5). For the case of
ND, the triplets of NH at 947 and 1000 GHz are also relevant.

4.5. Non-detections

Two notable non-detections have been indicated by gray arrows
in our spectra: the PH and O2 molecules. The PH line (a hyper-
fine transition within the NJ = 11–01 group at 553.363 GHz) has
also been searched for in IRC+ 10216 by Odin to a much higher
sensitivity by Bernath et al. (2007), and we refer to them for de-
tails on the PH physical and chemical properties and its role in
the circum- and interstellar medium. The O2 line at 487.249 GHz
has previously been searched for by the SWAS satellite (having
a larger beam size) down to a sensitivity of 6.4 mK (Goldsmith
et al. 2000) without success. Both O2 non-detections are consis-
tent with the Odin upper limit from the ground state transition at
118.750 GHz by Pagani et al. (2003).

4.6. Improvements of existing spectroscopic data

In the case of our rather weak H2CS lines, we did at first find
frequency offsets between 6 and 14 MHz systematically red-
wards of the expected values (as given in the JPL database which
indeed stated high uncertainties for these calculated H2CS fre-
quencies). Prompted by private communication, an entry for this
molecule was subsequently inserted into CDMS and the new cal-
culated rest frequencies found there gave very good agreements
with our measured positions in all but one line. This is an en-
couraging result proving that large measured frequency offsets
are likely not to be spurious and may in some cases indicate that
the existing tabulated spectroscopy data are off the mark.

In the case of H2CS, new extensive laboratory spectroscopy
work has kindly been performed by Eric Herbst and his collabo-
rators. The resulting H2CS database will be crucial for Herschel
Space Observatory.

In general, we hope that our measured line parameters (listed
in bulk in Paper II) may be useful for accurate determination of
molecular data such as rotational constants.

5. Discussion of future observations

No further Odin observations of this kind are currently planned
and the observation time cost for significant noise reduction
would in any case be prohibitive. However, the spectral portions
presented here will be reobserved by the Herschel space observa-
tory3 and is of interest to briefly discuss what they could obtain.
Herschel is a European Space Agency (ESA) satellite mission
aimed at launching a 3.5 m telescope equipped with very low
noise submm/far-IR heterodyne receivers in 2008.

Most of the identified lines in this survey belong to species
already observed at other transitions (at both lower and higher

3 http://www.esa.int/science/herschel

frequencies) and source size estimates for the corresponding
emission components are available in the literature (e.g. refer-
ences in Sect. 1 and Paper II). A rough Herschel beam-filling es-
timate based on these source sizes reveals that those lines will be
1–10 times stronger in the Herschel spectrum, with the majority
leaning towards the higher end. Assuming further an observation
time of only one hour in combination with recent figures for the
Herschel receiver system sensitivity, one finds that the signal-to-
noise ratio will be increased by up to a factor of 20 in such a case.
This will be particularly useful for the weakest lines (5–10σ)
seen in the Odin survey which will be possible to study in some
detail in the Herschel spectrum. It is in this group we find nearly
all the unidentified lines and the potential for new discoveries
among them is obvious. The interesting frequency coincidences
of SH− and ND described earlier are good examples. The inter-
pretation of these and even weaker lines runs, however, the risk
of being hampered by line crowding and blending (already up to
20 lines/GHz in our spectrum) due to the plethora of lines that
will emerge from the noise compared to the Odin spectrum. This
in turn will put high demands on the system baseline stability in
order to correctly disentangle the emissions. The pollutive con-
tributions in the key water isotopologue lines discussed above
will also be worsened (due to differential beam-fillings) and on
a side note one can predict that this problem will arise in most
sources where Herschel observes these species.

6. Conclusions

We have conducted a spectral survey in two submillimetre win-
dows largely inaccessible from the ground due to atmospheric
opacity. The frequency ranges covered are: 486.4–492.3 and
541.5–577.6 GHz. This was achieved using the Odin submm
satellite.

The spacecraft performance was generally excellent in terms
of high observing efficiency and good sideband suppression
most of the time (within the SSB receivers).

The baseline stability has been shown to be satisfactory, al-
beit high-order polynomials being required in about 50% of the
data to remove a fixed pattern arising in the autocorrelators in
this particular observation setup.

Careful attention has been paid to the frequency alignment
of our data resulting in an estimated frequency error of �1 MHz.

Thus, high confidence is warranted in the fidelity of the re-
duced spectra. To ascertain the calibration accuracy, some lines
have also been compared to previous or later targeted Odin ob-
servations using markedly different instrumental setups.

We found a total of 280 identified emission lines (some of
which include multiple transitions), and 28 unidentified lines.
We have also pointed out a further 36 borderline detected fea-
tures which in some cases have interesting candidate assign-
ments such as SH− and SO+.

Among the 38 detected molecules, we have four water iso-
topologues seen in at least five emssion lines. These data are
used in Paper II to make a water abundance analysis.

Column density estimates for all species are presented in
Paper II, as well as abundance, source size, and rotation tem-
perature estimates for a selection of molecules.
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Appendix A: Spectra
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Fig. A.1. The Odin spectral survey between 486.4 and 492.1 GHz (RX495). Note the intensity scaling factor of 1.25 to approximately deconvolve
the spectrum to the beam size near 557 GHz (assuming a point source). Empty markers at the intensity level of 1.25 K denote CH3OCHO lines.
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Fig. A.4. The Odin spectral survey between 562.9 and 577.6 GHz (RX572). Empty markers at the intensity level of 1.25 K denote CH3OCHO lines.
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Appendix B: Electronic table on lines

Table B.1. Lines detected towards Orion KL listed in order of laboratory frequency.

Frequency Molecule
[MHz] or U/T-line
486 845 T-line
486 940.9 CH3OH
487 209 U-line
487 507 T-line
487 531.9 CH3OH
487 663.4 H2CS
487 708.5 SO
488 153.5 13CH3OH
488 302.6 13CH3OH
488 477 T-line
488 491.1 para-H2O
488 598 U-line
488 633 U-line
488 945.5 CH3OH
489 037.0 CH3OH
489 054.3 ortho-H18

2 O
489 193 T-line
489 224.3 CH3OH
489 709 T-line
489 751.1 CS
490 299.4 13CH3OH
490 596.7 HDO
490 795.3 CH3OCH3

490 795.3 CH3OCH3

490 797.5 CH3OCH3

490 798.3 CH3OCH3

490 801.3 CH3OCH3

490 804.3 CH3OCH3

490 804.7 CH3OCH3

490 810.3 CH3OCH3

490 811.4 CH3OCH3

490 812.1 CH3OCH3

490 864.4 CH3OCH3

490 869.8 CH3OCH3

490 871.5 CH3OCH3

490 877.2 CH3OCH3

490 877.6 CH3OCH3

490 878.3 CH3OCH3

490 955.7 HC3N
490 960.0 CH3OH
491 170.0 13CH3OH
491 201.3 13CH3OH
491 310.1 13CH3OH
491 496 U-line
491 550.9 CH3OH
491 892 U-line
491 934.7 SO2

491 937.0 HDCO
491 968.4 H2CO
492 160.7 C
492 278.7 CH3OH
541 750.9 SO2

541 810.6 SO2

Frequency Molecule
[MHz] or U/T-line
541 926 T-line
541 981 U-line
542 000.9 CH3OH
542 081.9 CH3OH
542 097.7 34SO2

542 163.0 CH3OH
542 177.4 34SO2

542 233.5 34SO2

542 257.7 CH3OCH3

542 257.7 CH3OCH3

542 260.1 CH3OCH3

542 262.4 CH3OCH3

542 270.1 34SO2

542 291.7 34SO2

542 302.3 34SO2

542 945 U-line
543 076.1 CH3OH
543 413.5 SO2

543 457.3 CH3OH
543 467.7 SO2

543 753.9 CH3OCH3

543 753.9 CH3OCH3

543 756.9 CH3OCH3

543 759.8 CH3OCH3

543 873 U-line
543 897.6 HNC
544 016 T-line
544 140.5 13CH3OH
544 206.7 13CH3OH
544 653.1 CH3OH
544 820.5 CH3OH
545 034.8 CH3OH
545 318.5 SO2

545 417.1 HC3N
545 517.3 SO2

545 755.6 CH3OH
546 138 U-line
546 176 T-line
546 226.8 CH3OH
546 239.0 CH3OH
546 579.8 SO2

546 662 T-line
546 805 T-line
546 827.8 CH3OCH3

546 829.2 CH3OCH3

546 831.5 CH3OCH3

546 834.5 CH3OCH3

546 859.8 OCS
547 080 T-line
547 119.6 34SO
547 162 T-line
547 262 T-line
547 284.8 CH3OCH3

Frequency Molecule
[MHz] or U/T-line
547 286.2 CH3OCH3

547 287.8 CH3OCH3

547 290.1 CH3OCH3

547 308.2 H2CS
547 457.8 13CH3OH
547 613.5 34SO2

547 676.4 ortho-H18
2 O

547 698.9 CH3OH
547 802.2 SO2

548 389.8 34SO
548 475.2 H13

2 CO
548 548.7 CH3OH
548 734.3 SO2

548 831.0 C18O
548 838.9 SO2

549 142 T-line
549 199 T-line
549 278.7 34SO
549 297.1 13CH3OH
549 303.3 SO2

549 322.8 CH3OH
549 402.4 H2CS
549 447.5 H2CS
549 449 U-line
549 504.7 CH3OCH3

549 504.7 CH3OCH3

549 504.9 CH3OCH3

549 505.2 CH3OCH3

549 543.8 CH3OCH3

549 546.5 CH3OCH3

549 547.4 CH3OCH3

549 547.7 CH3OCH3

549 550.4 CH3OCH3

549 550.6 CH3OCH3

549 550.8 CH3OCH3

549 551.7 CH3OCH3

549 566.4 SO2

549 719 T-line
550 025.2 CH3OH
550 132 T-line
550 605.2 30SiO
550 659.3 CH3OH
550 671.7 CH3CN
550 850.0 CH3CN
550 926.3 13CO
550 946.7 SO2

551 007.4 CH3CN
551 143.9 CH3CN
551 187.3 NO
551 187.5 NO
551 188.8 NO
551 228.6 CH3OH
551 259.6 CH3CN
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Table B.1. continued.

Frequency Molecule
[MHz] or U/T-line
551 270.8 CH3OCH3

551 273.6 CH3OCH3

551 275.1 CH3OCH3

551 275.1 CH3OCH3

551 276.5 CH3OCH3

551 276.5 CH3OCH3

551 277.9 CH3OCH3

551 279.4 CH3OCH3

551 354.2 CH3CN
551 427.9 CH3CN
551 480.6 CH3CN
551 512.2 CH3CN
551 522.7 CH3CN
551 531.5 NO
551 534.0 NO
551 534.1 NO
551 622.9 SO2

551 736.2 CH3OH
551 767.4 34SO2

551 968.8 CH3OH
552 021.0 ortho-H17

2 O
552 069.4 SO2

552 078.9 SO2

552 184.8 CH3OH
552 258.9 CH3OCH3

552 258.9 CH3OCH3

552 261.4 CH3OCH3

552 264.0 CH3OCH3

552 308 U-line
552 429.8 33SO
552 577.2 CH3OH
552 646.6 CH3CN
552 740.9 HDCO
552 835.1 13CH3OH
552 846 T-line
552 915.4 CH3OH
552 970.8 CH3CN
553 007.8 CH3CN
553 029.1 CH3CN
553 146.3 CH3OH
553 164.9 SO2

553 201.6 CH3OH
553 240.3 CH3CN
553 362.2 CH3CN
553 437.5 CH3OH
553 570.9 CH3OH
553 624.5 CH3OH
553 667 U-line
553 681.3 33SO
553 707.6 CH3CN
553 716 U-line
553 763.7 CH3OH
554 052.7 CH3OH

Frequency Molecule
[MHz] or U/T-line
554 055.5 CH3OH
554 202.9 CH3OH
554 212.8 SO2

554 402.5 CH3OH
554 555.6 33SO
554 576.6 HCS+

554 619.8 CH3OCH3

554 619.8 CH3OCH3

554 621.0 CH3OCH3

554 621.5 CH3OCH3

554 622.1 CH3OCH3

554 622.6 CH3OCH3

554 622.6 CH3OCH3

554 623.2 CH3OCH3

554 650.9 CH3OH
554 708.2 34SO2

554 726.0 13CS
554 811.5 CH3OCH3

554 811.5 CH3OCH3

554 812.7 CH3OCH3

554 813.4 CH3OCH3

554 813.9 CH3OCH3

554 814.6 CH3OCH3

554 814.6 CH3OCH3

554 815.3 CH3OCH3

554 888.3 CH3OCH3

554 888.3 CH3OCH3

554 890.4 CH3OCH3

554 892.5 CH3OCH3

554 947.4 CH3OH
554 979.1 CH3OCH3

554 979.1 CH3OCH3

554 980.4 CH3OCH3

554 981.2 CH3OCH3

554 981.7 CH3OCH3

554 982.5 CH3OCH3

554 982.5 CH3OCH3

554 983.3 CH3OCH3

555 121.5 SO2

555 124.5 CH3OCH3

555 124.5 CH3OCH3

555 125.9 CH3OCH3

555 126.8 CH3OCH3

555 127.3 CH3OCH3

555 128.2 CH3OCH3

555 128.2 CH3OCH3

555 129.1 CH3OCH3

555 204.1 SO2

555 249.8 CH3OCH3

555 249.8 CH3OCH3

555 251.3 CH3OCH3

555 252.3 CH3OCH3

555 252.7 CH3OCH3

Frequency Molecule
[MHz] or U/T-line
555 253.8 CH3OCH3

555 253.8 CH3OCH3

555 254.9 CH3OCH3

555 291.1 CH3OH
555 312 T-line
555 356.8 CH3OCH3

555 356.8 CH3OCH3

555 358.3 CH3OCH3

555 359.5 CH3OCH3

555 359.9 CH3OCH3

555 361.1 CH3OCH3

555 361.1 CH3OCH3

555 362.3 CH3OCH3

555 417.7 CH3OH
555 418.5 CH3OH
555 447.3 CH3OCH3

555 447.3 CH3OCH3

555 448.9 CH3OCH3

555 450.2 CH3OCH3

555 450.6 CH3OCH3

555 451.9 CH3OCH3

555 451.9 CH3OCH3

555 453.1 CH3OCH3

555 522.9 CH3OCH3

555 522.9 CH3OCH3

555 524.6 CH3OCH3

555 526.0 CH3OCH3

555 526.4 CH3OCH3

555 527.8 CH3OCH3

555 527.8 CH3OCH3

555 529.2 CH3OCH3

555 585.3 CH3OCH3

555 585.3 CH3OCH3

555 587.1 CH3OCH3

555 588.6 CH3OCH3

555 589.0 CH3OCH3

555 590.4 CH3OCH3

555 590.4 CH3OCH3

555 591.9 CH3OCH3

555 635.9 CH3OCH3

555 635.9 CH3OCH3

555 637.9 CH3OCH3

555 639.4 CH3OCH3

555 639.8 CH3OCH3

555 641.4 CH3OCH3

555 641.4 CH3OCH3

555 642.9 CH3OCH3

555 666.3 SO2

555 676.3 CH3OCH3

555 676.3 CH3OCH3

555 678.3 CH3OCH3

555 679.9 CH3OCH3

555 680.3 CH3OCH3
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Table B.1. continued.

Frequency Molecule
[MHz] or U/T-line
555 681.0 CH3OH
555 681.9 CH3OCH3

555 681.9 CH3OCH3

555 683.6 CH3OCH3

555 700.1 13CH3OH
555 707.6 CH3OCH3

555 707.6 CH3OCH3

555 709.7 CH3OCH3

555 711.4 CH3OCH3

555 711.8 CH3OCH3

555 713.5 CH3OCH3

555 713.5 CH3OCH3

555 715.2 CH3OCH3

555 731.2 CH3OCH3

555 731.2 CH3OCH3

555 733.4 CH3OCH3

555 735.2 CH3OCH3

555 735.5 CH3OCH3

555 737.3 CH3OCH3

555 737.3 CH3OCH3

555 739.1 CH3OCH3

555 748.2 CH3OCH3

555 748.2 CH3OCH3

555 750.5 CH3OCH3

555 752.3 CH3OCH3

555 752.7 CH3OCH3

555 754.6 CH3OCH3

555 754.6 CH3OCH3

555 756.4 CH3OCH3

555 759.7 CH3OCH3

555 759.7 CH3OCH3

555 762.1 CH3OCH3

555 764.0 CH3OCH3

555 764.4 CH3OCH3

555 766.3 CH3OCH3

555 766.3 CH3OCH3

555 766.8 CH3OCH3

555 766.8 CH3OCH3

555 768.2 CH3OCH3

555 769.2 CH3OCH3

555 771.2 CH3OCH3

555 771.6 CH3OCH3

555 773.5 CH3OCH3

555 773.5 CH3OCH3

555 775.5 CH3OCH3

555 914 T-line
555 933 T-line
556 115.8 CH3OH
556 179.4 CH3OCH3

556 179.4 CH3OCH3

556 179.4 CH3OCH3

556 179.5 CH3OCH3

556 212.0 CH3OCH3

Frequency Molecule
[MHz] or U/T-line
556 212.0 CH3OCH3

556 212.1 CH3OCH3

556 212.2 CH3OCH3

556 267 T-line
556 594.4 CH3OH
556 603.7 CH3OH
556 633 T-line
556 936.0 ortho-H2O
556 959.9 SO2

557 115.2 CH3OH
557 123.2 H2CS
557 147.0 CH3OH
557 147.0 CH3OH
557 184.4 29SiO
557 283.2 SO2

557 676.6 CH3OH
558 004.6 CH3OH
558 087.7 SO
558 101.2 SO2

558 276.8 CH3OH
558 344.5 CH3OH
558 390.9 SO2

558 555.8 SO2

558 606.4 CH3OH
558 717.5 34SO2

558 812.5 SO2

558 890.2 CH3OH
558 890.2 CH3OH
558 904.6 CH3OH
558 914.0 CH3OH
558 966.6 N2H+

558 990.5 OCS
559 239 U-line
559 319.8 SO
559 500.4 SO2

559 586.1 CH3OH
559 816 T-line
559 861 U-line
559 882.1 SO2

559 913 U-line
560 178.7 SO
560 291.0 CH3OH
560 318.9 SO2

560 590.2 34SO2

560 613.5 SO2

560 648.9 CH3OCH3

560 648.9 CH3OCH3

560 649.0 CH3OCH3

560 649.0 CH3OCH3

560 753 T-line
560 891.0 SO2

561 026.4 CH3OH
561 094.8 SO2

Frequency Molecule
[MHz] or U/T-line
561 138.5 13CH3OH
561 265.6 SO2

561 269.1 CH3OH
561 361.4 SO2

561 392.9 SO2

561 402.9 CH3OH
561 490.5 SO2

561 560.3 SO2

561 608.6 SO2

561 639.3 SO2

561 656.7 SO2

561 664.2 SO2

561 700.4 34SO
561 712.8 C17O
561 789.7 CH3OH
561 899.3 H2CO
561 971 U-line
562 118 T-line
562 960 U-line
563 033 U-line
563 481 T-line
564 105 U-line
564 221.6 CH3OH
564 223.7 13CH3OH
564 249.2 SiO
564 418 T-line
564 759.8 CH3OH
565 245.2 13CH3OH
565 262.1 CH3OCH3

565 262.8 CH3OCH3

565 265.2 CH3OCH3

565 267.9 CH3OCH3

565 527.8 13CH3OH
565 737.4 13CH3OH
565 737.4 13CH3OH
565 857.5 HDCO
565 895.0 13CH3OH
565 914.4 13CH3OH
565 946.2 13CH3OH
566 046.6 CH3OCH3

566 047.3 CH3OCH3

566 049.3 CH3OCH3

566 051.7 CH3OCH3

566 066 U-line
566 411.9 13CH3OH
566 606.7 CH3OCH3

566 606.7 CH3OCH3

566 608.5 CH3OCH3

566 610.4 CH3OCH3

566 662.8 13CH3OH
566 729.9 CN
566 730.7 CN
566 730.8 CN
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Table B.1. continued.

Frequency Molecule
[MHz] or U/T-line
566 840.7 13CH3OH
566 946.8 CN
566 946.9 CN
566 947.2 CN
566 962.0 CN
566 963.7 CN
567 064.2 NO
567 069.6 NO
567 073.4 NO
567 077.9 NO
567 079.6 H2S
567 082.7 NO
567 086.6 NO
567 485 U-line
567 592.7 SO2

567 942.6 CH3OH
568 050.7 H2S
568 430.6 CH3OCH3

568 432.6 CH3OCH3

568 433.9 CH3OCH3

568 435.3 CH3OCH3

568 436.3 CH3OCH3

568 437.2 CH3OCH3

568 437.7 CH3OCH3

568 439.2 CH3OCH3

568 566.1 CH3OH
568 690.1 CH3OCH3

568 690.1 CH3OCH3

568 690.3 CH3OCH3

568 690.4 CH3OCH3

568 741.6 SO
568 783.6 CH3OH
568 999.3 CH3CN
569 091.6 34SO2

569 138 U-line
569 324.5 CH3OH
569 486.9 CH3CN
569 606.3 CH3CN
569 704.0 CH3CN
569 780.1 CH3CN
569 834.5 CH3CN
569 867.1 CH3CN
569 878.0 CH3CN
570 219.1 CH3OCH3

570 221.9 CH3OCH3

570 223.3 CH3OCH3

570 223.3 CH3OCH3

570 224.7 CH3OCH3

570 224.7 CH3OCH3

570 226.1 CH3OCH3

570 227.5 CH3OCH3

570 261.5 CH3OH
570 264.0 CH3OH

Frequency Molecule
[MHz] or U/T-line
570 303 U-line
570 335 T-line
570 619.0 CH3OH
570 624.2 13CH3OH
570 790 T-line
570 814 T-line
571 119.7 OCS
571 151 T-line
571 217 T-line
571 477 T-line
571 532.6 SO2

571 553.3 SO2

572 112.8 15NH3

572 498.2 NH3

572 596 U-line
572 676.2 CH3OH
572 678 U-line
572 898.8 CH3OH
573 471.1 CH3OH
573 527.3 34SO2

573 912.7 CH3OH
574 090.9 CH3OCH3

574 090.9 CH3OCH3

574 093.3 CH3OCH3

574 095.7 CH3OCH3

574 140.0 H2CS
574 184 U-line
574 587.8 SO2

574 797.9 34SO2

574 807.3 SO2

574 868.5 CH3OH
575 397 T-line
575 547.2 CH3OH
576 042.1 SO2

576 267.9 CO
576 446 U-line
576 708.3 H2CO
576 720.2 NS
577 160 T-line
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ABSTRACT

Aims. We investigate the physical and chemical conditions in a typical star forming region, including an unbiased search for new
molecules in a spectral region previously unobserved.
Methods. Due to its proximity, the Orion KL region offers a unique laboratory of molecular astrophysics in a chemically rich, massive
star forming region. Several ground-based spectral line surveys have been made, but due to the absorption by water and oxygen, the
terrestrial atmosphere is completely opaque at frequencies around 487 and 557 GHz. To cover these frequencies we used the Odin
satellite to perform a spectral line survey in the frequency ranges 486−492 GHz and 541−577 GHz, filling the gaps between previous
spectral scans. Odin’s high main beam efficiency, ηmb = 0.9, and observations performed outside the atmosphere make our intensity
scale very well determined.
Results. We observed 280 spectral lines from 38 molecules including isotopologues, and, in addition, 64 unidentified lines. A few
U-lines have interesting frequency coincidences such as ND and the anion SH−. The beam-averaged emission is dominated by CO,
H2O, SO2, SO, 13CO and CH3OH. Species with the largest number of lines are CH3OH, (CH3)2O, SO2, 13CH3OH, CH3CN and
NO. Six water lines are detected including the ground state rotational transition 11,0–10,1 of o-H2O, its isotopologues o-H18

2 O and
o-H17

2 O, the Hot Core tracing p-H2O transition 62,4–71,7, and the 20,2–11,1 transition of HDO. Other lines of special interest are the
10–00 transition of NH3 and its isotopologue 15NH3. Isotopologue abundance ratios of D/H, 12C/13C, 32S/34S, 34S/33S, and 18O/17O
are estimated. The temperatures, column densities and abundances in the various subregions are estimated, and we find very high
gas-phase abundances of H2O, NH3, SO2, SO, NO, and CH3OH. A comparison with the ice inventory of ISO sheds new light on the
origin of the abundant gas-phase molecules.

Key words. ISM: abundances – ISM: individual objects: Orion KL – ISM: molecules – line: formation – line: identification –
submillimeter

� Odin is a Swedish-led satellite project funded jointly by the
Swedish National Space Board (SNSB), the Canadian Space Agency
(CSA), the National Technology Agency of Finland (Tekes) and Centre
National d’Etudes Spatiales (CNES). The Swedish Space Corporation
was the prime contractor and also is responsible for the satellite
operation.
�� Section 10, Figs. 25–47 and Tables 5–35 are only available in elec-
tronic form at http://www.aanda.org

1. Introduction

To study the important ground-state rotational transition of water
(including isotopologues), which traces shocks and heated star
forming regions, is one of the main astronomy goals of the Odin
satellite (Nordh et al. 2003, and subsequent papers in the A&A
“Special Letters Edition: First Science with the Odin satellite”)
and hence also of this spectral line survey towards the Orion KL
region. The first observations of this water line were performed
by SWAS in 1998 (NASA’s Submillimeter Wave Astronomy

Article published by EDP Sciences and available at http://www.aanda.org or http://dx.doi.org/10.1051/0004-6361:20077225
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Satellite; Melnick et al. 2000 and subsequent ApJ papers in that
issue). The Odin satellite provides a smaller beam than SWAS
(2.1′ vs. 3.3′ × 4.5′), and our tunable SSB receivers enable a
full line survey in this spectral window, including the water iso-
topologues (H16

2 O, H17
2 O, H18

2 O and HDO), and a high energy
p-H2O transition.

A spectral scan offers an unbiased search for new molecules.
It also creates opportunities to observe multiple transitions of
the same species as a uniformly calibrated data set, and this
can be used to calculate rotation temperatures, column densities,
abundances, source sizes, optical depths, and isotopic elemental
abundance ratios of the observed gases. The latter are important
constraints for models of the Galactic chemical evolution. These
models predict the elemental abundance evolution as a function
of star formation history, stellar nucleosynthesis, and the degree
of mixing of the gas in the ISM (Wilson & Rood 1994).

The Orion Molecular Cloud (OMC-1) is a well known mas-
sive star forming region (see Genzel & Stutzki 1989, for a re-
view), and an ideal target for spectral line surveys at millimetre
and submillimetre wavelengths due to its chemical richness and
proximity (∼450 pc). The Kleinmann-Low nebula (Orion KL)
is the brightest infrared region in the OMC-1 and is situated
about 1′ NW of the Trapezium cluster. This region enables stud-
ies of the interaction between young massive stars and their
parental molecular cloud. Powerful outflows, shocks and turbu-
lence cause a very complex and chemically structured source,
consisting of several distinct subsources.

There are five different components of radial velocity (e.g.
Olofsson et al. 1981; Olofsson et al. 1982; Johansson et al.
1984; Friberg 1984; Genzel & Stutzki 1989; Wright et al. 1996;
Schilke et al. 2001; Beuther et al. 2005; Olofsson et al. 2007,
hereafter Paper I) within the ∼126′′ Odin beam:

– The ambient medium/Extended Ridge (ER) with υLSR ∼
8 km s−1 in the south and an abrupt velocity shift across the
KL region to υLSR ∼ 10 km s−1 in the north. This extended
emission is larger than our beam with quiescent, cool gas of
narrow line widths of ∆υ ∼ 3−5 km s−1, a temperature of
∼20−60 K, and densities of 104−106 cm−3.

– The Plateau: the out-flowing gas, centred close to IRc2
contains two outflows (Greenhill et al. 1998). The bipo-
lar High Velocity Flow (HVF) in the SE-NW direction at
υLSR ∼ 10 km s−1 reaches velocities of 150 km s−1 and
covers 40−70′′. The second is a Low Velocity Flow (LVF)
in the SW-NE direction at υLSR ∼ 5 km s−1, widths of
∼18 km s−1 (“the 18 km s−1 flow”, Genzel et al. 1981), and a
size of 15−30′′. The temperature and density are 100−150 K
and ∼105 cm−3, respectively.

– The Compact Ridge (CR): a compact warm clump in
the northern tip of the southern ER was first discovered
by Johansson et al. (1984), approximately 10−15′′ south-
west of IRc2 with υLSR ∼ 8 km s−1, and line widths of
∆υ ∼ 3 km s−1. It may be the result of an interaction between
the LVF and the ER that compressed the gas to higher densi-
ties ∼106 cm−3, temperatures of 100−150 K, and to a small
size of 6−15′′.

– The Hot Core (HC): a warm star forming region which is
heated internally, probably by one (or more) young massive
protostars. The total size is ∼5−10′′ (Hermsen et al. 1988a;
Wilson et al. 2000) with smaller, very dense (n ∼ 107 cm−3)
clumps (Beuther et al. 2005). It is centred only 2′′ from
IRc2, at a projected distance of 10′′ from the CR. The ve-
locity is centred on υLSR ∼ 3−6 km s−1 with line widths of
∆υ ∼ 5−15 km s−1. The range of temperatures obtained from

inversion transitions of NH3 is 165−400 K (Wilson et al.
2000).

– Photo Dissociation Region (PDR): the extended interface re-
gion between the molecular cloud and the foreground M42
Hii region (Rodríguez-Franco et al. 1998, 2001; Wirström
et al. 2006, and references therein) at velocities 8−10 km s−1.

The various cloud components have been displayed in Fig. 6
of Genzel & Stutzki (1989), and Fig. 7 of Irvine et al. (1987).
Figure 1 of Greenhill et al. (1998) shows a model of the bipolar
High Velocity Flow and the Low Velocity Flow.

The Odin satellite has a large beam and covers high frequen-
cies. This gives our survey the opportunity to simultaneously ob-
serve both the small, hot and dense regions, and the extended,
cooler regions. Because of the complex source structure encom-
passed by our large antenna beam, we will compare our data
with interferometric images for each species (see Paper I for an
extensive list of spectral line survey references). In this way the
origin and source sizes of our detected species can be checked.

The complete submm spectrum observed by Odin together
with the proposed identification of each line can be found in
Paper I. In the present paper we give a short description of our
data in Sect. 2, and of the different analysis methods in Sect. 3.
In Sect. 4 we present the results in tables and rotation diagrams
together with spectra of typical or particularly important transi-
tions. Tables of observed transitions can be found as electronic
Tables in the online material (Tables 9 to 33). Tables 34 and 35
list our unidentified and tentatively identified lines. Section 4
also includes a short analysis for each molecule. The important
water and CO lines are analysed in Sects. 5 and 6. An attempt
to obtain molecular abundances in the different subregions of
Orion KL and comparison with abundances in ice mantles of
dust grains is found in Sect. 7. We end this paper with a discus-
sion of source sizes and source structure in Sect. 8, followed by
a short summary.

2. The line survey data

The observational method is presented in Paper I, and the data is
analysed in this paper. These data were obtained with the Odin
satellite from spring 2004 to autumn 2005 during four different
runs. The spectral scan covers frequencies between 486–492 and
541–577 GHz and includes 280 spectral features from 38 species
including isotopologues. The lines were identified using the
Lovas SLAIM∅3 molecular line catalogue1 (Lovas 2003), the
Cologne Database for Molecular Spectroscopy2 (CDMS, Müller
et al. 2001) and the Jet Propulsion Laboratory3 database (JPL,
Pickett et al. 1998). Identifications are based not only on fre-
quency coincidence, but also expected abundance, line strength,
width and velocity, upper state energy, and the presence of other
expected transitions of the molecule.

Most lines in our survey (205 out of 280 identified lines) are
due to CH3OH, 13CH3OH, (CH3)2O, SO2, and CH3CN (Table 5,
online material). A total of 64 lines (19% of all lines) could not
be uniquely identified, although from frequency coincidences we
have suggestions for a few identifications such as ND, the inter-
stellar anion SH−, SO+, HNCO and CH3OCHO (see Sect. 4 and
Paper I). The spectroscopy still is sparse at higher frequencies

1 Not available online, but some of its content is maintained under
http://physics.nist.gov/PhysRefData/

2 http://www.cdms.de
3 http://spec.jpl.nasa.gov/
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and a number of U-lines are likely to be poorly known transi-
tions of the identified molecules and their isotopologues, includ-
ing their vibrationally or torsionally excited states.

At 557 GHz the Odin 1.1 m mirror has a circular beam with
FWHM of 2.′1. The main beam efficiency is ηmb = 0.9. This
in addition to being outside the atmosphere makes our inten-
sity calibration very accurate. The intensity scale is expressed in
terms of antenna temperature T ∗A. In all calculations of the col-
umn densities the main beam efficiency is properly taken into
account. The reconstructed pointing uncertainty is <15′′ during
most of the time. The coordinates of Orion KL in our survey are
RA 05h35m14.s36, Dec −05◦22′29.′′6 (J2000), and the frequency
scale is set in relation to a source LSR velocity of +8 km s−1.
The spectral resolution is 1 MHz, and the typical rms reached is
∼25 mK per 1 MHz channel.

3. Data analysis methods – a simplified approach

The observed line emission is not restricted to one single subre-
gion in Orion KL, but may be a complicated blend from several
subregions with a complex line profile. Thus, when we attempt
to derive column densities and abundances, we have to separate
the emission into its constituent parts. The most simple approach
whenever several emission features are clearly present, is to use
least-square fits of Gaussians to the line profiles to separate their
relative contributions. This can give a first order input to mod-
elling attempts including current and future knowledge of the
source structure. The resulting parameters are found in the on-
line tables and in fitted spectra (Sect. 4). This is based on the
assumptions that either all emissions are optically thin or that
the emission subregions do not overlap each other spatially, and
also that the velocity distributions are Gaussian.

The formal errors obtained from the rotation diagram method
and forward model are given in each subsection. The formal er-
rors obtained from the single line analysis and from the Gaussian
decomposition of the lines are mostly below 20%, with weak
lines having higher formal errors. We estimate the accuracy of
our column densities results to be within a factor of 2−3. The un-
certainties in the derived abundances can be higher because the
adopted H2 column density is also uncertain (see also Sect. 7).
Details, definitions and additional uncertainties of the methods
not discussed below are found in the online Sect. 10.

3.1. Single line analysis

With the assumption of optically thin emission, neglecting the
background radiation, and assuming that the source fills the an-
tenna main beam, the beam averaged upper state column den-
sity can be calculated as

N thin
u =

8πkν2ul

hc3

1
Aul

∫
Tmb dυ, (1)

where k is the Boltzmann constant, νul is the frequency of the
transition, h is the Planck constant, c is the speed of light, Aul is
the Einstein A-coefficient for the transition, and Tmb is the main
beam brightness temperature. As customary the frequency ν has
been converted to a Doppler velocity υ.

For a Boltzmann distribution, and with corrections for opac-
ity and beam-filling, the true total source-averaged column den-
sity can be calculated as

NLTE =
Cτ
ηbf

8πkν2ul

hc3

1
Aul

Q(T )
gu

eEu/kTex

∫
Tmb dυ, (2)

where Cτ and ηbf are the opacity and beam-filling correction fac-
tors, Q(T ) is the partition function, gu and Eu are the statistical
weight and energy of the upper state, respectively, and Tex is the
excitation temperature for the transition.

For molecules where one or few transitions are observed,
the column density is calculated using Eq. (2). If no information
about optical depth or source-size is available these corrections
are not taken into account, thus producing a beam-averaged and
not opacity corrected column density.

3.2. Multiple line analysis

3.2.1. The rotation diagram method

When we have observed a number of lines with a wide range of
upper-state energies, the rotation diagram method can be used
according to

ln
N thin

u

gu
= ln

Ntot

Q(T )
− Eu

kTex
· (3)

To create a rotation diagram we plot ln (N thin
u /gu) as a function of

the upper state energy Eu in a semi-log plot. A least squares fit to
the data will then produce a straight line with slope −1/TROT. If
we extrapolate the line to Eu = 0 K, we obtain the total column
density from the intersection of the y-axis, y0, and derive the
total column density as

NROT = Q(T ) e y0 . (4)

To correct for beam-filling, the right hand side of Eq. (4) is mul-
tiplied by 1/ηbf. Note that this constant does not change the ro-
tation temperature. However, the optical depths can change the
slope, and therefore the rotation temperature estimated from the
rotation diagram.

The error bars shown in our rotation diagrams (Sect. 4) in-
clude 10% calibration error and the observed rms-noise.

3.2.2. The forward model (χ2-method)

This model matches calculated opacity-corrected LTE integrated
intensities and beam-filling in a χ2 sense, to observed inten-
sities vs. Eu (Nummelin et al. 1998; Nummelin et al. 2000;
Lampton et al. 1976; Bevington 1969). Equation (3) in this case
is modified to include optical depth and beam-filling corrections

ln
Nu

gu
+ ln Cτ + ln

1
ηbf
= ln

Ntot

Q(T )
− Eu

kTex
· (5)

The intensity of each transition can be calculated using Eq. (12),
with a specific set of free parameters ηbf , TROT and Ntot. The
best fit to all the data, is obtained by finding the minimum of the
reduced χ2, which is defined as

χ2 =
1

n − p

n∑

i=1

⎛
⎜⎜⎜⎜⎝

Iobs
i − Icalc

i

σ obs
i

⎞
⎟⎟⎟⎟⎠

2

· (6)

Here n is the number of data points, p is the number of free
parameters, σ obs

i is the 1σ uncertainty of the observed line in-
tensity, Iobs

i and Icalc
i are the observed and calculated integrated

intensities.
Note that the column density obtained with this method will

be somewhat lower than that calculated from a simple rotation
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diagram, since solutions producing Icalc
i < Iobs

i are favoured com-
pared to the opposite. This can be seen from the contribution to
the χ2-value from each transition giving χ2

i .

χ2
i =

⎛
⎜⎜⎜⎜⎝

Iobs
i − Icalc

i

σ obs
i

⎞
⎟⎟⎟⎟⎠

2

→
⎛
⎜⎜⎜⎜⎝

Iobs
i

σ obs
i

⎞
⎟⎟⎟⎟⎠

2

(7)

when Icalc
i → 0. But if Icalc

i > Iobs
i , χ2 will be unlimited, and this

favours the lower model intensities (Nummelin et al. 1998).

4. Results

A summary of the observed features for all the species is pre-
sented in the online Table 5; the number of observed lines, the
range in upper state energy, and the total integrated intensity.

A mean line-to-continuum ratio of 0.2 is reported in Paper I.
The largest emission comes from CO with approximately 45%
of the total spectral line emission. The second strongest emitter
is H2O (13%), followed by SO2 (10%), SO (7%), 13CO (7%) and
CH3OH (4%). The remaining species emit ∼14% of the total.
However, these are beam-average values. Since the sizes of the
SO2, SO and CH3OH emitting regions are much smaller than
the extended CO emission, the relative amount of emission will
change with a smaller beam, and will in addition not be the same
for the different subregions.

The resulting column densities and rotation temperatures are
shown in Tables 1 and 2, together with results from the ground-
based submillimetre spectral scans by White et al. (2003, here-
after W03) from 455 to 507 GHz, Schilke et al. (2001, hereafter
S01) from 607 to 725 GHZ, and Comito et al. (2005, hereafter
C05) from 795 to 903 GHz. The number of lines used in our
calculations are listed in parenthesis after the species in Table 1.

Differences may arise between the comparison surveys and
ours due to the different beam-fillings. The comparison sur-
veys W03 and S01 mostly use beam-averaged (with HPBW of
10′′−12′′) and not opacity-corrected column densities, while our
results are corrected for beam-filling and optical depth, when
possible. A second source of discrepancy is our effort to sepa-
rate the emissions from different subregions, while the column
densities in the comparison surveys are calculated from the total
integrated intensity. Most of our column densities have therefore
been calculated using the total integrated intensity and a source
size of the main emitting component as a first approximation and
comparison to S01 and W03. The column densities for the dif-
ferent subregions, are also calculated when possible, and have
been corrected for opacity (if known) and beam-filling. In C05
beam-filling and optical depth correction are taken into account
as well as separation into different subregions.

The listed source sizes are either calculated with Eq. (12),
the χ2-method, or taken from the literature. The size of the ER
is assumed to be larger than our beam, although the East-West
extent of the molecular ridge is rather limited (cf. Goldsmith
et al. 1997). As excitation temperatures we use the population
distribution temperatures TROT obtained from rotation diagrams.
These temperatures are also used for species with similar exci-
tation conditions. If no similar species exist, the temperatures
are assumed to have the typical value for the emitting region:
100 K for the LVF, HVF and PDR, 60 K for the ER, 115 K
for the CR, and 200 K for the HC. The rotation diagram tech-
nique as well as the forward model have been applied to all
species that have a broad upper state energy range and four
lines or more; SO2, 34SO2, SO, CH3CN, CH3OH, 13CH3OH,
H2CS, and CH3OCH3; to calculate NROT and Nχ2 . Only in the

methanol case, the forward model directly leads to a beam-filling
and hence a source size. For the other species it was impossible
to discriminate between solutions for different beam size/optical
depth combinations.

In the online Table 6 our estimated isotopologue abundance
ratios are listed, as well as comparisons with several other
studies.

4.1. Outflow molecules

Sulphur-bearing species are considered to be tracers of mas-
sive outflows from a newly formed star. The high temperatures
caused by the intense radiation from the driving source, or by
shocks, can enhance the production of SO2, SO and SiO. The
line profile of the outflow shows a characteristic triangular line
shape with broad wings as seen in examples of SO in Fig. 27,
SiO in Fig. 28, SO2 in Fig. 29, and in a comparison of SO2
and SO in Fig. 41 (online material). The Orion outflows are also
traced by other molecules like H2O and CO: see Sects. 5 and 6,
where also comparisons of H18

2 O, SO and SO2 are shown.

4.1.1. Sulphur dioxide (SO2/ 34SO2)

We have observed 42 SO2, and five 34SO2 transitions. Typical
line profiles are shown in Fig. 29 (online material) with differ-
ent upper state energies. As proposed by Johansson et al. (1984)
the complicated SO2 and isotopologue line shapes suggest the
presence of at least two velocity components, even though the
emission primarily occurs in the outflow. Figure 1 shows a three-
component Gaussian fit of a typical SO2 line with line widths of
∼5 km s−1, 18 km s−1 and 35 km s−1 from the CR, LVF and HVF,
respectively. This is very similar to the Gaussian components of
SO (Fig. 2), SiO (Fig. 3), and H18

2 O (Fig. 36).
Figure 42 (online material) shows the size of the SO2 emit-

ting region vs. energy for each transition (Eq. (12)). The mean
size is found to be 8′′, which is consistent with the aperture syn-
thesis mapping of Wright et al. (1996). This size is used for
beam-filling corrections.

The high line density and the broadness of the SO2 lines re-
sult in blends between the numerous transitions as well as with
other species. There are 31 SO2 transitions and four 34SO2 tran-
sitions without blends, which are used in a rotation diagram
shown in Fig. 43 (online material) producing NROT = (3.9 ±
0.6) × 1017 cm−2, TROT = (132 ± 8) K and NROT = (5.4 ± 2.0) ×
1016 cm−2, TROT = 125 ± 30 K for SO2 and 34SO2, respectively.

However, almost all of the SO2 transitions are optically thick
which lowers the SO2 column density. The opacity is calculated
using the same excitation temperature for all transitions and the
column density obtained from the 34SO2 rotation diagram (using
an isotope ratio of 22.5, Table 6) and is found to be around 2−4
for most transitions. The opacity corrected rotation diagram is
shown in Fig. 4 together with 34SO2. The column density Nτ−corr

ROT
increases to (1.5 ± 0.2) × 1018 cm−2 and the temperature is low-
ered to 103 ± 3 K.

The isotopologue 34SO2 is optically thin, hence no opacity
correction is needed. But since the lines are weak and only four,
the temperature from SO2 is applied to the rotation diagram,
which increases the 34SO2 column slightly to 6.5 × 1016 cm−2.

As a consistency check we also use Eq. (2) together with
the single optically thin SO2 line. This 16 3,13−16 0,16 transition
has an upper state energy of 148 K, and τ ∼ 0.2. The column
density NLTE obtained is 1.4 × 1018 cm−2, in agreement with
Nτ−corr

ROT and NISO from 34SO2.
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Table 1. Resulting column densities and rotation temperatures as well as comparison with W03, S01 and C05.

W03b, c S01b, c C05d

Species (No.) Region N Tex Sizea N Tex N Tex N Tex

[cm−2] [K] [′′] [cm−2] [K] [cm−2] [K] [cm−2] [K]

SO2 (31) Totalc 1.5 × 1018 e 103e 8 f 1 × 1017 136 6 × 1016 187 9 × 1016 130
CRg 2.0 × 1017 h (115)i 5 f

LVFg 6.0 × 1017 h 103 j 8 f

HVFg 9.0 × 1017 h 103 j 8 f

34SO2 (4) Totalc (outflow) 6.5 × 1016 k 103 j 8 l 8 × 1015 156 8 × 1015 192
SO (5) Totalc 1.6 × 1017 e 132e 18 f 3 × 1017 (72)i 2 × 1017 64 5 × 1016 150

CRg 1.7 × 1016 h (115)i 6 f

LVFg 9.3 × 1016 h 132m 11n

HVFg 8.5 × 1016 h (100)i 18n

33SO (3) Totalc (outflow) 1.7 × 1015 o 132m 18p

34SO (2) Totalc (outflow) 8.4 × 1015 o 132m 18p 1 × 1016 89
SiO (1) Totalc 4.0 × 1015 q (100)i 14 f 5 × 1014 110 1 × 1015 (150)i

LVFg 3.3 × 1015 h (100)i 10 n

HVFg 1.8 × 1015 h (100)i 14r

29SiO (1) Totalc (outflow) 2.0 × 1014 o (100)i 14r

H2S (1) LVFg 4.5 × 1016 o (100)i (15)i 1 × 1016 129 4 × 1016 140
HCg 2.7 × 1016 o (200)i (10)i

CH3CN (9) Totalc (HC) 5.0 × 1015 k 137k (10)i 3 × 1015 227 4 × 1015 250
HC3N (2) Totalc (HC) 1.8 × 1015 o (200)i (10)i 1 × 1015 164
OCS (3) Totalc (HC) 1.7 × 1016 o (200)i (10)i 9 × 1016 106
NO (1) Totalc (HC) 2.8 × 1017 o (200)i (10)i 1 × 1017 90 2 × 1017 150
NH3 (1) CRg 4.0 × 1016 h (115)i 17 f

HCg 1.6 × 1018 q (200)i 8 f

15NH3 (1) Totalc (HC) 3.5 × 1015 o (200)i 8s

CH3OH (50) Totalc 3.4 × 1018 e 116e 6 f , t 9 × 1016 599 5 × 1016 303
HCg 7.9 × 1017 u 178u 6 n 3 × 1016 220
CRg 2.4 × 1018 u 98u 6 f 5 × 1016 160

13CH3OH (14) Totalc (CR) 5.9 × 1016 k 115 k 6 v 1 × 1016 229
(CH3)2O (37) Totalc (CR) 1.3 × 1017 k 112k 6v 1 × 1016 157 3 × 1016 360 2 × 1016 160
H2CS (4) Totalc (CR) 1.3 × 1015 k 93k 14x

H2CO (3) LVFg 4.3 × 1015 o (100)i (15)i 1 × 1016 (166)i 3 × 1015 190 2 × 1015 155
CRg 2.0 × 1016 q (115)i 14 f

H13
2 CO (1) Totalc (CR) 3.3 × 1014 o (115)i 14x 1 × 1015 (166)i

HDCO (2) Totalc(CR) 2.7 × 1014 o (115)i 14x

CS (1) LVFg 3.6 × 1015 o (100)i (15)i 1 × 1015 127 3 × 1015 100
HCg 2.9 × 1015 o (200)i (10)i 1 × 1016 190
N as CRg 8.0 × 1015 q (115)i 20 f

N as ERg 4.2 × 1014 q (60)i ...
13CS (1) Totalc as CR 1.3 × 1014 o (115)i 20y 2 × 1014 (120)i

Totalc as ER 7.1 × 1012 o (60)i ...
HNC (1) LVFg 3.6 × 1014 o (100)i (15)i 5 × 1014 (150)i

HCg 4.4 × 1014 o (200)i (10)i

ERg 1.9 × 1012 o (60)i ...
CN (2) PDR/ERg 4.9 × 1013 o (100)i ...

HCg 7.9 × 1015 o (200)i (10)i

N2H+ (1) Totalc (ER) 1.0 × 1012 o (60)i ...

a The column density is a source-average if a source size is given, else it is a beam-average. b HPBW is 10−12′′ in comparison surveys, and the
column densities are beam-averaged and not corrected for opacity. c From the total integrated intensity of the line(s). d Beam-filling and opacity
corrected, as well as separation into components. e From an opacity-corrected rotation diagram. f From optically thick line(s). g From Gaussian
decomposition. h NLTE, opacity corrected. i Not calculated by the authors. j Temperature from SO2 opacity-corrected rotation diagram. k From
a non opacity-corrected rotation diagram. l Size from SO2. m Temperature from a SO opacity-corrected rotation diagram. n Opacity corrected. o

NLTE. p Size from SO total integrated intensity. q NISO. r Size from SiO total integrated intensity. s Size from NH3. t From the forward model. u

From an opacity corrected two-component rotation diagram. v Size from CH3OH. x Using H2CO calculated source size. y Using size from CS.

Our column densities of both isotopologues are much larger
than in the comparison surveys. This can partly be caused by
our beam-filling correction with a rather small size, and the non-
correction for opacity in W03 and S01. However, Johansson
et al. (1984) and Serabyn & Weisstein (1995) obtain a column

density of about 1 × 1018 cm−2 (corrected for our source size) in
agreement with our value.

Column densities for each subregion are estimated from
the Gaussian components shown in Fig. 1 (Table 1). The rarer
isotopologues are too weak for a Gaussian decomposition so
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Table 2. Column density results for water, C, CO and H2.

Species Region Tex NLTE NISO NH2 Sizea τ
[K] [cm−2] [cm−2] [cm−2] [′′]

C 100 5.6 × 1017 ...
CO PDRb 100 1.6 × 1017 1.6 × 1018 c 2.0 × 1022 ...

LVF 100 2.5 × 1019 c 3.2 × 1023 (30)d

HVF 100 1.2 × 1018 3.1 × 1018 e 3.9 × 1022 70 f

13CO PDR/ERb 100 5.7 × 1016 5.4 × 1016 c ...
LVF 100 3.9 × 1017 4.2 × 1017 c 30
HVF 100 5.2 × 1016 70

C17O PDR/ERb 100 2.5 × 1015 ... 0.07
LVF 100 2.0 × 1016 30 0.1

C18O PDR/ERb 100 8.9 × 1015 9.8 × 1015 c ... 0.3
LVF 100 6.7 × 1016 7.7 × 1016 c 30 0.3

H2O Totalg 72 1.7 × 1018 h (15)d ∼1100
CR 115 5.6 × 1017 h (6)d ∼860
LVF 72 8.7 × 1017 h (15)d ∼1900
HVF 72 8.0 × 1017 i 8.8 × 1017 h 70 f ∼910
HC 200 1.2 × 1019 j 10 0.3k

H17
2 O Totalg 72 1.3 × 1015 l 15 0.9

CR 115 4.4 × 1014 l 6 0.7
LVF 72 6.7 × 1014 l 15 1.5
HVF 72 6.8 × 1014 l 15 0.7

H18
2 O Totalg 72 5.0 × 1015 l 5.0 × 1015 h 15 3.4

CR 115 1.8 × 1015 l 1.7 × 1015 h 6 2.6
LVF 72 2.7 × 1015 l 2.6 × 1015 h 15 5.9
HVF 72 2.8 × 1015 l 2.7 × 1015 h 15 2.8

HDO Totalg 72 9.1 × 1015 15 1.5k

CR 115 1.8 × 1016 6 3k

LVF 72 4.5 × 1015 15 0.3k

HC 200 1.5 × 1016 10 0.5k

a The column density is a source-average if a source size is given, else it is a beam-average. b The narrow component from CO isotopologues
contains emission from both PDR and ER, the CO narrow component only from the PDR, hence the PDR column density for CO here is divided
by two as motivated in Sect. 5. c Using C17O together with [18O/17O] = 3.9, [16O/18O] = 330, and [12CO/13CO] = 60. d Indirect size estimated using
isotopologues. The full size may be larger. e Using 13CO together with [12CO/13CO] = 60. f Hjalmarson et al. (2005). g From the total integrated
intensity of the line. h Using opacity and beam-filling corrected o-H17

2 O together with [18O/17O] = 3.9 and [16O/18O] = 330. i From HVF Gaussian
fit of o-H2O, opacity and beam-filling corrected. j Using beam-filling corrected p-H2O. k Calculated with Eq. (15). l Opacity and beam-filling
corrected.

opacities cannot be calculated by comparison with isotopo-
logues. Still, the components are likely to be optically thick and
therefore the sizes of the emitting regions are calculated with
T = 115 K for the CR, and T = 103 K for the LVF and HVF.
The source sizes are found to be 5′′ for the CR and 8′′ for
both the LVF and HVF. These sizes correspond to optical depths
of about 2−3. The opacity-corrected column densities become
2 × 1017 cm−2, 6 × 1017 cm−2, and 9 × 1017 cm−2 for the CR,
LVF and HVF, respectively.

The elemental isotopic ratio of [32S/34S] can be estimated
from a comparison of the optically thin column densities. In this
way we obtain an isotopic ratio of 23 ± 7, in agreement with
most other comparison studies listed in Table 6.

As expected, no vibrationally excited lines were found. The
55,1−44,0 v2 bending mode transition has the lowest upper state
energy (822 K) of all v2 lines in our spectral range. The calcu-
lated expected peak temperature of this line is 34 mK, with an
expected line width of 23 km s−1. Such weak and broad lines are
marginally below our detection limit.

4.1.2. Sulphur monoxide (SO/33SO/34SO)

Typical line profiles are shown in Fig. 27 (online material). The
line profiles of the high energy transitions show an even broader

outflow emission, and with more pronounced high velocity line
wings than does SO2 (comparison in Fig. 41 in the online mate-
rial). As for SO2, the emission is primarily from the Plateau, and
Friberg (1984) has shown the bipolar nature of the HVF compo-
nent. The ratios of SO2 and SO emission lines vs. velocity, also
show a high degree of similarity between the line profiles except
in the high velocity regime between −30 to −5 km s−1. At these
velocities SO has stronger emission than SO2.

Figure 2 shows the 1312−1211 transition with a three-
component Gaussian fit. The broad HVF component has a
FWHM width of ∼35 km s−1 at υLSR ∼ 9 km s−1. The LVF com-
ponent has widths of 18 km s−1 at υLSR ∼ 8 km s−1. In addition
to the LVF and HVF components a third from the CR appears
with a width of 5 km s−1 at υLSR ∼ 9−10 km s−1.

The most likely source size is 18′′, calculated using the three
optically thick SO lines. This is in agreement with the aperture
synthesis mapping by Beuther et al. (2005), and Wright et al.
(1996), who find a larger source size for SO than for SO2. The
source size 18′′ is used for beam-filling correction.

The rotation diagram in Fig. 5 (calculated with the total in-
tegrated intensity of the lines) displays our five SO lines. The
rotation temperature without any corrections is (59 ± 2 K) and
the column density NROT is (1.5 ± 0.2) × 1017 cm−2. However,
the three higher energy lines have optical depth of ∼3, whereas
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Fig. 1. The 143,11–132,12 SO2 transition with a three-component
Gaussian fit shown together with the individual Gaussians. The line
widths are 5 km s−1, 18 km s−1 and 35 km s−1 from the CR, LVF and
HVF, respectively.

Fig. 2. The 1312–1211 SO transition with a three-component Gaussian
fit shown together with the individual Gaussians. The line widths are
5 km s−1, 18 km s−1 and 35 km s−1 from the CR, LVF and HVF,
respectively.

the two low energy transitions are optically thin with τ ∼ 0.1
(Eq. (15)). We make an optical depth correction for all five tran-
sitions and plot them again in Fig. 5 together with a new fit. Note
that the correction is substantial for the high energy, optically
thick lines (cf. Serabyn & Weisstein 1995). The rotation temper-
ature obtained is higher than without corrections, 132 ± 22 K,
but the resulting column density is only slightly higher than that
found without the corrections, Nτ−corr

ROT = (1.6 ± 0.5) × 1017 cm−2.
This is in agreement with the column density obtained from
34SO, NISO = 1.9 × 1017 cm−2 (using 22.5 for [32S/34S]). The
two optically thin SO transitions gives NLTE = 1.8 × 1017 cm−2.
The column densities for both isotopologues are calculated with
the rotation temperature from SO.

The isotopologues, two 33SO and three 34SO transitions,
are optically thin with opacities around 0.02 and 0.13, respec-
tively. These transitions are plotted in Fig. 5 with the inte-
grated intensities multiplied by appropriate isotopic ratios (5.5
for [34S/33S], Table 6). As seen in Fig. 5, the result of the iso-
topic ratio corrections is consistent with the optical depth cor-
rected SO transitions.

As for SO2 the column densities for each SO subre-
gion are estimated from the Gaussian components shown in
Fig. 2. Opacities cannot be calculated by comparison with the
rarer isotopologues since they are too weak for a Gaussian

Fig. 3. The J = 13–12 SiO transition with a two-component Gaussian
fit shown together with the individual Gaussians. The line widths are
18 km s−1 and 31 km s−1 from the LVF and HVF, respectively.

decomposition. However, the components are likely to be op-
tically thick and therefore the sizes of the emitting regions are
calculated with T = 115 K for the CR, T = 132 K for the LVF,
and T = 100 K for the HVF. The source sizes of the CR, LVF
and HVF are found to be 6′′, 10′′ and 14′′, respectively. These
sizes may be larger if the opacities are low. Combining calcu-
lations of source size, optical depths, and column densities, the
sizes for the LVF and HVF increase slightly to 11′′ and 18′′,
respectively. These sizes correspond to optical depths of about
2.5 and 1.0 for respective region. The opacity-corrected column
densities become 1.7 × 1016 cm−2, 9.3 × 1016 cm−2, and 8.5 ×
1016 cm−2 for the CR, LVF and HVF, respectively.

The elemental isotopic ratio of [32S/34S] and [34S/33S] can
be estimated from comparisons of the column densities of the
isotopologues and the optically thin SO transitions. We obtain
isotopic ratios of 21.0 ± 6 and 4.9, respectively in agreement
with most other comparison studies listed in Table 6.

4.1.3. Silicon monoxide (SiO/29SiO/30SiO)

We have observed the transition J = 13−12 for each isotopo-
logue, and we show the SiO and 29SiO transitions in Fig. 28
(online material). As for SO2 and SO, the complicated line pro-
file of SiO suggests emission from both the LVF and the bipo-
lar HVF (present in aperture synthesis maps of Wright et al.
1996), with widths of 18 and 31 km s−1 at υLSR velocities of
9 and 7 km s−1, respectively. Figure 3 shows the two-component
Gaussian fit to SiO. The 29SiO transition is located in the high-
velocity wing of o-H2O (at υLSR ∼ −130 km s−1). The width is
21 km s−1 at a centre velocity of ∼9 km s−1. The 30SiO transi-
tion is a questionable assignment due to its narrow line width of
7.5 km s−1.

Comparison of the peak antenna temperatures of SiO and
29SiO shows that the SiO transition has an optical depth of ∼1.0.
The source size (Eq. (12)) is found to be 14′′. This is used
as beam-filling correction. Using a LVF temperature of 100 K
(about the same temperature as the SO2 rotation temperature),
the total integrated intensity, and the simple LTE approxima-
tion, the opacity-corrected column density is found to be 4.0 ×
1015 cm−2 for SiO.

The decomposition into subregions results in LVF and
HVF source sizes of 8′′ and 7′′ with temperatures of 100 K for
both sources. The rather small values are most likely due to the
low opacity in these components and are therefore only lower
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Two fits are made: the first (dashed-dotted line) is not opacity corrected
(TROT = 59 K), while the second (solid line) is corrected for opacity
(TROT = 132 K).

limits. Assuming that the opacity in the LVF is about the same
as for the total integrated emission, the LVF opacity-corrected
source size increases to 10′′. The opacity in the HVF is most
likely less than in the LVF. As an upper limit the size is assumed
to be the same as for the total integrated emission, which re-
sults in an HVF opacity of about 0.4. The sizes are consistent
with Beuther et al. (2005). Note the similarity of the SO and
SiO source sizes. In Sect. 6 the H18

2 O sizes will also be shown
to be similar. These source sizes are used to correct for beam-
filling, and the resulting LVF and HVF opacity-corrected column
densities are 3.3 × 1015 and 1.8 × 1015 cm−2, respectively.

4.2. Outflow and Hot Core molecule

The Hot Core is a collection of warm (>∼200 K) and dense
(n ∼ 107 cm−3) clumps of gas. The dominating species are
oxygen-free, small, saturated nitrogen-bearing molecules such
as CH3CN and NH3. Most N-bearing molecules are strong in
the HC, while the oxygen-bearing molecules peak toward the CR
(e.g. Blake et al. 1987, hereafter B87; Caselli et al. 1993; Beuther
et al. 2005). CH3OH is an exception with pronounced emissions
from the HC as well as from the CR. In addition, high levels
of deuterium fractionation are found here. Since the HC region

Fig. 6. The H2S 33,1–32,2 transition with a two-component Gaussian
fit shown together with the individual Gaussians. The line widths are
8 km s−1 and 24 km s−1 from the HC and outflow, respectively.

probably contains one or more massive protostars it presents an
ideal opportunity to study active gas-phase chemistry. And due
to the high temperatures in both the HC and CR, the gas-phase
chemistry will get a significant contribution of molecules from
grain surface chemistry through evaporation of the icy mantles
caused by the intense UV radiation from newly formed stars.

4.2.1. Hydrogen sulphide (H2S)

We observe only the 33,1–32,2 transition of H2S, with emission
from the HC and LVF, illustrated by a Gaussian decomposi-
tion in Fig. 6. The emission from the HC component has a
width of ∼8 km s−1 at υLSR ∼ 5 km s−1 between velocities −5
to +15 km s−1. The LVF emission has a width of ∼24 km s−1 at
υLSR ∼ 8 km s−1. The line is also shown in the bottom of Fig. 25
(online material) together with other comparison HC molecules.

The column densities are consistent with the comparison sur-
veys assuming typical source sizes and temperatures.

4.3. Hot Core molecules

4.3.1. Methyl cyanide (CH3CN)

Previous observations of the high density tracer CH3CN (e.g.
Blake et al. 1986; Wilner et al. 1994) have shown that the low-J
transitions in the vibrational ground state appears to be a mix
of CR and HC emission, while the high-J transitions and all
the vibrationally excited lines originate in the HC only. This is
also confirmed in our survey where we observe the 30K−29K
transitions with K = 0−9, and 31K−30K with K = 0−6 and 9.
These lines suggest an origin in the HC at υLSR ∼ 5−6 km s−1

and widths of ∼8−9 km s−1, also consistent with W05 and C05.
The 304−294 ground state transition is shown in Fig. 25 (online
material). In addition we see a number of weak vibrational lines
from the v8 = 1 bending mode with 30K−29K where K = 0−3.
In total we observe 17 line features from this molecule. Nine
of these are free from blends and are used in the rotation dia-
gram (Fig. 7). Due to the weak lines the rotation temperature of
137 ± 25 K and the column density of (5.0 ± 3.6) × 1015 cm−2

are comparatively uncertain. The temperature is rather low com-
pared to W03 who estimate the temperature to 227 K, and C05
to 250 K. Still, the column density agrees well with B87, Sutton
et al. (1995, hereafter S95), W03, and C05.
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Fig. 7. Rotation diagram for CH3CN producing TROT = 137 K (extended
source).

Wilner et al. (1994) find an opacity of the HC emission of at
most a few for the main lines. This could explain the rather low
[13C/12C] ratios in Blake et al. (1986) and Turner (1991). Sutton
et al. (1986) suggests significant opacity from their statistical
equilibrium calculations, if the HC is as small as 10′′. This would
give even higher column densities in the HC.

The partition function is calculated as recommended in
Araya et al. (2005).

4.3.2. Cyanoacetylene (HC3N)

Two transitions of cyanoacetylene are seen, of which J = 54−53
is a blend with CH3OH. The transition J = 60−59 is shown in
Fig. 25 (online material). HC emission is here evident at υLSR ∼
5−6 km s−1 and a line width of ∼10 km s−1. The column den-
sity is calculated with the simple LTE approximation and is in
agreement with W03.

4.3.3. Carbonyl sulphide (OCS)

We have identified three transitions from carbonyl sulphide,
J = 47−46, J = 45−44, and J = 46−45 (shown in the online
Fig. 25). The emission has its origin in the HC with υLSR ∼
6 km s−1, and a width of ∼6 km s−1.

The estimated column density is about five times lower than
found by both W03 and S95.

4.3.4. Nitric oxide (NO)

We observe three features with 2Π3/2, J = 11/2−9/2, and 2Π1/2,
J = 11/2−9/2 from both e and f species, which are composed
of twelve non-resolved hyperfine transitions. No separation into
components is possible due to blends between the hyperfine tran-
sitions and other species. Our estimated rotation temperature
from our transitions with upper state energies of 84 K and 232 K
is found to be 75 K. This is highly uncertain due to the severe
blends in both low energy transitions. Since S01 and C05 ob-
served HC emission we therefore use a typical HC temperature
of 200 K and source size of 10′′. The resulting column density
(using the high energy line) is in agreement with S01 and C05.

4.4. Hot Core and Compact Ridge molecules

The Compact Ridge is a more quiescent region as compared to
the Hot Core. Here we find high abundances of oxygen-bearing
species such as CH3OH, (CH3)2O and HDO (B87; Caselli et al.
1993; Beuther et al. 2005). As in the HC, the evaporation of the
icy mantles in the warm CR will release molecules produced by
grain surface chemistry into the gas-phase.

4.4.1. Ammonia (NH3/15NH3)

The symmetric top ammonia molecule is a valuable diagnostic
because its complex energy level structure covers a very broad
range of critical densities and temperatures (see Ho & Townes
1983, for energy level diagram and review).

Many observations have been made of the NH3 inversion
lines at cm wavelengths since the first detection by Cheung et al.
(1968). The upper state energy of the lowest metastable inver-
sion lines are 24 K and 64 K comparable to 28 K for the ro-
tational ground state transition 10−0 0 at 572 GHz. The critical
density is very different though, and is 3.6 × 107 cm−3 (calcu-
lated for 20 K) for the rotational ground state transition, and
about 103 cm−3 for the inversion lines. The non-metastable in-
version lines also trace higher excitation and density regions.
Comparison of all these transitions could therefore give valuable
information about both high- and low-density and temperature
regions. The previous low quantity of observations of rotational
transitions is due to the fact that they fall into the submillimetre
and infrared regimes, which are generally not accessible from
the ground and therefore has to be observed from space.

Observations of both metastable and non-metastable inver-
sion lines (e.g. Batrla et al. 1983; Hermsen et al. 1988a,b;
Migenes et al. 1989) have shown NH3 in the HC, CR, ER and
LVF regions. The existence of an outflow component was how-
ever questioned by Genzel et al. (1982) since the hyperfine satel-
lite lines could cause the broadness of the line if the opacity is
large.

The rotational ground state transition was first and solely
detected twenty-four years ago with the Kuiper Airborne
Observatory (Keene et al. 1983). Note that the Kuiper Airborne
Observatory had a similar beam size (2′) to that of Odin (2.′1).
Using Odin, sensitive observations have been made recently
for example towards Orion KL and the Orion Bar (Larsson
et al. 2003), the ρ Oph A core (Liseau et al. 2003), Sgr B2
(Hjalmarson et al. 2005), as well as the molecular cloud S140.
The resulting NH3 abundance in the Orion Bar is 5 × 10−9

(Larsson et al. 2003).
In this spectral survey we have observed the rotational

ground state 10−0 0 transitions of NH3 and 15NH3, which are
shown in Fig. 25 (online material). We show the NH3 transi-
tion twice to emphasize the line wings. Our peak temperature
agrees to within 5% with Larsson et al. (2003) who used a rather
different Odin observational setup, demonstrating the excellent
calibration of the Odin data. The vibrational transition ν2 = 1
of this line at 466 GHz has previously been observed by Schilke
et al. (1992).

Figure 8 shows our two-component Gaussian fit to the
NH3 line which has pronounced features of the CR and a broad
component. The line widths are 5 and 16 km s−1 at LSR ve-
locities 8, and 9 km s−1 for the CR and broad components,
respectively. The CR emission was also observed by Keene
et al. (1983), while the broader component clearly seen in our
Odin data, was only marginally present in their lower signal-
to-noise data. Our 15NH3 spectrum shows only evidence of the
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Fig. 8. The NH3 transition with a two-component Gaussian fit shown
together with the individual Gaussians. The line widths are 5 km s−1

and 16 km s−1 from the CR and HC/outflow, respectively.

HC component (cf. Hermsen et al. 1985), with a width of
∼7 km s−1 at υLSR ≈ 7 km s−1. The width of the broad NH3 com-
ponent may seem too large to have an origin in the HC. However,
the broadness of the line may be caused by opacity broadening
(Eq. (21); cf. Phillips et al. 1979). From Eq. (16) combined with
an assumed 14N/15N isotope ratio of 450 (Table 6), we estimate
optical depths of ∼100 and ∼0.3 in the NH3 and 15NH3 HC lines,
respectively. According to Eq. (21) this will broaden the opti-
cally thick NH3 emission line by approximately 2.6 times from
a line width comparable to the optically thin 15NH3 HC emission
to a resulting width of ∼17 km s−1. This is very close to the width
of our Gaussian HC component, 16 km s−1. However, the high
opacity in this component will cause the line profile to be flat
topped with little or no line wings. Hence our broad Gaussian
component not only contains the opacity broadened HC emis-
sion but also the outflow component seen by e.g. Wilson et al.
(1979) and Pauls et al. (1983), in our spectrum visible as pro-
nounced line wings. Alternatively it could be that the HC emis-
sion is hidden by optically thick NH3 LVF emission just as in
case of water (cf. Sect. 6.2.2).

The NH3 source sizes of the CR and HC regions are found
to be 17′′ and 8′′, respectively, and are used as beam-filling cor-
rections. The rather large CR size as compared to the 6′′ mean
source size obtained for CH3OH, might be due to the low upper
state energy of 27 K for NH3. Figure 12 shows the decreasing
methanol source size with upper state energy, where the low-
est methanol transitions with upper state energies of 40−100 K
reach a source size of ∼11′′. Hermsen et al. (1988b) find source
sizes of 15′′ and 6′′ for the CR and HC, respectively, in agree-
ment with our calculations. VLA maps by Migenes et al. (1989)
also show that the HC emission is clumped on 1′′ scales.

Hermsen et al. (1988b) find a HC temperature of 160 ± 25 K
and a CR temperature above 100 K. In addition Wilson et al.
(2000) detect an even hotter HC component with a temperature
of about 400 K. Using HC and CR temperatures of 200 K and
115 K, respectively, we find a NH3 HC column density (calcu-
lated from the optically thin 15NH3 line) of 1.6 × 1018 cm−2. Our
comparison surveys have no observations of this molecule, but
our result agrees with Genzel et al. (1982), who report column
densities of NH3 that reach 5 × 1018 cm−2 from the HC, with
size 10′′ and temperatures about 200 K. Their observations also
confirmed increasing line width with increasing optical depth.
Hermsen et al. (1988b) and Pauls et al. (1983) find values of 1 ×
1018 cm−2 for the HC.

Fig. 9. Methanol line with a two-component fit shown together with the
individual Gaussians. The line widths are 4 km s−1 and 10 km s−1 from
the CR and HC, respectively.

The optically thick NH3 CR column density is found to
be 3.4 × 1015 cm−2. Optical depth broadening is used to esti-
mate the opacity in this component. Batrla et al. (1983) found
an intrinsic velocity width of 2.6 km s−1 by ammonia inversion
lines observations. From a comparison with the observed line
width, the opacity is estimated to be about 12 in the CR com-
ponent. The opacity-corrected CR column density then becomes
4.0 × 1016 cm−2. This is in agreement with the estimation of
Hermsen et al. (1988b) who find a column density in the range
8 × 1015−8 × 1016 cm−2 from the metastable (6,6) inversion line.

4.4.2. Methanol (CH3OH/13CH3OH)

Methanol is an organic asymmetric top molecule with many en-
ergy levels (see energy level diagram in Nagai et al. 1979), and
behaves like two different species labelled A and E for symmetry
reasons.

We have observed 76 methanol lines of which 42 are from
the vt = 1 state, which is the first excited vibrational state of the
torsional motion of the CH3 group relative to the OH group. In
the online Fig. 32 we have collected a number of examples of
typical line profiles of CH3OH, with different upper state ener-
gies and A-coefficients. The rarer isotopologue 13CH3OH is seen
with 23 lines, of which two are vibrationally excited. Three typ-
ical line profiles are shown in the online Fig. 30.

The CH3OH lines show evidence of two velocity compo-
nents. One narrow, likely from the CR, with a line width of
∼3−4 km s−1, and average velocity ∼8 km s−1. The other broader
component with a probable origin in the HC has a line width of
∼6−10 km s−1, and average velocity ∼7 km s−1 (see an exam-
ple of a two-component Gaussian fit in Fig. 9). This is consis-
tent with the findings of Menten et al. (1988), S95, C05, and
also of Beuther et al. (2005) who locate the methanol emis-
sion to the HC as well as the CR in their SMA aperture syn-
thesis maps. According to recent CRYRING storage ring mea-
surements (Geppert et al. 2005; Millar 2005) the dissociative
recombination of a parent ion CH3OH+2 + e− → CH3OH + H
is so slow that gas-phase formation of methanol is unable to
explain the abundance of this molecule, even in dark clouds
where it is rare. Instead we have to rely on efficient hydro-
genation reactions on grain surfaces, and subsequent release of
the methanol into gas-phase. In this scenario the presence of
very large amounts of CH3OH in the compact, heated CR and
HC sources is indeed expected.
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Fig. 10. CH3OH opacity corrected rotation diagram producing TROT =
116 K (extended source). The opacity is calculated with varying source-
sizes with energy. The 13CH3OH rotation diagram gives a temperature
of 115 K.

The isotopologue 13CH3OH show only evidence of the nar-
row component, which can be well fitted by a single Gaussian
with ∆υ ≈ 3 km s−1 at υLSR ≈ 8 km s−1. This is also consistent
with Menten et al. (1988) and Beuther et al. (2005). The slight
broadening of the CH3OH narrow components compared with
that of 13CH3OH might be caused by optical depth broadening.
The 13CH3OH from the HC is expected to be well below our de-
tection limit. There are 14 13CH3OH lines free from blends with
an upper state energy range between 37−225 K, which are used
in a rotation diagram (Fig. 10). No corrections for optical depths
are needed since the 13CH3OH transitions are optically thin. The
rotation temperature is found to be 115 ± 16 K, and the column
density (5.9 ± 1.5) × 1016 cm−2.

If we exclude blended and very weak lines we have
50 CH3OH lines with an upper state energy range from 40 to
721 K. The large number of lines and the wide temperature
range make methanol well suited to be used in a rotational di-
agram. However, one difficulty that may occur with this method
is that the optical depths may vary considerably between the
CH3OH transitions. In the rotation diagram seen in Fig. 44
(online material) the lines are plotted (using the total integrated
intensity) without any attempt to correct for optical depth or
beam-dilution. As can be seen there is a large scatter of the
CH3OH lines. Three transitions with upper state energies of 77,
171 and 265 K lie clearly very high above the others due to their
low transition probability and low opacity. A separate fit of these
three lines is made and the resulting beam-filling corrected col-
umn density becomes (2.6 ± 0.4) × 1018 cm−2. This is about
3 times higher than the resulting column density from all the
lines, (9.3 ± 1.1) × 1017 cm−2. This indicates that opacity cor-
rection needs to be included in the rotation diagram.

Using the forward model, which includes opacity and beam-
filling correction (see Fig. 45 in the online material), we find
a column density of (1.3 ± 0.1) × 1018 cm−2 in a source size
of 6′′. (This size is used as beam-filling correction in all calcu-
lations of the column densities above.) The scatter in the rota-
tion diagram is reduced and approaches the column density ob-
tained from the three (assumed) optically thin lines. However,
since this method has a tendency to underestimate the column
density we proceed with opacity correction of the traditional ro-
tation diagram. We note that most of the low energy lines seem
to be optically thick (opacities between ∼1−6) and most of the
high energy lines seem to be optically thin (opacities between
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Fig. 11. Two component CH3OH opacity corrected rotation diagram
producing TROT = 178 K and 98 K for the HC and CR, respectively
(extended source). The opacity is calculated with the same parameters
together with varying source-size with energy.
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Fig. 12. Source size variation with energy for the CR and HC compo-
nents of CH3OH (opacity-corrected with NCR = 1.7 × 1018 cm−2, TCR =
120 K and NHC = 7.9 × 1017 cm−2, THC = 200 K).

∼0.3−1.5). The rotation temperature would be too high if not
opacity corrected.

An additional complication is that the extent of the emitting
regions may be different for lines of different energy (cf. Menten
et al. 1986). This is affecting our estimation of the opacity since
we need a total column density (corrected for beam-filling) in
the calculations. The online Fig. 46 shows that the source size
of the low-energy lines varies between 5−12′′, whereas the size
of the high-energy lines is almost constant (about 6′′), based on
Eq. (14) at TROT = 120 K.

In Fig. 10 we show the opacity corrected rotation diagram.
The opacity is calculated using the column density obtained
from the three optically thin lines corrected for different beam-
fillings for each transition, and the same excitation temperature
for all lines (120 K). The scatter in the plot is even more reduced
than in the forward model and the resulting column density be-
comes (3.4 ± 0.2) × 1018 cm−2. This is much higher than in our
comparison surveys, but consistent with Johansson et al. (1984),
Menten et al. (1986), and S01 using the 13CH3OH column den-
sity (all corrected for our source size).

The rotation temperature is 116 ± 2 K with opacity correc-
tion which is the same as produced by the 13CH3OH rotation
diagram (115 ± 16 K) and the optically thin fit (120 ± 10 K).
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Fig. 13. Rotation diagram for (CH3)2O producing TROT = 112 K (ex-
tended source).

The forward model produces a slightly higher temperature
(136 ± 4 K), which suggests that the opacity correction is too
low with this method.

There is also a possibility that the high- and low energy lines
are emitted from different regions even though our rotation dia-
gram does not indicate a change of rotation temperature. Using
the Gaussian decomposition of the 27 strongest lines, we note
that the integrated intensity of the low energy lines is dominated
by the narrow CR component, and the high energy lines by the
broad HC emission.

When calculating the opacity of the components we again
take into account the varying source size with energy. However,
Fig. 12 shows that the pronounced variation in size is only true
for the narrow component. The broad component seems to have
approximately the same size as the energy increases. This again
supports the scenario in which the narrow component arises in
the CR, which is denser and hotter in the central parts. Hence
only the central parts have the ability to emit the high energy
lines. The broad component keeps the small size across the tran-
sition energy range, supporting an origin in the HC. This source
is small and hot and thus can emit all transitions throughout the
whole region. The opacity of the CR component is found to be
higher than in the HC component which is about 1 or less.

Plotting the components in a opacity corrected rotation dia-
gram (Fig. 11), produces column densities and rotation temper-
atures for each region: NROT = (2.4 ± 0.2) × 1018 cm−2, TROT =
98 ± 2 K and (7.9 ± 1.0) × 1017 cm−2, TROT = 178 ± 11 K for
the CR and HC, respectively. Both column densities are much
higher than in our comparison surveys, but agrees well with
S95 (corrected for our source size). The calculated temperatures
are lower than in the comparison surveys, but the high appar-
ent rotation temperatures may be caused by high opacity. Hollis
et al. (1983) found that the ground-state transitions originate in a
90 K region, while the torsionally excited transitions come from
a 200 K region.

The isotopic ratio of 12C/13C can be estimated from the ra-
tio of the optically thin CH3OH and 13CH3OH column densities,
and is found to be 57 ± 14. This is consistent with previous esti-
mates (Table 6).

4.5. Compact Ridge molecules

4.5.1. Dimethyl ether ((CH3)2O)

This molecule is affected by two internal rotors which are
the origin of the fine structure lines of the AA, AE, EE and
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Fig. 14. Rotation diagram for H2CS producing TROT = 93 K (extended
source).

EA symmetries (Groner et al. 1998). The emission only shows
characteristics of the CR with narrow widths of 3−4 km s−1 at
υLSR velocities of ∼6−8 km s−1.

Since we cannot resolve these fine structure transitions, we
treat them as one single line. The statistical weights and the par-
tition function are changed accordingly. We observe 47 quartets
out of which 37 are free from blends and hence can be used
in the rotation diagram shown in Fig. 13. The resulting beam-
filling corrected column density is (1.3 ± 0.3) × 1017 cm−2 and
the rotation temperature is 112 ± 8 K, which is higher than in
the comparison line surveys (Table 1). The adopted source size
is the same as obtained for CH3OH, since these molecules most
likely have a rather similar origin in the CR. This is also ver-
ified when calculating the source size with Eq. (14), assuming
an opacity larger than unity. For a temperature of 112 K we find
a CR size of 5−6′′. This is also indicating optically thick lines
which could increase the column density even further.

4.5.2. Thio-formaldehyde (H2CS)

Five transitions of the CR-emitting H2CS are observed, of which
the 163,13−153,12 transition is a blend with a U-line. The line pro-
file of the 141,13−131,12 transition is shown in Fig. 33 (online
material). The four lines with no blends are used in the rota-
tion diagram shown in Fig. 14, producing a rotation tempera-
ture, very similar to that of CH3OH, TROT = (93 ± 4) K. The
resulting beam-filling corrected column density is (1.3 ± 0.2) ×
1015 cm−2, with a source size of 14′′ guided by our calculations
for the H2CO optically thick CR emission (see Sect. 4.6.1).

A comparison of the H2CS and the optically thin H13
2 CO re-

sults in a molecular abundance ratio of H2CO/H2CS ∼ 15. This
is lower than the quoted [O/S] ratio of 35 (online Table 6) from
Grevesse et al. (1996). From the comparison of H2O and H2S in
Sect. 6 we obtain a similar value of ∼20.

4.5.3. Thioformyl cation (HCS+)

The thioformyl cation previously has not been seen either by
W03 nor S01, and here we only observe the J = 13−12 transi-
tion as a visible blend with 33SO. Due to the blend we cannot
analyse this transition further, but this emission is most likely
emitted in the same small hot and dense CR source as CH3OH
and (CH3)2O.
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Fig. 15. The H2CO 81,8–71,7 transition with a two-component Gaussian
fit shown together with the individual Gaussians. The line widths are
5 km s−1 and 19 km s−1 from the CR and LVF, respectively.

4.6. Outflow and Compact Ridge molecule

4.6.1. Formaldehyde (H2CO/H13
2 CO/HDCO)

We detect three transitions from each of H2CO and HDCO, and
one transition from H13

2 CO. Since the energy range is small
(106−133 K), no rotation diagram can be made. The 81,8−71,7
transition of H2CO is shown in Fig. 33 (online material), to-
gether with the same transition of H13

2 CO and the 91,9−81,8 tran-
sition of HDCO. The H2CO 80,8−70,7 transition shows a blend
with Hot Core NS at 576.720 GHz. The 81,7−71,6 transition of
H2C18O is tentatively found at 571.477 GHz.

The H2CO lines show two velocity components. Figure 15
shows a two-component Gaussian fit. The narrow component
from the CR has widths of ∼5 km s−1 at υLSR ∼ 8.5 km s−1, and
the broader component from the LVF has widths of ∼19 km s−1

at υLSR ∼ 8 km s−1. H13
2 CO and HDCO show only emission from

the CR with similar widths and LSR velocities as for the nar-
row H2CO component. Comparison of the CR component of
the H2CO 81,8−71,7 transition with the same H13

2 CO transition,
results in optical depths of ∼6.6 and ∼0.1, respectively (using
[12C/13C] = 60).

Since the CR component is optically thick in H2CO, this
source size is calculated with Eq. (14) and is found to be as large
as 14′′ for a temperature of 115 K, in agreement with Mangum
et al. (1990). The LVF source size becomes 10′′, which might
be caused by a low opacity. Hence a LVF size of 15′′ is used
for beam-filling correction. The resulting CR and LVF column
densities are 3.0 × 1015 cm−2 and 4.3 × 1015 cm−2, respectively.
With the use of the optically thin H13

2 CO the CR column density
increases to 2.0 × 1016 cm−2, in agreement with Turner (1990),
Mangum et al. (1990), and S95.

Since H2CO is optically thick we cannot calculate the
[12C/13C] elemental ratio. But with the use of the optically thin
H13

2 CO and HDCO, the abundance ratio of D/H is estimated to
∼0.01, which implies a high deuterium fractionation in the CR.
Turner (1990) derived a ratio of HDCO/H2CO = 0.14+0.12

−0.07 and
D2CO/HDCO = 2.1+1.2

−0.5 × 10−2 for the CR. These large abun-
dance ratios were interpreted as a result of active grain surface
chemistry.

Fig. 16. The CS J = 10−9 transition with a three-component Gaussian
fit shown together with the individual Gaussians. The line widths are
4 km s−1, 9 km s−1, and 18 km s−1 from the CR/ER, the HC and LVF,
respectively.

4.7. Outflow, Hot Core and Compact/Extended Ridge
molecules

4.7.1. Carbon monosulfide (CS/13CS)

Figure 16 shows a three-component Gaussian fit to the observed
J = 10−9 transition of CS. Emission is seen from a narrow com-
ponent, the HC and the LVF at LSR velocities 9, 7 and 10 km s−1

with widths 4, 9 and 18 km s−1, respectively. The narrow compo-
nent may have an origin either from the ER or the CR, hence the
column density is calculated with both alternatives. The CS line
is also compared to H2CS and isotopologues of H2CO in Fig. 33
(online material).

The 13CS J = 12−11 transition is observed with emission
from a narrow (ER or CR) component, but is blended with a
34SO2 transition. This makes the Gaussian fit with a width of
5 km s−1, at LSR velocity 7 km s−1 approximate. Comparison
of peak antenna temperatures of the isotopologues (using a
12C/13C ratio of 60) suggests that the narrow CS component is
optically thick (τ ∼ 6−12). The source size of an ER component
is calculated with Eq. (14) and is found to be 30′′ for at tem-
perature of 60 K. This suggests that either the emission of this
component is rather extended and clumpy (see Sect. 8), or has
an origin in the CR. For a typical CR temperature of 115 K, we
find a size of 20′′.

The resulting column densities are listed in Table 1. The col-
umn density of the LVF agrees well with B87, S95, S01 and
C05, and the HC column also agrees with S95, but is lower than
found in C05. The narrow component from either the CR och
ER is more difficult to compare. Our ER column agrees rather
well with B87, but is an order of magnitude lower than found by
S95. As CR emission it agrees with S95. The differences may
arise due to opacity, beam-sizes and energy levels.

4.7.2. Hydrogen isocyanide (HNC)

Figure 17 shows a four-component Gaussian fit of the HNC
J = 6−5 transition with an upper state energy of 91 K, and
a U-line seen in the red-ward LVF line wing at a velocity of
22 km s−1. As for CS, three velocity components, from the ER,
HC, and LVF, are clearly seen at υLSR = 9, 6 and 7 with widths of
4, 9 and 27 km s−1, respectively. The sizes and temperatures for
the subregions are taken to be representative of typical values
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Fig. 17. The HNC J = 6−5 transition and a U-line at 543.873 GHz
with a four-component Gaussian fit shown together with the individ-
ual Gaussians. The line widths are 4 km s−1 for the U-line, 4 km s−1,
9 km s−1, and 27 km s−1 for the HNC ER, HC and outflow components,
respectively.

(see Table 1). The HNC line is also shown in Fig. 31 (online
material).

4.8. PDR/Extended Ridge and Hot Core molecule

4.8.1. The cyanide radical (CN)

The main CN emission has its origin in the PDR/ER region
and the HC (Rodríguez-Franco et al. 1998) at υLSR ∼ 9 and
8.5 km s−1 with widths of ∼4 and ∼10 km s−1, respectively. In
total we have observed three lines with 8 non-resolved hyperfine
structure features. Figure 31 (online material) shows one of the
N = 5−4 transitions, consisting of three non-resolved hyperfine
structure lines, with two additional ones in the line wing at a
velocity of 1 km s−1. The same transitions are shown in Fig. 18
with a three-Gaussian fit of the five transitions. No rotation dia-
gram is made since the upper state energy of 54 K is the same
for all transitions.

Using Gaussian fits, the LTE approximation and typical tem-
peratures and source sizes, the column densities for the HC and
PDR/ER regions are estimated to be 7.9 × 1015 cm−2, and 4.9 ×
1013 cm−2 for the HC and PDR/ER, respectively. Our compari-
son surveys have no observations of CN, but Rodríguez-Franco
et al. (2001) obtained column densities by CN mapping, ranging
from 1013 cm−2 in the Trapezium region to 1014−1015 cm−2 in
the Ridge region. S95 find N = 1 × 1015 cm−2 with a 14′′ beam,
and B87 also find the same CN column density with a 30′′ beam.

4.9. Extended Ridge molecule

4.9.1. Diazenylium (N2H+)

The diazenylium transition J = 6−5 is shown in Fig. 31 (online
material). The width of ∼5 km s−1 at υLSR ≈ 9 km s−1 indicates
an ER origin of the emission, in agreement with mapping of the
J = 1−0 transitions by Womack et al. (1990) and Ungerechts
et al. (1997). The column density of 1.0 × 1012 cm−2, that we
calculate using the simple LTE approximation, is much lower
than that found by Ungerechts et al. (1997), 8.4 × 1012 cm−2.

Fig. 18. CN with a three-component Gaussian fit of five unresolved
hyperfine-structure lines shown together with the individual Gaussians.
The widths are 4 km s−1 and 11 km s−1 for the PDR/ER and HC com-
ponents of the three strong hyperfine-structure lines, respectively, and
2 km s−1 for the weak transitions at a velocity of 0 km s−1.

4.10. Unidentified line features

We observe 64 unidentified line features. Tentative assignments
have been given to 26 lines, such as the first tentative detections
of ND, and of the anion SH− (see Fig. 34, Tables 34, and 35 in
the online material and Table 3 in Paper I). There are 28 U-lines,
i.e. clearly detected lines, and 36 T-lines, which means that they
are only marginally visible against the noise or in a blend. The
tentative assignments also include the species SO+, CH3CHO,
CH3OCHO, SiS, HNCO, H2C18O, and a high energy HDO line.
For details see Paper I.

The strongest U-line is found at 542.945 GHz with a peak
intensity of 140 mK. The line appears to show emission from
two components, probably the CR and the HC (see Fig. 34 in the
online material).

5. Carbon monoxide (CO/13CO/C17O/C18O), carbon
(C) and H2 column densities

We have observed the J = 5−4 transition of CO, 13CO, C17O,
and C18O (Fig. 26). The CO line is the most intense single line
in our 42 GHz wide band. The FWZP (Full Width Zero Power)
of CO is approximately 230 km s−1, as compared to 120 km s−1

reported in Wirström et al. (2006, hereafter W06), a result of
our much lower noise level. Since W06 also used Odin but with
another observation mode, we can again demonstrate the high
accuracy of the Odin calibration with a comparison of the am-
plitudes, which agree within less than five percent.

As pointed out in W06 it is clear that CO J = 5−4 has emis-
sion from at least three different components – LVF, HVF and
a narrow component. The high brightness temperature of the
last component suggests that this emission originates in the ex-
tended and warm PDR, whereas the narrow components from
the optically thin isotopologues have approximately equal emis-
sion from the PDR and the colder ER gas behind it. We observe
all three components in the CO and 13CO emission, but only
the narrow ER/PDR component and the LVF for the C17O and
C18O isotopologues (W06). The Gaussian components are given
in Tables 8 and 32 in the online material, and agree well with
W06, especially when our higher signal-to-noise ratio is taken
into account, which enables us to see line wings that were previ-
ously unobserved.
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A summary of the resulting column densities, estimated op-
tical depths, used source sizes and temperatures is found in
Table 2, and also in more detail in the online Table 8. Here also
column densities calculated from all isotopologues are given to-
gether with the parameters of the Gaussian fits. Note that the
column density for the CO narrow component (calculated from
C17O) is lowered by a factor of two, since this component only
has emission from the PDR, while the isotopologues have ap-
proximately equal emission from both the PDR and ER. For de-
tailed arguments see W06.

The only observed atomic species in this survey is the
3P1–3P0 transition of C at 492.1607 GHz. It shows a narrow line
profile from an extended emission with a width of 4.5 km s−1, at
LSR velocity ∼9 km s−1. Due to the loss of orbits during this
observation, the noise level here is 200 mK, as compared to
our average level of 25 mK in the rest of the spectral survey.
This makes it impossible to distinguish a possible broad emis-
sion in this transition. Our beam-averaged column density of C
is 5.6 × 1017 cm−2. Tauber et al. (1995) find a lower limit for
a beam-averaged C column density of ∼7 × 1017 cm−2 (beam
size 17′′) in the Orion bar. Ikeda et al. (1999) find a column den-
sity very similar to ours (6.2 × 1017 cm−2) from observations of
the 492.1607 GHz transition with the Mount Fuji submillimetre-
wave telescope towards the Orion KL position, in a HPBW of
2.′2. The optical depth was estimated to be 0.2. B87 find N >∼
7.5 × 1017 cm−2 with a 30′′ beam towards the Orion KL region.
Plume et al. (2000) presented maps of the same transition, ob-
tained with the SWAS satellite, resulting in an average column
density of 2 × 1017 cm−2.

When estimating abundances we need comparison column
densities of H2 for each subregion (results also given in Table 2).
This is provided by C17O for the PDR/ER and LVF compo-
nents, using [CO]/[H2] = 8 × 10−5 (e.g. Wilson & Matteucci
1992), an isotope ratio [18O]/[17O] = 3.9 (Table 6), together with
[16O]/[18O] = 330 (Olofsson 2003). The latter value was found
from high S/N S18O observations of molecular cloud cores. This
is somewhat lower than the usually quoted value of 560 (Wilson
& Rood 1994), valid for the local ISM and estimated from
H2CO surveys in 1981 and 1985. A likely explanation for the
lower value is a local enrichment of 18O relative to 16O by the
ejecta from massive stars. For the HVF component we use 13CO
since C17O has no HVF emission.

The resulting H2 column density from the LVF is 3.2 ×
1023 cm−2. This is close to the limits given by Masson et al.
(1987) (3−10) × 1022 cm−2, as well as 1 × 1023 cm−2 by Genzel
& Stutzki (1989). Wright et al. (2000) find a beam-averaged
H2 column density of 2.8 × 1023 cm−2 from observations of the
28.2 µm H2 0−0 S(0) line for a temperature of 130 K (beam size
20′′ × 33′′).

Our resulting HVF H2 column density is 3.9 × 1022 cm−2,
in agreement with the Genzel & Stutzki value of 5 × 1022 cm−2.
In contrast, Watson et al. (1985) found that the HVF column of
warm shock heated H2 is only 3 × 1021 cm−2, a result based upon
their KAO observation of high-J CO lines.

Tauber et al. (1995) reported an average H2 column den-
sity of ∼3 × 1022 cm−2 from the Orion Bar (calculated from
13CO mapping). This is in agreement with our total narrow com-
ponent, which we find to be 4 × 1022 cm−2. When we calculate
the abundances in Sect. 7, we divide this value by two, since
there are about equal contributions from the PDR and ER to the
C17O emission (W06). Our value is also consistent with the re-
sults of Goldsmith et al. (1997) convolved with the 2.′1 Odin
beam.

Fig. 19. Water and isotopologues. The o-H17
2 O is reconstructed spectra

with blending lines subtracted. An intensity scale factor is given after
the molecular species.

6. Water (o-H16
2

O, p-H16
2

O, o-H17
2

O, o-H18
2

O, HDO)

6.1. Correcting the water emission lines for blends

Because of the large number of methanol and sulphur dioxide
lines observed, they cause the most common blends in all lines.
Since we are particularly interested in water, we attempt to re-
construct the water isotopologues without blends. We use ob-
served transitions in our survey with similar parameters (Eu,
A-coefficient and gu), and scale them with the parameters of the
blending lines before removal from the water isotopologue line
of interest. The molecular line parameters of the blending tran-
sitions are found in the online Tables 9, 10 and 20.
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Two lines are blended with the o-H18
2 O 11,0–10,1 ground

state rotational transition. The 34SO2 213,19−202,18 transition is
blended with the red wing, and in the blue wing there is an over-
lapping methanol line, 151,15−152,14, vt = 1. However, since the
simultaneous observations of o-H17

2 O show that the H18
2 O tran-

sition is optically thick even in the line wings (see next section),
we do not attempt to remove these blending transitions.

The o-H17
2 O ground state rotational transition is, however,

optically thin in the line wings, and we therefore remove three
blending lines. In Fig. 38 (online material) we show two of the
blending lines together with the o-H17

2 O line. In the blue o-H17
2 O

wing the blending SO2 transition 26 6,20−26 5,21 is overlapping.
In the red wing there are two blends. One from the 6 6,1−75,3
methanol transition shown, and one from the very weak SO2
341,33−340,34 transition.

6.2. Water analysis

We have observed the 11,0–10,1 ground state rotational transi-
tion of o-H2O and its isotopologues o-H18

2 O and o-H17
2 O, which

mainly show emission from the Plateau. A very weak fea-
ture at 489.054 GHz is tentatively identified as the HC-tracing
42,3−33,0 transition of o-H18

2 O with an upper state energy of
429 K. The HC-tracing p-H2O transition 62,4−71,7 with an upper
state energy of 867 K, is also observed, as well as the 20,2−11,1
HDO transition showing emission from the CR, HC and LVF.
Figure 19 shows all detected water lines after removal of some
blends in H17

2 O as discussed in the previous section.
The optical depths, column densities, assumed source sizes

and excitation temperatures are found in Table 2, and in more
detail in Table 7 (online material), together with the parameters
of the Gaussian fits.

Both the o-H18
2 O and o-H17

2 O ground state rotational transi-
tion show features of a weak, narrow component from the CR,
a broad stronger component from the LVF, and with HVF emis-
sion mainly in the red wing. Figures 35 and 36 (online material)
show three-component Gaussian fits to the water isotopologues.
The emission from the ER and PDR is considered to be very low
since the water mainly will be frozen onto the dust grains at the
rather low temperatures in this region.

The o-H2O line is very optically thick at all velocities as seen
in Fig. 39 (online material) which displays the ratio of o-H2O
and o-H18

2 O. The excitation conditions for these two isotopo-
logues are therefore very different. A similar figure of the ratio
of o-H18

2 O and o-H17
2 O (Fig. 40 in the online material) shows

an almost constant ratio of 1.5 for velocities between −10 and
+30 km s−1. This demonstrates that the two line profiles are al-
most identical, and that the o-H18

2 O emission is rather optically
thick at all velocities since [18O/17O] = 3.9. By comparison of
column densities from the total integrated intensities, the optical
depths for o-H17

2 O and o-H18
2 O, are 0.9 and 3.4, respectively. The

small changes of the ratio with velocity as seen in Fig. 40 also are
consistent with our decomposition into Gaussian components.
The LVF is optically thick in both isotopologues, whereas the
HVF and CR have lower optical depths causing increase of the
ratio at their emission velocities.

6.2.1. Ortho-H2O from the low- and high velocity flow
and the Compact Ridge

The similarity of the line profiles is also illustrated in Fig. 20
showing a comparison of o-H17

2 O, o-H18
2 O and the 193,17−182,16

SO2 transition, all normalised to their respective peak
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Fig. 20. Comparison of H18
2 O, with H17

2 O, and the 193,17−182,16

SO2 transition, all normalised with respective peak temperature. The
high degree of similarity of all three line profiles suggests an origin in
the same gas and velocity fields, mainly from the LVF with additional
emission from HVF in the red wings.
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Fig. 21. Comparison of the optically thick self-absorbed o-H2O with
o-H18

2 O and C18O J = 5−4, all normalised with respective peak inten-
sity. The LVF self-absorption of o-H2O in the blue wing is seen when
compared to o-H18

2 O, which shows LVF emission in both wings and
HVF emission mainly in the red wing.

temperature. The remarkable similarity of the line profiles sug-
gests a very similar origin and chemistry of the water isotopo-
logues and SO2: the LVF and with additional HVF emission
mainly in the red wings.

The resulting column densities (found in Table 2 and in the
online Table 7) are calculated with the simple LTE approxima-
tion and for an ortho/para ratio of 3. As a first approximation
of the column density we have used the full integrated intensity
of the lines, assuming the Plateau to be the main emitting source
(with Tex = 72 K and a source size of 15′′, see below). We have
also calculated the column densities for the different subregions
using the Gaussian components. In addition, the o-H17

2 O and
o-H18

2 O column densities are calculated with and without optical
depth corrections. Since the o-H2O transition is highly optically
thick, we calculate the column density from o-H17

2 O and o-H18
2 O.

With isotope ratios of [18O]/[17O] = 3.9 and [16O]/[18O] = 330
(Table 6), we determine the opacity-corrected column density
of H2O to be 1.7 × 1018 cm−2. The opacity-corrected LVF and
HVF column densities, obtained from the Gaussian fits of the
isotopologues, are 8.7 × 1017 cm−2 and 8.8 × 1017 cm−2, respec-
tively. These calculations assume LVF and HVF source sizes
for the isotopologues of 15′′ (cf. Olofsson et al. 2003), which
is the same extent as the submillimetre HDO emission from the
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Fig. 22. Comparison of the 1313–1212 SO transition and o-H2O, both
normalised with respective peak intensity. Both species show emission
from the LVF and the HVF, but the water LVF is self-absorbed in the
blue-shifted emission.

LVF mapped by Pardo et al. (2001). As excitation temperature
for both LVF and HVF we use 72 K as found by Wright et al.
(2000). We also calculate the H2O HVF column density from the
Gaussian fit to H2O itself, and with opacity-correction (calcu-
lated from the isotopologues) almost the same value is obtained
as from the isotopologues. The size of the H2O HVF is assumed
to have an extent of 70′′ (Olofsson et al. 2003; Hjalmarson et al.
2005).

The opacity-corrected column density for the H2O CR is
5.6 × 1017 cm−2. For the CR we use the temperature and size ob-
tained from our CH3OH rotation diagram of 115 K and 6′′. This
is also consistent with our calculation of the excitation temper-
ature from the optically thick H18

2 O CR component, if a source
size of 6′′ is assumed.

The o-H2O line has a central asymmetry that suggests strong
self-absorption in the blue LVF by lower excitation foreground
gas. The steep change in the self-absorption occurs in the ve-
locity range of 2 to 12 km s−1. Figure 21 compares the self-
absorbed o-H2O transition both with o-H18

2 O, and with the nar-
row emission from the C18O J = 5−4 line, all normalised to
their respective peak temperature. The LVF self-absorption of
o-H2O in the blue wing is seen when compared to o-H18

2 O, which
shows LVF emission in both wings, and HVF emission mainly
in the red wing. Figure 22 shows a similar comparison between
o-H2O and an optically thick SO transition at 559.320 GHz. Both
species display emission from LVF and HVF, although the blue
water LVF emission is self-absorbed.

In Fig. 23 we show the same SO 1313−1212 transition again,
but this time compared to o-H18

2 O. In the blue wing SO has ex-
cess emission as compared to the water emission, whereas the
red wings of SO and o-H18

2 O are almost identical. This might be
caused by shock chemistry in the red HVF which is pushing into
the ambient molecular cloud (Genzel & Stutzki 1989), thereby
producing a high water abundance. In the blue HVF, which is
leaving the molecular cloud, no such shock chemistry seems to
be present. The water abundance in this part of the HVF is likely
due to evaporation from icy dust grains, which produces less wa-
ter than shock chemistry. In contradiction to this, the SO emis-
sion is symmetric in both wings, suggesting that shock chemistry
is not required to produce high SO abundances.

The similarity of the broad HVF emissions from CO and
H2O is shown in Fig. 24. The FWZP of the broad component
is ∼230 km s−1 for o-H16

2 O, 50 km s−1 for the isotopologues, and
35 km s−1 for HDO.
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Fig. 23. Comparison of the 1313–1212 SO transition, and o-H18
2 O nor-

malised with respective peak intensity.
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Fig. 24. Comparison of the broad HVF emission in the line wings of
CO and o-H2O scaled 2.5 times. Note the large velocity scale.

6.2.2. Para-H2O from the Hot Core

In the main o-H2O 11,0–10,1 line spectrum (Fig. 19) possible
emission from the HC and CR would be blended with the much
stronger and broader component from the LVF. Melnick et al.
(2000) concluded that the HC contributes negligibly to the water
emission within the SWAS beam, and the CR would contribute
less than 5−10%. The highest energy levels in the ISO data
presented by Lerate et al. (2006) and Cernicharo et al. (2006)
may have a contribution from the HC, but those authors remark
that the large far-IR line-plus-continuum opacity probably would
hide most of this emission.

However, our detected optically thin p-H2O 62,4−71,7 tran-
sition with upper state energy 867 K, clearly reveals the emis-
sion from the HC. The width of the line is 12 km s−1 at υLSR ∼
4.4 km s−1, between velocities −8 and 15 km s−1. When column
densities are calculated using the simple LTE approximation, we
find values in the range (3.7−12) × 1018 cm−2 for a temperature
range of 200−500 K and a typical source size of 10′′. Since no
clear HC emission is seen from the ground rotational state tran-
sition in H17

2 O, either the temperature in the HC is high enough
to result in the negligible emission of this transition from the
HC, or the H17

2 O transition has an optically thick LVF emission
which is blocking possible HC emission. If the temperature is
500 K, the emission from the HC would only be about 10% of
the total (if no optical depths are taken into account), and there-
fore would be hidden in the stronger and broader LVF emission
even if H17

2 O is optically thin. However, if the temperature in the
HC is about 200 K, the H17

2 O LVF emission has to have an op-
tical depth larger than unity. Since our estimated value is about
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1.5, this is consistent with a HC temperature of 200 K and a
column density of HC H2O 1.2 × 1019 cm−2. This is in agree-
ment with the only previous observation of H2O emission from
the HC made by S01. They detected the vibrationally excited
11,0−10,1 v2 = 1 transition and found a HC column density of 3 ×
1019 cm−2 with a temperature of 200 K and a water abundance of
1 × 10−5. Gensheimer et al. (1996) estimated the HC H18

2 O col-
umn density to be 2.7 × 1016 cm−2 from H18

2 O mapping of
the quasi-thermal 31,3−22,0 transition with the IRAM telescope
(12′′ beam). This column density translates to 1.3 × 1019 cm−2

for H2O (corrected for source size and isotopologue ratio differ-
ences), in excellent agreement with our result, even though their
observations suffered from severe blends. Their HC water map-
ping also showed that the emission from both H18

2 O and HDO
were unresolved by their beam, and the HDO mapping showed
sizes of 6−8′′.

Our tentative detection of the optically thin HC emitting
o-H18

2 O 42,3−33,0 transition, with an upper state energy of 430 K,
results in a HC H2O column density of about 4 × 1019 cm−2.

6.2.3. Comparisons of outflow column densities

Our column density results for the Plateau agrees excellently
with those of Wright et al. (2000), who observed 19 pure
rotational lines in absorption using the Short Wavelength
Spectrometer (SWS) on board the Infrared Space Observatory
(ISO), with a beam size of 14′′ × 20′′ to 20′′ × 30′′. Their rota-
tion diagram, including a generalised curve-of-growth method,
results in a rotation temperature of 72 K, and a beam-averaged
column density (from the total emission) of 1.5 × 1018 cm−2.
They also conclude that the observed water arises from an out-
flow centred near IRc2.

Lerate et al. (2006) observed more than 70 far-IR pure rota-
tional H16

2 O lines, and 5 H18
2 O lines, with the ISO LWS (Long

Wavelength Spectrometer) between ∼43 and 197 µm (beam size
about 80′′). Their rotation diagram of the total emission from
H18

2 O results in a beam-averaged column density of (2−5) ×
1014 cm−2, and a rotation temperature of 60 K. For a 15′′ out-
flow source, their result translates to (1.8−4.7) × 1018 cm−2 for
H16

2 O, also in good agreement with our value. In the analysis
by Cernicharo et al. (2006) of this data set, they concluded that
most of the water emission and absorption arises from an ex-
tended flow of gas with velocity 25 ± 5 km s−1, with an inferred
kinetic gas temperature of 80−100 K.

6.2.4. HDO from the Compact Ridge, low velocity flow
and the Hot Core

The deuterated species HDO is observed in the 20,2−11,1 transi-
tion with Eu = 66 K, and shows evidence of CR, LVF, and also
HC emission as is observed by W03. Figure 37 shows a three-
component Gaussian fit. Pardo et al. (2001) reported detections
of the 21,2−11,1 and 11,1−10,0 lines in the 850−900 GHz spectral
region, which seem to trace the Plateau gas and not the HC. Their
conclusion is that the HC component is hidden behind the opti-
cally thick HDO LVF in their transitions, which is supporting
our analysis of the non-detection of HC emission in the ground
state rotational water transitions.

A T-line at 559.816 GHz tentatively is identified as the high
energy (580 K) HDO transition 62,4−62,5.

Our estimated column density of HDO, assuming that the
main emission originates in the outflows, is 9.1 × 1015 cm−2,
which is about the same value as reported by Lerate et al. (2006),

8.5 × 1015 cm−2 (corrected for source size). The column density
reported by Pardo et al. (2001) is higher, 5 × 1016 cm−2, calcu-
lated from an LVG model with a source size of 15′′, and opacities
of 3.7 and 6.7 for their two lines.

We also calculate the column densities for the CR, LVF and
HC separately, which are found to be 1.8 × 1016 cm−2, 4.5 ×
1015 cm−2, and 1.5 × 1016 cm−2, respectively. With correction
for source-size, this is 2−4 times lower than found in Olofsson
(1984) by mapping the 11,0−11,1 transition with a 47′′ beam (at
Onsala Space Observatory); 3 × 1016 cm−2, 1 × 1016 cm−2, and
7 × 1016 cm−2, respectively.

6.2.5. Molecular abundance ratios

The [D/H] ratio calculated from from HDO/H2O is 0.005, 0.001
and 0.03 in the LVF, HC, and CR, respectively (Table 6). The
CR ratio may be compared to the HDCO/H13

2 CO ratio from
which we obtain a similar [D/H] value of 0.01 (see Sect. 4.6.1).
Lerate et al. (2006) found [D/H] values in the range 0.004−0.01.

The column densities for H2O and H2S from the LVF are
also used to estimate the molecular abundance ratio of O/S to
∼20 (Table 6). Using the H2CS/H13

2 CO ratio we obtain a similar
value of ∼15 (see Sect. 4.5.2).

7. Molecular abundance estimates

7.1. Gas-phase abundances from the Odin spectral line
survey

Our estimated abundances for each subregion are summarised
in Table 3, together with comparison abundances mostly from
B87 and S95. We find very high gas-phase abundances of H2O,
NH3, SO2, SO, NO, and CH3OH. Note that both our LVF and
HC abundances are source averages. S95 use beam-averaged
abundances (with a HPBW of 14′′), and B87 use a HC size of
10′′ and a Plateau size of 20′′, while we separate the LVF and
HVF emissions with a slightly smaller size for the LVF (15′′).
The beam-averaged CR abundances in both B87 and S95 are
corrected to our source-sizes to allow an easier comparison.

A large source of uncertainty in these calculations is the
adopted H2 column densities. Whenever possible we have
used our own calculated H2 column densities (for the ER,
LVF, HVF, Table 2). For the HC and CR we have adopted
N(H2) = 1 × 1024 cm−2 (calculated for a HC size of 10′′ in B87),
and N(H2) = 2 × 1023 cm−2 (Wilson et al. 1986; B87; Goldsmith
et al. 1997), respectively. In case of the HVF we also com-
pare the (shocked) water column with the column density of the
hot (shocked) H2, where NHVF = 3 × 1021 cm−2 (Watson et al.
1985). When we calculate the abundances we assume that the
derived H2 column density spatially coincides with the emission
from the species of interest.

Most of our abundances, listed in Table 3, are in very good
agreement with B87 and S95. However, there are a few excep-
tions – a 4−15 times higher abundance for SO2 in the LVF,
and 2−5 times higher abundances in general in the CR than
in B87 and S95. The differences may arise because our ob-
served transitions probe higher density and more compact re-
gions in the CR. Since we cannot discriminate between CR
or ER emission for CS, the abundance is calculated with both
alternatives. It turns out that the CS abundance is about the
same for either source of emission. However, the high ER abun-
dance of CS compared to that of B87 is to a large extent due
to the very different H2 column densities used in our survey
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Table 3. Derived abundances and comparisons.

Region Species X g B87 X h S95 X i

[×107] [×107] [×107]
LVF a H2O 29

HDO 0.15 0.17
SO2 20 5.2 1.3
SO 3.1 5.2 2
SiO 0.11 0.28 0.08
H2S 1.5 0.98
H2CO 0.14 0.31 1.1
CS 0.12 0.22 0.04
HNC 0.012

HVF H2O/Total H b
2 220 200–300 j

H2O/Hot H c
2 2900 2000–5000 k

SO2 225
SO 21
SiO 0.45

HC d H2O 120 140 l

HDO 0.15 0.5 0.14
H2S 0.27 0.3m

CH3CN 0.05 0.078 0.04
NH3 16 10 n

HC3N 0.018 0.016 0.018
OCS 0.17 1.1
CH3OH 7.9 o 1-10 p 1.4
HNC 0.0044
CS 0.029 0.06
CN 0.079 0.008
NO 2.8 2.0m

CR e H2O 28
HDO 0.87 0.93
NH3 2.0
CH3OH 120 o 30 22
(CH3)2O 6.5 2.5 1.0
H2CO 1.0 0.6 0.46
HDCO 0.014
H2CS 0.065 0.06 0.014
SO2 10
SO 0.85
CS as CR 0.40 0.1

ER f CS as ER 0.21 0.025 0.11
HNC 0.001 0.005
N2H+ 0.0005

PDR f H2O >∼1.1q 0.33r

CN 0.02 0.03
NH3 0.05s

a LVF N(H2) = 3 × 1023 cm−2 (this work). b HVF total N(H2) = 4 ×
1022 cm−2 (this work). c HVF hot N(H2) = 3 × 1021 cm−2 (Watson et al.
1985). d HC N(H2) = 1 × 1024 cm−2 (B87). e CR N(H2) = 2 × 1023 cm−2

(Wilson et al. 1986; Goldsmith et al. 1997). f For both the ER and PDR:
N(H2) = 2.0 × 1022 cm−2 (this work, see Sect. 5). g Source averages
with sizes given in Tables 1 and 2. h Source averages from Blake et al.
(1987). i Source averages from Sutton et al. (1995). j Plateau abundance
(both LVF and HVF), Cernicharo et al. (2006). k Wright et al. (1996).
l Gensheimer et al. (1996). m C05. n Hermsen et al. (1988a). o Estimated
from the CH3OH two-component rotation diagram. p Menten et al.
(1988). q W06. r Melnick et al. (2000). s Larsson et al. (2003) towards
the Orion Bar.

and B87, N(H2) = 2 × 1022 cm−2 and N(H2) = 3 × 1023 cm−2,
respectively.

Our HVF H2O abundance, as compared to the total H2 den-
sity in the flow, is 3 × 10−5, in agreement with the water abun-
dance in the Plateau estimated by Cernicharo et al. (2006). If
we compare the HVF water abundance to the hot shocked H2

Table 4. Relative abundances ratios and comparisons with ice
abundances.

Abundance ratio LVF HC CR Ice abundancesa

N/N(H2O) × 100 Orion IRc2 W33A
CH3OH/H2O 7 430 10 11–17
HDO/H2O 0.52 0.13 3.2 0.3
HDCO/H2CO 1.2
NH3/H2O 13 7 15
SO2/H2O 69 36 ∼1.6
H2CO/H2O 0.5 3.6 ∼3
SO/H2O 11 3.0
OCS/H2O 0.14 <0.2 0.2
CS/H2O 0.41 0.02 1.4
H2S/H2O 5.2 0.22

a Gibb et al. (2000) and (2004).

it is consistent with Wright et al. (2000) and Melnick et al.
(2000), who estimate the shocked Plateau water abundance to
be (2−5) × 10−4.

The HC H2O abundance is in agreement with the mapping
of H18

2 O towards the Orion Hot Core with the IRAM telescope
(12′′ beam) by Gensheimer et al. (1996). Their estimated abun-
dance is 1.4 × 10−5. S01 estimate the water abundance to be
∼1.0 × 10−5 from their observation of the vibrationally excited
H2O 11,0−10,1 v2 = 1 transition, also in accordance with our
value.

High water abundances in high temperature regions, for ex-
ample in outflows, PDRs, and hot cores are consistent with both
water and deuterated water forming on grains at low tempera-
tures, and subsequently evaporating from the grain surfaces at
high temperatures above ∼90 K. At temperatures above ∼400 K,
easily reached in shocks, neutral-neutral reactions produce even
higher water abundances (cf. Neufeld et al. 1995). Hence, our
high abundance in the HC of H2O can be the result of evapora-
tion from grain surfaces, which also applies to CH3OH and NH3,
as is discussed in more detail in Sect. 7.2. The water abundance
in the CR and LVF is about the same, and lower than in the HC.
This might be a natural consequence of a lower temperature in
these regions with less evaporation from grain surfaces, which
also applies to the PDR region. This is also the cause of the non-
detection of water in the ER which has a temperature below the
sublimation temperature. The highest water abundance is found
in the HVF, which is suggestive of an even more efficient pro-
duction in shocks.

7.2. Gas-phase vs. grain surface abundances

Ratios of our observed gas-phase column densities in the Orion
LVF, HC and CR sources (as derived from Tables 1 and 2) and
the water column density is found in Table 4. These ratios are
compared with the corresponding grain-surface abundance ra-
tios towards two of the sources observed by ISO (Gibb et al.
2000, 2004), Orion IRc2 and the embedded high-mass proto-
star W33A.

Some suggestions from these comparisons are:

– Both CH3OH and H2O are very abundant in the dense and
warm HC, and their gas-phase abundance ratio is very simi-
lar to that in the grain-surface ice of Orion IRc2 and W33A.
This strongly points at a dominant production via hydrogena-
tion on cold grain surfaces and subsequent evaporation in
the warm and hot cores (cf. Brown et al. 1988; Caselli et al.
1993; Stantcheva & Herbst 2004; Garrod & Herbst 2006;
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Chang et al. 2007), especially so since gas-phase production
of CH3OH has been shown to be very inefficient (cf. Geppert
et al. 2005; Millar 2005; Garrod et al. 2007). In the CR the
CH3OH/H2O ratio is about 60 times higher than in the HC
and in ices, caused by the four times decrease of the wa-
ter abundance, and the 15 times higher methanol abundance
as compared to the HC. This may suggest that H2O is con-
sumed in the formation of CH3OH in accordance with the
recent laboratory study of methanol formation from electron-
irradiated mixed H2O/CH4 ice at 10 K by Wada et al. (2006).

– The rather similar gas-phase HDO/H2O abundance ratios in
the LVF and HC compared with the ice ratio in W33A most
likely suggest efficient deuteration reactions on grain sur-
faces as the cause of the high water deuteration level. This is
supported by our previous conclusions about the grain sur-
face origin of the high water abundances. The much higher
HDO/H2O ratio found in the CR, as well as the similar
HDCO/H2CO ratio, at least partly is caused by a decreas-
ing H2O abundance – possibly a result of H2O consump-
tion in the efficient grain-surface formation of CH3OH in this
source.

– Likewise, the gas-phase abundance ratios of NH3 and H2O in
the CR and HC are similar to the W33A ice abundance ratio,
again strongly suggesting that both these abundant species
originate primarily from hydrogenation on cold grain sur-
faces with subsequent evaporation (cf. Stantcheva & Herbst
2004; Garrod et al. 2007).

– The high SO2/H2O abundance ratio observed in the LVF is
contrasted with a low ice ratio in W33A. The latter ratio
is most likely explained by rather inefficient gas-phase for-
mation of SO2 and subsequent adsorption onto already icy
grain mantles formed by efficient hydrogenation on the cold
grains. The high gas-phase H2O abundance in the LVF may
directly result from evaporation caused by the strong radia-
tion from the nearby LVF driving source. This heating also
could release S and Si atoms from the grains. Subsequent
gas-phase reactions, based upon undepleted elemental abun-
dances, then could lead to the elevated abundances of SO2,
SO, H2S and SiO observed in the LVF. These abundances are
several orders of magnitude higher than those in quiescent
clouds where the abundances of S and Si appear to be de-
pleted (B87; Irvine et al. 1987). In this scenario the ISO ob-
servations of OH at high abundance in the LVF (Goicoechea
et al. 2006) are important. Low velocity shocks also may
play a role here (cf. Mitchell 1984; Pineau des Forêts et al.
1993).

– The very similar CR H2CO/H2O gas-phase and W33A ice
abundances most likely just tells us that both abundance ra-
tios have the same main origin.

– The similarity of the HC gas-phase OCS/H2O abundance ra-
tio and the corresponding ratio in the W33A ice, also might
hint at a grain surface origin of OCS. However, the com-
paratively low OCS abundance is accommodated by current
ion-molecule reaction models and the ice content then likely
is a result of adsorption.

8. Discussion – source sizes and source structure

We have in our column density and molecular abundance cal-
culations in all cases treated the various Orion KL subre-
gions, probed by the large Odin antenna beam, as homoge-
neous sources having specified average temperatures, densities
and equivalent circular sizes and beam-filling factors.

However, the High Velocity Outflow is known to be bi-polar
with a FWHP size of 60−70′′, as estimated from simultaneous
Odin mapping of the H2O and CO J = 5−4 brightness distribu-
tions (Olofsson et al. 2003; Hjalmarson et al. 2005). As seen
from the radiative transfer equation, the H2O excitation temper-
ature corresponding to a size of 70′′ is only 26 K, while a tem-
perature of 72 K as found by Wright et al. (2000) corresponds to
a size of only 32′′. This indicates a very clumpy H2O brightness
distribution, and that this source is filled with approximately one
fourth of water emission. Similar results are obtained investigat-
ing the size-temperature relation of CO. In fact, the appearance
of the HVF may be similar to the clumpy, finger-like emission
seen in shock-excited H2 (Salas et al. 1999)4.

The Low Velocity Outflow has a NE-SW elongated structure,
roughly orthogonal to the HVF, which also must have small scale
structure (Genzel et al. 1981; Greenhill et al. 1998). If we guide
ourselves by the optically thick HDO lines observed by Pardo
et al. (2001) and use a HPBW size of 15′′ for H18

2 O, the corre-
sponding excitation temperature is only 40 K. The size corre-
sponding to 72 K is 10′′ which suggests that this source is filled
with about one half of radiating gas-phase water. Similar results
are found for all optically thick outflow species.

The Compact Ridge and Hot Core size-temperature relations
are more consistent with the assumed values, although we know
from Beuther et al. (2005) that both sources are very clumpy.
This might be caused by their much smaller size as compared
to the outflows, where the clumping affects larger scales. As
seen from the CH3OH Fig. 46 (online material) and Fig. 12, the
source size of the CR also varies with the upper state energies
of the lines. This might indicate considerable temperature and
density variations within the CR.

Considering the uncertainties discussed above and in Sects. 3
and 10.2 (Appendix), the striking agreement with B87 and
S95 strengthens our confidence of our results.

9. Summary

We present first results from a spectral line survey towards Orion
KL in a frequency range inaccessible from the ground covering
487−492 and 542−577 GHz.

Some of the results from this survey:

1. We detect a total of 280 lines from 38 different molecular
species.

2. In addition we detect 64 unidentified lines, which represents
19% of the total. Some tentative assignments of a few of
them have been made such as the interstellar anion SH−, ND,
SO+, and CH3OCHO.

3. The total beam-averaged emission in our survey is domi-
nated by CO, o-H2O, SO2, SO, 13CO and CH3OH. Species
with the largest number of lines are CH3OH, (CH3)2O, SO2,
13CH3OH, CH3CN and NO.

4. Six water lines are detected, including the ground state ro-
tational transition 11,0−10,1 of o-H2O, and its isotopologues
o-H18

2 O and o-H17
2 O, which shows emission from the Low-

and High Velocity Flow and the Compact Ridge. Hot Core
emission from water is observed from the p-H2O transition
62,4−71,7 with an upper state energy 867 K, and from a weak
line feature at 489.054 GHz identified as the 42,3−33,0 transi-
tion of o-H18

2 O with an upper state energy of 430 K. We have
also observed the HDO 20,2−11,1 transition from the Low

4 See also www: http://subarutelescope.org/Science/
press-release/99∅1/OrionKL_3∅∅.jpg
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Velocity Flow, Compact Ridge and the Hot Core, and have
a tentative detection of the high energy transition (581 K)
62,4−62,5 of HDO.

5. We detect the 10–0 0 transitions of NH3 and the isotopologue
15NH3. The main isotopologue shows emission from both
the Hot Core, LVF and Compact Ridge, while the rarer iso-
topologue only exhibits emission from the Hot Core.

6. Isotopologue abundance ratios of D/H, 12C/13C, 32S/34S,
34S/33S and 18O/17O are calculated, as well as the molecu-
lar abundance ratio of O/S, all in agreement with previous
findings.

7. Different methods are used to obtain rotation temperatures
and column densities. For eight different species with at least
four lines and a sufficient energy range in the transitions, the
rotation diagram method and the forward model are applied.
The LTE approximation is used for all the other species.

8. Abundances are estimated for the observed species from the
different subregions, and we find very high gas-phase abun-
dances of H2O, NH3, SO2, SO, NO, and CH3OH. An im-
portant fact here is that all our abundance determinations,
including those for water vapour, are based upon the same
methodology.

9. A comparison of our estimated gas-phase abundances with
the ice inventory of ISO is shedding new light on the chem-
ical origins of H2O, CH3OH, NH3 and SO2 in the various
Orion KL subregions.

10. The line density in our survey is 4–20 per GHz, with a
mean of 8 per GHz. This is comparable with larger tele-
scopes (∼10 GHz−1), showing the excellent performance of
the Odin satellite.
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10. Data analysis methods

10.1. Single line analysis

With the assumption of optically thin emission, neglecting the
background radiation, and assuming that the source fills the an-
tenna main beam, the beam averaged upper state column density
is calculated as

N thin
u =

8πkν2ul

hc3

1
Aul

∫
Tmb dυ, (8)

where k is the Boltzmann constant, νul is the frequency of the
transition, h is the Planck constant, c is the speed of light, Aul is
the Einstein A-coefficient for the transition, and Tmb is the main
beam brightness temperature. As customary the frequency axis ν
has been converted to a velocity axis υ using the speed of light.

The total column density of each species can then be found
assuming LTE (Local Thermodynamic Equilibrium), where the
excitation temperatures, Tex, for all the energy levels are the
same. The molecular population of each level is then given by
the Boltzmann equation, which also defines Tex

Nu = Ntot
gu

Q(T )
e−Eu/kTex , (9)

where gu is the statistical weight of the upper state, and Q(T )
is the partition function, which only depends on temperature
and molecular constants and hence differs for different kinds
of species. The A-coefficients, statistical weights, partition func-
tions and upper state energy levels are available via the databases
JPL, CDMS, Leiden5 (Schöier et al. 2005) or SLAIM∅3. For a
few molecules, e.g. (CH3)2O, we calculate the A-coefficients us-
ing line strengths found in SLAIM∅3 as

Aul =
16 π3 ν3ul µ

2

3 ε0 h c3

S ul

gu
(10)

where S ul is the rotational part of the line strength, and µ is the
molecular dipole moment.

From Eqs. (9) and (1), we obtain the beam-averaged total
column density

N thin
tot =

8πkν2ul

hc3

1
Aul

Q(T )
gu

e Eu/kTex

∫
Tmb dυ (11)

assuming optically thin emission.
The solution of the radiative transport equation, neglecting

background radiation and with a constant source function, is

T ∗A = Tb ηmb ηbf = J(Tex) (1 − e−τ) ηmb ηbf , (12)

where the beam-filling factor ηbf = θ
2
s /(θ

2
s + θ

2
mb), assuming that

both the source brightness distribution and the antenna response
are circularly symmetric and Gaussian. The radiation tempera-
ture, J(Tex) is

J(Tex) =
hν
k

1
e hν/kTex − 1

≈ Tex, (13)

where the approximation is valid only if hν	 kTex. For the ap-
propriate temperatures in this region, T ≈ 100−200 K, and fre-
quencies ∼550 GHz, the radiation temperature will differ from
Tex by approximately 10−15%. Accordingly, we use J(Tex) and
not Tex in our calculations.

5 http://www.strw.leidenuniv.nl/∼moldata/

If the emission is optically thick (τ 
 1) Eq. (12) simpli-
fies to

T ∗A = J(Tex) ηmb ηbf = J(Tex) ηmb
θ2s

θ2s + θ
2
mb

· (14)

Using this equation the beam-filling, and hence the approximate
source size, can be determined without relying on correctly cal-
culated optical depths. The variation in T ∗A that is seen mainly
will be due to variations in the beam-filling factor, but there can
also be variations in Tex, both along the path and between differ-
ent states, which cannot be determined.

Since molecular clouds are known to be clumpy down to
very small scales, it is indeed likely that the source does not fill
the beam. This is especially true in case of the large Odin beam,
and the total column density from Eq. (11) will be too low by
a factor of 1/ηbf. Variations in beam-filling between the differ-
ent transitions of the same molecule also are probable. Hence,
when we are comparing other observations (e.g. interferometry
mapping) with ours to estimate the beam-filling, by necessity we
have to compare transitions with similar parameters tracing the
same gas.

The optical depth at the centre of the line can be calculated,
assuming LTE and a Gaussian line profile, using

τmax =

√
ln 2
16 π3

c3

ν3ul ∆υ
Aul Ntot

gu

Q(T )
e−Eu/kTex (e hνul/kTex − 1) (15)

where ∆υ is the width of the line, and Eu is the upper state en-
ergy. However, this approach demands knowledge of the total
column density. If we have observations of isotopologues, and
if the isotopologue abundance ratio R is known, then the optical
depths can be determined by means of Eq. (12). If the excitation
temperatures are about the same for both isotopologues, and the
optical depth of isotopologue one is larger than isotopologue two
by a factor R, we then will have

TA,1

TA,2
=

(1 − e−τ1 ) η bf,1

(1 − e−τ2 ) η bf,2
=

(1 − e−R τ2) η bf,1

(1 − e−τ2 ) η bf,2
· (16)

This will give the mean optical depths of both species. If the
emissions are co-spatial the beam-filling factors cancel.

Once a transition has become optically thick, the value of
Nu/gu cannot increase any further. The derived total column den-
sity will then be too low and needs an optical depth correction
factor Cτ, which will be one or larger

Cτ =
τ

1 − e−τ
· (17)

With corrections for optical depth and beam-filling the true total
source averaged column density will be

Ntot =
Cτ
ηbf

8πkν2ul

hc3

1
Aul

Q(T )
gu

eEu/kTex

∫
Tmb dυ =

Cτ
ηbf

N thin
tot . (18)

If no information about optical depth is available this correc-
tion is not taken into account. For the excitation temperature in
Eqs. (14) and (18), we use an adopted temperature that fits the
species (Table 1), or the calculated rotation temperature TROT
(see Sect. 3.2.1).

Note the importance of the partition function Q(T ), and the
statistical weight gu in Eq. (18). If the statistical weights include
the ortho/para ratio whenever these molecular sub-divisions ex-
ist, the partition function must include them. It is also important
to use the same statistical weights gu in Eq. (18) when the parti-
tion function Q(T ) is calculated.
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10.2. Additional limitations

If there are deviations from the basic assumptions, errors will
occur in the calculations for all models (cf. Goldsmith & Langer
1999). These effects can to some extent be corrected for, like
optical depth effects and beam-filling, as discussed above. In ad-
dition we have:

1. Several excitation temperatures/non-LTE. The population
distribution may not be characterised by a single rotational
temperature. The temperature can vary due to density, excita-
tion gradients along the line-of-sight, IR flux, subthermal ex-
citation etc. Since our beam is very large and encompasses a
variety of different conditions, we may expect emission from
several different sources, each with different temperature.

2. Adopted excitation temperature. Whenever we have too few
lines to use the rotation diagram method or forward model
we use the LTE approximation for a single line. The excita-
tion temperature is then adopted from a rotation temperature
of a similar species in our survey, or taken from the litera-
ture. This can create errors if the adopted temperature is not
appropriate.

3. Source structure. The beam-filling correction are calculated
assuming a homogenous source (see also Sect. 8). Clumping
and substructures can introduce errors in the beam-filling
corrections. Vastly different opacitites between the isotopo-
logues (with NH3 and H2O as good examples) also com-
plicate the analysis, as the beam-filling factors may be very
different.

4. Gaussian decomposition. Errors in our Gaussian decompo-
sitions can introduce errors in the calculated optical depths
and the column densities.

5. H2 column densities. The largest source of uncertainty in the
abundances in Sect. 7 is the adopted H2 column densities
and the assumption that the H2 emission and the molecule of
interest spatially coincides. This can create errors by orders
of magnitude.

6. Observational errors. Errors may exist in the measured line
intensities due to misidentifications, unresolved blends, or
pointing and calibration. However, the errors must be rather
large to create significant errors in the column density ob-
tained from the rotation diagram and forward model.

7. Background radiation. The background radiation, for ex-
ample emission from warm dust, may be too large to be
neglected. If the condition Tex 
 Tbg is violated, shifts
along the ordinate in the rotation diagram with a factor of
ln (1−Tbg/Tex) will occur. The dust continuum radiation will
for example affect the level populations of water, and must
be included in accurate calculations for these transitions.

10.3. Determination of relative chemical abundances

The definition of molecular abundance of a species with respect
to H2 is the ratio of the volume densities. This demands detailed
knowledge of the geometry of the emitting region. If this is not
known, column densities can be used as a substitute, with the
assumption that the two species are well mixed and emitted from
the same region, to obtain average abundances along the line
of sight

Xspecies =
Nspecies

NH2

· (19)

The use of column densities will provide a higher degree of ac-
curacy than the use of volume densities (Irvine et al. 1985). As
long as the molecules are emitted from the same region with
approximately the same source size, there is no dependence of
beam-filling. In addition, since we have a uniformly calibrated
set of data, uncertainties in calibration will not affect the result.

The relative isotopologue abundance R can be determined in
the same way as the molecular abundances,

R =
N1

N2
, (20)

when we have observations of optically thin isotopologues, or
opacity-corrected column densities.

10.4. Optical depth broadening

If the intrinsic line shape is Gaussian, a high line opacity will
increase the observed line width (cf. Phillips et al. 1979) as

∆υ ≈ ∆υi

(
ln τp

ln 2

)1/2

(21)

where ∆υi is the intrinsic velocity width of the line and τp (
1)
is the peak optical depth in the line.
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Fig. 25. Top figure shows the NH3 line, the second figure shows four
times magnified NH3 line wings. The NH3 line profile shows emission
from the CR and HC. The 15NH3, CH3CN, HC3N and OCS transitions
suggest emission from the HC, and H2S from both the HC and LVF. An
intensity scale factor is given after the molecular species.

Fig. 26. CO, isotopologues and atomic C. Note the different intensity
scales.
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Fig. 27. SO and isotopologues. The SO line in the top panel is optically
thick, and shows clear HVF line wings. The low-energy SO transition
is optically thin. An intensity scale factor is given after the molecular
species.

Fig. 28. The J = 13–12 transition for both SiO and 29SiO. The SiO line
is optically thick and also exhibits pronounced HVF line wings. A blend
from CH3OH and 13CH3OH is visible at 19.6 km s−1 in the SiO line. An
intensity scale factor is given after the molecular species.

Fig. 29. SO2 with different upper state energy levels and A-coefficients.
The 34SO2 line is the same transition as the SO2 transition with Eu =
80 K. An intensity scale factor is given in the top left corners.
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Fig. 30. 13CH3OH with emission from the CR. An intensity scale fac-
tor is given in the top left corners, upper state energies given in K and
A-coefficients in s−1.

Fig. 31. The line profile of HNC shows emission from the ER, HC and
LVF, CN from the PDR/ER and HC, and N2H+ from the ER. The line
at v ≈ −8 km s−1 next to N2H+ is OCS, which is also shown in Fig. 25.
An intensity scale factor is given after the molecular species.

Fig. 32. CH3OH with emission from both the CR and HC. Vibrationally
excited transitions are marked by ∗ after the intensity scale factor
given in the top left corners, with upper state energies given in K and
A-coefficients in s−1.
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Fig. 33. The optically thick line profile of H2CO show emission from
the CR and LVF. The optically thin transitions of H13

2 CO, HDCO, and
H2CS show only emission from the CR. The CS line profile shows emis-
sion from the HC, LVF and a narrow component from the CR or ER.
An intensity scale factor is given after the molecular species, the upper
state energies are given in K and the A-coefficients in s−1.

Fig. 34. Identification suggestions for a few U-lines together with
15NH3, H2S and CH3CN as comparison lines. The U-line at
542.945 GHz is our strongest non-identified U-line. An intensity scale
factor is given after the molecular species.
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Fig. 35. A three-component Gaussian fit to H17
2 O shown together with

the individual Gaussians. The line widths are 5 km s−1, 18 km s−1, and
30 km s−1 from the CR, LVF and HVF, respectively.

Fig. 36. A three-component Gaussian fit to H18
2 O shown together with

the individual Gaussians. The line widths are 5 km s−1, 18 km s−1, and
33 km s−1 from the CR, LVF and HVF, respectively.

Fig. 37. A three-component Gaussian fit to HDO shown together with
the individual Gaussians. The line widths are 5 km s−1, 13 km s−1, and
18 km s−1 for the CR, HC, and LVF, respectively.

Fig. 38. H17
2 O before removal of blends with reconstructed lines from

SO2 and CH3OH shown.

Fig. 39. Ratio of o-H2O over o-H18
2 O.

Fig. 40. Ratio of o-H18
2 O over o-H17

2 O.
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Fig. 41. Comparison of the SO and SO2 line profiles. Both lines are
normalised to unity.
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Fig. 42. Source sizes for opacity-corrected SO2 (calculated with TROT =
103 K and source size = 8′′) vs. non corrected SO2 together with 34SO2

(calculated with TROT = 125 K).
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Fig. 43. Rotation diagram for SO2, not corrected for opacity, produces
TROT = 132 K and NROT = 3.9 × 1017 cm−2 (extended source). The 34SO2

fit give TROT = 125 K and NROT = 5.4 × 1016 cm−2.
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NROT = 9.3 × 1017 cm−2 (not opacity corrected); three optically thin
CH3OH lines produces TROT = 120 K and NROT = 2.6 × 1018 cm−2;
13CH3OH producing TROT = 115 K and NROT = 5.9 × 1017 cm−2 (ex-
tended source).
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Fig. 45. CH3OH forward model producing TROT = 136+3
−4 K, N = (1.3 ±

0.1) × 1018 cm−2 and a source size of 6′′+0.1
−0.3. The 13CH3OH forward

model use the rotation temperature and source size obtained from
CH3OH.
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Fig. 46. Source size variation with energy for CH3OH (no opacity
corrections). The low-energy transitions have larger source sizes than
higher-energy transitions. Note that all lines with an optical depth less
than one, fall below the general trend of decreasing source size with
higher energy, since Eq. (14) is only valid for optically thick lines.
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Fig. 47. Source size variation with energy for two components of
CH3OH with no opacity correction.

Table 5. Summary of all detected species.

Species Number Upper state
∫

T ∗Adυ
of lines energy range

[K] [K km s−1]
CH3OCH3 47 106–448 18.3
SO2 42 75–737 239.9
34SO2 5 79–457 2.6
SO 5 71–201 181.5
33SO 3 191–199 6.5
34SO 2 191–197 15.6
CH3OH vt=1 42 332–836
CH3OH 34 38–863 108.6
13CH3OH 21 37–499 6.8
13CH3OH vt=1 2 373–670
CH3CN 17 410–1012 9.3
NO 12 84–232 11.1
CN 8 54 8.5
H2CS 5 138–343 1.7
H2CO 3 106–133 38.5
H13

2 CO 1 130 0.6
HDCO 3 114–141 2.8
OCS 3 604–658 1.3
o-H2O 1 61 320.3
p-H2O 1 867 2.2
o-H17

2 O 1 61 9.4
o-H18

2 O 2 60–430 16.2
HDO 1 66 10.7
HC3N 2 648–799 0.6
CO 1 83 1 100
13CO 1 79 174.3
C17O 1 81 6.0
C18O 1 79 24.3
C 1 24 38.7
NH3 1 27 20.6
15NH3 1 27 0.7
HNC 1 91 10.7
N2H+ 1 94 1.5
H2S 1 166 4.4
CS 1 129 24
13CS 1 173 v blend
SiO 1 190 17.6
29SiO 1 187 1.4
30SiO 1 185 0.5
HCS+ 1 186 v blend
NS 1 442 v blend
U-line 28 9.1
T-line 36 7.2
No. of species 38
No. of lines 344
Total

∫
T ∗Adυ 2455
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Table 6. Isotopologue abundance ratios from our survey, or from the literature, as compared to terrestrial values. The molecular abundance
O/S ratios are also included.

[12C/13C] [32S/34S] [34S/33S] [18O/17O] [16O/18O] [D/H] [O/S] [14N/15N] [28Si/29Si]

This survey 57 ± 14 a 21 ± 6 b–23 ± 7 c 4.9 d 3.6 e 0.001 f – 0.03 g 15 h– 20 i

Terrestrial 89 j 22.5 j 5.5 j 5.5k 35v 273l 19.6m

K88 j 47+6
−5 20.2+2.6

−2.1 5.7+0.8
−0.6

W&R94n 77 ± 7 ∼22 3.2 ± 0.2 560 ± 25 450 ± 22
C96o 75 ± 21 35 ± 10 7.53 ± 0.45
B01p 65.0 ± 9.2 4.15 ± 0.59

P81bq 3.9 ± 0.2
Various surveys 43 ± 7r 4.17 ± 0.26 s 330 ± 69 t 2 × 10−5 u 16.9 ± 2.0m

a From 12CH3OH/13CH3OH. b From 32SO/34SO. c From 32SO2/
34SO2. d From 34SO/33SO. e From C18O/C17O. f From HDO/H17

2 O Hot Core. g From
HDO/H17

2 O Compact Ridge. h From H13
2 CO/H12

2 CS CR. i From H17
2 O/H2S LVF. j Kahane et al. (1988), the envelope of IRC+10216. k Blake et al.

(1987). l Ho & Townes (1983). m Penzias (1981a). n Wilson & Rood (1994) and references therein, local ISM. o Chin et al. (1996), towards Orion
KL. p Bensch et al. (2001), towards ρ Ophiuchi Molecular Cloud. q Penzias (1981b), towards Orion A. r Savage et al. (2002), towards Orion A
using CN and 13CN. s Wouterloot et al. (2005), towards ρ Ophiuchi Molecular Cloud, value from LTE column densities. t Olofsson (2003), from
S18O observations of molecular cloud cores. u Neufeld et al. (2006). v Standard abundances, Grevesse et al. (1996).

Table 7. H2O and isotopologue parameters and derived column densities.

Species Compa υLSR ∆υ T ∗A Tk Size Nb τ Nc
τ corr Nd

ISO
[km s−1] [km s−1] [K] [K] [′′] cm−2] cm−2] [cm−2]

o-H16
2 O Total 72 (15)e ∼1100 f 1.7 × 1018

CR 115 (6)e ∼860 f 5.6 × 1017

LVF 72 (15)e ∼1900 f 8.7 × 1017

HVF 5.3 67.1 2.452 72 70 8.7 × 1014 ∼910 f 8.0 × 1017 8.8 × 1017

p-H16
2 O HC 4.4 12.0 0.181 200 10 1.2 × 1019 0.3g

o-H17
2 O Total 72 15 8.6 × 1014 0.9 f 1.3 × 1015

CR 9.9 5.0 0.076 115 6 3.2 × 1014 0.7 f 4.4 × 1014

LVF 8.7 18.0 0.214 72 15 3.5 × 1014 1.5 f 6.7 × 1014

HVF 13.4 30.1 0.179 72 15 4.9 × 1014 0.7 f 6.8 × 1014

o-H18
2 O Total 72 15 1.4 × 1015 3.4 f 5.0 × 1015 5.0 × 1015

CR 10.1 5.0 0.145 115 6 6.2 × 1014 2.6 f 1.8 × 1015 1.7 × 1015

LVF 10.5 18.0 0.275 72 15 4.6 × 1014 5.9 f 2.7 × 1015 2.6 × 1015

HVF 13.4 33.4 0.298 72 15 9.3 × 1014 2.8 f 2.8 × 1015 2.7 × 1015

HDO Total 72 15 9.1 × 1015 ∼1.5g

CR 8.5 4.6 0.459 115 6 1.8 × 1016 ∼3g

LVF 11.8 18.0 0.273 72 15 4.5 × 1015 ∼0.3g

HC 2.2 13.4 0.216 200 10 1.5 × 1016 ∼0.5g

a Total = the total integrated intensity is used, CR = Compact Ridge, LVF = Low Velocity Flow, HVF = High Velocity Flow, HC = Hot Core.
b Corrected for beam-filling.
c Corrected for beam-filling, and for optical depth with factor τ/(1 − e−τ).
d Column calculated from isotopologue o-H17

2 O, beam-filling and optical depth corrected.
e Size from isotopologues. The full LVF o-H16

2 O emission may have a larger extent.
f Calculated from the ratio of H18

2 O and H17
2 O column densities.

g Calculated with Eq. (15).
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Table 8. CO and isotopologue parameters and derived column densities.

Species Compa υLSR ∆υ T ∗A
∫

T ∗Adv Tk Size N τ NISO(C17O) NISO(C18O) NISO(13CO)
[K] [K km s−1] [K] [′′] [cm−2] [cm−2]

CO PDRb 100 ... 1.6 × 1018 1.5 × 1018 1.2 × 1018

LVF 100 (30)d 2.5 × 1019 2.2 × 1019 2.3 × 1019

HVF 100 (70)d 2.2 × 1018

13CO Nc 8.1 4.8 21.6 109.9 100 ... 5.7 × 1016 5.4 × 1016 4.9 × 1016

LVF 7.8 18.0 2.18 41.6 100 30 3.9 × 1017 4.2 × 1017 3.7 × 1017

HVF 6.7 48.7 0.470 24.2 100 70 5.2 × 1016

C17O Nc 8.8 4.2 1.11 4.95 100 ... 2.5 × 1015 0.07
LVF 9.9 18.0 0.116 2.21 100 30 2.0 × 1016 0.1

C18O Nc 8.7 4.2 3.81 17.0 100 ... 8.9 × 1015 0.3 9.8 × 1015

LVF 7.8 18.0 0.367 7.00 100 30 6.7 × 1016 0.3 7.7 × 1016

H2 PDRb ... 2.0 × 1022 1.8 × 1022 1.5 × 1022

ERb ... 2.0 × 1022 1.8 × 1022 1.5 × 1022

LVF (30)d 3.2 × 1023 2.8 × 1023 2.3 × 1023

HVF (70)d 3.9 × 1022

a N = Narrow, LVF = Low Velocity Flow, HVF = High Velocity Flow.
b This is half of the column density obtained from the narrow components of the isotopolouges, since CO narrow component only has emission
from the PDR, while the isotopologues have ∼equal emission from PDR and ER (as discussed in W06).
c Consists of approximately equal emission from PDR and ER.
d Size from CO isotopologues. The size of the full LVF CO emission is larger than the isotopologues and calculated to be 45′′.
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Table 9. SO2 parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
491934.7 74,4−63,3 65.0 9.49e-4 blend HDCO
541750.9 0.9 143,11−132,12 119.0 6.31e-4 695 15.80

0.0 143 5.0 3G: CR
-0.1 266 18.0 3G: LVF
3.2 301 34.9 3G: HVF

541810.6 306,24−305,25 516.7 1.34e-3 weak
543413.5 −2.5 −0.5 292,28−281,27 401.5 1.64e-3 457 411 25.5 10.70 blend CH3OH & SO2

543467.7 373,35−372,36 664.0 7.77e-4 v blend CH3OH & SO2

545318.5 3.5 5.5 376,32−375,33 736.9 1.43e-3 66 41 17.5 0.72
545517.3 −0.7 −2.7 356,30−355,31 669.3 1.42e-3 99 63 16.5 1.07
546579.8 −1.2 2.8 193,17−182,16 197.0 7.40e-4 546 488 25.1 12.90
547802.2 1.2 −1.8 286,22−285,23 462.2 1.36e-3 160 136 16.8 2.41
548734.3 −3.7 −2.7 316,26−315,27 545.3 1.40e-3 102 87 11.3 1.02
548838.9 404,36−395,35 808.3 5.52e-4 blend C18O
549303.3 3.3 11.3 104,6−93,7 89.8 1.07e-3 890 857 32.8 29.20 blend CH3OH,

13CH3OH & 34SO
549566.4 15.4 5.4 301,29−292,28 427.9 1.73e-3 455 369 24.7 9.38 blend CH3OCH3

550946.7 296,24−295,25 488.9 1.40e-3 blend 13CO
551622.9 −3.1 382,36−381,37 697.7 7.94e-4 43 0.31 weak
552069.4 −11.6 341,33−340,34 542.8 4.43e-4 blend H17

2 O, SO2

552078.9 −2.1 0.0 266,20−265,21 411.4 1.37e-3 223 197 17.1 3.33 blend H17
2 O, SO2

553164.9 2.9 2.9 276,22−275,23 436.3 1.39e-3 224 225 22.5 v blend & 3G CH3OH;
554212.8 7.8 1.8 311,31−300,30 431.5 2.34e-3 545 490 21.4 10.90 blend CH3OH
555121.5 −2.5 246,18−245,19 364.4 1.37e-3 264 4.20 blend (CH3)2O
555204.1 −6.9 256,20−255,21 387.4 1-38e-3 223 188 19.9 3.75
555666.3 0.7 −0.7 55,1−44,0 75.1 2.18e-3 742 677 28.1 20.00 blend CH3OCH3

556959.9 236,18−235,19 342.2 1.37e-3 blend H2O
557283.2 −3.8 0.2 226,16−225,17 321.0 1.36e-3 303 271 22.9 6.72
558101.2 159,7−168,8 308.6 1.54e-3 blend SO
558390.9 −1.1 −1.1 216,16−215,17 300.8 1.35e-3 335 290 20.0 5.55 blend & 3G CH3OH;
558555.8 4.8 9.2 163,13−160,16 147.8 3.90e-5 115 80 23.8 1.93
558812.5 −2.5 2.5 206,14−205,15 281.4 1.34e-3 327 291 23.7 7.17
559500.4 −0.6 −0.6 196,14−195,15 263.0 1.32e-3 352 298 23.1 7.31
559882.1 −1.9 0.1 186,12−185,13 245.5 1.31e-3 331 302 21.7 6.59
560318.9 −1.1 −1.1 176,12−175,13 229.0 1.29e-3 393 376 18.1 v blend & 2G CH3OH;
560613.5 −1.5 1.5 166,10−165,11 213.3 1.27e-3 354 342 23.4 8.52 blend 34SO2

560891.0 −3.0 156,10−155,11 198.6 1.25 e-3 378 325 22.6 7.68
561094.8 −1.2 −1.2 146,8−145,9 184.8 1.22e-3 326 304 23.0 7.30
561265.6 −0.4 1.4 136,8−135,9 171.9 1.19e-3 467 382 23.2 9.26 blend CH3OH
561361.4 213,19−202,18 234.7 8.31e-4 522 blend SO2

561392.9 0.9 126,6−125,7 160.0 1.14e-3 436 blend CH3OH & SO2

561490.5 0.5 116,6−115,7 149.0 1.09e-3 383 blend SO2

561560.3 −1.7 106,4−105,5 138.8 1.02e-3 402 v blend SO2

561608.6 −0.4 96,4−95,5 129.7 9.37e-4 502 v blend SO2

561639.3 −0.7 86,2−85,3 121.4 8.18e-3 564 v blend SO2

561656.7 16.7 76,2−75,3 114.0 6.50e-4 547 v blend SO2

561664.2 24.2 66,0−65,1 107.6 3.99e-4 547 v blend SO2

567592.7 −1.3 114,8−103,37 100.0 1.12e-3 822 16.80
571532.6 −7.4 −1.4 322,30−313,29 504.3 1.34e-3 465 171 21.3 blend & 2G SO2;
571553.3 −2.7 0.3 320,32−311,31 459.0 2.58 e-3 465 343 21.2 11.30 blend & 2 G SO2;
574587.8 −7.2 −3.2 233,21−222,20 276.0 9.46e-4 276 248 21.4 5.47
574807.3 −2.7 3.3 65,1−54,2 80.7 2.07e-3 478 410 23.4 9.97 blend 34SO2

576042.1 −5.9 −4.9 312,30−301,29 455.6 2.03e-3 200 165 16.0 2.72
Total No. 49

a νul = rest frequency of the transition u → l; ∆νp = the difference between freq and the observed frequency at the peak temperature; ∆νg = the
difference between freq and the frequency of the Gaussian fit; Transition = the quantum numbers for the transition; Eu = the upper state energy;
Aul = the Einstein A-coefficient; T ∗A(peak) = the observed peak temperature of the transition; Ampl. = the peak temperature of the Gaussian fit;
Width = the width of the transition from the Gaussian fit;

∫
T ∗A dυ = the integrated intensity from the observed spectra; Note: 2G or 3G denotes

a two- or three-component Gaussian fit, v blend denotes a visible blend, Total No. = the total number of transitions of the molecule in the table.
All these lines are also marked in the spectra shown in Paper I Appendix A, and listed in the online Table of Paper I. These total numbers of lines
include not visible blends, which are not counted in Table 5.
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Table 10. 34SO2 parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
542097.7 −0.3 4.7 116,6−115,7 145.8 9.83e-4 102 16.0 from 3G CH3OH
542177.4 106,4−105,5 135.7 9.23e-4
542233.5 96,4−95,5 126.5 8.44e-4 weak
542270.1 86,2−85,3 118.3 7.37e-4 weak
542291.7 76,2−75,3 110.9 5.86e-4 weak
542302.3 66,0−65,1 104.5 3.60e-4 weak
547613.5 213,19−202,18 233.5 7.87e-4 blend H18

2 O
551767.4 311,31−300,30 429.7 2.32e-3 blend CH3OH, weak
554708.2 −6.8 114,8−103,7 98.5 1.04e-3 141 123 20.1 v blend 13CS;

from 2G 13CS
558717.5 2.5 3.5 65,1−54,2 78.5 1.90e-3 98 83 19.5 1.67
560590.2 233,21−222,20 274.7 9.02e-4 blend SO2

569091.6 −3.4 320,32−311,31 457.0 2.55e-3 74 0.33 weak
573527.3 2.3 253,23−242,22 319.5 1.05e-3 92 0.68 weak
574797.9 124,8−113,9 109.5 1.10e-3 blend SO2

Total No. 14

a Notation as in Table 9.

Table 11. SO parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] NJ [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
487708.5 0.5 −1.5 77−67 71.0 1.70e-5 206 178 13.8 2.67
558087.7 2.7 1312−1211 194.4 2.28e-3 2094 59.00 blend SO2

2.7 160 4.7 3G; CR
0.7 759 18.0 3G; LVF
2.7 1178 35.5 3G; HVF

559319.8 3.8 1313−1212 201.1 2.30e-3 1996 56.90
3.8 165 5.0 3G; CR
−0.2 674 18.0 3G; LVF

4.8 1163 35.3 3G; HVF
560178.7 2.7 1314−1213 192.7 2.32e-3 2168 61.70

2.7 213 5.0 3G; CR
0.7 666 18.0 3G; LVF
1.7 1285 35.6 3G; HVF

568741.6 9.6 1.6 99−89 106.1 1.90e-5 105 78 15.9 1.24
Total No. 5

a Notation as in Table 9.

Table 12. 33SO parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] NJ [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
552429.8 −2.2 1.8 1213−1112 192.5 2.18 e-3 138 112 20.3 2.41
553681.3 −6.7 −2.7 1313−1212 199.2 2.20e-3 113 85 17.0 Blend 2 U-lines

& CH3CN
554555.6 −3.4 −3.4 1413−1312 190.8 2.24e-3 110 100 20.5 2.06
Total No. 3

a Notation as in Table 9.
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Table 13. 34SO parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] NJ [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
547119.6 −5.4 −2.4 1213−1112 190.7 2.15e-3 380 326 27.6 9.35
548389.8 −2.2 0.8 1313−1212 197.4 2.17 e-3 324 304 22.8 7.31
549278.7 1413−1312 189.0 2.19e-3 blend CH3OH,

SO2 & 13CH3OH
561700.4 99−98 104.3 1.83e-5 blend SO2 & C17O
Total No. 4

a Notation as in Table 9.

Table 14. SiO and isotopologue parametersa.

Species νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

SiO 564249.2 −2.8 13−12 189.6 9.66e-3 729 17.60
2.2 391 18.0 2G; LVF
−1.8 315 31.5 2G; HVF

29SiO 557184.4 2.4 1.4 13−12 187.2 9.31e-3 82 72 21.2 1.39 blend H2O
30SiO 550605.2 −9.8 −5.8 13−12 185.0 8.98e-3 71 59 7.5 0.45 ?
Total No. 3

a Notation as in Table 9.

Table 15. H2S parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
567079.6 64,2−63,3 540.2 6.52e-4 blend NO
568050.7 −7.3 33,1−32,2 165.9 3.32e-4 247 4.41

−7.3 106 7.5 2G; HC
−0.3 145 24.4 2G; Plateau

Total No. 2

a Notation as in Table 9.
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Table 16. CH3CN parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JK [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
550671.7 309−299 984.6 1.34e-2 blend CH3OH
550850.0 −6.0 308−298 864.2 1.37e-2 v blend 13CO
551007.4 0.4 307−297 758.0 1.39e-2 v blend 13CO
551143.9 −5.1 −5.1 306−296 665.8 1.41e-2 145 125 13.2 v blend NO; from

5G CH3CN, NO
& CH3OH

551259.6 −8.4 305−295 587.8 1.43e-2 159 160 10.6 v blend CH3OCH3;
from 2G CH3OCH3

551354.2 −1.8 −4.8 304−294 524.0 1.45e-2 144 112 9.4 1.09
551427.9 −1.1 −4.1 303−293 474.3 1.46e-2 221 198 9.9 1.80
551480.6 −2.4 −4.4 302−292 438.8 1.47e-2 210 173 9.0 1.43
551512.2 301−291 417.5 1.47e-2 v blend NO
551522.7 300−290 410.4 1.48e-2 v blend NO
552646.6∗ −1.4 301−291 � = +1 930.2 1.48e-2 weak
552970.8∗ −3.2 300−290 � = ±1 936.7 1.49e-2 weak
553007.8∗ −6.2 302−292 � = −1 991.9 1.48e-2 weak
553029.1∗ −0.9 301−291 � = −1 957.2 1.49e-2 weak
553240.3∗ −2.7 303−293 � = +1 961.1 1.48e-2 weak
553362.2∗ 302−292 � = +1 938.9 1.48e-2 weak & narrow
553707.6 931.8 weak
568999.3 −1.7 319−309 1011.9 1.49e-2 81 weak
569486.9 −3.1 −5.1 316−306 693.2 1.57e-2 144 98 7.8 0.77 strange shape
569606.3 −1.7 −3.7 315−305 615.2 1.58e-2 91 77 3.3 0.25
569704.0 −6.0 −5.0 314−304 551.3 1.60e-2 130 124 3.6 0.45
569780.1 −6.9 −6.9 313−303 501.6 1.61e-2 241 165 8.4 1.26
569834.5 −1.5 −3.5 312−302 466.2 1.62e-2 126 126 5.8 0.71
569867.1 −4.9 −2.9 311−301 444.9 1.63e-2 159 151 5.1 0.66 blend CH3CN
569878.0 −3.0 −2.0 310−300 437.8 1.63e-2 220 208 5.5 0.95 blend CH3CN
Total No. 25

a Notation as in Table 9. ∗ Vibrationally excited transition, v8 = 1.

Table 17. NH3 and 15NH3 parametersa.

Species νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JK [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

NH3 572498.2 1.2 10−00 27.5 1.61e-3 2409 20.60
1.2 1704 4.9 2G fit; CR
2.2 694 16.2 2G fit; HC

15NH3 572112.8 –0.2 10−00 27.5 1.57e-3 167 150 6.7 1.02
Total No. 2

a Notation as in Table 9.

Table 18. HC3N parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
490955.7 −6.3 −5.3 54−53 648.2 9.50e-3 91 86 6.4 0.53 blend CH3OH
545417.1 −3.9 60−59 798.7 1.30e-2 70 57 10.3 0.60
Total No. 2

a Notation as in Table 9.
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Table 19. OCS parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

546859.8 −3.2 45−44 603.9 4.81e-4 67 0.31 blend SO2, 13CH3OH
558990.5 −4.5 −2.5 46−45 630.7 5.14e-4 88 88 6.5 0.58
571119.7 −2.3 47−46 658.1 5.49e-4 68 0.41 ?
Total No. 3

a Notation as in Table 9.

Table 20. CH3OH parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
486940.9 0.9 42,3−41,4 A 60.9 5.45e-4 884 5.13

0.9 635 3.8 2G; CR
−0.1 241 10.1 2G; HC

487531.9 0.9 101,9−91,8 A 143.3 5.15e-4 855 4.85
0.9 509 3.3 2G; CR
−0.1 359 8.1 2G; HC

488945.5∗ −0.5 −1.0 72,5−83,5 E 429.4 5.79e-4 191 188 5.0 1.01
489037.0 0.0 52,4−51,5 A 72.5 5.70e-4 849 4.36

0.0 652 3.7 2G; CR
−2.0 210 8.5 2G; HC

489224.3 0.3 0.3 231,23−222,20 A 648.5 1.92e-4 74 69 2.9 0.21
490960.0 −2.0 213,19−204,17 E 598.5 2.27e-4 blend HC3N
491550.9 0.1 62,5−61,6 A 86.4 5.87e-4 821 4.76

−0.1 593 3.8 2G; CR
−1.1 244 9.5 2G; HC

492278.6 0.0 41,4−30,3 E 37.6 7.65e-4 927 920 4.4 2.58
542000.9 0.9 63,4−52,3 A 98.5 7.93e-4 1261 6.89

0.9 817 3.2 2G; CR
0.9 413 9.3 2G; HC

542081.9 −0.1 63,3−52,4 A 98.5 7.94e-4 1230
−0.1 834 3.5 from 3G 34SO2; CR

1.9 350 9.0 from 3G 34SO2; HC
542163.0∗ −2.0 −4.0 201,20−202,19 810.4 7.35e-4 91 68 6.0 0.35
543076.1 0.1 80,8−71,7 E 96.6 4.54e-4 856 4.75

0.1 614 3.8 2G; CR
−0.9 227 9.9 2G; HC

543457.3∗ −2.7 191,19−192,18 A 764.3 7.49e-4 v blend SO2

544653.1∗ −4.9 181,18−182,17 A 720.4 7.62e-4 98 0.55 ?
544820.5 −0.5 −1.5 55,1−64,2 E 170.9 2.60e-5 98 91 3.4 0.32
545034.8 0.8 263,23262,24 E 862.5 9.00e-4 72 0.31
545755.6∗ −6.4 −4.4 171,17−172,16 A 678.8 7.75e-4 70 70 5.6 0.50
546226.8∗ −1.2 113,9−124,9 E 570.1 8.26e-4 v blend CH3OH
546239.0 −1.0 172,16−171,17 A 392.5 7.38e-4 212 2.13 blend CH3OH
547698.9∗ 151,15−152,14 A 602.6 7.97e-4 blend H18

2 O
548548.7∗ −1.3 141,14−142,13 A 568.0 8.07e-4 126 0.63

−2.3 64 2.7 2G; CR
−2.3 61 7.5 2G; HC

549322.8∗ 131,13−132,12 A 535.6 8.16e-4 blend SO2,
& 13CH3OH

550025.2∗ −4.8 −2.8 121,12−122,11 A 505.6 8.24e-4 166 157 6.9 1.15
550659.3∗ −2.7 −3.7 111,11−111,11 A 477.9 8.31e-4 168 153 5.9 0.94 blend CH3CN

a Notation as in Table 9. ∗ Vibrationally excited transition, vt = 1.
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Table 20. continued.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
551228.6∗ −1.4 101,10−102,9 A 452.4 8.36e-4 237 blend CH3OCH3,

NO, & CH3CN
90 3.3 5G CH3CN,

152 9.4 NO & CH3OH
551736.2∗ −0.8 91,9−92,8 A 429.3 8.40e-4 248 1.33

−0.8 101 2.5 2G; CR
−1.8 143 8.1 2G; HC

551968.8 −2.2 66,1−75,3 E 227.5 2.10e-5 v blend H17
2 O

552184.8∗ −1.2 81,8−82,7 A 408.5 8.41e-4 235 1.46
−1.2 94 2.3 2G; CR
−1.2 144 8.4 2G; HC

552577.2∗ −0.8 71,7−72,6 A 390.0 8.40e-4 293 1.58
−0.8 110 2.2 2G; CR
−0.8 161 7.9 2G; HC

552915.4∗ 0.4 61,6−62,5 A 373.8 8.35e-4 263 1.32
−0.6 147 3.2 2G; CR
−0.6 104 7.6 2G; HC

553146.3 0.3 81,7−70,7 E 104.6 4.63e-4 1036 6.35 blend SO2

0.3 640 3.3 from 3G SO2

−3.7 228 9.4 from 3G SO2

553201.6∗ −1.4 51,5−52,4 A 359.9 8.22e-4 319 1.48
−0.4 132 1.9 2G; CR
−1.4 171 7.4 2G; HC

553437.5∗ −0.5 41,4−42,3 A 348.4 7.96e-4 244 1.00
−0.5 123 1.6 2G; CR
−2.5 146 5.3 2G; HC

553570.9 −2.1 182,17−181,18 A 434.2 7.56e-4 206 1.35
−2.1 39 3.0 2G;CR
−3.1 149 8.0 2G; HC

553624.5∗ −1.5 31,3−32,2 A 339.1 7.40e-4 236 1.20
−1.5 128 2.5 2G; CR
−3.5 116 8.8 2G; HC

553763.7∗ −1.3 21,2−22,1 A 332.2 5.93e-4 179 1.07
−1.3 106 3.5 2G; CR
−3.3 78 8.6 2G; HC

554052.7∗ −4.3 21,1−22,0 A 332.2 5.94e-4 549 3.19 blend CH3OH
554055.5 −1.5 121,11−112,9 E 202.1 3.13e-4 blend CH3OH
554202.9∗ −1.1 31,2−32,1 A 339.2 7.41e-4 v blend SO2

554402.5∗ −1.5 41,3−42,2 A 348.4 7.99e-4 331 1.30
−1.5 209 2.8 2G; CR
−4.5 106 10.6 2G; HC

554650.9∗ −1.1 51,4−52,3 A 360.0 8.26e-4 231 0.95
−0.6 102 2.7 2G; CR
−2.6 135 6.8 2G; HC

554947.4∗ 0.4 −1.6 61,5−62,4 A 373.9 8.41e-4 245 207 5.4 1.19
555291.1∗ −1.9 −2.9 71,6−72,5 A 390.1 8.48e-4 210 193 6.2 1.21 blend H2C18O
555417.7 −0.3 83,5−81,7 E 131.3 1.71e-6 49 v blend CH3OH

& U-line
555418.5 0.5 103,7−101,9 E 175.4 2.66e-6 49 v blend CH3OH

& U-line
555681.0∗ −2.0 81,7−82,6 A 408.7 8.52e-4 v blend SO2,

H2C18O,
& CH3OCH3

556115.8∗ −1.2 91,8−92,7 A 429.5 8.53e-4 202 1.15
0.8 119 2.9 2G; CR
4.2 121 6.2 2G; HC

556594.4∗ −0.6 101,9−102,8 A 452.7 8.52e-4 223 1.41 blend CH3OH
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Table 20. continued.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
556603.7 −1.3 251,25−242,22 A 760.8 2.66e-4 v blend CH3OH
557115.2∗ −0.8 −3.8 111,10−112,9 A 478.2 8.50e-4 257 250 9.1 2.27
557147.0∗ −4.0 119,3−108,2 A 836.5 1.40e-3 86 74 7.2 0.26 blend CH3OH
557147.0∗ −4.0 119,2−108,3 A 836.5 1.40e-3 86 74 7.2 0.26 blend CH3OH
557676.6∗ −0.4 121,11−122,10 A 506.0 8.46e-4 189 1.01

0.6 107 3.5 2G; CR
−3.4 88 6.9 2G; HC

558004.6∗ −2.4 43,2−32,2 E 440.6 1.95e-4 55 6.4 v blend SO;
from 3G SO

558276.8∗ −0.2 −1.2 131,12−132,11 A 536.1 8.42e-4 137 134 5.2 0.71
558344.5 0.5 112,9−101,9 E 175.5 5.16e-4 801 4.09 blend SO2

0.5 533 3.1 from 3G SO2

−2.5 244 10.5 from 3G SO2

558606.4 0.4 262,25−261,26 E 843.0 7.47e-4 49 (too) weak
558890.2∗ −2.8 86,2−95,5 A 551.5 8.90e-5 42 0.04
558890.2∗ −2.8 86,3−95,4 A 551.5 8.90e-5 42 0.04
558904.6∗ −0.4 165,11−174,14 E 744.1 1.27e-4 64 0.18
558914.0∗ −3.0 141,13−142,12 A 568.5 8.37e-4 105 0.46
559586.1∗ −2.9 −3.9 151,14−152,13 A 603.2 8.31e-4 128 116 5.3 0.61
560291.0∗ −9.0 −1.0 161,15−162,14 A 640.2 8.24e-4 177 9.0 v blend SO2;

from 2G SO2

561026.4∗ 0.4 171,16−172,15 A 679.5 8.17e-4 103 90 4.8 0.46
561269.1 192,18−191,19 A 478.2 7.75e-4 blend SO2

561402.9 187,12−196,4 E 646.3 2.25e-4 blend SO2

561789.7∗ 0.7 −2.3 181,17−182,16 A 721.2 8.09e-4 64 59 5.9 0.33
564221.6 211,20−212,19 A 606.0 7.81e-4 v blend SiO
564759.8 −1.2 −2.2 172,16−163,13 A 392.5 3.52e-4 170 164 5.6 0.93
567942.6 −3.4 −2.4 201,19−192,18 A 505.4 5.28e-4 163 163 6.1 1.02
568566.1 −0.9 32,2−21,2 E 39.8 1.00e-3 965 5.32

0.1 761 3.9 2G; CR
−2.9 233 9.0 2G; HC

568783.6 −0.4 170,17−161,16 A 354.5 1.10e-3 367 1.91
0.6 107 2.2 2G; CR
−0.4 255 6.5 2G; HC

569324.5 −4.5 −3.5 202,19−201,20 A 524.4 7.95e-4 124 125 6.1 0.78
570261.5 −1.5 125,8−134,9 A 318.9 2.31e-4 310 0.95 blend CH3OH

−2.5 123 2.8 2G; CR
−3.5 199 7.2 2G; HC

570264.0 1.0 −3.5 125,7−134,10 A 318.9 2.31e-4 310 289 5.9 0.95 blend CH3OH
570619.0 −1.0 84,4−93,6 E 179.5 2.02e-4 327 1.86 blend 13CH3OH

−1.0 216 2.4 2G; CR
−4.0 143 8.5 2G; HC

572676.2 −1.8 −1.8 141,13−132,12 E 264.8 1.70e-5 95 76 3.3 0.26 weak
572898.8 −1.2 151,15−140,14 E 283.61 8.61e-4 493 2.99

0.8 242 3.6 2G; CR
−1.2 236 8.6 2G; HC

573471.1 −1.9 33,1−42,3 E 76.6 7.30e-5 297 282 4.1 1.31
573912.7 −2.3 172,15−163,14 A 392.9 3.84e-4 197 1.08

−2.3 86 2.5 2G; CR
−4.3 125 6.7 2G; HC

574868.5 −2.5 121,12−111,11 A 193.9 8.53e-4 575 2.97
−2.5 325 3.1 2G; CR
−3.5 260 7.0 2G; HC

575547.2∗ −3.8 −3.8 80,8−71,7 E 383.9 4.15e-4 132 120 3.7 0.47
Total No. 82
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Table 21. 13CH3OH parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
488153.5 −1.5 −0.5 41,4−30,3 A 37.0 7.46e-4 204 205 4.9 1.04
488302.6 0.6 −0.4 42,3−42,3 A 60.5 5.50e-4 154 151 2.3 0.34
490299.4 0.4 52,4−51,5 A 71.8 5.75e-4 168 0.59
491170.0 0.0 1.0 53,3−42,2 A 84.0 6.52e-4 155 155 4.4 0.73
491201.3 0.3 0.3 53,2−42,3 A 84.0 6.53e-4 156 145 4.2 0.64
491310.1 111,10−102,8 170.6 2.15e-4 73 0.34 weak
544140.5∗ 171,17−172,16 A 670.5 7.71e-4 63 0.12
544206.7 −1.3 −0.3 81,7−70,7 102.6 4.41e-4 93 76 4.9 0.37
547457.8 −1.2 −2.2 112,9−101,9 171.9 4.90e-4 90 82 3.9 0.32
549297.1∗ 101,10−102,9 A 449.5 8.29e-4 blend SO2

& CH3OH
552835.1∗ 61,5−62,4 A 372.9 8.32e-4 48 0.10 weak
555700.1 151,15−140,14 E 277.0 7.72e-4 blend SO2

& CH3OH
561138.5 −0.5 121,12−111,11 A 189.7 7.93e-4 v blend SO2

564223.7 −4.3 120,12−110,11 189.4 8.10e-4 v blend SiO
565245.2 −1.8 −0.8 121,12−111,11 E 182.1 8.10e-4 89 72 4.2 0.30
565527.8 −0.2 −1.2 120,12−110,11 A 176.6 8.17e-4 133 135 3.5 0.51
565737.4 1.4 1.4 128,4−118,3 A 499.3 4.53e-4 68 65 2.0 0.07 too weak?
565737.4 1.4 1.4 128,5−118,4 A 499.3 4.53e-4 68 65 2.0 0.07 too weak?
565895.0 122,11−112,10 A 214.4 8.01e-4 85 0.34 ?
565914.4 4.4 3.4 126,7−116,6 356.4 6.11e-4 108 103 3.2 0.32
565946.2 −1.8 0.2 126,6−116,5 A 371.3 6.13e-4 68 51 4.7 0.23
566411.9 −0.1 123,9−113,8 224.7 7.70e-4 110 0.48 blend U-line?
566662.8 −0.2 −1.2 32,2−21,2 E 39.6 9.96e-4 115 108 3.2 0.35
566840.7 1.7 122,10−112,9 199.1 7.92e-4 69 0.30
570624.2 −2.8 121,11−111,10 A 192.7 8.35e-4 140 v blend CH3OH
Total No. 25

a Notation as in Table 9. ∗ Vibrationally excited transition, vt = 1.

Table 22. (CH3)2O parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
490795.3 −4.7 154,11−143,12 AE 131.9 3.56e-4 194 2.05 blend 3 groups
490795.3 154,11−143,12 EA 131.9 3.56e-4
490797.5 125,8−114,7 EA 106.2 2.26e-4
490798.3 154,11−143,12 EE 131.9 3.56e-4
490801.3 154,11−143,12 AA 131.9 3.56e-4
490804.3 125,8−114,7 AE 106.2 4.84e-4
490804.7 125,8−114,7 EE 106.2 3.01e-4
490810.3 125,8−114,7 AA 106.2 4.84e-4
490811.4 125,7−114,7 EA 106.2 2.58e-4
490812.1 125,7−114,7 EE 106.2 1.82e-4
490864.4 125,8−114,8 EA 106.2 2.58e-4
490869.8 125,8−114,8 EE 106.2 1.82e-4 0.88 blend 2 groups
490871.5 125,7−114,8 AE 106.2 4.84e-4
490877.2 125,7−114,8 EE 106.2 3.01e-4
490877.6 125,7−114,8 AA 106.2 4.84e-4
490878.3 125,7−114,8 EA 106.2 2.26e-4
542257.7 −1.3 −3.3 194,16−183,15 AE 195.8 4.30e-4 112 111 4.8 0.48 entire group
542257.7 −1.3 −3.3 194,16−183,15 EA
542260.1 1.1 −0.9 194,16−183,15 EE
542262.4 3.4 1.4 194,16−183,15 AA

a Notation as in Table 9.
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Table 22. continued.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
543753.9 −5.1 183,15−172,16 AE 169.8 1.94e-4 45 0.20 entire group
543753.9 −5.1 183,15−172,16 EA
543756.9 −2.1 183,15−172,16 EE
543759.8 0.8 183,15−172,16 AA
546827.8 −4.2 −3.2 155,11−144,10 EA 144.4 5.50e-4 116 119 3.5 0.60 entire group
546829.2 −2.8 −1.8 155,11−144,10 AE
546831.5 −0.5 0.5 155,11−144,10 EE
546834.5 2.5 3.5 155,11−144,10 AA
547284.8 −2.2 −3.2 155,10−144,11 AE 144.4 5.90e-4 187 170 3.1 0.56 entire group
547286.2 −0.8 −1.8 155,10−144,11 EA 5.59e-4
547287.8 0.8 −0.2 155,10−144,11 EE 5.82e-4
547290.1 3.1 2.1 155,10−144,11 AA 5.90e-4
549504.7 −3.3 301,29−292,28 EA 420.3 1.16e-4 82 0.39 entire group
549504.7 −3.3 301,29−292,28 AE
549504.9 −3.1 301,29−292,28 EE
549505.2 −2.8 301,29−292,28 AA
549543.8 1266−1156 EA 121.6 7.76e-4 2 groups

bl SO2

549546.5 1267−1156 AE
549547.4 1266−1156 EE
549547.7 1266−1157 AE
549550.4 1267−1157 EA
549550.6 1267−1156 AA
549550.8 1267−1157 EE
549551.7 0.7 1266−1157 AA
551270.8 −6.2 −6.2 97,3−86,2 EA 109.8 1.09e-4 383 312 4.3 blend CH3CN;

2G CH3CN
551273.6 −3.4 −3.4 97,3−86,2 EE
551275.1 −1.9 −1.9 97,2−86,3 AE
551275.1 −1.9 −1.9 97,3−86,2 AE
551276.5 −0.5 −0.5 97,3−86,2 AA
551276.5 −0.5 −0.5 97,2−86,3 AA
551277.9 0.9 0.9 97,2−86,3 EE
551279.4 2.4 2.4 97,2−86,3 EA
552258.9 −3.1 184,14−173,15 EA 178.6 4.35e-4 112 0.67 entire group
552258.9 −3.1 184,14−173,15 AE
552261.4 −0.6 184,14−173,15 EE
552264.0 2.0 184,14−173,15 AA
554619.8 −5.2 2510,15−259,16 AA 436.3 7.47e-4 64 0.13 entire group
554619.8 −5.2 2510,16−259,17 AA
554621.0 -4.0 2510,16−259,17 EE
554621.5 −3.5 2510,15−259,16 EE
554622.1 −2.9 2510,16−259,17 EA
554622.6 −2.4 2510,15−259,16 AE
554622.6 −2.4 2510,16−259,17 AE
554623.2 −1.7 2510,15−259,16 EA
554811.5 −2.5 2410,14−249,15 AA 413.5 7.36e-4 60 2.2 0.12 entire group
554811.5 −2.5 2410,15−249,16 AA
554812.7 −1.3 2410,15−249,16 EE
554813.4 −0.6 2410,14−249,15 EE
554813.9 −0.1 2410,15−249,16 EA
554814.6 0.6 2410,14−249,15 AE
554814.6 0.6 2410,15−249,16 AE
554815.3 1.3 2410,14−249,15 EA
554888.3 −2.7 204,17−193,16 EA 214.1 4.50e-4 118 0.32 entire group
554888.3 −2.7 204,17−193,16 AE
554890.4 −0.6 204,17−193,16 EE
554892.5 1.5 204,17−193,16 AA
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Table 22. continued.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
554979.1 −4.9 2310,13−239,14 AA 391.7 7.23e-4 90 0.21 entire group
554979.1 −4.9 2310,14−239,15 AA
554980.4 −3.6 2310,14−239,15 EE
554981.2 −2.8 2310,13−239,14 EE
554981.7 −2.3 2310,14−239,15 EA
554982.5 −1.5 2310,13−239,14 AE
554982.5 −1.5 2310,14−239,15 AE
554983.3 −0.7 2310,13−239,14 EA
555124.5 2210,12−229,13 AA 370.7 7.08e-4 entire group
555124.5 2210,13−229,14 AA bl SO2

555125.9 2210,13−229,14 EE
555126.8 2210,12−229,13 EE
555127.3 2210,13−229,14 EA
555128.2 2210,12−229,13 AE
555128.2 2210,13−229,14 AE
555129.1 2210,12−229,13 EA
555249.8 −11.2 −9.2 2110,11−219,12 AA 350.7 6.92e-4 129 104 8.2 0.82 entire group
555249.8 −11.2 −9.2 2110,12−219,13 AA
555251.3 −9.7 −7.7 2110,12−219,13 EE
555252.3 −8.7 −6.7 2110,11−219,12 EE
555252.7 −8.3 −6.3 2110,12−219,13 EA
555253.8 −7.2 −5.2 2110,12−219,13 AE
555253.8 −7.2 −5.2 2110,11−219,12 AE
555254.9 −6.1 −4.1 2110,11−219,12 EA
555356.8 −6.2 −6.2 2010,10−209,11 AA 331.6 6.73e-4 75 71 4.9 0.37 entire group
555356.8 −6.2 −6.2 2010,11−209,12 AA
555358.3 −4.7 −4.7 2010,11−209,12 EE
555359.5 −3.5 −3.5 2010,10−209,11 EE
555359.9 −3.1 −3.1 2010,11−209,12 EA
555361.1 −1.9 −1.9 2010,10−209,11 AE
555361.1 −1.9 −1.9 2010,11−209,12 AE
555362.3 −0.7 −0.7 2010,10−209,11 EA
555447.3 −3.7 −5.7 1910,9−199,10 AA 313.4 6.52e-4 104 5.1 0.39 entire group
555447.3 −3.7 −5.7 1910,10−199,11 AA
555448.9 −2.1 −4.1 1910,10−199,11 EE
555450.2 −0.8 −2.8 1910,9−199,10 EE
555450.6 −0.4 −2.4 1910,10−199,11 EA
555451.9 0.9 −1.1 1910,9−199,10 AE
555451.9 0.9 −1.1 1910,10−199,11 AE
555453.1 2.1 0.1 1910,9−199,10 EA
555522.9 −4.1 −6.1 1810,8−189,9 AA 296.1 6.28e-4 110 0.51 entire group
555522.9 −4.1 −6.1 1810,9−189,10 AA
555524.6 −2.6 −4.6 1810,9−189,10 EE
555526.0 −1.0 −3.0 1810,8−189,9 EE
555526.4 −0.6 −2.6 1810,9−189,10 EA
555527.8 0.8 1.2 1810,8−189,9 AE
555527.8 0.8 1.2 1810,9−189,10 AE
555529.2 2.2 0.2 1810,8−189,9 EA
555585.3 −5.7 −5.7 1710,7−179,8 AA 279.7 5.99e-4 83 4.2 0.35 entire group
555585.3 −5.7 −5.7 1710,8−179,9 AA
555587.1 −3.9 −3.9 1710,8−79,9 EE
555588.6 −2.4 −2.4 1710,7−179,8 EE
555589.0 −2.0 −2.0 1710,8−179,9 EA
555590.4 −0.6 −0.6 1710,7−179,8 AE
555590.4 −0.6 −0.6 1710,8−179,9 AE
555591.9 0.9 0.9 1710,7−179,8 EA
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Table 22. continued.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
555635.9 1610,6−169,7 AA 264.2 5.66e-4 blend SO2

555635.9 1610,7−169,8 AA
555637.9 1610,7−169,8 EE
555639.4 1610,6−169,7 EE
555639.8 1610,7−169,8 EA
555641.4 1610,6−169,7 AE
555641.4 1610,7−169,8 AE
555642.9 1610,6−169,7 EA
555676.3 1510,5−159,6 AA 249.7 5.27e-4 blend SO2,

CH3OH
555676.3 1510,6−159,7 AA
555678.3 1510,6−159,7 EE
555679.9 1510,5−159,6 EE
555680.3 1510,6−159,7 EA
555681.9 1510,5−159,6 AE
555681.9 1510,6−159,7 AE
555683.6 1510,5−159,6 EA
555707.6 1410,4−149,5 AA 236.0 4.80e-4 blend SO2

555707.6 1410,5−149,6 AA
555709.7 1410,5−149,6 EE
555711.4 1410,4−149,5 EE
555711.8 1410,5−149,6 EA
555713.5 1410,4−149,5 AE
555713.5 1410,5−149,6 AE
555715.2 1410,4−149,5 EA
555731.2 −4.8 −6.8 1310,3−139,4 AA 223.3 4.23e-4 96 6.2 0.61 entire group
555731.2 −4.8 −6.8 1310,4−139,5 AA
555733.4 −2.6 −4.6 1310,4−139,5 EE
555735.2 −0.8 −2.8 1310,3−139,4 EE
555735.5 −0.5 −2.5 1310,4−139,5 EA
555737.3 1.3 −0.7 1310,3−139,4 AE
555737.3 1.3 −0.7 1310,4−139,5 AE
555739.1 3.1 1.1 1310,3−139,4 EA
555748.2 1210,2−129,3 AA 211.5 3.53e-4 blend 3 groups
555748.2 1210,3−129,4 AA
555750.5 1210,3−129,4 EE
555752.3 1210,2−129,3 EE
555752.7 1210,3−129,4 EA
555754.6 1210,2−129,3 AE
555754.6 1210,3−129,4 AE
555756.4 1210,2−129,3 EA
555759.7 1110,1−119,2 AA 200.6 2.64e-4 blend 3 groups
555759.7 1110,2−119,3 AA
555762.1 1110,2−119,3 EE
555764.0 1110,1−119,2 EE
555764.4 1110,2−119,3 EA
555766.3 1110,1−119,2 AE
555766.3 1110,2−119,3 AE
555766.8 1010,0−109,1 AA 190.5 1.50e-4 blend 3 groups
555766.8 1010,1−109,2 AA
555768.2 1110,1−119,2 EA 200.6 2.64e-4
555769.2 1010,1−109,2 EE 190.5 1.50 e-4 blend 3 groups
555771.2 1010,0−109,1 EE
555771.6 1010,1−109,2 EA
555773.5 1010,0−109,1 AE
555773.5 1010,1−109,2 AE
555775.5 1010,0−109,1 EA
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Table 22. continued.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
556179.4 −1.6 −0.6 310,31−301,30 EA 431.3 1.50e-4 65 60 3.5 0.17 entire group
556179.4 −1.6 −0.6 310,31−301,30 AE
556179.4 −1.6 −0.6 310,31−301,30 EE
556179.5 −1.5 −0.5 310,31−301,30 AA
556212.0 311,31−300,30 EA (Too) weak
556212.0 311,31−300,30 AE (Too) weak
556212.1 311,31−300,30 EE (Too) weak
556212.2 311,31−300,30 AA (Too) weak
560648.9 293,27−282,26 AA 407.3 8.54e-4 v blend SO2

560648.9 293,27−282,26 EE
560649.0 293,27−282,26 EA
560649.0 293,27−282,26 AE
565262.1 −3.9 −3.9 165,12−154,11 EA 159.0 6.18e-4 154 120 5.7 0.69 entire group
565262.8 −3.2 165,12−154,11 AE
565265.2 −0.8 165,12−154,11 EE
565267.9 1.9 165,12−154,11 AA
566046.6 −3.4 −4.4 165,11−154,12 AE 159.0 6.29e-4 204 198 3.4 0.71 entire group
566047.3 −2.7 −3.7 165,11−154,12 EA
566049.3 −0.7 −1.7 165,11−154,12 EE
566051.7 1.7 0.7 165,11−154,12 AA
566606.7 −2.3 −2.3 214,18−203,17 AE 233.3 4.71e-4 90 73 3.9 0.28 entire group
566606.7 −2.3 −2.3 214,18−203,17 EA
566608.5 −0.5 −0.5 214,18−203,17 EE
566610.4 1.4 1.4 214,18−203,17 AA
568430.6 −7.4 136,7−125,7 EA 133.4 8.10e-4 331 330 5.1 1.79 entire group
568432.6 −5.4 136,8−125,7 AE
568433.9 −4.1 136,7−125,7 EE 7.85e-4
568435.3 −2.7 136,7−125,8 AE 8.19e-4
568436.3 −1.7 136,8−125,7 AA
568437.2 −0.8 136,8−125,8 EA 8.10e-4
568437.7 −0.3 136,8−125,8 EE 7.85e-4
568439.2 1.2 136,7−125,8 AA 8.19e-4
568690.1 −2.9 312,30−301,29 AE 447.6 1.30e-4 92 0.29 entire group
568690.1 312,30−301,29 EA
568690.3 −2.7 312,30−301,29 EE
568690.4 −2.6 312,30−301,29 AA
570219.1 −5.9 107,4−96,3 EA 118.9 1.12e-4 351 342 4.3 1.55 entire group
570221.9 −2.9 107,4−96,3 EE
570223.3 −1.7 107,3−96,4 AE
570223.3 −1.7 107,4−96,3 AE
570224.7 −0.3 107,4−96,3 AA
570224.7 −0.3 107,3−96,4 AA
570226.1 1.1 107,3−96,4 EE
570227.5 2.5 107,3−96,4 EA
574090.9 −7.1 −6.1 194,15−183,16 EA 196.0 4.59e-4 92 89 2.8 0.29 entire group
574090.9 −7.1 −6.1 194,15−183,16 AE
574093.3 −4.7 −3.7 194,15−183,16 EE
574095.7 −2.3 −1.3 194,15−183,16 AA
Total No. 236
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Table 23. H2CO and isotopologue parametersa.

Species νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

H2CO 491968.4 2.4 1.4 71,7−61,6 106.3 3.44e-3 2040 1954 5.2 11.30
561899.3 1.3 81,8−71,7 133.3 5.20e-3 1705 16.3

1.3 1167 4.9 2G; CR
−0.7 504 19.0 2G; LVF

576708.3 −0.7 80,8−70,7 125.1 5.70e-3 1116 11.30 blend NS
0.3 742 4.8 2G; CR
−6.7 392 18.7 2G; LVF

H13
2 CO 548475.2 0.2 0.2 81,8−71,7 130.4 4.84e-3 155 135 4.3 0.62

HDCO 491937.0 2.0 3.0 81,8−71,7 114.4 3.48e-3 370 360 6.1 2.41 blend U-line?
552740.9 −0.1 0.9 91,9−81,8 141.0 4.99e-3 101 88 3.0 0.27
565857.5 2.5 90,9−80,8 137.3 5.40e-3 60 0.19 weak

Total No. 7

a Notation as in Table 9.

Table 24. H2CS parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
487663.4 0.4 0.4 141,13−131,12 188.8 1.76e-3 172 161 3.7 0.62
547308.2 −3.8 −2.8 160,16−150,15 223.7 2.51e-3 77 63 3 0.19
549402.4 0.4 0.4 163,14−153,13 342.6 2.45e-3 62 55 1.8 0.15
549447.5 −1.5 163,13−153,12 342.6 2.45e-3 98 blend U-line
557123.2 2.2 161,15−151,14 240.6 2.64e-3 blend CH3OH;

in H2O wing
574140.0 −2.0 −2.0 171,17−161,16 261.4 2.90e-3 130 125 2.9 0.38
Total No. 6

a Notation as in Table 9.

Table 25. CS and 13CS parametersa.

Species νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

CS 489751.1 3.1 10−9 129.3 0.00250 2814 23.4
−0.9 424 9.0 HC, 3G fit

2.1 1730 4.0 ER/CR, 3G fit
1.1 633 18.0 LVF, 3G fit

13CS 554726.0 −2.0 12−11 173.1 0.00366 88 4.8 v blend,
2G 34SO2

Total No. 2

a Notation as in Table 9.
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Table 26. NO parametersa.

νul ∆νp Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] J(F) [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

551187.3 −0.7 2Π1/2 5.5(5.5)−4.5(4.5) e 84.2 2.16e-5 540 entire group;
265 5.4 5G from CH3CN,
284 18.6 NO & CH3OH

551187.5 2Π1/2 5.5(6.5)−4.5(5.5) e 84.1 2.23e-5
551188.8 2Π1/2 5.5(4.5)−4.5(3.5) e 84.2 2.14e-5
551531.5 0.5 2Π1/2 5.5(6.5)−4.5(5.5) f 84.3 2.24e-5 644 9.331 entire group;

blend CH3CN
551534.0 3.0 2Π1/2 5.5(4.5)−4.5(3.5) f 84.2 2.15e-5 blend CH3CN, NO
551534.1 3.1 2Π1/2 5.5(5.5)−4.5(4.5) f 84.3 2.16e-5 blend CH3CN, NO
567064.2 −11.8 2Π3/2 5.5(6.5)−4.5(5.5) e 231.7 2.27e-5 122 97 19.1 1.805 entire group;
567069.6 2Π3/2 5.5(5.5)−4.5(4.5) e 231.7 2.63e-5 blend H2S
567073.4 2Π3/2 5.5(4.5)−4.5(3.5) e 231.7 1.82e-5 blend H2S
567077.9 2Π3/2 5.5(6.5)−4.5(5.5) f 231.7 2.27e-5 blend H2S
567082.7 2Π3/2 5.5(5.5)−4.5(4.5) f 231.7 2.19e-5 blend H2S
567086.6 2Π3/2 5.5(4.5)−4.5(3.5) f 231.7 2.18e-5 blend H2S
Total No. 12

a Notation as in Table 9.

Table 27. HNC parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
543897.6 1.6 6−5 91.4 8.04e-3 913 10.70 v blend U-line

1.6 600 3.8 ER; from 4G U-line
−4.4 171 9.3 HC; from 4G U-line
−1.4 224 26.8 Plateau; from 4G U-line

Total No. 1

a Notation as in Table 9.

Table 28. CN parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] N (J, F) [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
566729.9 1.9 0.9 5(4.5, 5.5)–4(3.5, 4.5) 54.4 1.98e-3 690 3.345 entire group;

570 3.5 2G; PDR/ER
122 10.0 2G; HC

566730.7 5(4.5, 3.5)–4(3.5, 2.5) 54.4 1.86e-3 blend CN
566730.8 5(4.5, 4.5)–4(3.5, 3.5) 54.4 1.88e-3 blend CN
566946.8 1.8 5(5.5, 5.5)–4(4.5, 4.5) 54.4 1.96e-3 965 5.15 entire group;

blend CN
1.8 5(5.5, 5.5)–4(4.5, 4.5) 54.4 1.96e-3 736 3.8 3G CN; PDR/ER
0.8 5(5.5, 5.5)–4(4.5, 4.5) 54.4 1.96e-3 214 10.8 v blends; HC

566946.9 5(5.5, 6.5)–4(4.5, 5.5) 54.4 2.03e-3 blend CN
566947.2 5(5.5, 4.5)–4(4.5, 3.5) 54.4 1.95e-3 blend CN
566962.0 1.0 0.0 5(5.5,4.5)–4(4.5,4.5) 54.4 8.00e-5 100 2 entire group;

3G CN
566963.7 5(5.5,5.5)–4(4.5,5.5) 54.4 6.7e-5
Total No. 8

a Notation as in Table 9.

Table 29. N2H+ parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]
558966.6 4.6 1.6 6−5 93.9 1.08e-2 315 300 4.8 1.46
Total No. 1

a Notation as in Table 9.
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Table 30. HCS+ parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

554576.6 13−12 186.3 3.66e-3 57 3.4 v blend 33SO
2G 33SO

Total No. 1

a Notation as in Table 9.

Table 31. NS parametersa.

νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

576720.2 2Π1/2 12.5−11.5 187.36 v blend H2CO
Total No. 1

a Notation as in Table 9.

Table 32. CO and C parametersa.

Species νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] J [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

CO 576267.9 −0.1 5−4 83.0 1.22e-5 62200 785.50
13CO 550926.3 0.3 5−4 79.3 1.10e-5 24300 174.30

0.3 21600 4.8 3G; N
−0.7 2180 18.0 3G; LVF
−0.7 470 48.7 3G;HVF

C17O 561712.8 1.8 1.8 5−4 80.9 1.14e-5 1169 6.03 blend
34SO, SO2

1.8 1070 4.2 3G; N
3.8 116 18.0 3G; LVF

C18O 548831.0 2.0 5−4 79.0 1.06e-5 4219 24.30
1.0 3810 4.2 3G; N
0.0 367 18.0 3G; LVF

C 492160.7 1−0 23.6 7.99e-8 7800 7794 4.5 38.7
Total No. 5

a Notation as in Table 9.

Table 33. Water parametersa.

Species νul ∆νp ∆νg Transition Eu Aul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [MHz] [MHz] JKa ,Kc [K] [s−1] [mK] [mK] [km s−1] [K km s−1]

o−H2O 556936.0 −7.0 11,0−10,1 61.0 3.46e-3 7600 320.30
p−H2O 488491.1 −0.9 −5.9 62,4−71,7 867.3 1.22e-5 196 181 12.0 2.24
o−H17

2 O 552021.0 2.0 11,0−10,1 60.7 3.37e-3 464 9.44 blend SO2

&CH3OH
4.0 76 5.0 3G; CR
1.0 214 18.0 3G; LVF

10.0 179 30.1 3G; HVF
o−H18

2 O 489054.3 −6.7 −7.7 42,3–33,0 429 8.84e-6 83 58 5.7 0.33 ?
547676.4 3.4 11,0−10,1 60.5 3.29e-3 715 15.90 blend 34SO2

& CH3OH
4.4 145 5.0 3G; CR
4.4 275 18.0 3G; LVF

11.4 298 33.4 3G; HVF
HDO 490596.7 −0.3 20,2−11,1 66.4 5.25e-4 841 10.70

0.7 459 4.6 3G; CR
6.7 273 18.0 3G; LVF

−11.3 216 13.4 3G; LVF
Total No. 6

a Notation as in Table 9.
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Table 34. U-line parametersa.

νul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [mK] [mK] [km s−1] [K km s−1]
487 209 91 0.673 SO+ ?
488 598 94 73 3.4 0.256 CH3OCHO?
488 633 83 76 4.3 0.313 CH3CHO?
491 496 104 1.438 CH3OCHO?
491 892 157 0.64 tripple peaked
541 981 109 87 4.5 0.38 CH3OCHO?
542 945 140 122 6.7 0.813
543 873 72 3.9 v blend HNC; from 4G HNC
546 138 50 0.368 ND?
549 449 blend with H2CS
552 308 64 50 13 0.663
553 667 62 3.4 blend 33SO, 3G fit with 33SO, CH3OCHO?
553 716 80 2.4 blend 33SO, 3G fit with 33SO
559 239 v blend SO; CH3OCHO?
559 861 v blend SO2, CH3OCHO?
559 913 v blend SO2

561 971 57 0.187
562 960 106 107 5.4 0.593
563 033 94 79 5.1 0.395
564 105 111 75 6.2 0.495
566 066 117 108 2.7 0.306
567 485 143 133 2 0.278
569 138 148 135 3.1 0.41 HNCO?
570 303 68 85 2.6 0.158
572 596 90 84 2.4 0.202
572 678 95 74 3.1 0.268
574 184 80 81 2 0.155
576 446 v blend CO wing
Total No. 28

a Notation as in Table 9.
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Table 35. T-line parametersa.

νul T ∗A(peak) Ampl. Width
∫

T ∗A dυ Note
[MHz] [mK] [mK] [km s−1] [K km s−1]

486 845 80 83 3.3 0.275 SO+ ?
487 507 70 77 2.7 0.213 CH3CHO?
488 477 49 47 3.2 0.147
489 193 107 114 1.7 0.412
489 709 SiS?; v blend CS
541 926 104 93 2.7 0.292
544 016 51 0.396 SiS?
546 176 50 0.060 ND?
546 662 67 0.141
546 805 79 68 2.3 0.213
547 080 v blend 34SO
547 162 v blend 34SO
547 262 69 0.115 HNCO?
549 142 53 0.217 HNCO?
549 199 43 0.199 HNCO? or H2CS?
549 719 68 62 3.6 0.278 CH3OCHO? or SO2?
550 132 64 0.375 SO2?
552 846 62 0.131
555 312 52 46 2.5 0.117
555 914 63 0.194
555 933 49 0.124
556 267 40 0.193
556 633 52 51 1.9 0.1
559 816 45 0.060 weak, HDO?
560 753 43 0.212
562 118 70 60 3.6 0.219
563 481 96 0.278 weak, HNCO?
564 418 61 36 9.3 0.336 SH−?
570 335 79 81 1.6 0.112
570 790 76 69 2.1 0.141
570 814 72 71 1.7 0.124
571 151 49 0.138 HNCO?
571 217 59 0.168 HNCO?
571 477 58 0.118 H2C18O?
575 397 69 62 1.8 0.104
577 160 144 93 6.0 0.503
Total No. 36

a Notation as in Table 9.





Chapter 5

Introduction to Paper III:

Water and ammonia in S140

5.1 The molecular cloud S140

In PDRs and outflows, the requirements of high temperature and density to pro-
duce a high gas-phase water abundance are well meet. We have therefore per-
formed observations towards the well-known photon dominated region Sh 2-140,
more commonly known as S140. It is located at a distance of 910 pc in the large
L1202/L1204 dark cloud, extending over more than 30′ (8 pc). The PDR is caused
by the energetic radiation from the nearby B0.5V star HD 211880, creating a bright
Hii region and an almost edge-on PDR adjacent to the molecular cloud. Figure 5.1
shows an image in visible light from the Sloan Digital Sky Survey. The Hii region
is clearly seen with the illuminating star in the centre, about 7′ (1.8 pc) from the
bright transition zone at the PDR edge extending into the dark molecular cloud
in the north-east (upper left corner).

The darkness in visible in the north-east does not reveal the star forming region
observed in infrared (e.g. Preibish et al. 2000). The core in S140 contains a small
cluster of about 50 deeply embedded protostars illuminating the cloud from within,
thereby producing the infrared radiation. The brightest infrared source, with a
mass about 10M⊙, is called IRS 1, which on small scales is composed of several
sources. Two of these sources are believed to power bipolar molecular outflows in
almost perpendicular directions on scales from a few to one hundred arcseconds.
The outflows are bursting into the surrounding Hii region and molecular cloud,
thereby creating shocked gas. Outflows from high-mass stars are often observed to
be less well collimated than those from low-mass stars outflows, which also seems
to be the case in S140. The north-west to south-east (NW-SE) outflow axis (from
upper right to lower left) has been observed to be close to the line-of-sight. The
structures of the outflows and the PDR have been observed to be clumpy.

In addition to the observations presented in paper III, we have performed
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Figure 5.1: Sloan Digital Sky Survey image of the S140 molecular cloud in visible light
covering 25′×25′ (from http://galaxymap.org/). The observations performed by Odin
covered strip maps from the north-eastern corner (upper left) across the bright rim
extending over 6′.

observations of HCO+ J =1– 0 at 89.188GHz with the Onsala 20-m telescope.
Although not as sensitive as water, this molecule has also been shown to react to
outflow chemistry and may give additional information on the source structure.
Figure 5.2 shows maps of the blue and red outflow wings of HCO+ within the
indicated velocity ranges.

5.2 Results of Paper III

1. We have used the Odin satellite to simultaneously observe five-point strip
maps across the bright rim in S140 of the ortho-H2O 11,0 – 10,1 and the or-
tho-NH3 10 – 0 0 transitions, as well as CO(5 – 4) and 13CO(5 – 4). The NH3

transition has never previously been observed in S140. Observations of H18
2 O

in the central position resulted in a non-detection at an rms level of 8mK. To
support these observations we also mapped 13CO(1 – 0) line with the Onsala
20m telescope.
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Figure 5.2: HCO+ maps of S140 obtained with the Onsala 20m telescope showing the
red and blue outflows. The zero position corresponds to IRS1.

2. Water and CO:
Like CO, the water line-profile is dominated by emission from a NW–SE
outflow, however, mainly in the red wing. Strong self-absorption is seen in
the optically thick CO emission, while no obvious signs of self-absorption
are seen in the ortho-H2O, ortho-NH3 or the almost optically thin 13CO
line profiles. The lack of self-absorption in water may be caused by a lower
water abundance in the blue outflow. In addition to the outflow, water
shows emission from a more extended NE–SW elongated PDR. Both these
components, outflow and PDR, originate approximately around the central
position. No additional water emission is detected closer to the bright rim
or further into the molecular cloud where the water most likely is adsorbed
onto dust grains.

3. Water and ammonia:
The ortho-NH3 emission seems to emanate from the same high density clumps
in the PDR and the outflow as water, but also shows additional emission
further into the cloud where the ambient gas temperature drops to about
30K. This is in agreement with chemical models predicting that ammonia
is not as sensitive to depletion in cold, high density regions as is water.
Compared to water in the central position, ammonia has a weaker outflow
emission in the red wing, although similar in the blue outflow. Close to the
bright rim, where the outflow contribution to the emission is very low, the
water and ammonia line profiles are almost identical. This suggests an origin
in the same gas and velocity fields of the PDR. The 13CO line also shows a
very similar line profile to H2O and NH3 in this position with a narrow line
width of ∼3 km s−1.
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4. PDR abundance with a clumpy PDR model:
Abundances in the PDR, with respect to H2, are estimated both with an
enhanced version of the homogeneous RADEX code and with a clumpy PDR
model. This model suggests low mean abundances of water and ammonia in
the PDR of 5×10−9 and 4×10−9, respectively. In the high-density clumps
both the average abundances of water and ammonia increase to 5×10−8. To
match the observed PDR antenna temperatures with Odin and SWAS, a
clumpy medium is required by the model with a high molecular hydrogen
density in the clumps of &1×106 cm−3. The PDR model also confirms a
rather low water opacity, with an unweighted mean opacity of 17 and a
model range of ∼10−5 – 800.

5. PDR abundances with the homogeneous RADEX model:
The resulting RADEX mean abundances are twice as high as the clumpy PDR
model: 1.0×10−8 and 8×10−9 for water and ammonia, respectively, using a
mean molecular hydrogen density of 4×105 cm−3 and a kinetic temperature
of 55K. The differences between the models most likely arise from the uncer-
tainty in density, beam-filling, and volume filling of the clumps. The opacity
of the narrow PDR component of the 11,0 – 10,1 transition is constrained by
the narrow line width, and is estimated by RADEX to be ∼7. The RADEX model
also suggests that the strongly emitting molecules occupy only a 7% fraction
of the volume.

6. Water abundance in the outflow:
Water abundances may be estimated using a simple two-level approximation
considering the water emission to be effectively optically thin. This approxi-
mation is valid when the water opacity is .10 (Poelman et al., 2007) and is
therefore justified in the S140 outflow where the opacity is lower than in the
narrow PDR. The approximation, however, depends on the assumed density
which is poorly constrained. Assuming a density range of 5×104 – 5×105 we
find that the mean outflow water abundance is higher than in the PDR by at
least one order of magnitude, ∼4×10−8 – 4×10−7, where the major abundance
enhancement originates in the red outflow.

7. Predictions for Herschel:
Predictions of antenna temperatures for observations with HIFI are given by
our PDR model for the ortho- and para-H2O 11,0 – 10,1 and 11,1 – 0 0,0 transi-
tions for nine positions across the cloud core and the bright rim. They are
found to peak close to IRS 1 around 70 – 80′′ from the dissociation front, in
agreement also with our observations.
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ABSTRACT

Aims. We investigate the effect of the physical environment on water and ammonia abundances across the S140 photodissociation
region (PDR) with an embedded outflow.
Methods. We used the Odin satellite to obtain strip maps of the ground-state rotational transitions ofortho-water andortho-ammonia,
as well as CO(5 – 4) and13CO(5 – 4) across the PDR, and H18

2 O in the central position. A physi-chemical inhomogeneous PDR model
was used to compute the temperature and abundance distributions for water, ammonia, and CO. A multi-zone escape probability
method then calculated the level populations and intensitydistributions. These results are compared to a homogeneousmodel com-
puted with an enhanced version of theRADEX code.
Results. H2O, NH3, and13CO show emission from an extended PDR with a narrow line widthof ∼3 km s−1. Like CO, the water
line profile is dominated by outflow emission, but mainly in the red wing. Even though CO shows strong self-absorption, no signs
of self-absorption are seen in the water line. The H18

2 O molecule is not detected. The PDR model suggests that the water emission
arises mainly from the surfaces of optically thick, high-density clumps withn(H2)>∼106 cm−3 and a clump water abundance, with
respect to H2, of 5×10−8. The mean water abundance in the PDR is 5×10−9 and between∼4×10−8 – 4×10−7 in the outflow derived
from a simple two-level approximation. TheRADEX model points to a somewhat higher average PDR water abundance of 1×10−8. At
low temperatures deep in the cloud, the water emission is weaker, likely due to adsorption onto dust grains, while ammonia is still
abundant. Ammonia is also observed in the extended clumpy PDR, likely from the same high density and warm clumps as water.The
average ammonia abundance is about the same as for water: 4×10−9 and 8×10−9 given by the PDR model andRADEX, respectively.
The differences between the models most likely arise from uncertainties in density, beam-filling, and volume-filling of clumps.The
similarity of water and ammonia PDR emission is also seen in the almost identical line profiles observed close to the bright rim.
Around the central position, ammonia also shows some outflowemission, although weaker than water in the red wing. Predictions
of the H2O 11,0 – 10,1 and 11,1 – 00,0 antenna temperatures across the PDR are estimated with our PDR model for the forthcoming
observations with the Herschel Space Observatory.

Key words. ISM: abundances – ISM: individual (S140) – ISM: molecules – Submillimeter – Line: profiles – Line: formation

1. Introduction

The chemistry and the evolution of the interstellar medium de-
pend to a high degree on the available amount of carbon and
oxygen. The carbon-based chemistry is understood fairly well,
but the oxygen chemistry is not. Two molecules vital to under-
standing the oxygen chemistry are water and molecular oxygen,
since some chemical models predict that a large fraction of oxy-
gen could be in the form of these molecules.

Observations of the ground-state rotational water transition
with NASA’s Submillimeter Wave Astronomy Satellite (SWAS;

Send offprint requests to: carina.persson@chalmers.se
⋆ Odin is a Swedish-led satellite project funded jointly by the

Swedish National Space Board (SNSB), the Canadian Space Agency
(CSA), the National Technology Agency of Finland (Tekes) and Centre
National d’Etudes Spatiales (CNES). The Swedish Space Corporation
was the prime contractor and also is responsible for the satellite opera-
tion.

Melnick et al., 2000b) and the Odin satellite (Nordh et al., 2003)
have both shown very low abundances of molecular oxygen,
5×10−8 (Larsson et al., 2007), and water, 10−8 – 10−9 (Olofsson
et al., 2003), in theextended cold clouds in contrast to the predic-
tions from chemical models. However, on smaller scales in warm
or shocked regions and outflows, where the density is higher than
105 – 106 cm−3, SWAS (e.g. Melnick et al., 2000a) and Odin (e.g.
Persson et al., 2007) have also shownlocally increased water
abundance by several orders of magnitude, 10−6 – 10−4 with re-
spect to molecular hydrogen. The analysis of the data is, how-
ever, somewhat difficult and uncertain due to observations of
a single line and large beam-widths, but is in agreement with
observations of a wealth of highly excited water vapour tran-
sitions with ISO (the Infrared Space Observatory, Cernicharo &
Crovisier, 2005). These locally high abundances support the pre-
dictions that water should be an important cooling agent in the
star-forming process, especially at high temperatures anddensi-
ties (e.g. Neufeld et al., 1995; Bergin et al., 2003). The strong
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dependence of the water chemistry on the temperature changes
seen in star-forming regions also make water an excellent tracer
of shocks and outflows from protostars still hidden within their
dusty envelopes (e.g. Bergin et al., 1998).

The intention of this paper is to continue the previous work
with ISO, SWAS, and Odin, and also to be a valuable input to
future observations with the Heterodyne Instrument for theFar
Infrared (HIFI) on board the Herschel1 satellite to be launched
in 2009. Our aim is to investigate how the water abundance de-
pends on the environment in a star-forming region. The high
spectral resolution (0.5 km s−1) and the smaller beam-size of
Odin compared to SWAS (2.′1 vs. 3.′3×4.′5), which enable higher
spatial resolution maps, allow a more detailed analysis of the line
profile observed at each map position. We can also obtain an es-
timate of the beam-filling by comparing SWAS and Odin line
profiles if the same object has been observed. If not properly
taken into account the beam-filling may otherwise influence the
results by orders of magnitude.

In addition to the water observations a second goal of our
work is to perform and analyse observations of the important
ground-state rotational transition of ammonia. While ammo-
nia has been extensively observed in the inversion transitions
at cm-wavelengths (e.g. Ungerechts et al., 1986; Zhou et al.,
1993), the 10 – 00 transition, however, cannot be observed from
ground due to the opaque terrestrial atmosphere. The first obser-
vation of this transition was performed by the Kuiper Airborne
Observatory (Keene et al., 1983), and was later followed up with
Odin (Larsson et al., 2003; Liseau et al., 2003; Olofsson et al.,
2007).

Our chosen target is the well known molecular cloud
and bright nebula Sh 2-140, more commonly known as S140
(Sharpless, 1959; Blair et al., 1978). It is located at a distance
of 910 pc (Crampton & Fisher, 1974) in the large L1202/L1204
dark cloud. This region is illuminated from the south-western
side by the nearby B0.5V star HD 211880, creating a bright HII
region and an almost edge-on PDR adjacent to the molecular
cloud and extending deeply into the cloud. The core in S140
also contains a small cluster of deeply embedded young stellar
objects which illuminate the cloud from within. One or more of
these early B-stars are undergoing some mass-loss process and
molecular outflows are observed from this dense and warm re-
gion (e.g. Rouan et al., 1977; Hayashi et al., 1987; Minchin et al.,
1993; Preibisch & Smith, 2002). The brightest infrared source
in S140, called IRS1, is on small scales composed of several
sources, two of which might be powering bipolar molecular out-
flows in almost perpendicular directions (Trinidad et al., 2007).
The increased temperature and density in both the PDR and the
outflows are likely expected to produce a higher than average
water abundance. For these reasons, S140 is a promising target
for our purposes.

Both ISO (Boonman & van Dishoeck, 2003) and SWAS
(Snell et al., 2000a; Ashby et al., 2000a,b; Franklin et al.,
2008) have observed water in S140 and several attempts have
been made to model these observations (e.g. Ashby et al.,
2000a,b; Boonman et al., 2003; Poelman & Spaans, 2005, 2006).
However, they all have had difficulties to explain the unusual,
narrow 11,0 – 10,1 emission line with no or little evidence of self-
absorption. In order to obtain more information about the wa-
ter emission we have conducted strip map observations of S140,
starting deep within the molecular cloud and reaching outside
the bright rim (see Fig. 1). Strip maps are also simultaneously
performed of the previously unobserved NH3(10 – 00) transition.

1 http://herschel.esac.esa.int/

Fig. 1. A CI map (492 GHz) of S140 observed with JCMT (Minchin
et al., 1993). The Odin 2.′1 beam at the five strip positions is also shown.
Position 1 in NE to position 5 in SW.

To aid the analysis of water and ammonia, we have in addi-
tion performed H18

2 O observations in the central position, strip
maps of CO (5 – 4) and13CO (5 – 4) with the Odin satellite, and
a 13CO (1 – 0) map with the Onsala 20-m telescope.

2. Observations

All transitions, except13CO(1 – 0), were acquired with the Odin
satellite from 2003 to 2006 with a total of 561 orbits (see
Table 1). The calibration procedure (the chopper wheel method)
is described in Olberg et al. (2003). The Odin 1.1 m offset
Gregorian telescope has a circular beam at 557 GHz with a Full
Width of Half Maximum (FWHM) of 2.′1 (Frisk et al., 2003).
Being outside the atmosphere, and with an exceptionally high
main beam efficiency,ηmb=0.9, our intensity calibration is very
accurate. The intensity scale in the figures is expressed in terms
of antenna temperatureT ∗A. In all calculations, however, the
main beam efficiency is properly taken into account. The recon-
structed pointing offset was<15′′ during most of the time. The
simultaneous observations of H2O and NH3, and of13CO, CO
and H2O guarantee their pointing to be identical.

Three different tunable submm receivers were used, hav-
ing average single-sideband (SSB) system temperatures of about
3 300 K. They were used in combination with a hybrid autocorre-
lator spectrometer (300 – 400 MHz working bandwidth) and an
acousto-optical spectrometer (1 GHz working bandwidth), both
with a channel spacing of∼0.3 km s−1. All observations were
performed in the sky-switching mode with reference sky beams
at 42◦ distance and 4.4◦ FWHM. To correct for ripple, observa-
tions of a reference off position 30′ east of S140 were conducted
as well.

The five point strip maps have 60′′ step size with strip centre
coordinates R.A. 22.h17.m42.s0, Dec.+63.◦03.′45.′′0 (B1950) at the
cloud core (our position 3, Fig. 1). Position 1 is in NE and posi-
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Table 1. All molecular transitions are observed with the Odin satellite
except the13CO(1 – 0) map which is observed with the Onsala 20-m
telescope.

Species Transition Freq. Ea
u nb

crit Int. time
[MHz] [K] [cm −3] [h]

H2O 11,0 – 10,1 556 936.0 61 3×108 c 41
H18

2 O 11,0 – 10,1 547 676.4 60 3×108 c 91
CO 5 – 4 576 267.9 83 2×105 c 9
13CO 5 – 4 550 926.3 79 2×105 9
13CO 1 – 0 110 210.4 5 7×102 2 min/pos
NH3 10 – 00 572 498.1 29 5×107 c 16

aUpper state energy.
bCritical density calculated for a temperature of 40 K.
cCan be considerably reduced because of radiative trapping.

tion 5 in SW. The frequency scale is set relative to a source LSR
velocity of−7.5 km s−1.

In addition, the Onsala 20-m telescope was used in 2006 for
a13CO(1 – 0) 10×11 point map of the S140 molecular cloud with
a spacing of 30′′. The SSB system temperature was∼500 K, the
main-beam efficiency 0.5, and the FWHM beam at 110.201GHz
is 34′′.

3. Results

The observed Odin spectra of CO, H2O, and NH3 are shown
together with13CO(5 – 4) in Figs. 2 – 4 to allow a compari-
son of the line profiles of the different molecules at each posi-
tion. The water and ammonia spectra are also shown together in
Fig. 5. No H18

2 O emission was detected in the central position
(Fig. B.1, on-line material) at an rms noise level of 8 mK. Tables
with 1σ rms, integrated intensities, peak antenna temperatures,
line widths and amplitudes of Gaussian fits, and centre veloc-
ities for species observed with Odin are found in the on-line
Tables B.1 – B.4. The on-line material also includes figures of
Gaussian fits to13CO(1 – 0) andJ =5 – 4, H2O and NH3(11 – 00)
(Figs. B.4 – B.7).

Below we will discuss the observations and some straight
forward results, while the model results for the narrow PDR
component are presented in Sect. 4 and 5.

3.1. Carbon monoxide

The CO(5 – 4) and13CO(5 – 4) observations show a narrow line
from the PDR in all positions superimposed on a broader outflow
feature seen in CO at positions 1 – 4 and in13CO at the centre
position (Fig. 2). The emission peaks about 20′′ from the central
position towards position 2 deeper in the cloud. A comparison of
the 12CO and13CO line shapes suggests strong CO(5 – 4) self-
absorption by lower excitation foreground gas. This is alsodis-
cussed by e.g. Minchin et al. (1993) and Boonman et al. (2003)
where the higherJ-level CO lines are strongly self-absorbed. No
strong self-absorption is visible in13CO.

The mean opacity of12CO and13CO can be determined by
comparison of their antenna peak temperatures if the isotopo-
logue abundance ratioR is known. Assuming that the opacity of

12CO is larger than the opacity of13CO by a factorR, we will
have

T ∗A,13

T ∗A,12

=
J(T 13

ex) (1− e−τ13) η bf,13

J(T 12
ex) (1− e−τ12) η bf,12

=
J(T 13

ex) (1− e−τ13) η bf,13

J(T 12
ex) (1− e−R τ13) η bf,12

, (1)

where the radiation temperature,J(Tex), is a function of the ex-
citation temperature,Tex,

J(Tex) =
hν
k

1
e hν/kTex − 1

. (2)

The beam-filling factor is calculated with

ηbf =
θ2s

θ2s + θ
2
mb

, (3)

assuming that both the source brightness distribution and the an-
tenna response are circularly symmetric and Gaussian.

Assuming that the excitation temperatures are the same for
both species, co-spatial emissions and usingR=70, the opaci-
ties of the narrow component of12CO and13CO are estimated to
be. 70 and.1, while the opacities in the broad outflow compo-
nent are.7 and. 0.1, respectively. Due to the self-absorption
of 12CO the opacities are upper limits.

The size of the emission region can be estimated by compar-
ing Odin and SWAS antenna temperatures

T ∗A,Odin

T ∗A,SWAS

=
(3.′3× 60× 4.′5× 60)+ θ2

(2.′1× 60)2 + θ2
, (4)

whereθ is the effective circular Gaussian source size in arcsec-
onds. For the central position the ratio of the Odin and SWAS
13CO peak antenna temperatures is∼2.5 which is equivalent to
a mean source size of∼100′′.

A second approach to estimate the source size is performed
by plotting the antenna temperatures in our Odin strip map vs.
position, and fitting a Gaussian. After deconvolution with the
126′′ Odin beam, the resulting one dimensional source size is
about 106′′. Together with the mean source size of∼100′′, this
implies a relatively circular source.

The excitation temperature can be estimated by plotting a
rotation diagram of several transitions. The level populations are
given by the Boltzmann distribution and the excitation temper-
atures for all the energy levels are assumed to be the same. The
beam-filling corrected integrated intensities of all linesare plot-
ted as a function of the upper state energy in a semi-log plot
based upon the relation (Persson et al., 2007)

ln
8π k ν2ul

h c3gu Aul

∫
Tb dυ = ln

NROT

Q(T )
−

Eu

kTex
. (5)

wherek is the Boltzmann constant,νul is the frequency of the
transition,h is the Planck constant,c is the speed of light,Aul is
the EinsteinA-coefficient for the transition,Tb is the brightness
temperature (observed antenna temperature corrected for beam-
efficiency and beam-filling),gu andEu are the statistical weight
and energy of the upper state, respectively,Q(T ) is the partition
function,Tex is the excitation temperature for the transition, and
NROT is the total column density of the species obtained from
the rotational diagram. As customary the frequency axisν has
been converted to a velocity axisυ using the speed of light. A
least-squares fit to the data will produce a straight line with slope
−1/TROT. If we extrapolate the line toEu =0 K, the total column
density is found from the intersection of the y-axis.
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Fig. 2. Comparison of the CO(5 – 4) (thick magenta line) and
13CO(5 – 4) (thin black line) line profiles in a strip map from NE to
SW across the PDR.

Our rotation diagram of the broad outflow13CO component
in the central position (on-line Fig. B.2), including the Onsala
20-mJ = 1 – 0 transition, theJ = 2 – 1 and 3 – 2 transitions from
Minchin et al. (1993), and the OdinJ = 5 – 4 transition, pro-
ducesTROT= 24±2 K andNROT= (2.5±0.4)×1016cm−2. All an-
tenna temperatures are corrected with respective beam-filling
and beam-efficiencies. This temperature is in agreement with the
previously estimated lower limit of the outflow excitation tem-
perature of about 15 – 20 K (Minchin et al., 1993). The low tem-
perature of the outflow indicates that the emission arises from
gas far behind the shock front where the gas has already cooled
(Snell et al., 1984b). .

The excitation temperature of the narrow13CO PDR emis-
sion in the central position is also estimated by means of a rota-
tion diagram (on-line Fig. B.3), including the above mentioned
transitions with addition of theJ = 6 – 5 line from Graf et al.
(1993), but excludingJ = 1 – 0 which seems to originate only
in the colder gas component. This producesTROT= 69±27 K, in
agreement with Minchin et al. (1993) who find a PDR excitation
temperature of about 70 K at IRS and a steep rise in temperature
to about 250 K at the dissociation front 60′′ – 80′′ SW of IRS1.
Our PDR column density,NROT(13CO)= (3.2±1.8)×1016cm−2,
is relatively uncertain but in agreement with theRADEX result in
Sect. 4,N(13CO)=2.8×1016cm−2, and with Plume et al. (1994),
3.4×1016cm−2.

Fig. 3. Comparison of the H2O 11,0 – 10,1 (thick magenta line) and
13CO(5 – 4) (thin black line) line profiles in a strip map from NE to
SW across the PDR.

3.2. Water

The ortho-water 11,0 – 10,1 ground-state rotational transition is
detected in all positions except outside the bright rim (po-
sition 5). Similar to CO and13CO, a narrow component
(∆υ ∼3 km s−1) superimposed on a broader outflow component
(∆υ ∼8.5 km s−1) is observed with emission originating around
the central position. Like CO, the water line profile is dominated
by outflow emission, clearly seen in a two Gaussian component
fit in the on-line Fig. B.6. This is in contrast to13CO which is
dominated by the narrow component (on-line Fig B.4). The wa-
ter outflow emission, in addition, mainly shows a red wing.

The non-detection of H18
2 O can be used to set upper limits on

the opacity of the main water line using Eq. 1. However, the cal-
culation is not as straightforward as for CO. Because of the high
critical density (the ratio of the spontaneous de-excitation and
collision coefficients) of the H2O 557 GHz line, the emission of
this transition is highly sub-thermal and has a high opacityeven
for rather low abundances. This high optical depth allows the
excitation temperature to be enhanced by radiative trapping. As
a result, the corresponding lines of H2O and H18

2 O have quite
different values of excitation temperature. Their excitation tem-
peratures will also be much lower than the kinetic temperature.
Using theRADEX code in Sect. 4 for a kinetic temperature of
55 K and a molecular hydrogen densityn(H2)=4×105 cm−3, we
find excitation temperatures of 8.2 and 6.3 K for the 11,0 − 10,1
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Fig. 4. Comparison of the NH3 10 – 00 (thick magenta line) and
13CO(5 – 4) (thin black line) line profiles in a strip map from NE to
SW across the PDR.

transitions of H2O and H18
2 O, respectively. If the abundance ra-

tio [16O/18O]= 330 in water (Persson et al., 2007) and if the two
isotopologues are distributed similarly, then the 5σ upper limit
on the intensity of the H18

2 O line implies that the optical depth of
the H2O line is. 60. If the assumed density is lower by a factor
of 10, the difference in excitation temperatures will increase and
change the upper limit to.120.

The high H2O opacity, in addition, often produces self-
absorbed spectra. Our observations, however, do not show any
obvious signs of self-absorption in contrast to our CO observa-
tions. When comparing the centre velocities of the narrow com-
ponents of water and CO to13CO, we find that the velocities of
water and13CO are well matched (Fig. 3 and Table B.2 – B.3),
while CO and13CO in positions 1 – 4 are not (Fig. 2). This sup-
ports our conclusion that there is no severe self-absorption in
H2O in contrast to observations of other sources in which cor-
responding self-absorptions were seen in CO(7-6) and in ISO
measurements of H2O (Boonman et al., 2003).

The lack of self-absorption points to a rather constant exci-
tation across the region (cf. Snell et al., 1984a). It also implies
a lower water abundance in the blue than in the red outflow. A
higher water abundance in the red wing may be caused by out-
flowing gas pushing into the ambient high density cloud thereby
producing water. The blue outflow, on the other hand, is leaving
the molecular cloud, and expands into an ionized region with

Fig. 5. Comparison of the H2O (thick magenta line) 11,0 – 10,1 and the
NH3 (thin black line) 10 – 00 line profiles in a strip map from NE to SW
across the PDR.

low density gas with no or very low water production as a result.
This is in agreement with the results in Franklin et al. (2008) who
investigated water abundance in molecular outflows with SWAS
and find about five times higher abundance in the red outflow
compared to the blue.

The sizes of the emitting regions are estimated in the same
way as for13CO (Eq. 4). For the central position the ratio of the
Odin and SWAS peak antenna temperatures is∼2.4, equivalent
to a mean source size of∼100′′. This confirms previous sug-
gestions that the water emission does not fill the SWAS beam
(Boonman et al., 2003). To obtain estimates of the size of each
component, we use the amplitudes of the fitted Gaussians from
the Odin and SWAS spectra. The ratios of the PDR and out-
flow components are∼2.2 and∼2.6, which corresponds to mean
source sizes of 120′′ and 85′′, respectively.

Gaussian fits to the amplitudes in each position in the Odin
strip map results in one-dimensional source sizes of&150′′ and
.50′′ for the PDR and outflow, respectively. Taken together,
these two calculations of source sizes suggest that the water
emission from the PDR is more extended in the NE – SW direc-
tion (same direction as our strip map), while the contrary applies
to the outflow, indicating a NW – SE elongation.
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A third approach to estimate the beam-filling can be achieved
by using the radiative transfer equation. With a constant source
function, the solution of the radiative transport equationis

T ∗A = Tb ηmbηbf = (J(Tex) − J(Tcont)) (1− e−τ) ηmbηbf , (6)

whereJ(Tcont) is the background continuum radiation.
For an optically thick line and neglecting the background ra-

diation

T ∗A ≈ J(Tex)ηmbηbf . (7)

If Tex is known, then the beam-filling can be estimated. Using
Tex= 8.2 K obtained fromRADEX and Equation 7 give a beam-
filling factor that corresponds to a PDR source size of about
110′′, which is close to the source size of 120′′ obtained from
the relative temperatures from Odin and SWAS. This implies
that the gas is somewhat clumped, and that the surface filling
fraction of the high density PDR gas is∼84%. The clumpy struc-
ture of the cloud is confirmed by previous observations (Snell
et al., 1984a,b; Zhou et al., 1993; Minchin et al., 1993; Hayashi
& Murata, 1992; Ashby et al., 2000a) and our model results in
Sect. 5. The amount of surface clumping is, however, not pos-
sible to determine very accurately due to the uncertainty ofthe
excitation temperature which is affected by the assumed density.
With Tex=9 K and 10 K the same calculations give source sizes
of 86′′ and 69′′, with corresponding surface filling fractions of
50% and 33%, respectively. Including the background radiation
in Eq. 6 also introduces additional uncertainties.

3.3. Ammonia

A complex energy level diagram with a wealth of transitions
covering different temperatures and densities has made ammo-
nia a very valuable diagnostic of physical conditions in thein-
terstellar medium. The 10 – 00 ground-state rotational transition,
observed by Odin, has an upper state energy comparable to the
extensively observed inversion transitions (e.g. Ungerechts et al.,
1986; Zhou et al., 1993), but the critical density is about four
orders of magnitude larger. It is therefore likely that these tran-
sitions partly probe different gas components. The 10 – 00 tran-
sition has a high opacity and is highly sub-thermally excited in
most cases like our observed water transition.

The 10 – 00 transition ofortho-NH3 is detected in all posi-
tions except outside the bright rim (position 5). The line profiles
and centre velocities are very similar to those of13CO(5 – 4) with
an exception in position 1 (Fig. 4). Our comparison of ammonia
and water in Fig. 5 shows an almost identical line profile at the
bright rim (position 4), which suggests emission from the same
gas and velocity fields at this position originating in the PDR.
In the central position, the water line profile is dominated by
the outflow in contrast to ammonia. Both species displays, how-
ever, very similar emission in the blue outflow, while water has
a more pronounced outflow in the red wing. The water emission
from the outflow seems to be almost the same in position 2 and
3, while the ammonia emission from the outflow decreases in
position 2. This suggests that the outflow production mechanism
is more efficient for water than ammonia.

Deepest in the molecular cloud a very weak water line is
seen. The ammonia emission is, however, considerably stronger
than the water emission at this position. This confirms previ-
ous observations of NH3 inversion transitions (Zhou et al., 1993;
Ungerechts et al., 1986) who find an NH3 peak further into the
cloud at about 1′ northeast of IRS1. When we plot the peak an-
tenna temperatures vs. position it is obvious that we see addi-
tional emission in position 1. A Gaussian fit to positions 2 – 4

gives a source size of∼130′′, with a peak about 10′′ into the
cloud from the centre. This size is relatively uncertain dueto a
fit to only three positions, but agrees well with the source sizes
estimated from13CO and H2O.

The Odin observations indicate that in addition to the warm,
dense PDR and a weak outflow around IRS, we also observe
NH3 from the same cold and extended gas deep in the cloud (po-
sition 1) as13CO(1 – 0) at a temperature about 20 – 30 K. This
is also in agreement with Ungerechts et al. (1986) and Zhou
et al. (1993) who find an NH3 rotation temperature of 40 K in
between our first and second position. Chemical models predict
that NH3 is not depleted in high density regions (.1×106 cm−3)
and is therefore relatively more abundant than other molecules
such as water and CO (Bergin & Langer, 1997; Bergin, 2003).

The surface filling fraction of the narrow PDR component of
ammonia is also estimated using the radiative transfer equation
(Eq. 7). The excitation temperature is approximately the same
as for water thereby producing similar surface filling factors.
Together with the similarity of the line profiles, source sizes and
centre velocities of the H2O, NH3 and13CO(5 – 4) narrow com-
ponents, this points to emission from the same high density PDR
clumps with the same temperature of about 70 K for all species
(cf. Boonman et al., 2003).

3.4. Outflow abundances

The collisional de-excitation of the ground-state rotational tran-
sition ofortho-water is very low in the density ranges considered
here due to the high critical density of∼3×108 cm−3 at a tem-
perature of 40 K. A simple analytic expression for the antenna
temperature of a two-level system in the low collision rate limit
can therefore be used since collisional excitation always results
in a photon that escapes the cloud. Thus, even though our tran-
sition may be optically thick, it is effectively thin (Linke et al.,
1977; Snell et al., 2000b). We use this approach to estimate the
water abundance in the outflow (Snell et al., 2000b)

∫
Tb dυ = C nH2

c3

2ν3k
N(o− H2O)

hν
4π

exp(−hν/kTK), (8)

whereC is the collision rate which equals the product of the
cross-section and velocity. Dividing Eq. (8) withN(H2) and scal-
ing the calculated factor in Snell et al. (2000b) to our derived
rotational outflow temperature of 24 K (with

√
T ) produces the

fractional abundance ofortho-water with respect to H2 in the
outflow

X(o − H2O) = 5.1× 1019

∫
Tb dυ

N(H2) nH2

. (9)

The H2 column density in the outflow is calculated
from NROT(13CO) of the broad component. Using typical
values of [CO/H2] = 1×10−4 and [12C/13C]=70 we obtain
N(H2)=1.8×1022cm−2. Together with a range of mean molecu-
lar hydrogen densities of 5×104 – 5×105 cm−3 we obtain a total
water outflow abundance of∼ 4×10−8 – 4×10−7. This is in agree-
ment with Franklin et al. (2008) who found an outflow abun-
dance in the blue wing of 2.4×10−8 and 1.0×10−7 in the red wing
using a kinetic temperature of 50 K and a molecular density of
105 cm−3.

The ammonia abundance in the outflow is estimated using
the Local Thermal Equilibrium (LTE) approximation. Assuming
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Table 2. Observations and model calculations for the narrow PDR component in theRADEX homogeneous model.a

Species Transition Frequency Observations Ref Model calculations
ν Tb 4πI ∆υ Tex τ Tb 4πI

[GHz] [K] [ergs s−1 cm−2] [km s−1] [K] [K] [ergs s−1 cm−2]
H2O 11,0 – 10,1 556.936 0.92 . . . 3.1 c 8.2 6.6 0.92 6.8× 10−6

H18
2 O 11,0 – 10,1 547.676 < 0.051 . . . (3.1)b c 6.3 0.2 < 0.05 < 3.5× 10−7

NH3 10 – 00 572.498 1.1 . . . 3.3 c 9.0 6.1 1.1 9.2× 10−6

(1, 1) 23.695 2.9 . . . . . . d 54 0.02 0.87 2.5× 10−10

(2, 2) 23.723 2.0 . . . . . . d 47 0.01 0.50 1.7× 10−10

(3, 3) 23.870 1.4 . . . . . . d −5.1 −0.25 2.2 9.0× 10−10

(4,4) 24.139 0.15 . . . . . . d 46 0.001 0.06 3.8× 10−11

13CO 2 – 1 220.399 12 . . . 3.3 e 55 0.2 9.1 4.3× 10−6

5 – 4 550.926 14.7 . . . 3.2 c 51 0.5 14.7 1.1× 10−4

CS 2 – 1 97.981 8.6 . . . 3.0 f 47 0.2 9.1 3.5× 10−7

3 – 2 146.969 10.2 . . . 3.0 f 20 1.0 10.0 1.3× 10−6

5 – 4 244.936 5.4 . . . 3.0 f 13 1.3 5.5 3.3× 10−6

6 – 5 293.912 3.3 . . . 2.2 f 12 0.7 3.1 3.3× 10−6

[C I] 1 – 0 492.161 3.7 . . . 3.5 g 54 0.1 3.7 2.1× 10−5

[C II] 3 /2 – 1/2 1900.537 . . . 4.4× 10−3 . . . h 55 1.0 13.4 4.4× 10−3

[O I] 1 – 2 4744.778 . . . 4.1× 10−3 . . . h 46 0.9 0.88 4.5× 10−3

a All results forTK = 55 K, n(H2)= 4×105 cm−3. Tb=Rayleigh-Jeans brightness temperature, 4πI = flux, ∆υ= line width, Tex= excitation tem-
perature,τ= line-centre peak opacity.b From H2O. c This work. d Ungerechts et al. (1986).e Minchin et al. (1993).f Snell et al. (1984a).
gPlume et al. (1994).h Emery et al. (1996).

LTE and adding corrections for opacity and beam-filling, theto-
tal source averaged column density can be calculated as

NLTE =
Cτ
ηbf

8πkν2ul

hc3

1
Aul

Q(T )
gu

exp (Eu/kTex)
∫

Tb dυ, (10)

where Cτ = τ/(1 − exp (−τ)) is the opacity correction factor.
UsingCτ = 1, a source size of 85′′ to calculateηbf and an exci-
tation temperature of 10 K, the ammonia outflow column den-
sity is estimated to be∼1.2×1013cm−2. This column density
is thus not opacity-corrected and may therefore be underesti-
mated. The ammonia outflow abundance is then calculated as
X(NH3)=NNH3 /NH2 and is found to be∼7×10−10.

4. Model results: RADEX – a homogeneous model

In this section we use an enhanced version of theRADEX2 (van
der Tak et al., 2007) code to compute the intensities of the nar-
row components of the transitions observed by Odin, and the
intensities of several atomic and molecular transitions that pre-
viously have been observed in S140. TheRADEX codex applies
a very simple method of mean escape probabilities to the ra-
diative transfer and yields results that are similar to those in
the large-velocity-gradient approximation, assuming an isother-
mal and homogeneous medium, but without an implicit assump-
tion of a gradient in velocity. Although much more sophisticated
methods of radiative transfer have been used to construct models
of the atomic and molecular line emission from this region, it is
useful to examine a simple, internally consistent model of aho-
mogeneous cloud that reproduces the principal observed facts.
Such a model can be used in particular to assess the role of ra-
diative coupling of molecular excitation to the intense continuum
radiation within the PDR. In Sect. 5, these results are compared

2 The published version will soon include these enhancements, see
http://www.sron.rug.nl/∼vdtak/radex/index.shtml

to the results from a 3D inhomogeneous PDR model that calcu-
lates the temperature and abundance distributions, and a multi-
zone escape probability method that calculates the level popula-
tions and intensity distributions of water and ammonia (Poelman
& Spaans, 2005, 2006).

The molecular data files for H2O and NH3 have been en-
larged, compared with those previously available through the
Leiden Atomic and Molecular Database (LAMDA)3. Data for
the ortho and para forms of these molecules have been com-
bined into a single file and infrared transitions have been added.
Collision rates published by Faure et al. (2007) for H2 + H2O
and by Faure et al. (2004) for e− + H2O are now used. Two dif-
ferent data files have been used to analyse the excitation of NH3.
The smaller includes only the lowest 112 levels of the vibra-
tional ground state and 140 radiative transitions between them.
A larger file, derived mainly from the HITRAN4 database, has
also been tested: it contains 2 392 levels and 15 067 radiative
transitions, including lines of severalν2 andν4 vibrational bands
in the mid-infrared.

We include a simple dust model of the broad-band spectrum
(Thronson et al., 1983; Minchin et al., 1995; Ney & Merrill,
1980) at submm and far-infrared wavelengths in order to charac-
terise the internal radiation sensed by the molecules (a detailed
description is found in Appendix A of the on-line material).

The principal parameters needed to specify a model
are the kinetic temperatureTK and the average number
density of molecular hydrogenn(H2). Our adopted dust
model impliesN(H2)= 4.7×1022cm−2 and an average density
n(H2)=3×104 cm−3 in a homogeneous, spherical cloud with a
source sizeL= 0.5 pc (derivation in Appendix A, on-line ma-
terial). Unfortunately, this average density is inconsistent with
our observations. Although a uniformRADEXmodel can be con-
structed based upon this density, this low-density model cannot

3 http://www.strw.leidenuniv.nl/∼moldata
4 http://cfa-www.harvard.edu/hitran
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explain the observed intensities of the pure rotational lines of
H2O and NH3 unless the line-centre optical depths are of the
order of 200 and 100, respectively. Such large opacities would
imply significant line broadening through saturation of theemis-
sion, which conflicts with the observed narrow profiles.

High densities of 7×105 cm−3 are found by multitransition
CS observations (Snell et al., 1984a), and 5×105 cm−3 from NH3
inversion transitions (Ungerechts et al., 1986). We include the
CS transitions in ourRADEX model in addition to our own ob-
servations, and our best fit suggests a mean molecular density
of 4×105 cm−3 and a temperature of 55 K. This suggests that the
strongly emitting molecules occupy only a 7% fraction of the
volume. The H2 column density, which is needed to obtain the
abundances,X(x)=N(x)/N(H2), is calculated from theN(13CO)
obtained withRADEX. This column density is also in agreement
with NROT(13CO) found in Sect. 3.1. Using [12C/13C]= 70 and
[CO/H2] = 10−4 we obtainN(H2)= 2.0×1022cm−2 for the nar-
row PDR component.

Table 2 collects the observed intensities and the correspond-
ing values calculated from the model. A source size of 120′′,
derived in Sect. 2, is used to correct the antenna temperatures
T ∗A to Rayleigh-Jeans brightness temperaturesTb according to
the scaling in Eq. 6. The estimated abundances and column
densities are summarized in Table 3. Note that the best-fitting
model of the [C II] λ157µm line emission implies a density
of carbon ions,n(C+)= 7.7 cm−3. This is taken to be equal to
the electron density, which implies an average electron fraction
of X(e−)=1.9×10−5. This electron fraction is large enough that
electron-impact on polar molecules like H2O must be competi-
tive with H2 collisions in exciting rotational states. However, the
results presented for NH3 so far neglect electron collisions.

The model reproduces nicely all the observations except the
ammonia inversion transitions which are predicted to be lower
than the observed intensities. The13CO(2 – 1) transition is also
predicted to be slightly lower than what is observed. These dis-
crepancies may be caused by a co-existing, extended lower ex-
citation gas component, which is not contributing much to the
emission of the13CO(5 – 4) or NH3(10 – 00) lines. Even so, the
column densities of C,13CO and CS agree well with Plume et al.
(1994) and Snell et al. (1984a), and the C abundance is also in
agreement with Franklin et al. (2008). The water abundance was
previously estimated by Snell et al. (2000a) to be 9×10−9, and
by Ashby et al. (2000a) to be 2×10−8, both very similar to the
abundance calculated byRADEX.

TheRADEXmodel is also tested for higher transitions of H2O
and shows that some lines are sensitive to various effects. For
example, the intensity ratio of the 1661 and 1670 GHz lines ap-
pears to be sensitive to the total column density. When the inter-
nal radiation field is switched off in the models, the intensities
of the transitions involving the lowest rotational levels increase
slightly, while the intensities of lines involving more highly ex-
cited states are diminished. In particular, the 1661 GHz line is
enhanced by radiative excitation and is very sensitive to the total
column density. This line will appear in absorption if the opac-
ity in the 557 GHz transition is small since photon-trappingis
ineffective at column densities around 1014 cm−2 or less.

The excitation of NH3 also shows some interesting effects
in these models. Due to the rather high density of C+ ions, the
reaction of C+ with NH3 will destroy ammonia at a rate exceed-
ing 10−8 s−1, which is rapid enough to affect the excitation of
the metastable levels involved in several of the inversion tran-
sitions near 23 GHz. Indeed, the calculations indicate thatthe
(J,K)= (3,3) inversion transition is a weak maser (cf. Walmsley
& Ungerechts, 1983). In addition, NH3 has strong vibrational

Table 3. Results of the homogeneousRADEXmodel for the narrow PDR
component: column densities and abundances.a

Species Column Density Abundance
x N(x) X(x)

[cm−2]

H2O 2.0× 1014 9.8× 10−9

H18
2 O < 4.9× 1012 < 2.5× 10−10

NH3 1.5× 1014 7.5× 10−9

12CO 2.0× 1018 1.0× 10−4

13CO 2.9× 1016 1.4× 10−6

CS 1.5× 1014 7.5× 10−9

C 2.0× 1017 1.0× 10−5

C+ 9.0× 1017 4.5×10−5

O 6.3× 1017 3.2× 10−5

a All results for TK = 55 K, n(H2)=4×105 cm−3, n(e−)= 7.7 cm−3,
N(H2)= 2.0×1022 cm−2.

transitions in the mid- and near-infrared. When these are in-
cluded, the intensity of the 572 GHz transition is somewhat sup-
pressed while the lowest inversion transitions are somewhat en-
hanced.

Table 4. Clumpy PDR model parameters.

size nc(H) nic(H) Fa lb
c Tgas Tdust

[pc] [cm−3] [cm−3] [%] [pc] [K] [K]

0.5 2×106 1×104 8 0.03 9 – 40c 18- 32c

35 – 195d

aVolume filling fraction of clumps.
bClump size.
cTemperatures in clumps.
dTemperatures in interclump medium.

5. Model results: clumpy PDR model

A self-consistent physi-chemical 3D inhomogeneous model is
used to compute the temperature of the gas and dust, and the
abundance distributions inside the clumpy cloud (detailedde-
scriptions are found in Spaans, 1996; Spaans & van Dishoeck,
1997; Poelman & Spaans, 2005). This clumpy PDR model has
three free parameters; the volume filling factorF (fraction of
the cloud that is occupied by clumps), a clump sizelc, and the
clump-interclump rationc(H)/nic(H). The total hydrogen density
nH = n(H)+2n(H2). In the dense clumps, hydrogen is entirely
molecular, thusn(H)= 2n(H2). The PDR model parameters used
in this paper are given in Table 4. We use a velocity dispersion
of 1.2 km s−1 (Zhou et al., 1994) equivalent to a FWHM line
width of 2.0 km s−1 for an optically thin line. With an opacity
of about 5 – 10 the line is broadened by a factor of∼1.5 – 2 to
3 – 4 km s−1, consistent with our observations. The incident ra-
diation field is taken to beIUV =140 with respect to the Draine
(1978) field. The clumps are randomly distributed in the inter-
clump medium and the volume filling fraction is taken to be 8%
(Spaans & van Dishoeck, 1997; Ashby et al., 2000a; Poelman
& Spaans, 2005). The grid size is 81x81x81, corresponding toa
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resolution of 0.006pc and a total size of 0.5 pc (about 110′′ at a
distance of 910 pc).

In the PDR computation, each clump is joined smoothly to
the inter-clump medium through a power-law∝1/R2 density dis-
tribution. This envelope contains very little molecular material
and the bulk of the impinging radiation field is always absorbed
by the clumps and not the inter-clump medium. The definition
of the mean H2 density and the mean molecular abundances
X of speciesx is thus made through<n>= Fnc+ (1 − F) nic
andXmean(x)= F Xc(x)+ (1−F) Xic(x) to allow an unambiguous
comparison with molecular line observations .

A high molecular hydrogen density of>∼1×106 cm−3 in the
clumps is required to match the intensities observed by Odin
and SWAS. Note that this clump density is considerably higher
than that used by Poelman & Spaans (2005, 2006). The high
density and clumpy medium suggested by our PDR model is,
however, also supported by previous density estimates. Forex-
ample, density variations between 104 – 106 cm−3 are necessary
to explain the apparent coincidence of the C I and CO ridges
as well as the distance between the C I ridge and the bright
rim (Hayashi & Murata, 1992). Emission from numerous, small,
dense (105 – 2×106 cm−3) and optically thick clumps of gas,
where the number density of clumps decreases with distance
from the CS cloud centre close to IRS, is the best explanationof
the CS column density variations, as well as the observed opaci-
ties and temperatures obtained from multitransition observations
of CS (Snell et al., 1984a; Zhou et al., 1994). As molecular hy-
drogen density in the interclump medium we use 5×103 cm−3.

Table 5. Resulting abundances with respect tonH2 for the narrow PDR
components of water and ammonia from the clumpy PDR model.

Species Comp. nH2 Abundance
[cm−3]

H2O Interclump 5.0×103 8.9×10−10

Clump 1.0×106 4.8×10−8

Mean 8.5×104 4.6×10−9

NH3 Interclump 5.0×103 1.1×10−10

Clump 1.0×106 4.5×10−8

Mean 8.5×104 3.7×10−9

The resulting abundances, with respect to H2, in the clumps
and the inter-clump medium, as well as a mean value over the
whole region, are found in Table 5. The mean value is about
half than found byRADEX. In the clumps, the water abundances
vary between 10−7 – 10−9 with an average of 4.8×10−8. The low
density in the interclump medium results in low water abun-
dances between 1×10−11– 5×10−9 with an average of 8.9×10−10.
Ammonia is found to have about the same average abundance as
water, 4.3×10−8, in the clumps, while lower by almost an order
of magnitude in the inter-clump medium, 1.1×10−10.

Table 6. Observed and predictedT ∗A in the PDR foro-H2O(11,0 – 10,1)
with SWAS and Odin at the central position.

Satellite Obs.T ∗A Pred.T ∗A
[mK] [mK]

SWAS 186 120
Odin 416 345

−12

−11

−10

−9

−8

−7

−6

−5

erg

s cm2 sr

20 40 60 80 100

0

20

40

60

80

100

120

bright rim

log(intensity o− H2 O)

offset [arcsec]

of
fs

et
 [a

rc
se

c]
Fig. 6. Result of the PDR high-density model. The water intensity is
shown on a logarithmic scale. The ionizing star is located onthe left
side of the displayed region.

The result from our PDR model is used as input to a three-
dimensional multi-zone escape probability method which com-
putes the level populations ofortho- and para-H2O (up to
∼350 K), CO and NH3, as well as line intensities and opaci-
ties (Poelman & Spaans, 2005, 2006). The excitation due to dust
emission is fully included. The dust temperature in the model
varies between 18 and 32 K. However, due to geometry the high-
estTdust is only achieved at the edge of the PDR and the dust
component fills only a small part of the region. The bulk of the
dust has a temperature of about 25 K and the dust continuum
opacityλ100µm is 0.02 or smaller. Results from this code dif-
fer at most by 10% compared to other Monte Carlo/Accelerated
Lambda Iteration codes. Fig. 6 shows the predicted water inten-
sities on a logarithmic scale. Note that the ionizing star islocated
on the left side of the displayed region. The peak emission is
found about 70 – 80′′ from the bright rim, in agreement with our
observations of all species.

The resulting model intensities are then used to calculate the
expected antenna temperature via

T ∗A =
1
2

S Ae f f

k∆ν
=

1
2

b ηbf Ωmb

k∆ν
λ2

ΩA
=

=
1
2

b λ2

k∆ν
ηbf ηmb =

b λ3

2k∆υ
ηmbηbf [K] , (11)

whereS is the integrated flux density in [erg s−1 cm−2], the in-
tensityb is in [erg s−1 cm−2 sr−1], Aeff is the effective antenna area
ηA Ageo=λ

2/ΩA [cm2], ∆ν is the observed line width in Hz,Ωmb
is the main beam solid angle in [sr],∆υ is the observed line width
in cm s−1, and the wavelengthλ is in cm. We convolve the inten-
sities to the Odin beam, and in addition predict the intensities of
the forthcoming observations of the Herschel Space Observatory
using a telescope diameter of 350 cm and a beam-efficiency of
0.7. The observed and modelled SWAS and Odin antenna tem-
peratures for the 11,0 – 10,1 transition are provided in Table 6 for
the central position. In addition, the predicted antenna tempera-
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Fig. 7. Predicted antenna temperatures of theortho-H2O(11,0 – 10,1) and
para-H2O(11,1 – 00,0) transitions for the forthcoming Herschel-HIFI ob-
servations along a cut 20 – 100′′ from the bright rim.

tures for Herschel-HIFI of both theortho- andpara-H2O 11,0 –
10,1 and 11,1 – 00,0 transitions along a cut from the bright rim are
shown in Fig. 7.

The modelortho-water opacities are relatively low with a
unweighted mean opacity of 17 over the entire source, with a
range between 10−5 – 800.

The antenna temperatures from the PDR model agree well
with our observations, especially considering uncertainties in
source and clump size, as well as the volume filling fraction,
which is the main uncertainty and can be varied to obtain slightly
higher or lowerT ∗A . The dust background continuum is also
lower than in theRADEX model, which diminishes the effect
of radiative excitation of water. A clumpy medium with high
clump densities above 106 cm−3 is, however, necessary to pro-
duce model antenna temperatures close to the observed val-
ues. This is also supported by the resulting low density of
3×104 cm−3 obtained by the dust model in Sect. 4 assuming a
homogeneous, spherical cloud, which is about 7% of the density
in our best fitting model.

A clump-interclump density ratio of∼100 is in general
agreement with observations of dense PDRs. Data in CO, sen-
sitive to n ∼ 103−4 cm−3, and high density tracers like CS and
HCN, probingn∼105−6 cm−3, often show an extended morphol-
ogy in CO lines and clump-like features in the CS and HCN
gas. Maintaining such a density contrast is a challenge, since
the clumps likely evolve on a sound crossing time of∼ 105 yr
(∼ 0.1 pc clumps). If the interclump medium has a much higher
temperature or a higher degree of turbulent motion than the
clumps, then a rough pressure equilibrium might hold for times
exceeding the sound crossing time, supporting our best-fit den-
sity contrast. This would, however, require interclump tempera-
tures of>103 K or turbulent motions of>3 km s−1.

6. Summary and conclusions

We have used the Odin satellite to observe water, ammonia, and
carbon-monoxide in the well-known molecular cloud S140. We
have simultaneously observed five-point strip maps across the
bright rim in S140 of theortho-H2O 11,0 – 10,1 and theortho-
NH3 10 – 00 transitions, as well as CO(5 – 4) and13CO(5 – 4).
The NH3 transition has never previously been observed in S140.
Observations of H18

2 O in the central position resulted in a non-

detection at an rms level of 8 mK. As support observation we
also mapped13CO(1 – 0) with the Onsala 20m telescope.

Like CO, the water line-profile is dominated by emission
from a NW – SE outflow, however, mainly in the red wing.
Strong self-absorption is seen in the optically thick CO emission,
while no obvious signs are seen in theortho-H2O, ortho-NH3 or
the almost optically thin13CO line profiles. In addition to the
outflow, our water line shows emission from a more extended
NE – SW elongated PDR. Both these components originate ap-
proximately around our central position. No additional emission
is detected closer to the bright rim or further into the molecular
cloud where the water most likely is adsorbed onto dust grains.
Close to the bright rim the temperature is most likely too high for
a detection of our transition with an upper state energy of 61K.
Instead, higher-lying transitions, observable with the Herschel
Space Observatory, will have their peak intensity shifted towards
the bright rim (Poelman & Spaans, 2005, 2006). Even closer to
the bright rim at a few magnitudes ofAV , water is, however,
photo-dissociated by the UV field.

The ortho-NH3 emission seems to emanate from the same
high density clumps in the PDR and the outflow as water, but
also shows additional emission further into the cloud wherethe
ambient gas temperature drops to about 30 K. Compared to water
in the central position, ammonia has a weaker outflow emission
in the red wing although similar in the blue outflow. Close to the
bright rim, where the outflow contribution to the emission isvery
low, the water and ammonia line profiles are almost identical,
suggesting an origin in the same gas and velocity fields of the
PDR. The13CO line also shows a very similar line profile as H2O
and NH3 in this position with a narrow line width of∼3 km s−1.

Abundances, with respect to H2, in the PDR are estimated
both with an enhanced version of the homogeneousRADEX code
and with a clumpy PDR model. This model points to low mean
water and ammonia abundances in the PDR of 5×10−9 and
4×10−9, respectively. In the high-density clumps both the av-
erage water and ammonia abundances increase to 5×10−8. To
match the observed PDR antenna temperatures with Odin and
SWAS, a clumpy medium is required by the model with a high
molecular hydrogen density in the clumps of>∼1×106 cm−3. The
resultingRADEX mean abundances are twice as high: 1.0×10−8

and 8×10−8 for water and ammonia, respectively, using a molec-
ular hydrogen density of 4×105 cm−3 and a kinetic temperature
of 55 K. The differences most likely arise from the uncertainty
in density, beam-filling, and volume filling of the clumps. The
opacity of the narrow PDR component of the 11,0 – 10,1 transi-
tion is constrained by the narrow line width, and is estimated by
RADEX to be∼7. The PDR model also confirm a low water opac-
ity with an unweighted mean opacity of 17 and a model range of
∼10−5 – 800. The mean outflow water abundance, derived from
a simple two-level approximation, is higher than in the PDR by
at least one order of magnitude,∼4×10−8 – 4×10−7.

Predictions of antenna temperatures for observations with
HIFI are given by our PDR model of theortho- andpara-H2O
11,0 – 10,1 and 11,1 – 00,0 transitions for nine positions across the
bright rim, and are found to peak around 70 – 80′′ from the dis-
sociation front in agreement with our observations.
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Appendix A: RADEX – construction of a dust model

In order to relate the molecular column densities,N(x) of species
x, to fractional abundances,X(x)=N(x)/N(H2), a uniform, ho-
mogeneous sphere of diameterL=N(H2)/n(H2) is assumed
here. The adopted physical diameter of the PDR corresponding
to an angular diameter of 120′′ (Sect. 3) at a distance of 910 pc
is 0.53 pc. This is assumed to be equal to the line-of-sight depth.

The observed intensity of the continuum is used to estimate
the internal radiation field sensed by the molecules. We con-
struct a simple model of the broad-band spectrum at submm and
far-infrared wavelengths in order both to characterise theinter-
nal radiation and to estimate the total column densities of dust
and hydrogen. Thronson et al. (1983) measured the far-infrared
emission of S140 and found a peak flux density of the order of
104 Jy slightly shortward ofλ100µm in a 49′′ beam. Minchin
et al. (1995) presented total broad-band fluxes in a 1.′5×1.′5 box.
We represent the latter results with a two-component model of
thermal emission by dust over a solid angle ofΩ = 1.9×10−7 sr.
The main component has a dust temperatureTdust=40 K and a
long-wavelength (λ > 40µm) form of the opacity law

τdust= 0.0679(100/λ)1.2

whereλ is the wavelength inµm. The opacity law is smoothly
matched to a standard interstellar extinction law at shorter wave-
lengths, which is also used to describe the second component
at Tdust= 140 K. The opacity of the first dust component corre-
sponds to a visual extinctionAV =58.8 mag. The second compo-
nent has a smaller optical depthAV = 0.023mag, but is assumed
to cover the same solid angle. In addition, the mid-infraredmea-
surements of Ney & Merrill (1980) have been adapted in order
to specify the radiation field at even shorter wavelengths. In the
calculations, the molecules are assumed to be exposed to an av-
erage intensity of continuous radiation

Iν = Bν(TCMB) + η
f dust
ν

Ω

whereBν is the Planck function,TCMB =2.73 K is the tempera-
ture of the cosmic background radiation,f dust

ν is the flux density
of the 2-component dust model,Ω=1.9×10−7 sr, andη=0.72 is
a dilution factor to scale the brightness of the dust source to the
larger beam area of the Odin measurements. It is important to
keep in mind that we observe this strong far-infrared radiation;
therefore, the co-extensive molecules must sense it also.

For the adopted interstellar extinction law and a standard
gas/extinction ratio,

2N(H2) = 1.6× 1021AV cm−2,

the adopted dust model impliesN(H2)= 4.7×1022cm−2 and
an average densityn(H2)= 2.9×104 cm−3 over the source size
L= 0.53 pc. This average density is, however, inconsistent with
the observed molecular line emission in large beams (θ ≥ 1′).
Although a uniformRADEX model can be constructed based
upon this density, the line-centre optical depths of the pure
rotational lines of H2O and NH3 would be of the order of
200 and 100, respectively. Such large opacities would imply
significant line broadening through saturation of the emission,
which conflicts with the observed narrow profiles of∼3 km s−1.

Appendix B: Figures and Tables

Fig. B.1. Odin observations of H18
2 O in the central position.
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Fig. B.2. Rotation diagram of the broad component of13CO(1 – 0)
with the Onsala 20-m telescope,J = 2 – 1 andJ = 3 – 2 from Minchin
et al. (1993), andJ = 5 – 4 with Odin, producingTROT= 24±2 K and
NROT= (2.5±0.4)×1016 cm−2.
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Fig. B.3. Rotation diagram of the narrow component of13CO(2 –
1) and J = 3 – 2 from Minchin et al. (1993),J =5 – 4 with Odin,
and J = 6 – 5 from Graf et al. (1993), producingTROT= 69±27 K and
NROT= (3.2±1.8)×1016 cm−2. J = 1 – 0 is not included in the fit.
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Table B.1. Observed transitions and their parametersa in S140 with the Odin satellite in a five point NE-SW strip.

Species Transition Freq Eu A-coeff ∆υ Pos. υLSR Tpeak

∫
T ∗A dυ rms note

[GHz] [K] [s−1] [kms−1] [kms−1] [mK] [K kms−1] [mK]
H2O 11,0 – 10,1 556.936 61.0 3.46e-3 0.27 1 -8.0 207 0.64 39

2 -6.9 517 2.74 68
3 -6.6 632 3.34 19
4 -7.0 379 1.84 57
5 – – – 44 No detection.

H18
2 O 11,0 – 10,1 547.676 60.5 3.29e-3 0.34 3 – – – ∼8 No detection.

CO 5 – 4 576.258 83.0 1.22e-5 0.32 1 -5.4 6 680 47.1 67
2 -5.0 11 760 94.2 47
3 -5.5 13 240 108.8 43
4 -6.6 8 690 60.1 50
5 -6.9 2 220 10.1 160

13CO 5 – 4 550.926 79.3 1.10e-5 0.27 1 -7.8 2 740 8.29 115
2 -7.4 5 930 21.4 81
3 -7.4 7 110 27.7 61
4 -7.6 3 640 13.2 119
5 -8.5 1 190 2.5 291

NH3 10 – 00 572.498 27.5 1.61e-3 0.32 1 -8.0 444 1.18 99
2 -7.4 467 1.83 33
3 -7.4 588 2.66 29
4 -7.3 381 1.86 36
5 – – – 91 No detection

a Transition= the quantum numbers for the transition; Freq= rest frequency of the transition;Eu = the upper state energy;Acoeff= the Einstein
A-coefficient;∆υ= the velocity resolution; Pos= the strip position from NE to SW.υLSR= the peak LSR velocity;Tpeak= the observed peak
temperature of the transition;

∫
T ∗A dυ = the integrated intensity from the observed spectra not corrected for beam-efficiency or beam-filling;

rms= noise.

Fig. B.4. Gaussian fits to13CO(5 – 4) at the central position. The widths,
amplitudes and centre velocities are 3.2 km s−1 and 8.2 km s−1; 6.610 K
and 0.612 K;−7.3 km s−1 and−6.8 km s−1, respectively.

Fig. B.5. Gaussian fits to the convolved (to the Odin 126′′ beam) spectra
of 13CO(1 – 0) at position 1. The widths, amplitudes and centre veloci-
ties are 2.7 km s−1 and 8.6 km s−1; 6.982 K and 0.395 K;−7.6 km s−1 and
−8.0 km s−1, respectively.
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Fig. B.6. Gaussian fits to H2O at the central position. The widths, am-
plitudes and centre velocities are 3.1 km s−1 and 8.8 km s−1; 416 mK and
213 mK;−7.1 km s−1 and−6.1 km s−1, respectively.

Fig. B.7. Gaussian fits to NH3 at the central position. The widths, am-
plitudes and centre velocities are 3.3 km s−1 and 8.5 km s−1; 487 mK
and 100 mK; -7.6 km s−1 and -6.4 km s−1, respectively.
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Table B.2. 13CO Gaussian fitsa. Tb uses a source size for the PDR (narrow component) of 120′′→ ηbf = 2, and a source size for the broad outflow
component of 85′′→ ηbf = 3.

Pos. υLSR err TA∗ Tb err ∆υ err
[km s−1] [km s−1] [mK] [mK] [mK] [km s −1] [km s−1]

1 -7.7 0.04 2 665 5 920 68 2.8 0.08
2 -7.3 0.02 5 877 13 060 56 3.3 0.04
3 -7.3 0.01 6 610 14 690 199 3.2 0.07
3 -6.8 0.33 612 2 040 207 8.2 1.54
4 -7.3 0.03 3 620 8 040 66 3.5 0.07
5 -8.2 0.25 1 124 2 500 282 2.1 0.62

a Gaussian fits (including errors) to the spectra in 5 positions. For most positions two Gaussians are needed to fit the spectra. Parameters:
υLSR= the LSR velocity at the peak temperature, amp= the amplitude of the Gaussian fit,∆υ=FWHM line width.

Table B.3. H2O Gaussian fitsa. Tb(PDR) uses a source size of 120′′→ ηbf = 2, whileTb(outflow) uses a source size of 85′′→ ηbf = 3.

Pos. υLSR err TA∗ Tb err ∆υ err
[km s−1] [km s−1] [mK] [mK] [mK] [km s −1] [km s−1]

1 -7.5 0.10 180 400 12 3.1 0.2
2 -6.9 0.08 340 756 28 3.5 0.3

-5.4 0.39 171 570 27 8.8 0.7
3 -7.1 0.06 416 924 30 3.1 0.20

-6.1 0.24 213 710 31 8.8 0.60
4 -7.1 0.08 316 702 44 3.5 0.4

-6.6 0.8 78 260 45 10.0 4.1

a Notation as in Table B.2 .

Table B.4. NH3 Gaussian fitsa. Tb(PDR) uses a source size of 120′′→ ηbf = 2, whileTb(outflow) uses a source size of 85′′→ ηbf = 3.

Position υLSR err TA∗ Tb err ∆υ err
[km s−1] [km s−1] [mK] [mK] [mK] [km s −1] [km s−1]

1 -7.5 0.14 438 973 46 2.6 0.3
2 -7.9 0.25 412 916 200 3.3 0.9

-6.1 3.4 111 370 160 5.8 2.6
3 -7.6 0.12 487 1 080 90 3.3 0.50

-6.4 1.4 100 333 92 8.5 4.3
4 -7.4 0.23 321 713 185 3.9 1.2

-6.8 2.6 61 203 192 8.7 12.1

a Notation as in Table B.2 .





Chapter 6

Introduction to Paper IV:

The search for the unknown

The most exciting projects of all, are those where we do not know what to expect
or what to do. Our goal is to explore, in every way we can possibly think of.

The fact that light travels with a finite speed has an intriguing consequence.
When we look far away in the Universe we look back in time.

According to the standard Big Bang model our Universe started out extremely
hot and dense about 13.7 billion years ago. The model predicts that it took about
20 minutes to finish the synthesis of the lightest elements, and another 400million
years to form the first stars in the Universe. These first stars then rapidly produced
all other elements occurring in nature, and reionised the Universe with their intense
radiation. It is during the epoch of the Dark Ages before reionisation that the
evolution from the tiny density fluctuation present in the very early Universe to
gravitationally collapsed structures took place. Information about this evolution
is of very high interest, but no observational data from this time exists today.

A fascinating idea concerns the prospect of actually detecting signals from the
cosmic Dark Ages. A detection would for the first time ever give direct evidence
of a protostructure from the early Universe and would therefore be of utmost
importance. However, the search for these signals, described in paper IV, is also
extremely difficult. We search for signals from unknown species, from unknown
sources, and from an unknown time. The signals are expected to either arise from
colliding or collapsing primordial perturbations or from the Cosmic Microwave
Background (CMB) radiation scattering off molecules in the pristine gas.
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Figure 6.1: The history of our Universe; from the Big Bang, via the Dark Ages, to the
formation of the first stars and galaxies to present time (Credit: NASA and WMAP
Science Team: http://map.gsfc.nasa.gov/).

6.1 The Cosmic Microwave Background radiation

New discoveries are often found by ”accident”, and the discovery of the relic radi-
ation from the Big Bang radiation is a good example of such serendipity.

Scientists had been puzzled for ages about the origin of the elements and many
theories had been proposed. Thermonuclear processes in stars could not account
for the high helium abundance in the Universe. New ideas arose when Edwin
Hubble discovered the expansion of the Universe in 1929, described by

υ = H0 d, (6.1)

where υ is the recessional velocity of an object, H0 is the Hubble constant, and
d is the distance. This expansion of the Universe causes the emitted light from a
distant object to be redshifted as

z =
λ − λ0

λ0
, (6.2)

where λ0 is the wavelength of the transition in a reference frame at rest with respect
to us, and λ is the received wavelength. Note, that the shift of wavelengths by the
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Figure 6.2: The CMB spectrum plotted in waves/cm vs. intensity. The FIRAS
data on-board the COBE satellite were taken at 34 positions equally spaced along
this curve. The data is a perfect match to a blackbody curve with a temperature of
2.725±0.001 K. The error uncertainties are less than the width of the theoretical curve
(http://lambda.gsfc.nasa.gov/product/cobe/slide captions.cfm).

expansion of the Universe is not the same as a Doppler shift, which is caused by
the motion of an object through space. The cosmological redshift is caused by the
expansion of space itself. A redshift of zero corresponds to the present time, and
a high redshift corresponds to an early Universe. The size of the Universe scales
with redshift as

R =
1

1 + z
, (6.3)

where R is the scale factor.
An interesting property of this expansion was discovered by George Gamov in

connection with his analysis of primordial nucleosynthesis in 1946. If the Universe
is expanding at present, then if we look backwards in time, at some point a long
time ago, the Universe must have been extremely small and dense. The idea of
an extremely hot and dense Big Bang was born. Together with his student Ralph
Alpher, Gamow proposed reactions in the early Universe that could produce all
elements in the Universe. They also predicted that the Universe immediately after
the Big Bang was so hot that thermonuclear processes occurred everywhere in
space. This would create a blackbody radiation filling the entire space, which by
now would have been shifted towards longer wavelengths due to the expansion of
the Universe and correspond to 5K. Ralph Alpher and Robert Herman, continued
to work on this idea and showed a few years later that it was impossible to produce
elements heavier than helium in the Big Bang. In his PhD thesis, Alpher also
calculated the amount of He to be 25% in the Universe.



138 Introduction to Paper IV: The search for the unknown

The catchy phrase ”Big Bang” was ironically coined by an opponent of this
theory, Fred Hoyle, on a BBC radio program in 1949. Hoyle worked on nucleosyn-
thesis in stars and had an idea of a non-expanding, steady state Universe. This
theory cannot explain all the present day cosmological observations and has been
rejected by most scientists.

Apparently unaware of Gamows’ idea, Robert Dicke and his student James
Peebles also realized in the early 1960s how to explain the high helium abundance
in the Universe and began to build an antenna to search for the CMB radiation.
Before they were finished, the CMB was inadvertently discovered by Arno Pen-
zias and Robert Wilson in 1965 as an ”excess noise” corresponding to 3K in their
measurements using the Bell Labs Horn Antenna (originally designed to relay tele-
phone calls to Earth-orbiting communication satellites). In their discovery paper
they state that this radiation was, within the uncertainties of their observations,
”isotropic, un-polarized, and free from seasonal variations”. This is a perfect por-
trait of the cosmological principle describing the Universe as homogeneous and
isotropic on large scales. Together with general relativity, it constitutes the pillars
of cosmology. The interpretation of their results was made by Dicke and Pee-
bles, and in 1978 Penzias and Wilson received the Nobel prize in physics for their
discovery.

Shortly after Penzias and Wilson’s discovery, it was realized that the CMB
radiation already had been indirectly discovered ten years before it was even pre-
dicted by Gamow in 1946. It was during the first pioneering years of molecular
astronomy, in 1935 – 1939, when Adams and Dunham discovered faint absorption
lines identified as CH, CH+, and CN. The excitation temperature for CN was
found to be 2.3K. Little attention was paid to this derived temperature, which
was assumed to be the result of some interstellar excitation process, while in fact
it was the CMB radiation.

After many attempts to observe the CMB with ground-based and balloon-
borne observations, it became clear that the measurements needed to be done
from space above the Earths bright and obscuring atmosphere. NASAs Cosmic
Background Explorer (COBE) satellite was launched in November 1989. The first
result, only nine months afterwards, showed the most perfect blackbody radiation
ever observed, with a peak at 1.9mm and a temperature of 2.725K. This was in
very strong support to the Big Bang theory.

Moreover, in 1992, COBE showed weak but definite anisotropies, revealing the
spatial temperature variations of the CMB. The strongest such anisotropy is the
dipole anisotropy. This is a Doppler shift caused by the motion of our solar system
relative to the CMB background. The amplitude of this anisotropy is proportional
to the ratio of the peculiar velocity to the speed of light. The peculiar velocity
of our solar system is measured to be 371 km s−1 in a direction towards a point
between the constellations of Leo and Crater. Our Sun is also moving around
the center of the Milky Way, and the Milky Way is moving relative to our closest
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neighboring galaxies called the Local Group. When these velocities are accounted
for, it is found that the Local Group moves with a velocity of 627 km s−1 relative
to the CMB. This kind of velocity will be shown to be very important for the
emergence of resonant lines in paper IV.

When the dipole anisotropy is removed, residual small anisotropies are seen
with an amplitude of the order of 1/100 000. These tiny fluctuations are the true
seeds of stars and structure in the Universe and show the density fluctuations at
a redshift of 1 080. All these observations were major achievements and the 2006
Nobel prize in physics was awarded to John Mather and George Smoot who were
in charge of these measurements.

The Wilkinson Microwave Anisotropy Probe (WMAP) was launched in June
of 2001 to continue the mapping of the CMB temperature fluctuations with higher
resolution, sensitivity, and accuracy than COBE. In February 2003, the WMAP
team released results from the first year of flight data, and the latest results were
released in 2008. Their results, combined with other observations, for example of
high redshift supernova, have been used to very accurately determine the Hubble
constant H0 defined in Eq. 6.1, and the age of the Universe to be 13.7 billion
years. The amount of matter in the Universe, described by a dimensionless density
parameter ΩM, is also very accurately determined. It turns out that 5/6 of all
matter in the Universe consists of dark matter and only the remaining 1/6 being
ordinary baryonic matter. The dark matter can be detected by the gravitational
influences on its surroundings and the Universe as a whole.

In addition, all results points to a flat geometry of the Universe which cannot
be attained unless the Universe presently is filled to 72% with an unknown form
of collisionless energy. Similar to the matter density, it is described by the dimen-
sionless dark energy density parameter ΩΛ. This mysterious energy is accelerating
the expansion of the Universe at present times, an effect seen in supernovae ob-
servations. In the early Universe this energy was very small and has no, or only a
very small, effect on our calculations in paper IV.

6.2 Big Bang Nucleosynthesis and molecular synthesis

In the beginning the Universe was extremely hot, but it was cooling because of
the expansion as

T = T0 (1 + z), (6.4)

where T0 is the present temperature of the CMB, 2.725±0.001K.
The abundances of the light elements produced in the Big Bang Nucleosynthe-

sis (BNN) depend for instance on the baryon nucleon density, neutrino content,
neutrino-antineutrino asymmetry, and the expansion rate of the Universe control-
ling the temperature. Nucleosynthesis is only efficient within certain temperature
ranges. A few minutes after the Big Bang, the temperature had dropped to about
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900 billionK, and the existing protons and neutrons could combine into helium
and trace amounts of lithium. In the standard BBN model this was over about
another 20 minutes later when the temperature had become too low. If we mea-
sure the primordial abundances today and compare with predictions, we can test
Big Bang models as well as particle physics.

In the standard BBN model, the resulting abundances of the light elements by
mass are 75% H, 25% He, and trace amounts of lithium. By number, for each 1012

H atoms there were 7×1010 4He atoms, 2.67×107 D atoms, 1.06×107 3He atoms,
and only 430 Li atoms. All elements were ionised since the temperature was too
high to allow combination with electrons. The photons and particles were in close
interaction with each-other, keeping their temperatures the same, via Thompson
scattering where photons mainly scatter off free electrons.

Approximately 380 000 years after the Big Bang, the temperature had dropped
to about 3 000 K. This time is called the epoch of recombination with a corre-
sponding redshift of 1 080. The protons could now combine with the electrons
and produce neutral hydrogen without being immediately reionised by energetic
radiation. Helium started to recombine to He+ from He2+ at a redshift ∼6000 and
to neutral He at z∼2 500, since higher energy photons are required to ionise this
atom. Lithium similarly started to recombine at z∼10 000 to Li2+ and the final
neutral Li atom appeared around z∼600.

The epoch of recombination is also referred to as the last scattering surface,
describing the Universe as transparent from us to this epoch and completely opaque
prior to this time. It is considered to be the last time that the photons scattered
off matter, producing the CMB radiation seen with COBE and WMAP.

After the recombination the close thermal coupling between matter and radi-
ation was lost since the number density of free electrons decreased dramatically.
From this time forward, the temperatures of matter and radiation started to evolve
separately, even though their temperatures are believed to stay about the same to
a redshift of ∼200.

Also the matter density in the Universe decreases when space is expanding as

n = n0(1 + z)3, (6.5)

where n0 is the average density of hydrogen in the Universe at present time, with
a value of only 2×10−7 cm−3. At recombination, the hydrogen density was about
200 cm−3. This is still a very low density medium compared to the conditions
in local star forming regions in our Galaxy. Although the low density and the
expansion of the Universe acted against molecular formation, di-atomic molecules
formed in gas-phase reactions through radiative association as soon as neutral
atoms appeared.

These molecules were crucial to the formation of the first stars in the Universe
since atomic hydrogen alone cannot cool the gas to below a temperature of about
8 000K. Molecular hydrogen is able to cool it further to ∼500K and HD to even
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Figure 6.3: Evolution of the chemical abundances with redshift: helium, hydrogen,
deuterium and lithium chemistries. The ordinates show the resulting relative abundances
using a standard Big Bang Chemistry model (Puy & Signore, 2007).

lower temperatures of ∼100K. Their abundances are therefore highly interesting
and many authors have presented chemical models which follow the evolution
of molecular abundances. Even though only a few species and ions are present
in the early Universe, there are several hundreds of different reactions to take
into account. Several non-standard BBN theories have also been suggested, and
in addition there may exist high density regions creating heavier elements than
lithium such as flourine. Magnetic fields and turbulence, which are considered very
important in star formation today, are believed to be very weak and are therefore
most often neglected. A presence of magnetic fields in the early Universe may
change substantially the standard theory of star and structure formation during
the Dark Ages.

All estimated molecular abundances are therefore very uncertain and may be
off by orders of magnitudes. The abundance of HeH+ relative to H have for exam-
ple been estimated to be in the range 10−8 – 10−15, the one for LiH between 10−11

and 10−18, and H2 between 10−1 and 10−8. The abundance of deuterated molec-
ular hydrogen HD relative to ordinary H2 is predicted to be within 10−1 – 10−5.
Figure 6.3 shows one of these models and their predicted molecular abundances
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from Puy & Pfenniger (2008), already presented in Signore et al. (2006) and in
Puy & Signore (2007).

6.3 Primordial signals

All observations today of the high redshift Universe are either from high redshift
quasars (z∼6) and clouds in their line of sight, or the CMB at z≈1 080. No obser-
vations from the era of the evolution from primordial gas to the observed structures
in the Universe exist. Model-dependent theoretical modelling and computer simu-
lations have therefore been the main tool to follow perturbations of different scales
in the primordial medium to predict when and how the first stars and structure in
the Universe evolved. This depends on a number of things including the chemistry
in the early Universe and dark matter properties. The question is: does anything
exist that we can directly observe between these redshifts?

The early Universe consisted of an extremely smooth neutral gas of hydrogen,
helium, trace amounts of lithium, and a small residual fraction of electrons left over
from the recombination. There were also CMB photons and, with time, molecules.
Within this smooth gas there were tiny density perturbations present at the epoch
of recombination of the order of 6×10−5 compared to the average density. The
perturbations grew with time and eventually collapsed to form the first stars in
the Universe about 400million years after the Big Bang according to the latest
WMAP results. All numerical models indicate that these stars must have been
very massive, about 100 – 1 000M⊙ and had a very short life before they exploded
as a supernova or collapsed into a black hole.

In the early phases of growth the perturbations followed the expansion of the
Universe. The density contrast grew linearly with redshift, and at a certain point,
a given perturbation was able to resist the expansion and appeared non-moving.
This is the turn-around point at which gravity counterbalances the expansion. The
perturbation then enters a collapse phase during which the density and tempera-
ture quickly increase and a star is eventually formed.

The hierarchical model predicts that small perturbations or galaxies formed
first and then merged or accreted gas to form even more massive objects. The latest
WMAP results suggest that the reionisation of the Universe took place between
z∼ 6 –11, implying that the first stars must have formed at redshifts higher than
this. They are predicted to form in overdense regions of 105 – 106 M⊙ at redshifts
about 30 – 40, while larger mass perturbations would collapse at lower redshift and
may be the sources of reionisation. Mass perturbations of 1013 – 1014 M⊙ are not
predicted to have reached their collapse phase yet. Note, that this mass describes
the total mass, and the ratio of baryonic to the total matter content is 1/6.

Before the onset of the first stars, there is thus only gas and CMB photons.
To be observable the species need to be excited somehow, by increased density or
temperature. They may also absorb radiation if temperature gradients exist. The
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problem is that collisional excitation is most likely almost non-existing in the lin-
ear phase of growth. The average density is very low and decreases towards lower
redshift. This implies that collisions between the species are negligible and that
excitation is dominated by absorption of CMB photons followed by emission in a
process called resonant scattering. This alone is not enough to produce a signal
since spontaneous emission has random directions. However, another emerging
property of the growing perturbations on all scales, is that with time, they will
be increasingly affected by other growing mass-concentrations. This gravitational
potential induces peculiar velocities of the primordial clouds, and thus the scat-
tered CMB will obtain the same reference frame as that of the cloud. The CMB
will simply be Doppler shifted and produces a frequency dependent signal.

The drawback of this process is that the amplitude of this process is propor-
tional to the ratio of the peculiar velocity of the moving cloud to the speed of
light. This ratio is 2×10−3 today and decreases with increasing redshift. Thus the
signals will be very weak. They will in addition be very broad and therefore even
more difficult to detect. Despite their weakness, these lines are the only predicted
signals possible from the evolutionary phase before the formation of the first stars,
and should therefore not be forgotten.

At the turn-around phase the lines will be stronger and very narrow, and thus
this epoch is the most favourable for detection of primordial resonant lines. In the
case of colliding or collapsing perturbations in which the density and temperature
will increase, ”normal” emission and absorption will arise and may be orders of
magnitude stronger than the resonant lines. Another problem emerging problem
then concerns their size. Perturbations with higher than average density or tem-
perature will most likely only exist in smaller parts of larger low density clouds.
These objects are located extremely far away and will therefore only fill a very
small fraction of the beam of our receiving antenna, thereby diluting the signal
by many orders of magnitude. If a small cluster of objects could be observed, the
possibility of a detection increases. Predictions of expected emission or absorption
have to take many considerations into account, resulting in very uncertain results.

Two previous observational attempts were made in 1993 and 2002 without
success in the search for resonant lines from the Dark Ages. We now want to
continue the search and further develop the analysis.

6.4 Results of Paper IV

Our aim is to observationally investigate the previously unexplored epoch of Dark
Ages in order to constrain cosmological models of star and structure formation as
well as the chemical evolution.

1. Since any signals from this epoch are expected to be very weak, we have as
a first step in our searches used the Odin satellite in order to avoid spectral
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line contamination from the terrestrial atmosphere.

2. We have performed spectral line surveys towards six positions without any
known sources of emission in the search for primordial lines from the Dark
Ages. Considering both standard BBN, as well as inhomogeneous and non-
standard BBN, the most likely species to search for are H2, H+

2 , H2D
+, HD,

HD+, HeH+, LiH, LiH+, CH, CH+, OH, OH+, NH, HF, H, C, O, N, and F.

3. The first survey covered a broad band of 31GHz between 547 – 578GHz to-
wards two positions with fixed reference positions. The second survey cov-
ered 11GHz in the bands 542.0 – 547.5GHz and 486.5 – 492.0GHz towards
four positions.

4. No lines are detected, and hence the results are upper limits in terms of noise
level. Typical 1σ values are 5 – 20mK in the 11GHz survey, and 20 – 60mK
in the 31GHz survey.

5. The major improvement made by the Odin observations compared to the
previous attempt in 1993, is the broad bandwidth covered. In this way a
wide range of redshifts can be explored for a number of atomic and molecular
species.

6. We have taken into account the unknown sizes of the clouds testing a new
observational strategy in the second survey. Here we have observed towards
four positions in a sequence with different angular distances between the
reference and signal positions.

7. We predict the intensities of HeH+ resonant lines from different redshifts.

8. Our analysis shows that at low densities and equilibrium of temperatures, the
only possible signal is from resonant scattering between CMB photons and
matter moving with respect to the expansion of the Universe. These signals
may at most be of the order of a few mK at low frequencies around 100GHz,
and orders of magnitude lower at higher frequencies. At both high and low
frequencies, emission or absorption lines may be detected from higher den-
sity and temperature regions arising from colliding or collapsing primordial
perturbations.

9. The Odin observations can be considered as pilot studies for deep searches
with future much more sensitive antennas such as the Herschel Space Ob-
servatory which has orders of magnitude higher sensitivity, or interferometer
arrays as ALMA. Our observing methods and resulting limits, paired with a
sensitivity analysis taking into account the evolution of primordial perturba-
tions, should be a valuable input to the planning of these observations.
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ABSTRACT

Aims. We want to observationally investigate the cosmic Dark Agesin order to constrain star and structure formation models, as well
as the chemical evolution in the early Universe.
Methods. We attempt to detect spectral line signals from atoms and molecules in primordial perturbations at high redshifts. Since these
signals will be very weak, we have as a first step in our searches used the Odin⋆ satellite in order to avoid spectral line poisoning from
the terrestrial atmosphere. We have performed two sets of spectral line surveys towards several positions, which may beconsidered
as pilot studies for future more sensitive observations. The first survey covered the band 547 – 578 GHz towards two positions. The
second survey covered the bands 542.0 – 547.5 GHz and 486.5 – 492.0 GHz selected to test different sizes of the primordial clouds.
Results. No lines are detected at an rms level of 13 – 20 and 5 – 8 mK for thetwo surveys, respectively. The broad bandwidth covered
allows a large redshift range to be explored for a number of atomic and molecular species. Our sensitivity analysis showsthat resonant
scattering lines will be observable only at frequencies below 200 GHz, while thermal emission or absorption lines from colliding or
collapsing primordial perturbations may be possible to detect at both high and low frequencies.

Key words. cosmology: early Universe – cosmology: large-scale structure of Universe – cosmology: observations – line: formation
– line: identification – submillimeter

1. Introduction

One of the most important topics in astronomy today con-
cerns the formation of the first stars and structure formation in
the Universe. The cosmic microwave background radiation ob-
served by NASAs Cosmic Background Explorer1 (COBE) satel-
lite and the Wilkinson Microwave Anisotropy Probe1 (WMAP)
shows small density fluctuations at a redshift of∼1100 and a
temperature of∼3000K. After this epoch of recombination the
Universe became neutral and entered the cosmic Dark Ages
which did not end until the formation of the first stars and
quasars, which are believed to have reionised the Universe.
During this time the transition from the small density fluctua-
tions left over from the Big Bang to strong non-linear growth
took place.

The main method to obtain information about physical and
chemical conditions in star forming regions is by means of

Send offprint requests to: carina.persson@chalmers.se
⋆ Odin is a Swedish-led satellite project funded jointly by the

Swedish National Space Board (SNSB), the Canadian Space Agency
(CSA), the National Technology Agency of Finland (Tekes) and Centre
National d’Etudes Spatiales (CNES). The Swedish Space Corporation
was the prime contractor and also is responsible for the satellite opera-
tion.

1 http://lambda.gsfc.nasa.gov/

atomic and molecular line observations. Molecular observations
of high redshift objects have indeed been performed, for exam-
ple by Bertoldi et al. (2003) where high excitation CO is found
in a Sloan Digital Sky Survey quasar atz = 6.4. Other CO
observations include observations of a damped Lyman-α sys-
tem atz= 2.4 (Srianand et al., 2008), in a field containing an
over-density of Lyman break galaxies at z=5.1 (Stanway et al.,
2008), and the detection of a massive CO reservoir atz= 3.9
(Papadopoulos et al., 2001). Recently an unusually high amount
of hydrogen was found in a 14 Mpc region surrounding a young
galaxy at z=4.9 (Frye et al., 2008). However, no observational
evidence exists at all from the cosmic Dark Ages at even higher
redshifts or during the earliest epochs of the first star formation.

Model-dependent theoretical modelling and computer simu-
lations have therefore been the main tool to follow perturbations
of different scales in the primordial medium to predict when and
how the first stars and structure in the Universe evolved. This
depends on a number of parameters including the chemistry in
the Early Universe and the properties of dark matter. The chem-
istry constitutes a very important part in the Early Universe since
star formation requires a cooling mechanism provided by the
molecules.

The standard Big Bang Nucleosynthesis (BBN) model pre-
dicts the formation of H, D, He and Li a few minutes after the
Big Bang (e.g. Steigman, 2007). Their primordial abundances
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depend only on the density of baryons which has been measured
with high precision,Ωb=0.0462±0.0015 (Komatsu et al., 2008).
In the expanding and cooling Universe, molecular synthesisof
for example H2, H+2 , HeH+, HD, HD+, LiH, and LiH+, could
begin as soon as neutral atoms appeared, attaining maximum
abundances around redshifts of 200 – 400 depending on species.
The molecular primordial abundances depend on many parame-
ters and many attempts have been made to follow the chemical
evolution during the Dark Ages, with results that often differ by
orders of magnitude (e.g. Lepp & Shull, 1984; Puy et al., 1993;
Galli & Palla, 1998, 2002; Lepp et al., 2002; Puy & Signore,
2007; Schleicher et al., 2008; Sethi et al., 2008).

In addition, there also exist non-standard BBN models. An
important class of these non-standard scenarios supposes that
the baryons were spatially inhomogeneously distributed during
the epoch of nucleosynthesis. In the framework of these inho-
mogeneous BBN models, there were small regions in the early
Universe with a high baryon density where heavy elements could
form already during the primordial nucleosynthesis (Applegate
et al., 1987; Rauscher et al., 1994; Kurki-Suonio et al., 1997;
Lara et al., 2006). Primordial chemistry of these heavy elements
has been poorly studied, although Puy et al. (2007) analysedthe
possibility to form molecular fluorine HF, and more recently
Vonlanthen & Puy (2008) calculated the possible amounts of
hydride molecules, such as CH, OH, NH, and their respective
molecular ions.

To be able to discriminate between the proposed mod-
els of structure formation and primordial chemistry we need
to test theory with observations from the Dark Ages. We do
know that during this epoch, the Universe is filled with atoms,
molecules, ions, electrons and Cosmic Microwave Background
(CMB) photons. The question is if these species have high
enough abundances to produce a detectable signal. Since theav-
erage density is predicted to be very low,nH∼0.2 cm−3 atz∼100
and decreasing towards lower redshift, excitation is dominated
by absorption of CMB photons followed by spontaneous or stim-
ulated emission in a process known as resonant scattering. This
alone is not enough to produce a signal since the spontaneous
emission scattering has random directions. However, another
emerging property of the growing perturbations on all scales is,
that with time they will be increasingly affected by other grow-
ing mass-concentrations. This gravitational potential induces pe-
culiar velocities of the primordial clouds, and thus the scattered
CMB will obtain the same reference frame as that of the cloud.
The cross-sections for this scattering are several orders of mag-
nitudes larger than the Thomson scattering between CMB and
electrons, and as a result of the frequency dependence of the
cross-sections, resonant rotational or rotational-vibrational lines
will appear.

Since the original idea by Dubrovich (1977) a number of
papers have already analysed the possibility of detecting the res-
onant lines (e.g. Maoli et al., 1994, 1996; Shakhvorostova et al.,
2003; Núñez-López et al., 2006; Dubrovich et al., 2008) and
two previous observational attempts have been made without
success (de Bernardis et al., 1993; Gosachinskij et al., 2002).
The main problems are the expected very weak signals from un-
known species in unknown sources at unknown redshifts. The
amplitude and width of the lines are also uncertain and depend,
in addition to the density of the species, on the dynamical phase
of the primordial perturbation which is a function of mass and
redshift. All these issues guarantee extremely difficult observa-
tions.

Possible signals from the Dark Ages may not only be caused
by resonant scattering, since the growing potentials may further

induce adiabatic heating as well as shock heating of colliding
primordial clouds (e.g. Barkana & Loeb, 2001; Santoro & Shull,
2006; Johnson & Bromm, 2006). This introduces for the first
time emission or absorption from overdense or high temperature
regions. During the collapse phase there will also be emission
of resonant lines which does not depend on peculiar velocities.
However, many considerations have to be taken into account to
predict all these types of emission, with uncertain results.

We emphasise, however, that every possibility to obtain ob-
servations from the Dark Ages should be seriously considered. A
detection would be extremely important and would allowdirect
evidence of a very high redshift protostructure within a wide
range of angular sizes, from arcsecond to arcminute scales,de-
pending on cosmological model. These small scales are not ob-
servable in the CMB anisotropies due to the finite depth of the
last scattering surface. The ”primordial spectral lines” will also
probe the chemistry throughout a wide range of redshifts, the
heating and cooling processes as well as the dynamics of the
primordial clouds before and during the gravitational collapse
of a protostructure. Even upper limits would be very valuable in
order to constrain all of the above mentioned issues. Thus, with
this method, new otherwise unobtainable, information on star
and structure formation and their consequent evolution during
the Dark Ages epoch can be obtained.

Given the expected weakness of the lines, ground observa-
tions are very limited by the terrestrial atmospheric lines. The
ozone molecule, O3, including all the isotopes16O, 17O and18O,
emits numerous lines. Moreover, most of the vibrationally ex-
cited lines can not be found in catalogues. Observations with the
IRAM 30-m telescope (de Bernardis et al., 1993) experienced
much difficulties from these lines at a low level. It is therefore
of great importance that these observations are performed from
space. Interferometer observations may also be of interestfor
searches like this, due to the many advantages for rejectingboth
broad band and narrow atmospheric emissions.

As a first test, we have chosen to use a satellite to search
for and put upper limits on primordial signals from the Dark
Ages. The satellite is required to have tunable receivers inorder
to cover a broad spectral band, which is absolutely necessary in
order to explore a wide redshift range. In this work, we have
used the only available satellite with the above mentioned re-
quirements: the Odin satellite (Nordh et al., 2003). This satellite
has the unique capability to cover a broad spectral band witha
high spectral resolution of about 1 MHz using the tunable SSB
receivers.

A very important aspect of this work is to test different
observational strategies to prepare for future observations with
more sensitive telescopes also in other wavelength regions,
such as the Herschel Space Observatory2 to be launched in
2009. Other interesting facilities to consider are the 50 m Large
Millimeter Telescope3 (LMT), the Combined Array for Research
in Millimeter-Wave Astronomy4 (CARMA), the Atacama Large
Millimeter Array5 (ALMA), and the IRAM Plateau de Bure
Interferometer6.

In the second part of this work, we assume aΛCDM cos-
mology, and make an attempt to predict the observed line width
and amplitude of resonant HeH+ lines. Even though these pre-

2 http://herschel.esac.esa.int/
3 http://www.lmtgtm.org/
4 http://www.mmarray.org/
5 http://www.alma.info/
6 http://www.iram.fr/
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dictions have large uncertainties, our observations provide limits
for any cosmological/chemical model.

2. The Odin observations

Our approach in all observations has been to perform spectral
line surveys in order to cover a wide redshift range. Our ob-
jects are located at an unknown redshift and the expansion of
the Universe causes the frequency of an emitted photon to be
redshifted as
ν0

νobs
= 1+ z , (1)

whereν0 is the rest frequency,νobs the observed frequency of
the transition, andz is the redshift. When we choose an observa-
tion frequency, we thus determine the emitting redshift foreach
transition given by Eq. 1. Each transition may also be detected
at different frequencies, emitted from several objects at differ-
ent redshifts along the line of sight. This is similar to the the
Lymanα forest where clouds in the line of sight absorb the light
from bright quasars and galaxies. The strong frequency depen-
dence of the scattering and emission processes allows a separa-
tion of the signals.

We search for any molecule or atom that may be present in
the high redshift Universe. This includes molecules that form
from the primordial elements H, D, He and Li (Steigman, 2007)
such as: H2, H+2 , H2D+, HD, HD+, HeH+, LiH and LiH+. There
are also suggestions that lines from neutral hydrogen H could
be seen during the time of recombination and at later times
(e.g. Rubiño-Martı́n et al., 2005). Moreover, non-standard BBN
models predict heavy nuclei such as carbon, oxygen, nitrogen,
and flourine, which may have created molecules like CH, OH,
NH, HF, and their respective molecular ions (Puy et al., 2007;
Campos et al., 2007; Vonlanthen & Puy, 2008). In addition, re-
gardless of BBN model, the first generation stars of a primordial
composition formed atz >∼ 10 might quickly have polluted the
medium with small amounts of metals with subsequent chem-
istry.

If we assume a cosmological model and a primordial chem-
istry, then there will exist a certain redshift range where the
molecule is able to exist.

1+ z f < 1+ z < 1+ zd , (2)

wherez f is the formation redshift,∼100−400, andzd is the dis-
sociation redshift which is located where the energetic radiation
from new-born stars and quasars destroy the molecules. Thisal-
lows an estimate of the frequency ranges in which a line can be
expected to be observable. The redshift ranges from where the
lowest rotational lines of HeH+, HD and H2 fall in our observed
bands are found in Table 7 (on-line material).

At redshifts higher than aboutz & 200 the matter and radi-
ation temperature are expected to be the same due to Compton
scattering, evolving as

TCMB = TK = T0(1+ z) , (3)

whereT0= 2.725K is the cosmic microwave background radi-
ation (CMB) today, as measured by the FIRAS instrument on-
board the COBE satellite (Fixsen et al., 1996). At redshiftsbe-
low 200, the matter temperature evolves in line with adiabatic
expansion which implies a kinetic temperature decrease faster
than for the CMB (Glover, 2005)

TK =
T0

1+ 200
(1+ z)2. (4)

The gas will eventually be heated from collisions and collapse
of the growing perturbations, and eventually from the first stars
and quasars.

The coupling of the excitation temperature to the radiation
or matter temperature differs with species. Polar molecules like
HeH+ probably continue to haveTex coupled to the CMB tem-
perature, while H2 may remain more strongly coupled to the
matter temperature. There are also situations where the excita-
tion temperature may depend on molecular formation processes,
by which for instance primordial H2 may remain superthermal
relative to the matter temperature.

The strongest emitting transitions are those with upper state
energies of the order of the excitation temperature at the emis-
sion redshift. Detection of rotational-vibrational lines, with up-
per state energies of thousands of Kelvin, are therefore only ex-
pected for very high redshift sources, or from from colliding or
collapsing high-temperature regions at lower redshifts. In such
regions the density may be increased above average. The in-
creased collision rate in these regions will drive the levelpop-
ulations and the excitation temperature towards the mattertem-
perature. Since the kinetic temperature is lower than the CMB
at low redshifts, this will force the excitation further away from
equilibrium with the radiation, and should enhance spectral ab-
sorption distortions.

A detection of several spectral lines is required to secure
a detection and a redshift of an emitting source. For rotational
lines, this is often only possible when observing at frequencies
below 100 – 200 GHz since the spectral distance between these
lines is rather wide even for high redshifted sources. It is thus
more likely that a single transition from each object would be
seen in the Odin observations. The rotational-vibrationaltransi-
tions would, however, be more closely spaced, but have a lower
probability of detection.

Neither the amplitude nor the line widths are known and
therefore we use high spectral resolution to enable detection of
narrow lines, and later re-bin the data to lower resolution.The
choice of spectral resolution also affect the noise level seen from
the radiometer formula

Trms =
T sys
√

t∆ f
K , (5)

where∆ f is the frequency resolution of the spectrometer,t is the
integration time,T sys is the system temperature from the whole
system, which includes the receiver noise, andK is a constant
which depends on observation strategy.

Table 1. Coordinates of observations.

Position R.A. (J2000) DEC. (J2000)

Hot Spot 1 05h26m00s0 −48.◦ 30.′ 00.′′0
Hot Spot 2 05h09m36s0 −43.◦ 24.′ 00.′′0

The expected signals most likely originate from every di-
rection in the sky, even though they will be stronger from rare
high density peaks. However, we need to observe positions with
as low contamination as possible from any known source, and
in addition they must be observable with the Odin satellite for
long periods. For these reasons we have observed towards twoof
the WMAP hot spots in the CMB radiation, out of the Galactic
plane. The coordinates are listed in Table 1.
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Two different sets of observations were performed with dif-
ferent observation strategies as described below. The firstsurvey
was performed in 2004 and the second in 2006 – 2007.

The Odin 1.1 m offset Gregorian telescope has a circular
beam at 557 GHz with a width (FWHM) of 2.′1 (Frisk et al.,
2003). Being outside the atmosphere, and with an exception-
ally high main beam efficiency,ηmb= 0.9, our intensity calibra-
tion is very accurate. The calibration procedure (the chopper
wheel method) of the Odin satellite is described in Olberg etal.
(2003). The intensity scale in the figures is expressed in terms of
antenna temperatureT ∗A . The reconstructed pointing offset was
.15′′ during most of the time.

Two different single sideband (SSB) receivers, with a typi-
cal side-band suppression of.20 dB, were used simultaneously
in combination with one auto-correlator (AC) and one acousto-
optical spectrometer (AOS). The bandwidths for the AOS is
1.040 GHz, and 690 MHz for AC, with a frequency resolution of
0.62 and 1.0 MHz for the AOS and AC, respectively. Our spec-
tral resolution thus give∆ν/ν ≈ 2×10−6 at ν=545 GHz. The
Odin average system temperature is around 3 300 K (SSB) and
therefore many hours of observations are demanded to produce
sensitive observations. The resulting noise levels may very well
be too high to allow a detection, but the intensity of the lines is
really not known. We have therefore taken a pure observational
approach in the search for any signal from whatever redshift. If
no detection is obtained, the resulting upper limits will beused
as input to the noise levels required in future observations.

In each LO setting, the resulting AOS spectra have a very
stable baseline except at the band edges where the calibration
spectra exhibit a steep increase. The noisy edges are excluded,
and then a first or second order polynomial baseline is subtracted
before we join all spectra together to form a long spectrum. The
AC consists of 7 bands of 100 MHz each in each setting. We
subtract a linear baseline in each band before we align and aver-
age all spectra. All averages are then joined to form a continuous
spectrum.

Fig. 1. Observation strategy during the second spectral survey 2006/07.
The Odin beam has a width of 2.′1.

Table 2. Observation strategy 2006/07: every weekend we observed
during ∼40 orbits with one frequency setting towards four positions,
A – D, as listed below and shown in Fig. 1.

Sig Ref Spacing

1 10 orbits A B 5′

2 10 orbits B C 15′

3 10 orbits C D 10′

4 10 orbits D A 30′

Fig. 2. Examples of the resulting spectra: 2006/07 observations towards
Hot Spot 1 (position A) with B used as reference and shown withthree
different resolutions: 1, 4, and 16 MHz. The OdinTmb-scale is related
to the flux density byFν/Tmb=2 400 Jy/K at 543 GHz.

2.1. Observation strategy summer 2004

Our first goal was to cover as wide a frequency band as possible.
We were awarded 337 orbits (1 orbit∼1 hour of observation) and
performed independent position switching observations towards
the two positions listed in Table 1, using reference positions off-
set by−45 arcminutes in declination. Using simultaneous obser-
vations covering 15.5 GHz each with the AC (∼563– 578 GHz)
and AOS (∼547 – 563 GHz) the total observed frequency band
is 31 GHz covering 547 – 578 GHz. We spent 5 orbits for each
Local oscillator (LO) setting and the step size in frequencywas
0.5 GHz. The settings and steps were the same as in the first
spectral line survey performed by the Odin satellite towards the
Orion KL nebulae (Olofsson et al., 2007; Persson et al., 2007).

2.2. Observation strategy winter 2006/07

In the next attempt during nine weekends in winter 2006/07 and
one weekend in Aug 2007 (in total 464 orbits) we changed our
observational strategy. We wanted to lower the noise compared
to what we obtained in the 2004 observations, but still needed
to cover a wide frequency band. Since the sizes of the primor-
dial objects are unknown, we also wanted to test different spac-
ings between the signal and reference positions in order to avoid
subtraction of the signal if present in both positions. A compro-
mise of the above requirements resulted in the scheme shown in
Fig. 1. Four positions, A – D, were observed where position A is
the previously Hot Spot 1 observed during 2004. The minimum
offset was determined by the Odin beam size of 2.′1, and thus we
chose the following offsets:−5′, −15′, and−10′ in DEC, keep-
ing the same R.A. During 10 weekends of observations (∼40
orbits/weekend) we observed all four positions with one fre-
quency setting each weekend. Table 2 shows how we performed
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the observations: 10 orbits towards each pair of positions were
observed in a sequence. First towards position A with B as ref-
erence (AB), then B with C as a reference (BC), C with D as
reference (CD), and finally D with A as a reference (DA). Thus,
in total we have ten orbits/setting/position for ten different LO
settings.

As in the first observation run in 2004, we performed si-
multaneous observations with the AC and the AOS, but cover-
ing other frequency ranges. The final results are spectral sur-
veys in the frequency ranges 542.0– 547.5GHz (AOS) and
486.5 – 492.0 GHz (AC) towards four positions.

Table 3. Upper limits from observations during 2004 using 1, 4 and
16 MHz frequency resolution. The limits are for the data observed with
the AOS(AC) and for frequencies between 547 – 563 (563 – 578) GHz.
Note that these values are preliminary.

1 MHz resolution

Position 1σ Peak Intensity
[mK] [σ]

HotSpot 1 37 (88) 3.5 (3.0)
HotSpot 2 40 (83) 4.1 (3.5)

4 MHz resolution

HotSpot 1 23 (46) 3.3 (2.8)
HotSpot 2 25 (44) 2.9 (3.1)

16 MHz resolution

HotSpot 1 14 (27) 3.4 (3.6)
HotSpot 2 16 (25) 3.2 (3.1)

3. Results

No lines were detected and thus we are limited to measure the
noise level and use 5σ as upper limits of the amplitudes of the
signals. The noise is rather stable over the covered band of all
surveys, with a few exceptions where we had loss of observa-
tion time. We therefore measure the 1σ noise level across the
total band covered, towards each position. We have re-binned
the AOS data to the AC frequency resolution, 1 MHz, and then
re-binned both AOS and AC to resolutions of 4 and 16 MHz,
with an example shown in Fig. 2. This should lower the noise
by a factor of 2 and 4, respectively, if the noise is Gaussian dis-
tributed. Our measurements, however, do suffer from baselines
at a low level which prevents the noise to follow Eq. 5 exactly.
All 1σ results are found in Tables 3 and 5, which also include
the peak intensity of the noise given in terms of the measuredσ.

Figures 6 and 7 (on-line material) show the original AOS
spectra used to produce Fig. 2. The intensity is plotted vs. chan-
nel numbers and shown for all ten frequency settings.

3.1. Comments on results from 2004 observations

The observations from summer 2004 resulted in a wide fre-
quency band, but with a rather high noise level. Table 3 shows
that a typical 1σ is about 38 (85), 24 (45), and 15 (26) mK for the
AOS(AC) observations with 1, 4 and 16 MHz resolution, respec-
tively.

Table 4. Observational strategy 2006/07: different combinations of sig-
nal and reference positions are sensitive to different angular sizes of the
primordial perturbations.

Position Angular sensitivityθ
2 – 5′ 5 – 10′ 10 – 15′ 15 – 30′

A AB+AD AD AD AD
B BC+BA BC BC –
C CD+CB CD+CB CB –
D DA+DC DA+DC DA DA

3.2. Comments on results from 2006/07 observations

The analysis of these observations is somewhat different from
the 2004 observations due to the new scheme. We do not know
if the signals we seek are absorption or emission lines, or ifthey
are located in the signal or in the reference position. As seen
from Fig. 1, each pair of observations is sensitive to different an-
gular scales of the perturbations. As an example, if we assume
that the signal is in position A and use B as reference, this com-
bination is sensitive to a perturbation size between 2 – 5′. If the
primordial cloud is larger than 5′ the signal will be present in
both A and B and will disappear in the resulting AB average. We
are, however, also sensitive to larger sizes of the perturbations in
A since we have observations towards position D with A as a
reference. If we switch and use A as signal and D as reference,
we will have an AD average which is sensitive to scales between
2 – 30′. Therefore, we can add both AB and AD together to fur-
ther lower the noise with a sensitivity of scales 2 – 5′. For larger
scales we can only use AD. A summary of all average combina-
tions for each position with corresponding angular scale sensi-
tivity is given in Table 4.

This observation strategy is also a way to check if the signal
is in the signal or reference position. For example, if thereis a
signal in position A, and the size of the perturbation is 2 – 5′, the
signal-to-noise (S/N) will increase by

√
2 if we average AB and

AD. If the signal is in B, the signal will be lowered by a factor
of two in the AB+AD average. A signal in the B position would
also be seen in the BC average with

√
2 increase of the S/N in

the BA+BC average.
Table 5 shows that the noise is considerably lower than in the

2004 observations.

4. Analysis

We want to interpret our observations in a cosmological con-
text and start with a summary of the cosmological background
and the tools by which we estimate the amplitude and line width
of the resonant lines in Sect. 5. This is model dependent and
we adopt the currently favoured hierarchicalΛCDM cosmol-
ogy with a cosmological constant in which cold dark matter
dominates the evolution of structure. The latest results from five-
years of WMAP data (Komatsu et al., 2008) are used with a
Hubble constant H0= 70 km s−1 Mpc−1, a dimensionless matter
density parameterΩM = 0.28, a dark energy density parameter
ΩΛ =0.72, and a baryon densityΩb=0.0462. This implies a flat
geometry whereΩM +ΩΛ = 1.

The proper lengthL(z) of a primordial perturbation can be
estimated by using the small-angle limit of the relation between
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Table 5. Upper limits in mK as a function of angular size on the sky fromobservations during 2006/07 using 1, 4 and 16 MHz frequency
resolution. The limits are for the data taken with the AOS(AC) and for frequency ranges 542.0 – 547.5 (486.5 – 492) GHz. Note that these values
are preliminary.

1 MHz resolution

Position 2 – 5′ Peak intensity 5 – 10′ Peak intensity 10 – 15′ Peak intensity 15 – 30′ Peak intensity
1σ [mK] [σ] 1σ [mK] [σ] 1σ [mK] [σ] 1σ [mK] [σ]

A 16 (22) 3.4 (3.9) 22 (32) 3.9 (4.0) 22 (32) 3.9 (4.0) 22 (32) 3.9 (4.0)
B 17 (24) 3.1 (2.7) 23 (35) 3.6 (3.3) 23 (35) 3.6 (3.3) – –
C 17 (23) 3.4 (4.1) 17 (23) 3.4 (4.1) 25 (35) 3.3 (3.7) – –
D 15 (22) 4.1 (3.3) 15 (22) 4.1 (3.3) 22 (33) 2.8 (3.1) 22 (33) 2.8 (3.1)

4 MHz resolution

A 10 (14) 3.4 (2.6) 14 (20) 3.3 (3.9) 14 (20) 3.3 (3.9) 14 (20) 3.3 (3.9)
B 10 (16) 2.6 (3.2) 15 (23) 2.7 (3.6) 15 (23) 2.7 (3.6) – –
C 11 (16) 3.3 (3.5) 11 (16) 3.3 (3.5) 16 (23) 2.9 (4.0) – –
D 9 (14) 2.7 (2.6) 9 (14) 2.7 (2.6) 13 (21) 3.6 (3.9) 13 (21) 3.6 (3.9)

16 MHz resolution

A 5 (8) 3.7 (3.8) 7 (11) 3.5 (3.9) 7 (11) 3.5 (3.9) 7 (11) 3.5 (3.9)
B 6 (9) 2.7 (3.6) 8 (13) 3.1 (3.2) 8 (13) 3.1 (3.2) – –
C 6 (9) 2.7 (2.5) 6 (9) 2.7 (2.5) 8 (12) 3.1 (3.3) – –
D 5 (8) 3.6 (3.3) 5 (9) 3.6 (3.3) 7 (11) 3.6 (3.1) 7 (11) 3.6 (3.1)

the angular sizeθ a cloud subtends on the sky, its linear extent
L, and the angular-diameter distanceDA :

θ =
L(z)

DA(z)
[rad], (6)

whereDA(z) is the angular diameter distance. In a flat Universe,
this distance is described by

DA(z) =
c

(1+ z′)H0

∫ z′

0

dz
√
ΩM(1+ z)3 + ΩΛ

[Mpc] , (7)

wherec is the speed of light. Assuming a spherical geometry, the
proper lengthL(z) can be used to calculate the mass of a density
perturbation∆ρ/ρ following the expansion of the Universe

M =
4π
3

L(z)3

8
ΩM ρcr(1+ z)3(1+ ∆ρ/ρ) , (8)

whereρcr=1.88×10−29h2 g cm−3 is the critical density of the
Universe at present time withh=H0/100, and where∆ρ/ρ
is initially very small but increases with decreasing redshift.
Equations 6 – 8 then give a relation between angular size and
mass.

All structure formation models predict large primordial per-
turbations at redshifts below 1100. The hierarchical modelpre-
dicts that the smaller perturbations or galaxies formed first and
then merged or accreted gas to form even more massive ob-
jects. The latest WMAP results suggest that the re-ionization
of the Universe took place betweenz∼ 6 –11 implying that the
first stars must have formed atz >∼11 (Komatsu et al., 2008).
They are predicted to form in overdense dark matter regions
of 105 – 106 M⊙ at redshifts about 30 – 40 (Glover, 2005) while
larger mass perturbations collapse at lower redshift and may be
the sources of reionisation (e.g. Barkana & Loeb, 2001; Bromm
& Larson, 2004). Mass perturbations>∼1013 – 1014 M⊙ are pre-
dicted not to have reached their collapse phase yet.

The density contrast∆ρ/ρ is predicted to scale linearly with
the scale factor as 1/(1+z). Sufficiently dense perturbations reach
a turn-around point at which their gravity counterbalancesthe

expansion. They then enter a collapse phase during which the
density and temperature quickly increase.

Note that during the linear phase, the only predicted possible
signal is by the resonant scattering process, while in colliding
or collapsing perturbations emission and absorption lineswill
arise. The amplitude and line width of these lines depend among
many things on the dynamics of the primordial clouds, which
conveniently can be divided into the above mentioned phases:
the linear phase, the turn-around phase and the collapse phase.

4.1. Linear phase:

In the linear phase, the width of the resonant lines will depend
on the proper lengthL(z) of the object. This size will occupy a
redshift interval∆z in the Hubble flow, and, assuming a spherical
geometry and that every part of the cloud moves with the same
peculiar velocity, we have (e.g. Maoli et al., 1996; Dubrovich
et al., 2008)

∆ν

ν
=
∆z

1+ z
=

H0 L(z)
c

√
ΩM(1+ z)3 + ΩΛ , (9)

where∆ν is the Doppler line width.
A relation between line width and mass in the linear phase

can be found using Eq. 8 with∆ρ/ρ≪ 1 and Eq. 9. The line
widths increase with redshift and mass and are very broad,
∆ν/ν∼10−1 – 10−5, implying line widths of the order of a few
thousand km s−1. Note, that this is true assuming that the den-
sity contrast is very small. When the perturbations grow theline
widths will start to deviate from Eq. 9 and become more narrow.
Another addition of uncertainty to the line width is our homo-
geneous assumption of no substructure within the cloud. Within
each mass at its turn-around, there will be smaller mass pertur-
bations which already have reached their respective turn-around.
These perturbations will carry the bulk mass and may thus dom-
inate the emission even on large scales. As a first order approx-
imation in our analysis, we will therefore use a line width of
100 km s−1 in our predictions of HeH+ resonant lines in Sect. 6.
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The intensity of the resonant lines is estimated to be (e.g. de
Bernardis et al., 1993; Maoli et al., 1996; Dubrovich et al.,2008)

∆I
ICMB

= (3− αν) (1− e−τ)
υp

c
cosθ , (10)

where∆I is the observed intensity,ICMB the CMB intensity,αν is
the spectral index,υp is the peculiar velocity of the perturbation,
cosθ is the cosine of the angle with respect to the line of sight
of the peculiar velocity, andτ is the opacity of the transition.
The determining factors resulting in a positive or negativesign
of ∆I/I are the cosθ factor, and the possibility of inverted pop-
ulations in which case maser emission will appear. If the popu-
lations are not inverted, then the only way to produce emission
lines is therefore to have a source that moves along the line of
sight towards us, while absorption lines appear when the source
moves away from us. The resonant lines do not require temper-
ature differences, only a moving cloud, CMB photons and the
scattering species.

The spectral indexαν= (ν/I)(dI/dν) is derived in Maoli et al.
(1996) whereIν=Bν(TCMB) and has the general expression

αν = 3−
h ν/kT

1− exp−h ν/k T
. (11)

The peculiar velocity describes the motion of primordial per-
turbations with respect to the Hubble flow. In theΛCDM model
these perturbations evolve due to potential gradients and increase
with time as (Longair, 2008)

υp =
υp0√
1+ z

. (12)

The most commonly used peculiar velocity at present time for
the size of a galaxy cluster isυp0∼ 600 km s−1, derived from the
CMB dipole anisotropy, which together with our spatially flat
ΛCDM model, is considered to reproduce the characteristics of
the large-scale matter distribution at low redshifts (e.g.Jenkins
et al., 1998). Smaller mass perturbations most likely move with
a factor of 2 – 5 higher peculiar velocity (Dubrovich et al., 2008).
The present ratio of the peculiar velocity to the speed of light is
∼2×10−3 and decreases with increasing redshift. This is a very
limiting factor in the search for resonant lines. Even with avery
high molecular abundance and an opacity of one, the observed
antenna temperature will be about 2 mK for high mass pertur-
bations and about 4 – 10 mK for lower mass perturbations, if the
observations are performed at 200 GHz and twice as high if ob-
served around 100 GHz (see Table 6).

As pointed out by Dubrovich (1997), a luminescence ef-
fect may also produce lines when high energy photons are scat-
tered and decay into several lower energy photons. The am-
plitude of lines produced by luminescence is given by Eq. 10
times an additional gain coefficient factorK. For simple elastic
scatteringK = 1 and for luminescenceK . 1000. Dubrovich &
Lipovka (1995) investigated luminescence produced by excited
rotational-vibrational (ro-vib) transitions of H2D+ which decay
to the lowest vibrational state emitting via several rotational tran-
sitions. This effect is, however, limited to high temperature or
high density regions.

The scattering efficiency of resonant lines is very frequency
dependent and here mainly on two parameters: the number den-
sity of the species and the spontaneous transition probability de-
scribed by the Einstein coefficientAul. Those species which have
a high product of these quantities are of special interest.

The density of the species depends on redshift and can be
described in terms of the total density of hydrogen and the frac-
tional abundance of speciesx asXx = nx/nH. For simplicity, as a

first approximation we assume that the density is high enoughto
allow the number density of the species in an excited state tobe
described by the Boltzmann distribution

nx,u(z) =
gu

Q(T )
e−Eu/kTex nx , (13)

wheregu andEu are the statistical weight and energy of the up-
per state, respectively,Q(T ) is the partition function,Tex is the
excitation temperature,nx = nH,0 Xx,0 (1 + z)3 with Xx,0 as the
abundance at present time and the present density of hydrogen
atomsnH,0 = ρcritΩB/mp ≈ 2×10−7 cm−3. We thus assume that
the molecular abundances have reached their asymptotic limit at
the redshifts of interest.200 – 400. The possibility of a detec-
tion prior to a redshift of a maximum abundance is very limited
due to the very low abundances and weak signals at even higher
redshifts. In reality, the population distribution also will depend
on the molecular formation process, and the radiation field with
possible population inversion (maser effects).

The optical depth at the centre of the line can be calculated,
assuming LTE and a Gaussian line profile, using

τmax =

∫ l2

l1

√
ln 2
16π3

c3 nx

ν3ul ∆υ

Aul gu

Q(T )
e−Eu/kTex(e hνul/kTex − 1) dl,(14)

where we have included an additional factor for stimulated emis-
sion. As customary we have converted the line width in fre-
quency∆ν to a Doppler velocity width∆υ. The integration is
performed over the path length of the cloud,l2 − l1= L(z).

If the excitation is governed by the CMB radiation tempera-
ture, the argument of the exponential functions in Eq. 11 and14
can be written as

h νul

kTex
=

hν0
kT0(1+ z)

=
hνobs

kTCMB
. (15)

At redshifts lower thanz . 200 the excitation is closer to the
kinetic temperature described by Eq. 4.

4.2. Turn-around phase:

During this phase the tendency of a perturbation to collapseun-
der its gravity just balances its tendency to expand with therest
of the Universe. The perturbation will appear non-moving and
all species from every part of the perturbation will emit from
the same redshift. This will produce the strongest and the most
narrow lines with a line width determined by the thermal broad-
ening (Maoli et al., 1996)

∆ν

ν
=

2
c

√
2 ln 2k T

m
= 7.16× 10−7

√
T
A
, (16)

wherem is the atomic mass andA is the mass in atomic mass
units of the species. At the low CMB temperatures this implies
a line width between 0.4 – 4 km s−1 at z=3 – 400 for HeH+.

In fact, there will also be an additional constant broadening
of about 2 km s−1, for every redshift, due to the finite speed of
light and photon travel time across the finite size of a perturba-
tion: A photon emitted from the far end of a cloud reaching the
center at the turn-around time tTA, was emitted at a previous time
when the cloud was still expanding. Therefore, this photon will
be redshifted with respect to a photon emitted from the center
at the same time. Likewise, photons emitted from the near end
of the cloud at the time the photons from the center and far end
arrive, will be redshifted precisely as much as the photons from
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the far end since the cloud has then begun to contract. This pro-
duces a non-symmetric spectrum with photons from the cloud
center producing a peak on the blue side, and photons from the
near and far side producing lower intensity on the red side. This
factor will dominate the line width over the thermal broadening
at low redshifts. In addition to these broadening effects, turbu-
lence will also contribute with an unknown amplitude.

The integrated intensity of the resonant lines has not changed
compared to the linear phase, and thus the amplitude, described
by Eq. 10, will increase proportionally to the decrease in line
width, which may be about 3 orders of magnitude.

The turn-around and the beginning of the collapse phase are
identified as the most favourable for observations (Maoli etal.,
1996). It is therefore important to try to estimate at what redshift
this will take place. We assume that the power spectrum of the
dark matter density fluctuations is of Harrison-Zeldovich type,
which means

σM =

〈 (
∆M
M

)2 〉1/2

∼ M −2/3 , (17)

and that it can be normalised by the observed fluctuations
σMS =10−4 of the massMS = 3.72 × 1015 M⊙ (cf. Eq. 15.13
Longair, 2008) within the sound horizon at the last scattering
surface wherez LSS=1 080 giving

σM = 10−4
( MS

M

)2/3

. (18)

The turn-around redshiftzTA for a massM which has 1σM over-
density, i.e.∆M/M = σM, can then be estimated according to

1+ zT A = 1.35 (1+ zLS S )

(
109 M⊙

M

)2/3

. (19)

Figure 3 shows the turn-aroundz as a function of mass for one,
three, and sixσM mass perturbations. Note, that the Harrison-
Zeldovich power spectrum has the power indexn= 1, and
the latest WMAP results (Komatsu et al., 2008) indicate that
n= 0.960+0.014

−0.013. In our calculations we have taken the total mass
into account, but the baryonic to dark matter mass ratio is only
1/6. The star forming baryonic matter is predicted to subse-
quently fall into the dark matter potential wells at later redshifts
caused by gravitational collapse.

To be able to observe these proto-objects we need to relate
the turn-around mass to a linear size corresponding to an angular
size of our beam. At the turn-around (1+ ∆ρ/ρ)=(3π/4)2∼5.55
and this should be inserted in Eq. 8 to find a mass-linear size
relationship at the turn-around. We then use Eq. 6 – 8 and 19 to
find the relation between angular size vs. mass perturbations at
turn-around redshift, shown in Fig. 4.

4.3. Non-linear collapse phase:

When (1+ ∆ρ/ρ) >∼ (3π/4)2 the collapse will begin. The ampli-
tude and line width now depend on the collapse rate in addition
to the peculiar velocity. Depending on the ratio of the two ve-
locities the line can be in absorption, emission or have a double
peak (a summary is found in Maoli et al., 1996). In the initial
stages the line widths are expected to increase compared to the
narrow width during the turn-around. This is also the only evo-
lutionary stage wherethe peculiar velocity is no longer required
to produce resonant lines.

The chemical abundances could also be substantially modi-
fied during the collapse phase of a primordial cloud when the in-
creasing temperature and density would induce new chemistry.
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Fig. 3. Turn-around redshift for one, three and sixσM mass primordial
perturbations as determined by Eq. 19. Note, that this describes the total
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to dark matter content is 1/6.

This could increase the molecular abundances, like for instance
the H2 production, and therefore the amplitudes of the primor-
dial resonant lines (Haiman et al., 1996; Puy & Signore, 1996).
The radiative feedback is, however, not always positive since the
very energetic radiation from the first collapsed objects will dis-
sociate molecular hydrogen (Haiman et al., 2000). There are,
however, large uncertainties of the complex H2 and HD chem-
istry (Glover & Abel, 2008).

The resonant scattering will become suppressed when the
density becomes higher than some critical density depending on
species, due to frequent collisions which causes thermal radia-
tion to dominate over resonant scattering (Basu, 2007). Thein-
creasing numbers of collisions will drive the level populations
and the excitation towards the lower (or higher) matter temper-
ature. and should enhance the spectral line absorption (or emis-
sion). This effect will be greatest in molecules like H2 and HD,
which have zero or small dipole moments and thus weak transi-
tions.

5. Sensitivity analysis for resonant lines

We now want to interpret the upper limits we have obtained
using Eq. 10. This equation is, however, expressed in intensity
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while sub-mm and radio antennas are usually calibrated accord-
ing to the brightness temperature in the Rayleigh-Jeans limit in
terms of

Tb =
c2

2kν2
Iν =

λ2

2k
Iν . (20)

This temperature is only valid ifhν/kTb < 1 and therefore we
must use the radiation temperature

J(Tb) =
hν
k

1
e hν/kTb − 1

≈ Tb , (21)

where the last approximation holds in the above mentioned limit,
which is below 30 GHz when T=2.725 K. Around 550 GHz,
J(Tb)≈10−3. Figure 8 (on-line material) showsJ(Tb) × (3− α)
as a function of frequency with T= 2.725K. As seen we lose al-
most two orders of magnitude in sensitivity around the Odin ob-
servation frequencies compared to frequencies below 200 GHz.
This is especially limiting for detecting the already very weak
rotational-vibrational transitions which cannot be observed be-
low 200 – 400 GHz if they form atz=200 – 400.

Combining Eq. 21 and Eq. 10, we have

∆Tb = J(TCMB) (3− αν) (1− e−τ)
υp

c
cosθ , (22)

where∆Tb is our observed 5σ noise from Table 3 and 5 (cor-
rected for beam-efficiency), andJ(TCMB) is the radiation tem-
perature of the CMB temperature atz= 0.

We assume that a primordial perturbation fills the large Odin
beam which thereby determines the minimum size of a pertur-
bation which we are sensitive to. If the object is smaller we will
suffer from beam-dilution by a factor of

ηbf =
θ2s

θ2s + θ
2
beam

. (23)

When a transition becomes optically thick the line will no
longer increase its amplitude. To estimate the maximum signal
possible we assume optically thick lines in Eq. 22 and calculate
the observed temperature. The results are found in Table. 6,and
depend on the uncertainty of the assumed peculiar velocities.
Obviously, even taking this uncertainty into account, the reso-
nant lines would be extremely difficult to detect at the high Odin
frequencies. At frequencies below∼200 GHz the amplitudes are
orders of magnitudes higher and hence a detection may be pos-
sible if the opacity is high.

We can also estimate the amplitude of optically thin lines
and as an example we consider the rotational and first branch
of ro-vib resonant HeH+ lines for four different redshifts, shown
in Fig. 5. A single perturbation is assumed, with a size corre-
sponding to the 2.′1 Odin beam. We have also assumed a very
low density ofnH=2×10−7(1+z)3 at redshifts≥75 and increased
this density 5.55 times atz= 30 (density at turn-around), and as-
sumed an abundance ofX(HeH+)= 10−12. We use an excitation
temperature that follows the CMB at all redshifts, narrow lines
at z=30 and broad lines with∆υ= 100 km s−1 from z ≥ 75 as
indicated in the legends. Our choice of line widths arises from
the fact that forz >∼10 – 30, the large Odin beam corresponds
to much larger physical sizes and masses than the turn-around
objects (Fig. 3), and at higher redshifts we are therefore most
sensitive to objects in their linear phase. At high redshifts, the
temperature is higher and therefore higher lying transitions will
be populated. The intensities of the ro-vib lines are, however,
much weaker at all redshifts than the intensities of the rotational
lines. This could be compensated by the luminescence process

Table 6. Estimated maximum∆Tb for the resonant lines, assuming op-
tically thick lines andυp(0)= 600 km s−1.

. MaximumTA [mK]

Obs. Freq. z= 10 z=100 z= 300

50 1.5 0.51 0.29
100 1.3 0.42 0.24
200 0.64 0.21 0.12
300 0.24 0.078 0.045
400 0.071 0.024 0.014
500 0.019 0.006 0.004
600 0.005 0.002 9×10−4

at high redshifts of>∼200 (Dubrovich, 1997), but this possibility
has not been considered here.

We should here stress that the predictions of Fig. 5 are based
upon rather conservative assumptions. Any increase of abun-
dance and density, or decrease of line width, would directly
increase the amplitudes of the HeH+ signals. The HeH+ abun-
dance is indeed very uncertain with a predicted abundance range
of 10−8 – 10−15 (Dubrovich et al., 2008). An increase of the
abundance from 10−12, as assumed in Fig. 5, to 10−9 results in
predicted signal intensities which are definitivly reachable with
state of the art millimetre wave telescopes.

6. Discussion – other possibilities of emission?

The advantages of the Odin satellite are the absence of ad-
verse effects from the terrestrial atmosphere and the tunable
SSB receivers, allowing the spectral coverage of a broad band.
However, one severe disadvantage for detection of resonantlines
is the high observing frequency. The best observing frequencies
to detect the scattering lines are below 200 GHz consideringthe
limiting factorJ(Tex)×(3-α) as shown in Fig. 8. Around 550 GHz
the amplitude of the lines will be at least about 100 – 10 000
times lower than the Odin noise levels. However, in the collapse
phase of a primordial perturbation the density and temperature
will rise substantially, thereby introducing emission andabsorp-
tion for the first time in the Universe (c.f. Basu, 2007). In this
phase there is no requirement on peculiar velocities and there-
fore this limiting factor will disappear. However, these objects
may very likely be much smaller than the Odin beam and there-
fore any observations will severely suffer from beam-dilution.
According to Figs. 3 and 4, the Odin beam size is most sensitive
to 1010 – 1013 M⊙ perturbations, with turn-around redshifts about
10 – 300.

Observations of resonant lines at high frequencies have an-
other disadvantage which concerns the molecular energy levels.
To obtain detectable signals the energy levels need to be popu-
lated, and thus the upper state energy of the transitions cannot
be much higher than the excitation temperature at the emission
redshift which approximately follows the CMB. Since the most
relevant energy levels correspond to a rather high temperature,
this demands high redshifts thereby implying an observing fre-
quency below 100 – 200 GHz. This is clearly seen by inspecting
Fig. 5, where the lowest rotational transitions always are several
orders of magnitude stronger than the higher lying transitions.

At high frequencies the only detectable primordial signal is
therefore from thermal emission or absorption, which depends
on the competition between radiation and collisions as seenin
the radiative transfer equation at the appropriate redshift

Tb = (J(Tex) − J(TCMB)) (1− e−τ) , (24)
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Fig. 5. Predicted antenna temperature∆T within the 2.′1 Odin beam size for HeH+ at z= 30, 75, 150, and 300. Turn-around phase is assumed
for z= 30 and for higher z we assume linear phase and a line width of 100 km s−1. We also assume a very low densitynH = 2×10−7 (1+z)3. Any
increase of the density, abundance, or decrease of line width, directly increases the amplitude of the signals with an equal magnitude.

whereTb is the brightness temperature at the source,J(Tex) is
the radiation temperature from Eq. 21, andJ(TCMB) is the back-
ground CMB radiation. The excitation temperature depends on
the radiation field, which is the CMB at high redshifts and at
lower redshifts it is dominated by the energetic radiation from
the first star formation, and on the densities through collisions.
A large difference betweenJ(Tex) andJ(TCMB)) implies a high
amplitude of the lines.

A second important issue for a detection regards beam-
filling. The first objects likely form in dense and small cores
within larger condensations. An individual core is certainly too
small for a detection due to the beam dilution, but they will prob-
ably form in a cluster and as such may be detectable (cf. Kamaya
& Silk, 2003). Observations with interferometers having very
high spatial resolution would therefore also be of interest.

Regardless of peculiar velocities, the resonant scattering pro-
cess also has the potential of reducing the power of the CMB pri-
mary anisotropies if the molecular abundances are high enough
(Maoli et al., 1994). The Planck7 satellite, to be launched in 2009
may be able to detect this decrease in power. There are also sev-
eral suggestions to use differential measurements of the broad

7 http://planck.esa.int

band CMB angular power spectrum observed with Planck to the
search for resonant lines (e.g. Basu et al., 2004; Dubrovichet al.,
2008; Schleicher et al., 2008). To reach the required sensitivity
of the order ofµK, the main problem to extract these weak sig-
nals with this approach, will be the galactic and extra-galactic
foreground emissions.

Other future prospects of probing the high redshift Universe
include antennas like the Low-frequency Array8 (LOFAR)
which will be able to detect the redshifted 21-cm HI transition
betweenz∼6−11 (e.g. Hogan & Rees, 1979) and the proposed
Square Kilometer Array (SKA)9 which will be able to look at
higher redshift. Both instruments will, however, only be able
to probe the post-reionisation Universe. The continuum of H−

has also been suggested to give rise to a detectable signal in
terms of a decrease in the CMB spectrum which may superim-
pose a detectable absorption feature on the CMB. The strength
of this effect has, however, been estimated to quite different val-
ues (Black, 2006; Schleicher et al., 2008).

The search for primordial signals from the cosmic Dark Ages
is a very difficult task. However, the importance of a detection

8 http://www.lofar.org/
9 http://www.skatelescope.org/
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cannot be overestimated and a detection may very well be pos-
sible with the use of future, much more sensitive antennas and
receivers.

7. Summary

In order to constrain cosmological models of star and struc-
ture formation as well as the chemical evolution, we have per-
formed spectral line surveys towards several positions without
any known sources of emission in a search for primordial lines
from the Dark Ages. The first survey covered a broad band
of 31 GHz between 547 – 578 GHz towards two positions with
fixed reference-positions. The second survey covered 11 GHz
in the bands 542.0 – 547.5 GHz and 486.5– 492.0GHz towards
four positions. No lines were detected, and thus the results
are upper limits in terms of noise level. Typical 1σ values are
5 – 20 mK in the 11 GHz survey, and 20 – 60 mK in the 31 GHz
survey.

The major improvement made by the Odin observations
compared to de Bernardis et al. (1993) is the broad bandwidth
covered allowing a wide range of redshifts to be explored for
a number of atomic and molecular species. In addition, in the
second survey we have taken into account the unknown sizes of
the clouds by testing an observational strategy, where we have
observed towards four positions in a sequence with different an-
gular distances between the reference and signal position.An
important benefit of our observations is that we do no suffer from
spectral line contamination from the terrestrial atmosphere.

Our analysis show that at low densities and an equilibrium of
temperatures, the only expected signal is from resonant line scat-
tering between CMB photons and matter moving with respect to
the expansion of the Universe. These signals may at most be of
the order of a few mK at low frequencies around 100 GHz, and
orders of magnitude lower at higher frequencies. At both high
and low frequencies, emission or absorption lines may be de-
tected from higher density and temperature regions arisingfrom
colliding or collapsing primordial perturbations.

The Odin observations can be considered as pilot studies for
deep searches with future much more sensitive antennas such
as the Herschel Space Observatory which has orders of magni-
tude higher sensitivity, or interferometer arrays such as ALMA.
Our observing methods and resulting limits, paired with a sen-
sitivity analysis taking into account the evolution of primordial
perturbations, should be a valuable input to the planning ofthese
observations.
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Fig. 6. Spectra from weekend 1 – 5 vs. channels for Position A with B
as reference from the 2006/07 survey in original shape and resolution
0.62 MHz.

Fig. 7. Spectra from weekend 6 – 10 vs. channels for Position A with B
as reference from the 2006/07 survey in original shape and resolution
0.62 MHz.

Table 8. Physical sizes corresponding to the Odin beam and the differ-
ent angular steps in the 2006/07 observations.

Angular Redshiftz
size z= 10 25 50 100 200 300

θ [′] Physical size [kpc]

2.′1 540 270 150 78 40 28
5 1 300 640 350 190 97 66

10 2 600 1 300 700 370 190 130
15 3 800 1 900 1 050 560 290 200
30 7 700 3 800 2 100 1 100 580 400
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Table 7. The ranges in redshifts covered by our observations for the five lowest rotational lines of HeH+, H2 and HD.

Species Frequency Transitions Eu A-coeff AC [GHz] AOS [GHz] AOS [GHz] AC [GHz]

[GHz] νu –νl Ju – Jl [K] [s−1] 486.5 – 492.0 542.0 – 547.5 547.0 – 563.0 563.0 – 578.0

HeH+ 2 011 0 – 0 1 – 0 94 0.10916 z= 3.15 – 3.11 2.73 – 2.69 2.69 – 2.59 2.59 – 2.50
4 011 0 – 0 2 – 1 289 0.10440 z= 7.24 – 7.15 6.40 – 6.32 6.33 – 6.12 6.12 – 5.94
5 988 0 – 0 3 – 2 577 0.37513 z= 11.30 – 11.16 10.04 – 9.93 9.94 – 9.63 9.63 – 9.35
7 931 0 – 0 4 – 3 957 0.91401 z= 15.29 – 15.11 13.62 – 13.48 13.49 – 13.08 13.08 – 12.71
9 828 0 – 0 5 – 4 1 429 0.18051 z= 19.19 – 18.96 17.12 – 16.94 16.95 – 16.44 16.44 – 15.99

85 324 1 – 0 0 – 1 4 192 830.802 155

H2 10 631 0 – 0 2 – 0 510 2.94×10−11 z= 20.85 – 20.61 18.61 – 18.42 18.44 – 17.88 17.88 – 17.39
17 611 0 – 0 3 – 1 1 015 4.76×10−10 z= 35.20 – 34.79 31.49 – 31.17 31.20 – 30.28 30.28 – 29.47
24 433 0 – 0 4 – 2 1 682 2.76×10−9 z= 49.22 – 48.66 44.08 – 43.63 43.67 – 42.40 42.40 – 41.27
31 040 0 – 0 5 – 3 2 504 9.84×10−9 z= 62.80 – 62.09 56.27 – 55.69 55.75 – 54.13 54.13 – 52.70
37 383 0 – 0 6 – 4 3 528 2.64×10−8 z= 75.84 – 74.98 67.97 – 67.28 67.34 – 65.40 65.40 – 63.68

HD 2 675 0 – 0 1 – 0 128 5.319×10−8 z= 4.50 – 4.44 3.94 – 3.89 3.89 – 3.75 3.75 – 3.63
5 332 0 – 0 2 – 1 384 5.054×10−7 z= 9.96 – 9.84 8.84 – 8.74 8.75 – 8.47 8.47 – 8.22
7 952 0 – 0 3 – 2 766 1.796×10−6 z= 15.35 – 15.16 13.67 – 13.52 13.54 – 13.12 13.12 – 12.76

10 518 0 – 0 4 – 3 1270 4.311×10−6 z= 20.62 – 20.38 18.41 – 18.21 18.23 – 17.68 17.68 – 17.20
13 015 0 – 0 5 – 4 1895 8.354×10−6 z= 25.75 – 25.45 23.01 – 22.77 22.79 – 22.12 22.12 – 21.52

0 100 200 300 400 500 600
10

−4

10
−3

10
−2

10
−1

10
0

10
1

[GHz]

 

 
J(T

0
) x (3−α)

J(T
0
)

Fig. 8. Radiation temperatureJ(T0) times (3-α) as a function of fre-
quency forT0= 2.725 K.

0 100 200 300 400
0

1

2

3

4

5

Redshift z

T
he

rm
al

 li
ne

 w
id

th
 [k

m
/s

]

 

 

HeH+

Fig. 9. Thermal line width for HeH+ at different redshifts.





Appendix A

Tools of astronomy

A.1 Radiative transfer

The radiative transfer equation provides a description of how the intensity changes
when the radiation travels from a source through a medium towards us. Photons
can be added to the original beam of radiation from the medium it travels through.
They can also be removed by scattering or absorption. If no local emission or
extinction occurs, the intensity remains constant along the way.

To describe the amount of intensity added by local photon emission to the
beam, we use the frequency-dependent emission coefficient jν , which is defined as:

jν ≡ dEν

dV dt dν dΩ
=

d Iν(s)

ds
. (A.1)

This expression describes the energy dEν that is added in the form of photons to
a beam with solid angle dΩ, over the bandwidth dν, during a time dt, within the
volume dV . This also expresses the change of intensity along the travelled path
ds. The dimensions of jν are [erg cm−3 s−1 Hz−1 sr−1].

The removal of emission from the beam is proportional to the number of extin-
guishing particles and to the supply of photons. The frequency-dependent propor-
tionality constant is called the extinction coefficient, and is defined per particle,
per gram, or per cm2.

d Iν ≡ −σν n Iν d s ≡ κν ρ Iν ds ≡ −αν Iν ds . (A.2)

where n is the density of the absorbing particles [cm−3], σν is the effective cross-
section per particle [cm2], and κν is the monochromatic mass extinction coefficient
(the opacity, [cm2 g−1]), ρ is the mass density [g cm−3], and αν is the monochro-
matic linear extinction coefficient [cm−1]. In this appendix we will use αν .

Using the emission- and absorption coefficients, the change of intensity as it
travels through a medium can be described as

d Iν

ds
= jν − αν Iν . (A.3)
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This description can be used generally except when the absorbing particles are
large with respect to their mean distance, or if they are not randomly distributed
in the medium.

A.1.1 Optical depth and source function

To further simplify Eq. A.3 we use the optical depth concept:

dτν(s
′) ≡ −αν ds′ . (A.4)

The total optical depth is obtained by integrating Eq. A.4 over the total path
travelled from the source to us.

τν = −
∫ s

0

αν ds′ =

∫ 0

s

αν ds′ . (A.5)

The optical depth is thus integrated against the direction of travel with τν =0 at
the observer and τν = ∞ at an infinite distance. It measures the photon-escape
from a medium, and therefore describes the attenuation of the radiation as we see
it. The opacity can also be viewed upon as the inverse of the average distance
travelled between collisions within a volume V =σν υ t, i.e. the mean free path

l =
υ t

n σν υ t
=

1

n σν
=

1

αν
, (A.6)

where n is the density. If the extinction is high, a photon will only travel a very
short distance before it collides, and will therefore be trapped within the medium.
This is often the case for the rotational ground state transition of water observed
by Odin. To escape from the medium, an opacity below one is required. Note,
that the mean free path and the optical depth are frequency dependent. A cloud
may be optically thick for one transition and thin for another.

The ratio of emission- and absorption coefficient is called the source function

Sν ≡ jν

αν
. (A.7)

The source function depends on frequency and the local temperature of the
cloud. The dimensions are the same as for the intensity, and these two quantities
can be added or subtracted. The source function specifies the addition of photons
along the path of the beam.

We can now rewrite Eq. A.3 as

− dIν

αν ds
= Iν −

jν

αν

, (A.8)

and by using the optical depth and source function we will have

dIν

dτν
= Iν − Sν . (A.9)
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A.1.2 Solution of the transport equation

For pure extinction we have jν = 0, and the transport equation is reduced to

dIν

dτν
= Iν , (A.10)

with the solution

Iν = Iν,0 e−τν . (A.11)

The infalling intensity decreases exponentially with the optical depth along the
ray.

The limit between small and large extinction is found when the intensity has
decreased by a factor of 1/e, i.e. τν = 1. The gas is called optically thick if τν >1
and optically thin if τν < 1. An optically thin medium is one in which a photon
can traverse the medium with a small chance of being absorbed, whereas in an
optically thick medium the photon almost certainly will be absorbed.

Let’s now add emission to the extinction:

dIν = jν ds = Sν dτν . (A.12)

With the addition of a diminishing exponential to correct for the absorption of the
emission travelling through the cloud, the final solution of the transport equation
is

Iν(τν) = Iν,0 e−τν +

∫ τν

0

Sν(τ
′

ν) e−(τν−τ ′

ν)dτ ′

ν . (A.13)

It is often assumed that the cloud is homogeneous and the source function is
constant, giving the simple solution:

Iν(τν) = Iν,0 e−τν + Sν(1 − e−τν ) . (A.14)

Here, the first term represents the damping of the infalling intensity when the
radiation passes through the cloud. The second term is the emission contribution
from the cloud, corrected for absorption when it travels through the cloud. The
resulting frequency dependent intensity is thus depending on the properties of the
medium it travels through, such as the absorption coefficients and the density of
the gas-particles, as well as the temperature.
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Figure A.1: Special cases in (a) the optically thick limit, (b) the extreme optically thin
limit, and (c) the optically thin limit. Credit: Kaj Silander

A.1.3 Special cases

There are three special cases which have very simple solutions. These solutions
arise in the optically thin and thick limits.

• Optically thick limit, |τ | ≫ 1.

If the gas is very dense and opaque then the optical depth will be very large
and we will have

Iν ≈ Sν . (A.15)

When we observe an optically thick medium we will obtain information about
the emission from the surface of the cloud, as shown in Fig. A.1(a). The
medium effectively blocks all infalling radiation and from deeper layers within
the cloud. The emergent intensity depends only on the local temperature,
and therefore an observation of an optically thick emission gives temperature
information.
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• Optically thin limit |τ |<1.

In the less extreme thin limit, but still with little intervening gas absorbing
the intensity, the optical depth will be smaller than one. The exponential
can then be expanded with a Taylor-series, e−τν ≈ 1 − τν and we will get:

Iν(τν) ≈ Iν,0(1 − τν) + Sν τν = Iν,0 + (Sν − Iν,0)τν . (A.16)

This simplification is correct within 5% for an opacity of 0.1. The source-
function can very often vary substantially over a narrow frequency band, and
this will produce emission or absorption lines depending on the difference of
Sν and Iν,0.

With no infalling radiation we will have

Iν ≈ Sν τν . (A.17)

Observations of optically thin emission or absorption give information about
the total integrated emission along the line-of-sight, illustrated in Fig. A.1(c),
and may be used to calculate the column density (Sect. A.2.1).

• Optically extreme thin limit |τ | ≪ 1.

When the density of the intervening gas is very low and the optical depth is
much below one, as seen from Eq. A.17 the emergent intensity will simply
be:

Iν(τν) ≈ Iν,0 . (A.18)

There is another special case, not treated in this work, arising when the optical
depth is negative:

τν ≪ −1 . (A.19)

As seen from Eq. A.13, a negative optical depth will increase the intensity expo-
nentially with τν . In this case we have maser amplification.
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A.1.4 Discrete processes – spectral line theory

Atoms and molecules have discrete energy levels as described by quantum theory,
which means that the radiation is quantised. There are various types of discrete
energy levels:

• Electronic states of atoms and ions. Transitions involving valence electrons
have energies typically a few to hundreds of eV and the spectra are seen in
visible light or UV. When transitions involve inner shells the energies can be
larger than keV and fall in the X-ray region.

• Electronic states of molecules. The energy is typically tenths to a few eV and
the spectral region is infrared through the visible to the UV.

• Vibrational states of molecules. Molecules can also vibrate, with vibrational
levels within the electronic states. The energy is typically a few tenths to
one eV, and emitted in sub-mm or infrared.

• Rotational states of molecules. In addition to vibrational levels, the molecules
can rotate at discrete energy levels. Within the vibrational levels there are
rotational levels with very low energy differences. The emission of rotational
lines are typically 10−4 – 10−3 eV, and the spectra are therefore seen in the
radio spectral regime.

There are five processes for excitation or de-excitation between energy levels,
illustrated in a two-level system in Fig. A.2. The energy difference between the
upper and lower state is ∆E = hν. However, in any real system, there are many
levels which may be connected (see example in Fig. 3.1). Note, that even though
there are many energy-levels in such a diagram, there are always selection rules
that determine the allowed radiative transitions.

The probabilities for radiative emission and absorption are described by the
Einstein coefficients. The Einstein A-coefficient is the transition probability for a
spontaneous de-excitation per second from an upper state energy level. This coeffi-
cient depends only on atomic or molecular parameters and not on the environment,
and can be calculated as:

Aul =
16 π3 ν3

ul µ
2

3 ǫ0 h c3

Sul

gu
, (A.20)

where νul is the frequency of the transition, ǫ0 is the electrical constant, µ is the
molecular dipole moment, and gu is the statistical weight of the upper level describ-
ing the number of states with the same energy. For linear molecules gu =2J+1,
where J is the rotational quantum number. Sul is the rotational part of the in-
trinsic line strength and depends on the symmetry of the molecule. We note that
high frequencies and energy levels thus have higher probabilities for a spontaneous
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Figure A.2: A two-level system with transitions between the upper state u and the lower
state l. The three radiative processes are described by the Einstein coefficients.

de-excitation. The A-coefficient, line strength and dipole moment can be found in
different databases for most molecules and many transitions, and a few databases
are listed at the end of this thesis.

The average lifetime in an upper state is 1/
∑

i Aul, where the summation of
Aul is over all lower states l. A high A-coefficient implies that the state quickly
decays before it can react with another photon or collide with another species; a
very low A-coefficient forces the particle to spend a long time in the excited state.
The chance for collisions with another species before it spontaneously de-excites,
increases with increasing time spent in the upper level.

The probability to be radiatively excited depends on the Einstein Blu-coefficient
together with the radiation field: Blu I describes the number of radiative excita-
tions per second in state l, where I is the frequency- and angle averaged intensity.

A second way for radiative de-excitation is stimulated emission described by the
Einstein coefficient Bul and the radiation field I. The de-excitation is stimulated
by a photon carrying energy ∆E, and the result is two photons with the same
energy, with the same phase and in the same direction as the incident photon. Blu

and Bul have dimensions of [W−1 m2 Hz s].
Generally, the Einstein coefficients are related to each other through

Aul =
2hν3

ul

c2
Bul and Bul =

gl

gu

Blu . (A.21)

The last two processes are collisional excitation and collisional de-excitation.
The Clu and Cul coefficients describe the number of collisional excitations, or de-
excitations, per second per particle in state u or l, respectively, and have dimen-
sions [cm−3 s−1]. The coefficients depend on the velocities between the colliding
particles, on the density, and on the nature of the interaction. Collision partners
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may be electrons or the most commonly found atoms and molecules, such as H,
H2 or He, with H2 as the dominant collision agent in dense molecular clouds. A
transition from state i to state j from a collision between an atom with for instance
H2 is described by:

ni Cij = ni nH2

∫

∞

υ0

σij(υ) f(υ) υ dυ , (A.22)

with ni as the number density in state i, nH2
is the molecular hydrogen number

density, σij is the collisional cross section, υo is defined via the threshold kinetic
energy (1/2mv 2

0 ), and f(υ) is the Maxwell-Boltzmann velocity distribution. This
function describes the number of gas particles per unit volume having speeds be-
tween υ and υ + dυ by

f(υ) =

(

m

2πkTK

)3/2

e−mυ2/2 k TK 4πυ2 dυ , (A.23)

where k is the Boltzmann constant, m is the particle mass, and TK is the kinetic
temperature of the species.

A.1.5 Photon creation, destruction, scattering and conversion

We have the following different kinds of interaction between discrete energy states:

(a) (b) (c) (d)

creation
photonphoton

destruction
photon

scattering
photon

conversion

u

l

Figure A.3: An illustration of transitions between two states by different processes,
which create, destroy, scatter or convert photons. Credit: Kaj Silander

• If a radiative excitation is followed by a collisional de-excitation, a photon
will be destroyed. Radiation will be transferred into kinetic energy of the
gas, which will heat. This is shown in Fig. A.3(a).
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• If collisional excitation is followed by a radiative de-excitation (spontaneous
or induced) a photon will be created, Fig. A.3(b). When this happens the
kinetic energy in the colliding species will be transferred to radiation. Via
this process the gas is able to cool if the optical depth is low and the created
photon is able to escape from the cloud.

• When radiative excitation is followed by radiative de-excitation the photon
will change direction and the radiation will be re-distributed, Fig. A.3(c). In
elastic, resonant scattering (Rayleigh or Thomson scattering) the frequency
is maintained, and this is the process by which the CMB radiation scatters
off the primordial molecules (see paper IV). This is not the case in inelas-
tic scattering, such as Compton or inverse Compton scattering, where the
frequency will be altered. In the special case of stimulated emission, the
direction, frequency and phase is preserved.

• In the last shown process in Fig. A.3(d), a species is radiatively excited,
which is then followed by de-excitation in two (or several) steps. This will
change the energies of an energetic photon into two or mores photons with
lower frequencies and thus with lower energies. Again, the gas is able to cool
if the cloud is optically thin and allows the created photons to escape.

In the first two processes, the local kinetic energy of the gas particles and
the radiation energy in the photons are transformed into one another. If these
processes are frequent, there will be strong coupling between the local radiation
field and the local particle velocities, i.e. the kinetic temperature of the gas. Thus,
there will be equipartition of energy and thermodynamic equilibrium (TE) or Local
TE applies (see Sect.A.1.6). However, if these processes are rare the temperatures
of the radiation field and the gas may not be the same (Non-LTE case). In this
case the photon might have been scattered several times after its creation. Thus,
the radiation we see might not tell the observer anything about the conditions
from where the photons originally were emitted.

A.1.6 Types of equilibrium

• Thermodynamic Al equilibrium (TE).

This occurs in a very optically thick medium. For every subprocess detailed
balance holds. This means that Iν =Sν =Bν , where Bν is the Planck function
which describes the emission from a black-body

Bν =
2hν3

c2

1

ehν/kT − 1
, (A.24)

where h is the Planck constant, and c is the speed of light. In TE there are
no emission or absorption lines. The only emission is a thermal continuous
emission as described by the Planck function.
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The population of each level in TE is described by the Boltzmann equation,
which describes the level populations, and in addition defines the excitation
temperature Tex

nu

nl
=

gu

gl
e−hνul/kTex , (A.25)

where gu and gl are the statistical weights of the upper and lower states, and
hνul =Eu − El.

To compare the number density in the upper state with the total number of
particles, we may write

nu

ntot
=

gu

Q(T )
e−Eu/kTex , (A.26)

where Q(T ) is the partition function which is the weighted sum of all statis-
tical weights, gi, from all possible states:

Q(T ) =

∞
∑

i=0

gi e−Ei/kTex . (A.27)

The partition function depends on the excitation temperature and on molec-
ular constants and will therefore differ between molecules. Many transitions
imply a larger partition function.

The principle of detailed balance also holds for collisions, which leads to a
definition of the kinetic temperature TK

Clu

Cul

nu

nl
=

gu

gl
e−hνul/kTK (A.28)

This relation holds generally, even without the assumption of TE.

When collisions dominate there will be strong coupling between the local
radiation field and the local particle velocities. Thus, if the temperatures of
the gas and radiation are in equilibrium and the same, the gas is thermalised
and Trad =TK =Tex.

• Local thermodynamic equilibrium (LTE)

Here, the mean free path of the particles is smaller than the scale of the
temperature variations, therefore the matter will experience a local TE and
will be in equilibrium with the ambient kinetic temperature. However, even
though the radiation temperature might deviate from the kinetic temperature
and can vary slowly through the medium, Tex ≈ TK. Hence, Sν =Bν , but
Iν 6= Bν . In this limit, emission or absorption lines may arise.

The Boltzmann equation still holds in LTE since the energy-distribution of
matter is maintained locally by collisions and not by radiation.
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• Statistic equilibrium (SE).

In the low density limit where collisions do not dominate, statistical equilib-
rium may be assumed. This implies that the radiation and the level popu-
lations are time independent and all upwards and downwards processes are
balanced giving for a two level system:

dnu

dt
= +nu(Aul + BulIν + Cul) − nl(BluIν + Clu) ≡ 0 , (A.29)

dnl

dt
= −nl(Aul + BulIν + Cul) + nl(BluIν + Clu) ≡ 0 (A.30)

with Iν being the mean integrated intensity of the radiation field, and nl and
nu the level populations in the lower and upper levels, respectively. Conser-
vation of the number of particles implies

n = nu + nl . (A.31)

In the case where the radiation source may be described by a black body
radiation with a temperature T , Iν will be given by the Planck function,
Eq. A.24.

The excitation temperature in the SE case have a somewhat more compli-
cated expression that in LTE:

Tex = TK
Tb Aul + T0 Cul

TK Aul + T0 Cul
, (A.32)

where T0 = hνul/k, and Tb is the radiation temperature. If radiation domi-
nates and Cul ≪ Aul then Tex → Tb. If collisions dominate, then Tex → TK.

Since the temperatures are not the same, and might also differ between tran-
sitions in the same species, this calculation must be performed for every pair
of states.

A.1.7 Critical density

When collisions in the gas start to dominate the downward transitions and the
density is able to bring Tex to a mean value of Trad and TK, the density is referred
to as the critical density. A commonly used first order approximation in a two
level system is

ncrit =
Aul

Cul

(

1 +
1

ehν/kT − 1

)

≈ Aul

Cul
. (A.33)

The last approximation holds if hν≫ kTex and is widely used as a first approxima-
tion of ncrit. A lower limit to the density required to produce observable emission
may be estimated by

nmin & 1011 Aul√
TK

[cm−3] (A.34)
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where we have used a mean velocity of the gas particles <υ>≈ 104
√

TK [cm s−1],
a cross-section approximated by the dimensions of a molecule, σ ∼10−15 cm−2,
and Cul ≈ nσ <υ>. This value must be multiplied by TK/T0 for the excitation
temperature to be at half the value of the kinetic temperature. For better estimates
of the critical densities, collisional coefficients found in databases can be used.

In the multi-level system the critical density will often be reduced since there are
usually more collisional transitions than radiative ones. This is due to the selection
rules that only allow specific radiative transitions. For instance, in the second
most common molecule CO, the radiative transition rules must obey ∆J =±1,
but collisional transition are allowed between all J-levels. The situation may also
be the reverse when molecules are affected by strong radiation fields and cause the
critical density to increase.

When τul ≫ 1, the radiation in that line is trapped within the cloud. This is
known as local photon trapping and may have substantial impact on the critical
density

ncrit ≈
Aul

Cul τul
. (A.35)

The water transition observed by Odin often has a very high opacity. In OrionKL
the opacity is estimated to about 1 800 (see paper II), thereby reducing the critical
density by three orders of magnitude.

A.1.8 Self-absorption

The water and CO transitions observed by Odin in paper I – III have asymmetric
line shapes, which are caused by self-absorption. This happens when lower exci-
tation foreground gas absorbs emission from higher excitation gas deeper in the
cloud. Self-absorption is most often recognised by observations and comparisons
with optically thin isotopologues, which do not display any self-absorption. This
is shown in paper III by comparing the line profiles of CO and 13CO.

A.2 Radioastronomy

In the radio spectral region hν ≪ kTex allowing Eq. A.24 to be approximated by
the Rayleigh-Jeans law

Bν(T ) =
2ν2

c2
kT . (A.36)

The radiation temperature J(T ) is defined as

J(T ) =
hν

k

1

ehν/kT − 1
≈ T . (A.37)
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where the approximation is valid only if hν ≪ kTex. For a temperature of 20K,
and a frequency of 557GHz, the radiation temperature will be about 10K. For the
low CMB temperature of 2.7K the difference will be even larger with J(T )= 1mK.

The most important property of the Rayleigh-Jeans law is the proportionality
of the temperature and the radiation. This useful when the radiation from an
extended source is measured by its brightness temperature

Tb =
c2

2kν2
Bν . (A.38)

This temperature corresponds to a brightness inserted into Rayleigh-Jeans law.
If this is applied to the equation of radiative transfer, Eq. A.14, and assuming

that an isothermal source fills the beam we will get:

Tb = Tb(0) e−τν + Tex(1 − e−τν ). (A.39)

With no background radiation and for an optically thin transition (A.39) simplifies
to

Tb = Tex τν (A.40)

In case of an optically thick transition (A.39) we will have

Tb = Tex (A.41)

Most often the source does not fill the beam and then the received radiation is
lowered by the beam-filling factor:

ηbf =
θ2
s

θ2
s + θ2

mb

, (A.42)

where θs is the size source (FWHM) and θmb the FWHM beam size, assuming that
both the source brightness distribution and the antenna response are circularly
symmetric and Gaussian. An additional factor which we have to take into account
is the main beam efficiency ηmb, which may be as low as 0.4. The Odin satellite
has a very high beam-efficiency of 0.9.

The emission measured at the antenna is called the antenna temperature:

TA = Tb ηbf ηmb = J(Tex) (1 − e−τ ) ηbf ηmb. (A.43)

A.2.1 Column densities

Two properties of the gas are especially interesting: the temperature and column
density, which is defined as

N =

∫ s

0

n ds′ (A.44)



174 Tools of astronomy

in units of [cm−2]. If we know the geometry of the source, or assume a homogeneous
spherical cloud, the density can be calculated. Note, that if the cloud is clumpy
the estimated density will a mean value of the density of the clumps and the
inter-clump gas.

The column density can be obtained by different methods. With observations
of a single line, either LTE is assumed and then N can be calculated directly if we
know the excitation temperature. We can also use a statistical equilibrium model.
If a number of transitions are observed with a wide range of energy levels, the
rotation diagram method, described in paper II, is an effective way to obtain both
the column density and the excitation temperature at the same time.

The resulting formula for the column density is found by expressing the ab-
sorption coefficient in terms of the Einstein coefficients

κν =
hν

4π
(nl Blu − nu Bul) φ(ν) , (A.45)

where the normalised line profile φ(ν) with a line width (FWHM) of ∆ν is

φ(ν) =

√
4 ln 2

∆ν
√

π
e−4 ln 2( ν

∆ν
)
2

. (A.46)

Using (A.21) and (A.25), the optical depth of a transition from an upper state,
u, to a lower state, l, may be written as

dτν = κν ds =
hνul

4 π
(nl Blu − nu Bul) φν ds

=
hνul

4π

(

nl
gu

gl
Bul − nu Bul

)

φν ds

=
hνul

4π

(

nu

nl
nle

hνul/kTex − nu

)

c2

2hν3
ul

Aul φν ds

=
c2

8πν2
ul

Aul nu(e
hνul/kTex − 1) φν ds . (A.47)

After integrating this along the line of sight we obtain

τν =
c2

8πν2
ul

AulNu

(

ehνul/kTex − 1
)

φν . (A.48)

Integrating over an assumed Gaussian line profile, using the Boltzmann equa-
tion Eq. A.25 for a relation between Nu and Ntot, and re-scaling from frequencies
to equivalent Doppler velocities via the substitution dν = ν/c dυ, we get

τmax =

√

ln 2

16 π3

c3

ν3
ul ∆υ

Aul Ntot
gu

Q(T )
e−Eu/kTex

(

ehνul/kTex − 1
)

. (A.49)
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With the assumption of optically thin emission, neglecting the background
radiation, and assuming that the source fills the antenna main beam, the beam
averaged upper state column density can be obtained from Eq. A.48

Nu =
8πkν2

ul

hc3

1

Aul

∫

Tb dυ . (A.50)

The total column density of each species can then be found if we assume LTE,
where all the excitation temperatures for all the energy levels are the same. The
molecular population of each level is then given by the Boltzmann equation and
assuming optically thin emission, the beam-averaged total column density becomes

N thin
tot =

8πkν2
ul

hc3

1

Aul

Q(T )

gu
eEu/kTex

∫

Tb dυ . (A.51)

If the transition is optically thick the derived total column density will be too
low and needs an optical depth correction factor Cτ , which will be one or larger

Cτ =
τ

1 − e−τ
. (A.52)

In the case where the source do not fill the beam the beam-filling correction
factor from Eq. A.42 also has to be taken into account. With corrections for optical
depth and beam-filling the true total source averaged column density will be

Ntot =
Cτ

ηbf

8πkν2
ul

hc3

1

Aul

Q(T )

gu
eEu/kTex

∫

Tmb dυ =
Cτ

ηbf
N thin

tot . (A.53)

A.2.2 Rotational diagram

If we want to calculate the total column density of a molecule we can use Eq. A.51
or A.53 as shown in previous section. However, this requires knowledge about
the excitation temperature which often is unknown. A better way to establish
the temperature is to use the rotational diagram method. If many transitions
of the same species are observed, having a wide range of upper state energies,
and assuming that only one temperature characterises all the transitions (i.e. the
populations are then in LTE), the excitation temperature can be calculated.

Taking the logarithm of the Boltzmann equation, Eq. A.25, we obtain

ln
Nu

gu
= ln

Ntot

Q(T )
− Eu

kTex
. (A.54)

The left hand side in this equation is identical to the logarithm of Eq. A.50 divided
by the statistical weight gu. We can plot this quantity as a function of the upper
state energy Eu in a semi-log plot. A least squares fit to the data will then produce
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a straight line with slope −1/Trot. If we extrapolate the line to Eu = 0K, we obtain
the total column density from the intersection of the y-axis, y0 and

Ntot = Q(T ) e y0. (A.55)

The importance of a correctly calculated partition function is obvious. Beam-
filling and opacity corrections may also be included if necessary in the same way
as in Eq. A.53.

There are uncertainties attached to this method, not only from beam-filling
and opacity, but also the possibility that the population distribution may not be
characterised by a single rotational temperature. The temperature can vary due to
density, excitation gradients along the line-of-sight, IR flux, sub-thermal excitation
etc. See appendix in paper II for more details.
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A.3 Some useful databases:

• The SAO/NASA Astrophysics Data System:
http://www.adsabs.harvard.edu/

• The Cologne Database for Molecular Spectroscopy:
http://www.cdms.de

• The Jet Propulsion Laboratory:
http://spec.jpl.nasa.gov/

• Leiden Atomic and Molecular Database:
http://www.strw.leidenuniv.nl/~moldata/

• The UMIST database for astrochemistry:
http://www.udfa.net/
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• Dave Woon’s Astrochymist web page:
http://www.astrochymist.org/

• Interstellar and circumstellar molecules:
http://www.cv.nrao.edu/~awootten/allmols.html

A.4 On-line computer program

• RADEX: A computer program for performing statistical equilibrium calcula-
tions
http://www.strw.leidenuniv.nl/~moldata/radex.html


	PhD_CarinaPersson
	paperI
	PhD_CarinaPersson
	paperII
	PhD_CarinaPersson
	paperIII
	PhD_CarinaPersson
	paperIV
	PhD_CarinaPersson

