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The death throes of massive stars

SOFIA WALLSTROM
Department of Earth and Space Sciences
Chalmers University of Technology

Abstract

Massive evolved stars affect their local surroundings as they go through phases of
intense mass-loss and eventually explode as supernovae, adding kinetic energy and
freshly synthesised material to the interstellar medium. The circumstellar material
ejected by the star affects the shape and evolution of the future supernova remnant,
and how the material is incorporated into the interstellar medium. Over time, these
processes affect the chemical evolution of the interstellar medium on a galactic scale.
This thesis probes these topics at different stages.

First, observations of CO lines in the supernova remnant Cassiopeia A have been used
to study the effect of the reverse shock on supernova ejecta (Paper I). We find a large
column density of warm CO, which has most likely re-formed after the passage of the
reverse shock. The high temperature and density implies that thermal conduction by
electrons may be an important process for the evolution of dense ejecta knots, with
implications for the survival of supernova dust.

Second, CO observations have been used to study the circumstellar environment of a
massive star, the yellow hypergiant IRAS 17163-3907. Our observations with APEX (Pa-
per II) and ALMA ACA (Paper III) reveal a complex environment with several distinct
components: a fast recent stellar wind of 100 kms~!, a clumpy CO ring which appears
to be a torus ejected by the star several thousand years ago, and a unidirectional bright
spur extending from the star to the clumpy ring. These asymmetries are not seen in
infrared dust observations, and demonstrate the complexity of massive evolved stars
and the need for high resolution molecular observations to understand them.

Finally, the contribution of massive stars to galactic chemical enrichment has been in-
vestigated indirectly with measurements of isotopic ratios in a molecular absorber at
z=0.68 towards B 0218-211 (Paper IV). We find that the ratios at z=0.68 are very differ-
ent from those in the solar neighborhood, but similar to the ratios found in another
absorber at z=0.89 and in starburst galaxies. We interpret these ratios as the signature
of enrichment mainly by massive stars.

From the evolution of a supernova remnant, to the complex surroundings of a massive
evolved star, to the isotopic enrichment of a distant galaxy, this thesis addresses the role
massive stars play in shaping and enriching their environments. Massive stars may not
be numerous, but their death throes echo across time and space.

Keywords: submillimeter: ISM — ISM: supernova remnants — ISM: individual objects:
Cassiopeia A — circumstellar matter — stars: AGB and post-AGB - stars: mass-loss —
stars: individual: IRAS 17163-3907 — quasars: absorption lines — quasars: individual:
B 0218+357 — galaxies: ISM — galaxies: abundances — ISM: molecules
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Chapter

Introduction

1.1 Stars and gas

Our cultural perception of the Universe is full of stars, from the constellations
in the night sky to glittering images of star-filled galaxies. It’s not a complete
picture of the Universe, but it is a good starting point given that stars are es-
sentially the little engines of our galaxy. Stars provide energy and ionizing
radiation to the surrounding gas of the interstellar medium (ISM), and, more
importantly, stars have created every atom heavier than hydrogen and helium
(what astronomers call metals) that exists in the Universe.

Stars gain their energy from nucleosynthesis in their cores, fusing lighter
atoms to form heavier ones. A fraction of these metals are then expelled into
the ISM via stellar winds. The most massive stars will eventually explode as
supernovae, creating even heavier elements via explosive nucleosynthesis. The
ejected material, replete with metals, will expand and eventually integrate into
the ISM. In this way, stars drive the chemical evolution of galaxies as they add
more and more metals to the interstellar gas.

From metals, a wide variety of molecules and dust grains can form, which
provide important cooling mechanisms for the gas and affect its chemistry. Molec-
ular transitions are a main cooling mechanism at low temperatures, allowing
dense molecular clouds to cool, fragment, and collapse to form stars. Without
molecules this process would be much less efficient, and incapable of forming
low-mass stars.

Molecules are also useful observationally, as tracers of gas. By observing
molecular transitions we can probe a wide variety of gas phases, from stellar
winds to supernova remnants, and study gas kinematics, excitation, and chem-
istry. Molecular astronomy is an important tool for studying various stages of
stellar life, from birth to death.
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Figure 1.1: A Hertzsprung-Russell diagram of nearby stars. Luminosity is given in
solar luminosities, Ly, equal to 3.828 x10%6 W. (Image credit: NASA/HEASARC)

1.1.1 Stellar lifecycle

Stars are born from the collapse of dense molecular clouds, gathering gas un-
til they are heavy and hot enough to ignite nuclear fusion. Stars can be born
with a wide range of masses, in proportions approximated by the Salpeter ini-
tial mass function (IMF): N(m) oc m™2%, where N(m) is the number of stars
of mass m (Salpeter, 1955). This means that low-mass stars are significantly
more numerous than high-mass stars. For example, there are about 225 times
as many solar-mass (1 M) stars as there are stars of mass 10 M. Mass is an
important factor in determining the properties of stars, along with their surface
temperatures and luminosities.

In order to classify stars, one can look at their locations in the Hertzsprung-
Russell (HR) diagram (Figure 1.1). This is a plot of luminosity against tem-
perature, and a star’s location on the HR diagram indicates both its mass and
evolutionary status. Most stars are on the “main sequence”, which corresponds
to the main, hydrogen-burning part of a star’s life. Stars with high tempera-
tures and luminosities (high-mass stars) are on the blue (left) end of the main
sequence, while stars with low temperatures and luminosities (low-mass stars)
are on the red (right) end. After a star has depleted the hydrogen in its core it
contracts, heating up until the core is hot enough to start burning helium, which
only happens for stars of mass > 0.5 M. The hot helium-burning core causes
the surrounding layers to inflate, so the star moves off the main sequence and



1.1 Stars and gas 3

hydrogen helium
H He
1.0079
lithiurm’ beryllium boron carbon nitrogen oxygen fluorine: neon
3 4 6 T 8 9 10
Li | Be B|C|N|[O]|F]|Ne
6.941 9.0122 10811 12.011 14.007 15000 18.998 20.180
Sodium | magnesium auminim [ sheon | phosphorus [ sanar ] ehlorine [ eroon |
1 12 13 14 15 16 17 18
Na [ Mg Al|Si| P | S |CIl|Ar
22.990 24,305 26,982 28,086 30.974 32 065 35453 39.948
potassium calcium scandium titanium vanadium chromium | manganese inon cobalt nickel copper zinc gallium germanium arsenic selenium bromine: krypton
19 20 2 22 23 24 25 26 27 28 29 30 31 32 33 34 35 36
K | Ca Sc|Ti|V |Cr|Mn|Fe|[Co| Ni|Cu|Znh|Ga|Ge|As|Se| Br| Kr
239,008 40.078 44,956 47 867 50.942 51,996 54,938 55,845 58,933 58,693 63,546 65.39 69.723 72.61 74.922 78.96 79,904 83.80
rubidium strontium yitrium zirconium nicbium | melybdenum| technetium | rumhenin rhodium palladium silver cadmium indium’ tin’ antimony Telurium iodine xenon
37 39 42 43 45 46 47 48 49 50 51
Rb | Sr Y |Zr |[Nb|(Mo|Tc|Ru({Rh|Pd|{Ag|Cd| In [Sh|Sb|Te| | | Xe
85468 8762 88.906 91.224 92.906 95.04 98] 101.07 102.01 106.42 107 87 11241 11482 121.76 127 80 126.90 131.29
caesium barium Tutetiom ‘hafnium tantalum tungsten rhenium osmium iridiurm platinum’ ‘gold mercury thallium lead bismuth polonium astatine radon
55 56 57-70 il 72 73 74 75 76 77 8 79 8 81 82 85 86
Cs|(Ba| ¥ |[Lu|Hf [Ta| W |Re|Os| Ir | Pt |Au|Hg| Tl | Pb| Bi | Po| At | Rn
13291 137.33 174,87 17849 180.95 183.84 186.21 190.23 19222 195.08 196.97 200.59 204.38 207.2 208.98 [209] 2100 [222]
francium radium lawrencium | rutherfordiumf — dubnium seaborgium bohrium hassium meitnerium | ununnilium | unununium | ununbium: ununquadium
87 88 89-102 103 104 105 106 107 108 109 110 11 112 114
Fr |Ra|**| Lr | Rf | Db | Sg | Bh | Hs | Mt {Uun|Uuu{Uub| Uug
(223 [226] [262] [261] [262] [266] [264] [269] [268] [271] [272] 1277 [289]
lanthanum cerium neodymium | promethium | samarium europium | gadolinium terbium dysprosium holmium erbium thulium yherbium
*Lanthanide series 57 58 59 60 61 62 63 64 65 66 67 68 69 70
La[Ce|Pr | Nd|Pm|Sm|Eu|Gd|Tb |Dy|Ho| Er |[Tm| Yb
13891 14012 140.91 14424 [145] 150.36 151.96 157.25 168.93 162 50 164.93 167.26 168.93 173.04
‘actinium thorium protactinium uranium neptunium plutonium americium eurium berkelium californiom | einsteinium fermium  [mendeleviom|  nobelium
**Actinide series 90 91 92 93 94 95 96 97 98 929 101
Ac|Th|{Pa| U [Np|Pu|{Am|Cm|Bk| Cf | Es|[Fm|Md| No
[227] 232.04 231.04 238.03 [237] [244] [243] [247] [247] [251] [252] [257] [258] [259]

Figure 1.2: Periodic table of elements. Some important elements, mentioned in the text
below, are highlighted in red. ((© User:LeVanHan/Wikimedia Commons/CC-BY-SA-3.0)

up in the HR diagram towards larger luminosities. This will happen sooner the
more massive the star is: the Sun has a main sequence lifetime of about 10 bil-
lion years, compared with only ~30 million years for a 10 M, star. There are
several tracks a star may follow in the HR diagram, depending on its physical
parameters, but generally low-mass stars will come around to the white dwarf
branch while high-mass stars instead end their lives as supernovae.

1.1.2 Stellar nucleosynthesis

A few minutes after the Big Bang, the Universe had cooled enough for the first
atoms to form: mainly hydrogen, plus about 25% helium (by mass) and trace
amounts of lithium and beryllium. All other elements are formed by nucle-
osynthesis in stars, either as part of their energy generation as they live or in
the spectacular explosions as they die. The smallest stars, with masses less than
half a solar mass (<0.5 Mg), will fuse hydrogen into helium but never get hot
enough for helium fusion and hence will produce no metals. Heavier stars, up
to 8 M, will be able to create carbon (C) and oxygen (O) in their cores. It takes
massive stars, >8 M, to create neon (Ne) and other heavy elements up to iron
(Fe, atomic number 26 - see Figure 1.2), which is the heaviest element to be
produced by stable nuclear fusion. All stars with masses >1 M, can also cre-
ate some heavy elements through the slow neutron capture process (s-process).
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Reactions of the isotopes carbon-13 and neon-22 with helium produce free neu-
trons, which can be captured by other atoms to create heavier elements. These
atoms have time to -decay to a stable state before potentially capturing an-
other neutron, hence the name slow neutron capture. The s-process produces
elements up to lead (Pb, atomic number 82), with peaks in abundance around
especially stable elements like strontium (Sr) and barium (Ba). The creation
of elements heavier than lead requires the rapid neutron capture process (r-
process), where a high neutron flux allows atoms to capture several neutrons
without decaying to a stable state in between captures. The r-process is only
found in the explosive nucleosynthesis of supernovae, which also expel large
amounts of lighter elements.

1.2 Molecules as observational tools

Molecules are an important tool for probing cold/cool gas (T<100 K). They are
fairly easily excited and emit radiation at radio frequencies, which can pene-
trate the atmosphere, and are hence observable from the Earth (see §1.2.5 and
Figure 1.5). Radio frequencies also allow for good velocity resolution, through
the use of heterodyne spectrometers with resolving power, R =v/Av, of up to
107, corresponding to a velocity resolution (Av = ¢ Av/v) of 0.03 kms™!. Hence,
molecular lines allow us to study gas kinematics in high detail, and the line ex-
citation probes the physical conditions of the gas. Observing several different
molecules can also elucidate the gas chemistry, helping to constrain astrochem-
ical models. Furthermore, different isotopologues of the same molecule tend to
be well separated in frequency, and hence can be used to derive isotopic ratios.

Molecular gas makes up about 20% of the mass of the ISM (Tielens 2005),
and the most common molecule by far is Hy, since most atoms in the Universe
are hydrogen. As H, is a symmetric molecule it has zero dipole moment and
hence no allowed rotational transitions, so it is not easily detected in cold gas
(see §1.2.1). Instead we rely on tracer molecules to study the ISM. Almost 200
molecules have been detected in the ISM and circumstellar material, so far?, but
one of the most observationally useful is carbon monoxide (CO).

CO is the second most common molecule in the Universe, with an abun-
dance of ~107* (relative to Hy) in the ISM. It forms readily, and is very stable
due to the triple bond between the carbon and oxygen atoms. CO is a hetero-
geneous diatomic molecule, with a dipole moment of 0.122 D, so it has a range
of low-frequency rotational transitions (Figure 1.3). The dipole moment of CO
is small in absolute terms, and hence the emission lines are not as intrinsically
strong as the lines of more polar molecules, but the large CO abundance (orders
of magnitude greater than other ISM molecules) overcomes this and CO lines

?See http:/ /www.astro.uni-koeln.de/cdms/molecules/
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Figure 1.3: First few pure rotational energy levels of CO, and the transition frequencies.

are readily observable. The lowest transitions are easily excited in cold ISM gas
(Eup < 30K, see Figure 1.3), allowing us to study, e.g., Giant Molecular Clouds,
while the higher transitions trace warmer, denser gas, such as might be found
in shocks around stars. CO also has several common isotopologues (e.g., '*CO,
C'®0, C'70O) that can be used to probe large column densities of gas which are
optically thick in lines of the main '*C'O isotopologue.

1.2.1 Molecular emission

General reference: Wilson (2009)

As a consequence of quantum mechanics, the energy levels of molecules are
discrete. Transitions between these levels result in the emission of electromag-
netic radiation at specific frequencies, the observation of which lets us deduce
something about the physical conditions of the molecule. There are three types
of molecular emission: electronic, vibrational, and rotational.

Electronic emission involves the transitions of electrons between energy lev-
els. These transitions have typical energies of a few electron volts (eV), which
corresponds to radiation in the visible and UV parts of the electromagnetic
spectrum, with wavelengths around 100 nm. Vibrational emission involves the
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bonds between the atoms stretching and bending, and is mainly in the infrared
(IR) part of the spectrum, with wavelengths of several ym. Rotational emission
is due to transitions between the quantised rotational states of the molecule and
is seen in the radio/sub-mm part of the spectrum, with typical wavelengths
around 1 mm.

For illustration, the simple case of rotation in a linear diatomic molecule
(with zero net electron spin) can be mathematically described as follows: a lin-
ear molecule can be approximated as a rigid rotor, so the energy of rotational
state ] above the ground state is given by

E = hByJ(J +1) (1.1)

where J is the angular momentum quantum number, £ is the Planck constant,
and B, is the rotational constant. Only rotational transitions with AJ=1 are
allowed by the quantum mechanical selection rules. The corresponding transi-
tion frequencies are approximately v = AE/h = 2By(J + 1). The state energy is
associated with a temperature, given by E/kg, in Kelvin.

The probability for a molecule to spontaneously transition from the J+1 to ]
state (u to [) is given by the Einstein A coefficient

6474

A f—
“T 3hed

V3|/~Lul|2 (12)

where A, isins™!, and p,, is the dipole moment, which is the product of charge
and the separation of charges and hence analogous to classical angular momen-
tum. The dipole moment |u,|? can be expressed by its radial part p as:

J+1
|,UJ+1—>J|2 = M22J 13 (1.3)
giving
1
Ay~ 1.165 x 10*“u2u3i (1.4)

2J+3

where v is the transition frequency in GHz, and . is in Debye.

The Einstein A coefficient gives the probability for the upper level to decay
to the lower level by spontaneous emission of a photon. Hence, the inverse
gives an estimate of the lifetime of the upper state. Typical values of A,; for
interstellar molecules are 10731072 s}, corresponding to upper level lifetimes
ranging from hours to years.

In order for a molecule to emit radiation by decaying to a lower level, it
must first be excited to an upper level. Molecules can be excited by absorbing
radiation or from collisions with surrounding particles (most likely Hj). The
main excitation mechanism for a given molecule depends on the structure of
the molecule itself, e.g., the energy level spacing, as well as its surroundings:
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the density of the surrounding gas and the strength of the background radiation
field.

In a two level system, consisting of an upper level u and a lower level |,
the populations of the levels are set by the rates of collision, absorption, and
spontaneous and stimulated emission. At statistical equilibrium (dn,/dt =0), in
the absence of chemical sources or sinks:

ne _ nqu+ B 15)
n N+ Au+ Bul
SThy?
Aul - Trgy Bul
c

with n the gas density, and I the radiation density. ¢;; are the collisional coeffi-
cients, and B;; the stimulated emission/absorption coefficients.
For a more intuitive understanding, we can define two temperatures, 7,

and T}, by

T h
%:&mdgi)mm%zl (1.6)
Qui G Ty kg

T
u _ g—uexp (— 0 ) (1.7)
ny gi Tea:

The kinetic temperature T}, is the physical temperature of the gas. The excitation
temperature T, is the temperature at which we would expect to find this ratio
of level populations, according to a Boltzmann distribution. Note that 7, is not
necessarily a physical temperature: it can take a wide range of values and can
even be negative when level populations are inverted, as in masers.

In radio astronomy, we also define another temperature for the intensity of
the emission. For a brightness [ in units of Wm2Hz 'sr!, the brightness
temperature, T}, is defined as

)\2
Ty= 51 (1.8)
which is the temperature of a black body of brightness I, in the Rayleigh-Jeans
approximation (when hv < kgT, where kg is the Boltzmann constant) which
applies well to emission with wavelengths on the order of meters to centimeters.

In general, T, T.,, and Tj can be different. Substituting these quantities into
equation 1.5 we find an expression for T¢,:

Ty A + Tongu
T., =1, 1.9
T A + Tongu (1.9)

If collisions dominate the excitation, i.e., if ng, > A, T.. tends towards
T}. Under these conditions the gas is in local thermal equilibrium (LTE), and
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can be defined by a single equilibrium temperature, equal to 7.,=T}. If radi-
ation dominates the excitation, and nq,; < A, T., will instead tend towards
Ty. The density at which collisions and radiation have roughly equal contribu-
tions is called the critical density, n. ~ A,;/qu. As A, depends on the transition
frequency, different transitions of the same molecule will have different 7., in-
creasing with J. In general, if an environment satisfies n > n.and 7' > E,, /kp for
a given molecular transition, we expect that transition to be excited. Whether
we can detect this emission, however, depends on further factors, including the
abundance of the molecule. Note also that the above discussion is limited by
the assumption of a two-level system.

1.2.2 Molecular absorption
General reference: Combes & Wiklind (1996)

Molecules will also absorb electromagnetic radiation at the same frequen-
cies they emit it. So, given a sufficiently bright background continuum source,
absorption lines can be used to study interstellar gas. This method has several
advantages. First, the detectability of the molecular lines depends only on the
observed flux of the background source, as they are seen in absorption against
it. It is therefore not affected by distance, meaning that very distant galaxies
and faint lines can be probed. In addition, provided the background source is
completely covered by the absorbing gas, the absorption depth is proportional
to the line opacity for optically thin lines. This allows for direct comparison be-
tween different lines and hence the calculation of, e.g., abundances or isotopic
ratios.

However, this method is limited by the need for a chance alignment of a
bright background source and intervening ISM, which means there are few
candidate sources. It is also biased towards the detection of low-] transitions
of molecules with a strong dipole moment. This corresponds to a bias towards
diffuse gas, where there are insufficient collisions to populate the higher energy
levels. Therefore, extra care must be taken when comparing sources observed
in absorption with those observed in molecular emission lines, as emission lines
are often more easily observed in dense gas.

1.2.3 Rotation diagrams

As discussed in §1.2.1, at densities greater than the critical density, n., we can as-
sume the emitting gas can be described by a single excitation temperature: 7., =
Ti.. If we have observations of more than one transition of the same molecule,
we can derive this temperature and the total column density (molecules per unit
area) of the molecule. This is done by creating a rotation diagram, as described
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Figure 1.4: Rotation diagram from Paper I.

by Goldsmith & Langer (1999) and summarized below. An example rotation
diagram, from Paper I, is shown in Figure 1.4.

It can be shown that the integrated intensity, /,,;, of an optically thin emission
line is related to the population density of the upper energy level, N, by

/ 1, = NeAuhtu (1.10)
47

where A,; is the Einstein coefficient for the u — [ transition. Hence we can derive
N, from line observations.
In LTE, the energy level populations follow a Boltzmann distribution, so that

_N BT
N, = 7 Ju€ (1.11)
where N is the total column density, Z is the partition function, g, is the sta-
tistical weight of the upper level u, and E, is the energy of the upper level in
Kelvin.
If we take the logarithm of this equation we get a simple linear relation be-
tween in N, /g, and E,:

N, N
lng—; = lnE —E,/T., (1.12)

Plotting this relation for all observed transitions of a molecule will allow us
to derive the excitation temperature, 7,,, from the slope of the line, and the
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total column density of the molecule, NV, from the y-intercept. This method is
fast and straightforward (if the emission lines are optically thin), but it does rely
on the assumption that the gas an ideal two-level system in LTE.

1.24 RADEX

There are ways of determining the temperature and density of a molecule with-
out the assumption of a constant excitation temperature for all levels, and one of
the most straightforward is implemented in the freely available RADEX® program
(van der Tak et al., 2007). RADEX calculates the non-equilibrium excitation levels
of a molecule by assuming a uniform emitting region (i.e., constant density, tem-
perature, and abundance). It requires the collisional rates between the molecule
and a collision partner (usually H,, but can also be, e.g., H;O or electrons),
which are available for some 40 different molecules in the LAMDA® molecular
database, including many commonly observed molecules such as CO, HCN,
and H5O.

RADEX takes as input parameters the density of the collision partner, and
the column density and kinetic temperature of the molecule. It then iteratively
solves for the level populations and the radiation field, stopping when the cal-
culated optical depths are stable from one iteration to the next. By testing a
range of input parameters, one can fit the line strengths predicted by RADEX to
observed data, thereby constraining the density, column density, and kinetic
temperature of the gas without an assumption of LTE. This is extremely useful
as an approximation of the physical parameters of an observed molecule.

1.2.5 Telescopes

In order to observe the emission or absorption from interstellar molecules, we
need large and powerful telescopes. The diameter of a single dish telescope,
D, determines its sensitivity (x D?) and angular resolution (~\/ D), so as large
a telescope as possible is the ideal. However, the required surface accuracy of
the dish is a fraction of the wavelength of the observed radiation, so as we aim
for higher energy transitions at higher frequencies (shorter wavelengths), the
maximum dish size is limited.

One way around this problem is to use the technique of radio interferome-
try. Interferometry correlates the data from multiple antennae to “synthesize” a
single dish as large as the maximum distance between the antennae (called the
baseline). This is a powerful technique, allowing us to reach resolutions of less
than a milliarcsecond, though the complicated image synthesis means that data
interpretation can be difficult.

bh’c’cp:/ /www.sron.rug.nl/~vdtak/radex/radex.php
‘http:/ /home.strw.leidenuniv.nl/ ~moldata/molecules.html
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Figure 1.5: The opacity of the atmosphere at different wavelengths. Most radiation is
absorbed completely (opacity 100%) outside the windows at optical/near-IR (~1 pum)
and radio (1 cm—-10 m) wavelengths. (Image credit: NASA/IPAC)

Another observational challenge is the Earth’s atmosphere. The atmosphere
absorbs most of the radiation that hits it, though there are transmission "win-
dows” in the optical /near-IR and radio parts of the spectrum (Figure 1.5), which
allow radiation through. Furthermore, fluctuations in the atmosphere distort
observations, even in the atmospheric windows. To circumvent the problems
of the atmosphere, telescopes can either be put on mountains, above as much of
the atmosphere as possible, or in space.

For observing pure rotational CO emission, the required wavelengths range
between ~1 mm and 100 ym. At these wavelengths the atmosphere’s opacity
is strongly affected by water vapor, and the effect increases with shorter wave-
lengths. Around 100 zm the atmosphere is completely opaque. Hence, low-]
CO transitions (J<10) require a telescope site that is both high and dry, while
high-] transitions require a space telescope. Some examples of mm/submm
telescopes relevant to this thesis are presented below.

Herschel

The Herschel Space Observatory? was launched into orbit in May 2009, as part of
the European Space Agency (ESA) science programme, and ceased operations
in April 2013. It is a 3.5m telescope, the largest ever flown in space, with imag-
ing and spectroscopic instruments operating in the 55-671 ym infrared wave-
length range. The data for Paper I were obtained with Herschel, using the Pho-
todetector Array Camera and Spectrometer (PACS) instrument (Poglitsch et al.,
2010). PACS has a field of view of ~50"x50’, divided into a 5x5 array of pixels.
We observed several CO transitions in the wavelength range 87-186um.

Olh’ctp: / /www.esa.int/herschel
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Figure 1.6: A photo of the APEX telescope (Image credit: Sofia Wallstrom)

APEX

The Atacama Pathfinder EXperiment (APEX®, shown in Figure 1.6) is a 12m
mm /submm telescope located at Llano de Chajnantor in the Atacama desert in
northern Chile, at an elevation of 5100 m. It is operated jointly by the Onsala
Space Observatory (OSO), Max Planck Institut fiir Radioastronomie (MPIfR)
and the European Southern Observatory (ESO). The high altitude and dry and
stable atmosphere makes the location ideal for a mm/submm telescope. The
CO data for Paper II were obtained with APEX, with the heterodyne receivers
at 230 and 345 GHz (corresponding to wavelengths around 1 mm).

ALMA

The Atacama Large Millimeter/submillimeter Array (ALMAY) is an interferom-
eter consisting of 54 12m antennas and 12 7m antennas, located at Llano de
Chajnantor in Chile, next to APEX. It is a large international collaboration be-
tween Europe, North America, East Asia, and Chile. ALMA has excellent sensi-
tivity (<10 pJy/beam), and maximum baselines of up to 16km which allows for

http:/ /www.apex-telescope.org/
‘http:/ /www.almaobservatory.org /
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Figure 1.7: A photo of the PdBI telescope (Image credit: IRAM)

very high angular resolution (0.006”). Paper III uses data from the ALMA Com-
pact Array (ACA), the closely spaced set of 7m dishes used to provide short
baseline data. Our CO data at 230 GHz have an angular resolution of about 8”.

PdBI

The Plateau de Bure Interferometer (PdBI5, shown in Figure 1.7) is the previ-
ous form of the NOEMA interferometer, operated by the Institut de radioas-
tronomie millimétrique (IRAM). PdBI consisted of 6 15m antennas, located at
the Plateu de Bure in the French alps at an elevation of 2550 m. Paper IV uses
data from this telescope, from different observing campaigns between 2005 and
2008. Our data cover various molecular lines between 85 and 110 GHz, with an
angular resolution of 4”.

Shttp:/ /www.iram-institute.org/EN/ plateau-de-bure.php
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Chapter

Supernova remnants

2.1 Supernovae

When stars of initial mass >8 Mg, reach the end of their ~10-million-year lives
they explode as core-collapse® supernovae (SNe). The core collapses into a neu-
tron star or black hole, while the outer layers of the star are ejected at enor-
mous speeds (~20 000 km s™'). The explosion releases a large amount of energy:
10°! ergs, or about as much as the Sun will produce throughout its 10 billion
year lifetime. Some of the ejected material (ejecta) undergoes explosive nucle-
osynthesis, which is the source of many of the heaviest elements found in the
Universe, including on Earth. Lighter elements are also present in the ejecta,
having formed in the star during its lifetime. The ejecta expands outwards,
pushing before it a shock wave which interacts with the circumstellar material
expelled by the progenitor star, and then the surrounding ISM. The shock wave
will heat the gas it encounters to millions of degrees, ionizing it, and will de-
stroy dust by sputtering (bombarding solid material with fast particles, causing
atoms to be ejected from the solid). When this forward shock wave has swept up
a mass similar to the ejecta mass, a reverse shock wave is formed, and the object
is now called a supernova remnant (SNR). This reverse shock travels back in-
wards towards the explosion centre at ~2000 kms™!, interacting with the ejecta
as it goes. When the reverse shock hits the ejecta, the material will be slowed,
heated, dissociated, and ionized. The fate of the supernova ejecta is very inter-
esting as it contains large amounts of heavy elements, and understanding the
effect of the reverse shock is crucial to determining this fate.

“Henceforth in this chapter I will use the term supernova to mean specifically core-collapse supernova,
which is caused by the collapse of a massive star, as I will not discuss the other type of supernova (type Ia,
caused by a white dwarf star exceeding its Chandrasekhar mass).

15
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Figure 2.1: Hubble image of SN 1987A, taken in 2007. Image credit: NASA/ESA, P. Challis
and R. Kirshner.

2.1.1 SN 1987A

February 23, 1987, was a very special day for the astronomical community.
On this day, the light (and neutrinos) from a supernova in the Large Magellanic
Cloud, a satellite galaxy to the Milky Way, reached us. It is the nearest super-
nova that has occurred since we’ve had the capacity to study them in detail, so
SN 1987A (so named because it was the first observed supernova in 1987) was
extensively monitored and is still regularly observed today. A Hubble image of
this beautiful object is shown in Figure 2.1.

Much of what we know about core-collapse supernovae comes from obser-
vations of SN 1987A. Molecules, CO and SiO, were observed in the SN ejecta
some 200 days after the explosion, in vibrational bands, indicating a very high
excitation (Danziger et al., 1987; Aitken et al., 1988). However, the molecu-
lar emission faded some 600 days later, either because the molecules were de-
stroyed or because they cooled beyond infrared detection. There was also evi-
dence of dust formation in the ejecta from about 500 days post-explosion, seen
in the mid-IR (Moseley et al., 1989), with an estimated dust mass of ~10~* M.
Recent observations with the far-IR Herschel telescope, ~25 years after the ex-
plosion, have revealed large masses of cold dust and molecules: ~0.5 Mg, of
dust (Matsuura et al., 2011) and ~0.01 Mg, of CO (Kamenetzky et al., 2013).
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2.1.2 Molecules and dust in supernova ejecta

From SN 1987A it is known that dust and molecules are formed soon after the
supernova explosion. This is also corroborated by observations of other super-
novae (e.g., Kotak et al., 2005, 2006, 2009), so molecule formation is a common
occurrence. This is supported by theoretical studies (e.g., Cherchneff & Dwek,
2009), which show that molecules form quickly and in abundance in SN ejecta.
Among these molecules are dust precursors, like SiO, which will bind together
into clusters and eventually form dust, a process aided by the cooling of the gas
through molecular emission. Hence, molecules are very important for deciding
the onset, composition, and mass of SN dust. These dust grains will continue to
grow and molecules continue to form as the ejecta cools and expands (Sarangi
& Cherchneft, 2013), as evidenced by the large dust and molecule masses found
in SN 1987A decades after the explosion.

The net production of dust in supernovae, taking into account both dust
creation in the ejecta and dust destruction by the forward and reverse shocks,
is the subject of much debate. The interest in this question stems from the huge
dust masses which have been observed in the early Universe (e.g., Bertoldi et al.,
2003; Beelen et al., 2006), in galaxies less than a billion years old. This dust had
very little time to form, requiring fast dust production processes. In our galaxy,
the main dust producers are the evolved AGB stars, which have already lived
for some billions of years before moving onto the AGB branch. These stars most
likely cannot produce large amounts of dust quickly enough to explain the high-
z observations (Gall et al., 2011). The stars that explode as supernovae, on the
other hand, are more massive and hence have shorter lives, exploding after only
~10 million years. They are therefore the prime contenders for explaining the
large dust masses.

However, this requires that each supernova produce ~0.1-1 Mg, of dust,
which is predicted by theoretical models (e.g., Todini & Ferrara, 2001), but not
entirely supported by observations. Observations of warm dust formed some
hundreds of days after a supernova find dust masses of only 107° to 1072 M,
(e.g., Lucy et al., 1989; Sugerman et al., 2006; Szalai & Vinkd, 2013). But obser-
vations of older supernova remnants find cold dust masses of ~0.1 M, (Bar-
low et al., 2010; Matsuura et al., 2011). However, we still do not know the net
dust yields of these supernovae, as some supernova dust may be destroyed by
the reverse shock, and the forward shock may destroy pre-existing ISM dust.
Hopefully, monitoring young SNRs being reprocessed by the reverse shock will
provide better constraints on the net dust yield of supernovae.

2.1.3 Cassiopeia A

In order to study dust and molecules in SNRs, the SNR needs to be young and
near enough that we can distinguish the SN ejecta from the swept up circumstel-
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lar and interstellar material. Cassiopeia A (Cas A) is a prime candidate as it is
one of the youngest Galactic supernovae, ~330 years old and 3.4 kpc away. Ad-
ditionally, the reverse shock has only just started to reprocess the ejecta, so there
is the opportunity to study the ejecta both pre- and post-shock. As a nearby
SNR, Cas A has been extensively studied at a range of wavelengths, from X-ray
to radio. The kinematics of the ejecta have been carefully deduced (Milisavl-
jevic & Fesen, 2013), and a significant mass, ~0.1 Mg, of cool dust has been
found (Rho et al., 2008; Barlow et al., 2010). Cas A is also used by theoreticians
as a standard SNR to model, and the abundances of various molecules in the
SN ejecta have been calculated using chemical kinetic modeling (e.g., Sarangi &
Cherchneff, 2013). Chemical kinetic modeling takes as input the atomic abun-
dances in stratified SN layers from nucleosynthesis modeling, and follows the
outcome of hundreds of chemical reactions to determine the abundances of var-
ious molecules and clusters as a function of post-explosion time. Such studies
have determined that molecules such as CO and SiS should be abundant (up to
10% of the total gas mass) in Cas A, which is an oxygen/silicon-rich SNR.

Fittingly, Cas A is the first supernova remnant where CO emission has been
observed, hundreds of years after the SN explosion. Rho et al. (2009) used the
Wide field InfraRed Camera (WIRC) at the Hale Telescope on Mount Palomar
to observe the CO 2-0 ro-vibrational (rotational transitions between different
vibrational states) band at 2.294 ;ym. They detected CO in many small (<1”)
knots at the reverse shock at the north and east of the remnant (Figure 2.2). Rho
et al. (2012) followed up with spectroscopic observations of the CO fundamental
band at 4.65 ym with the AKARI InfraRed Camera (IRC). Using LTE modeling
they derive a CO temperature between 1200 and 2400 K, and estimate a total
CO mass of 6 x 107" M.

The detection of ro-vibrational CO emission in Cas A paved the way for
observations of rotational line emission of CO, and hence the determination of
the kinetics, temperature, and density of the ejecta gas, as presented in Paper I.

2.2 Introduction to Paper I

In order to probe the physical conditions of the ejecta, several rotational tran-
sitions of CO were observed in a region in the north-west of the supernova
remnant Cas A, at the brightest CO knot found by Rho et al. (2009). The pre-
vious observations found that the CO is warm, so we expect high-J rotational
transitions to be brighter than low-J transitions. This makes Herschel the ideal
telescope to use. In the analysis of these data we use both the rotational diagram
method and RADEX-based modeling, as described in §1.2.3 and §1.2.4.

We find a large column density (~10'" cm~?) of warm CO, with two temper-
ature components around 400 and 2000 K. The gas density is constrained to be
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Figure 2.2: Composite near-IR image of Cas A, with ro-vibrational CO emission in red.
Areas of excess CO, in the north and east, are marked with boxes. (Image credit: Rho
et al., 2009)

high, ~10°7% cm~3, by the RADEX modeling. However, the modelling is limited
by the availability of collision rates. In the Cas A knots, the main collision part-
ner for CO is likely to be oxygen rather than the hydrogen for which we have
collision rates.

2.2.1 Heating mechanisms

The CO emission appears to originate in a small knot of warm and dense gas.
This implies that the knot will be able to cool quickly through the emission of
CO lines. As a result, additional heating is required to explain the observed
warm temperature. Several heating mechanisms are discussed in Paper I, and
are explained below in more detail.

UV heating

The first heating source considered was the shock front of the reverse shock,
where UV photons are emitted from the hot gas (T>10° K). As the ejecta is oxy-
gen rich, we consider a flux of F,, = n, v, (n,=oxygen density; v,=shock velocity)
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oxygen atoms flowing into the shock. From Borkowski & Shull (1990) we adopt
the model closest to our assumed shock velocity of 200 kms™!, which is their
model G with a velocity of 170 kms™!. The emergent UV flux they calculate is
29 F,, photonscm™~2s~!. These photons have a range of energies, but the vast
majority of photons are around 20 eV. From this we can calculate a heating flux:
20eV x29n,v; &~ 2 ergem 25 L

However, photons of energy 20 eV can only penetrate a column density of
~3x10" cm™2. This is similar to the derived column density of CO, so the total
gas column density must be much larger. Hence, UV photons cannot penetrate
and heat the full gas column.

X-ray heating

Both the forward and reverse shock, when traveling through tenuous gas, create
a hot plasma that will slowly cool through X-rays. The average observed X-ray
luminosity over the remnant is 5.5 x 10*” erg s~ (Hartmann et al., 1997). Divid-
ing this by the size of the remnant (~4" at 3.4 kpc), we find an X-ray heating flux
of 0.2 ergem™2s™!. These photons have a typical energy of ~2 keV, meaning
they can heat a larger column density (~3x10' cm™?) than the UV photons.

Electron conduction

The hot shocked plasma could also heat the dense knot via heat conduction.
The classical expression for heat conduction by electrons is

ar

- 2.1)

Q= K(T)

where K(T) is roughly constant and equal to ~6x10~77T%2 ergs ' K~"/2cm ™!

(Tielens, 2005, p. 448-449). Note that this classical expression requires that the
mean free path of the electrons is small compared with the length scale of the
temperature gradient. For the parameters we adopt, this is indeed the case with
a mean free path of ~10'* cm and a length scale of 5x10' cm.

Setting the temperature gradient equal to 7'/ R with the temperature 7=107 K
and the length scale R given by the gas column density divided by the gas
density, N/n = 5x10'® cm, we find an energy flux of ~4x10* ergcm=2s™!. This
exceeds the UV and X-ray heating flux by several orders of magnitude, and is
thus most likely the main heating mechanism.

Heat conduction is, however, extremely temperature sensitive. If the tem-
perature of the hot plasma were decreased by an order of magnitude, to 10° K,
the energy flux would be only ~10 ergcm~2s~!. This still surpasses the other
heating mechanisms, but not by nearly as much.
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The heat conduction energy into the knot will be balanced by mass evapora-
tion from the surface of the knot. The mass-loss rate of the knot will be
167 p

I = — 2 myT? 2.2
My = = kBK( VT2 Ry, (2.2)

where 1 is the average mass of the gas (taken to be 16 DaP, for an oxygen gas),
T}, is the temperature of the hot electrons (here taken to be 10" K), and Rj the
size of the knot. For our CO knot we find M; ~ 6x10~° M, yr—, corresponding
to an evaporation time of ~2000 years. The shock will take only ~50 years to
cross the knot, so the knot will not evaporate significantly during the shock
interaction.

2.3 Future prospects

To continue the work on the reverse shock conditions of Cas A, observations
are underway with the FIFI-LS instrument aboard the SOFIA airborne observa-
tory of oxygen fine structure lines — [O]] at 63 yym and [O1II] at 52 and 88 pm
— at three CO-bright points in the remnant. With these observations we aim to
understand the characteristics and interrelationship of the molecular and neu-
tral/ionic atomic gas. The data will shed light on the questions of how ejecta
knots are processed by the reverse shock and whether such knots can protect
supernova dust, allowing it to survive into the ISM.

An extension of the work on Cas A is to search for molecules in other su-
pernova remnants. SN 1987A is an obvious candidate, as CO and SiO have
already been discovered in its ejecta (Kamenetzky et al., 2013). I am co-lead
of an accepted ALMA proposal to study the molecules SiS, SO and SiO (and
their isotopologues) in the ejecta of SN 1987A. These molecules are expected to
form in abundance in supernova ejecta, from modelling by Sarangi & Cherchn-
eff (2015). The observations cover several transitions of each molecule, and so
will allow for the determination of the physical conditions and kinematics of the
gas, as well as various isotopic ratios. Hence, we will be able to test predictions
of ejecta chemistry, clumpiness, and nucleosynthesis. There is also a plan to fol-
low up and extend these observations in future ALMA cycles: more transitions
will provide further constraints on ejecta conditions and molecular formation
zones, and a wider range of molecules will further constrain the chemistry and
nucleosynthesis.

PDalton or unified atomic mass unit, defined as one twelfth of the mass of a neutral carbon-12 atom.
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Chapter 3

Massive evolved stars

When massive stars near the end of their lives their stellar winds become very
vigorous, ejecting up to 10~* M, of material per year. Despite their rarity, such
stars have a huge impact on the ISM. Molecules can be used as tracers of this
wind, probing the mass-loss rate and the kinematics of the gas. A commonly ob-
served molecule is CO, due to its abundance and excellent observational prop-
erties, as discussed in § 1.2. The distribution of this circumstellar gas will affect
the future evolution and (very likely) explosion of a massive star as a super-
nova, so studying these late evolutionary stages is vital to understanding the
lives and deaths of massive stars.

3.1 Yellow Hypergiants
General references: Oudmaijer et al. (2009); de Jager (1998)

When stars of mass >8 Mg, run out of hydrogen in their cores at an age of
~107 years, they move off the main sequence to become Red Supergiant (RSG)
stars. This stage, and later evolutionary stages, are characterized by intense
mass-loss. This mass-loss shapes the circumstellar envelope, which will impact
the geometry of an eventual supernova explosion. The amount of mass lost de-
termines whether the star explodes as a supernova at all, because if it loses too
much mass the core will not be heavy enough to undergo catastrophic collapse.

After the RSG branch, a massive star can evolve in several ways depend-
ing on its composition and other characteristics. Some stars make “excursions”
around the HR diagram, eventually returning to the RSG branch. Others evolve
into Luminous Blue Variable (LBV) and then Wolf Rayet (WR) stars, which are
very hot stars losing a lot of mass via fast stellar winds. Along the evolutionary
progression from RSG to WR stars, which is expected to take several hundred

23
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Figure 3.1: The high-luminosity part of the HR diagram, where the Yellow Hypergiants
are found. The approximate location of the Yellow Void is indicated with a grey ellipse.
(Image credit: Oudmaijer et al., 2009)

to a few thousand years (Garcia-Segura et al., 1996), there is the Yellow Hyper-
giant (YHG) stage. The number of known Yellow Hypergiant stars is small,
partly because of the short duration of the YHG stage, and partly because they
are difficult to identify. One defining characteristic of a YHG star is an absolute
magnitude, My, brighter than -7, and the determination of My requires an ac-
curate distance measurement. Another feature of YHGs is broad Ha emission
components, which implies large-scale photospheric motion and an extended
envelope. This, in turn, implies a large mass-loss rate. So YHGs are intrinsically
bright, with typical luminosities around 10° L., and are losing a lot of mass.
They have temperatures between ~7000-10000 K, so on the HR diagram they
lie between RSGs and LBV /WR stars (Figure 3.1).

There is a gap in the HR diagram, an area with very few stars just blue-
wards of the YHGs, called the Yellow Void. The Yellow Void is believed to be
associated with inherently unstable stellar parameters, so that YHGs evolving
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towards it will not be able to enter the Void, and will instead “bounce” back red-
wards. This “bouncing” against the Yellow Void is another unique characteris-
tic of the Yellow Hypergiants. “Bounces” have been observed to be associated
with periods of increased mass-loss, which are believed to cause the subsequent
redward motion: the wind becomes optically thick, essentially forming a cool
pseudo-photosphere around the star. After the wind clears, the star can once
again move towards the Yellow Void, until its photosphere becomes unstable
and it enters another period of increased mass-loss. The star HR 8752, for ex-
ample, has undergone at least two “bounces” over a period of 30 years (de Jager
& Nieuwenhuijzen, 1997).

The photospheric instability of the Yellow Void is associated with the effec-
tive photospheric acceleration, g.;;. When g is close to zero, as is the case at
the Yellow Void, the atmosphere is more or less detached from the star’s grav-
itational attraction. This means the star will pulsate with supersonic velocity
amplitudes, allowing for ejection of gas at supersonic speeds and greatly en-
hanced mass-loss during that part of the pulsation cycle. The pulsation period
is typically ~500 days, and the star can eject huge amounts of gas on a timescale
of about a decade. It is thought that once a YHG has ejected enough mass its
stellar envelope will be able to survive the instabilities of the Yellow Void, and
the star will evolve to become an LBV on the other side of the Void. Hence the
YHG stage links the comparatively well understood RSG and LBV /WR phases,
both evolutionarily and with regard to the formation of circumstellar structures.
It is important to study YHGs for this reason, despite the short duration of the
phase, but the varied properties of YHG stars poses a challenge.

The variation in the properties of YHGs is caused by the movement of the
stars in the HR diagram, and their “bouncing” against the Yellow Void, but they
have a few features in common: large luminosities, and large mass-loss rates.
This, combined with their past RSG phase, means YHGs should have significant
circumstellar envelopes. But very few have been found to have extended shells:
the famous p Cas, for example, shows no extended emission. One of the most
studied YHGs, IRC+10420, is one of the few that shows extended circumstellar
shells. It is also significant in its large outflow velocity (~40 kms™') and huge
mass-loss rate (>10"* My yr—!). On the largest scales, IRC+10420 has largely
spherically symmetric circumstellar shells, but closer to the star the more re-
cently ejected features show lots of structure (Castro-Carrizo et al., 2007). These
structures appear to have been ejected by short bursts of mass-loss in random
directions, perhaps indicative of explosive “bounces” against the Void. Another
of the few YHGs with extended circumstellar shells is the newly reclassified
IRAS 17163-3907 (IRAS 17163), which is the subject of Papers II and III.
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Figure 3.2: 8.6um VISIR image of IRAS 17163-3907. Image credit: Lagadec et al. (2011).

3.1.1 IRAS 17163-3907

IRAS 17163 was only recently identified as a Yellow Hypergiant star, despite be-
ing one of the brightest infrared sources in the sky, because its distance was not
well constrained. The star was discovered by Henize (1976), and classified as a
post-AGB star by Le Bertre et al. (1989). They assumed a distance less than 1 kpc
based on a positive radial velocity, inconsistent with Galactic rotation, which
means the star is most likely in the solar neighborhood. The close distance was
backed up by the fact that the star was resolved by IR speckle interferometry.

However, a new distance measurement was made by Lagadec et al. (2011)
based on interstellar absorption lines in the optical spectrum of IRAS 17163. The
absorption line velocity suggests the absorbing gas is 3.6 kpc away, if it follows
Galactic rotation, giving a lower limit on the distance to the star. An upper limit
on the distance was also derived, based on the maximum visual extinction, to
be 4.7 kpc. The new distance of ~4 kpc also increases the derived luminosity of
the star to 5x10° L, placing IRAS 17163 among the Yellow Hypergiants on the
HR diagram.

The YHG status of IRAS 17163 is further backed up by dust measurements:
Lagadec et al. (2011) found two concentric spherical dust shells within 5” of the
star using mid-IR observations, with a huge warm (~200 K) dust mass of 0.04
Mg, inspiring the nickname the Fried Egg nebula. These dust shells can be seen
in Figure 3.2. Hutsemékers et al. (2013) used Herschel to look in the far-IR and
discovered a 50” dust ring around the star containing ~0.17 M, of cool (~60 K)
dust. This implies a total ejected mass of ~10 M, depending on the assumed
gas-to-dust mass ratio (here: 50), over the past ~10000 years. The 50” ring was
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most likely ejected during the star’s previous RSG phase, but the warm dust
close to the star is estimated to have been ejected in several mass-loss episodes
within the past ~400 years, consistent with the YHG phase. Paper Il presents an
optical spectrum of IRAS 17163, providing further evidence it is indeed a Yellow
Hypergiant, along with APEX CO observations of its circumstellar material.
Paper III probes the CO emission in more detail with ALMA ACA observations.

3.2 Introduction to Paper II

In order to probe the kinematics of the circumstellar envelope and constrain the
mass-loss rate, IRAS 17163 was observed in CO 2-1 and 3-2 using the APEX tele-
scope. A complex CO line shape is found at a radial velocity around +65 kms™,
consisting of two peaks and a broad (~50 kms~') underlying component.

An optical spectrum from the Mercator telescope is also presented, and com-
pared with the optical spectrum of the YHG IRC+10420. The similarity between
the two spectra further supports the classification of IRAS 17163 as a Yellow Hy-
pergiant. The optical emission lines have radial velocities around +18 kms™,
significantly offset from the velocity of the CO emission. Proposed explana-
tions of the velocity discrepancy include a binary companion and pulsation of

the stellar atmosphere.

3.3 Introduction to Paper III

ALMA ACA observations of CO 2-1 were obtained to shed light on the com-
plex circumstellar structure of IRAS 17163. They reveal a faint broad plateau
at the star, centered on +18 kms~! with a total width of ~250 kms™*, resolv-
ing the CO/optical velocity discrepancy from Paper II and finally confirming
the systemic velocity of IRAS 17163 to be +18 km s~*. We model this plateau as
isotropic mass-loss from the star, as described in §3.3.1 below, to find an expan-
sion velocity of 100+10 kms~! and a mass-loss rate of 1.2 £ 0.3 x 107* Mg yr—'.

The observations also reveal a clumpy CO ring, matching the 50” Herschel
dust ring (Hutsemékers et al., 2013). However, the kinematics of this ring are
not consistent with an expanding shell. The velocity structure is more like that
of a torus, at a shallow inclination, like the famous ring around SN 1987A. Such
structures have been detected around a few evolved stars, and may require a
binary companion to form.

The bright emission around +60 kms™, seen with APEX in Paper IJ, is a
spur extending from the star to the clumpy CO ring. There appears to be no
counterpart on the other side of the star, though the ISM contamination around
—20 kms~! makes it difficult to confirm. We obtained an APEX spectrum of
3CO in order to calculate the '*C/?C ratio and elucidate the origin of the spur
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material: a ratio around 10 would suggest a red supergiant origin, while the
ISM around IRAS 17163 has a ratio of ~40. We find a '2CO/'3CO ratio of 131,
indicating the spur does indeed originate from the star. How such a massive
unipolar ejection, over several thousand years, could have occurred remains a
mystery. It is also at odds with the circular symmetry of the dust emission, at
both smaller and larger scales.

3.3.1 Modeling

In order to estimate the mass-loss rate of IRAS 17163, we use a simple model of
an expanding circumstellar envelope where the radiative transfer is solved us-
ing a Monte Carlo method (Bernes, 1979; Schéier & Olofsson, 2001). This model
assumes that the envelope expands at a constant velocity and is formed by a
constant, isotropic, and smooth mass-loss. It incorporates rotational energy lev-
els up to ] =40 for the vibrational ground state and the first vibrationally excited
state, and uses collisional cross-sections from Yang et al. (2010). In our model-
ing we take the stellar parameters (distance, Te¢, luminosity) from Lagadec et al.
(2011), and assume a [CO]/[H] ratio of 107*, a turbulent velocity of 1 kms™?,
and a gas-to-dust ratio of 40 (cf. Hutsemékers et al., 2013). Note that the gas-to-
dust ratio is only used in the energy balance calculation.

We fit the mass-loss rate and expansion velocity by executing models over a
parameter grid where the mass-loss rate is varied between 9x107° and 2x10~*
Mg yr, and the expansion velocity between 85 and 125 kms™'. We then de-
termined the best fit model by x? minimisation to the parts of the spectrum
not contaminated with ISM or spur emission, to find an expansion velocity of
100 + 10 kms™" and a mass-loss rate of 1.2 4+ 0.3 x 10~* Mg yr'. The errors
are the statistical errors corresponding to the 1o x? error ellipse, i.e., where the
parameters correspond to a model with a x? value equal to x2;, + 1.

The mass-loss rate estimate has further uncertainty associated with the model
parameters, such as the distance to the star and the assumption of constant
and isotropic mass-loss, which are not taken into account. Note also that the
model was developed for the circumstellar envelopes of AGB stars, and hence
may not be strictly applicable to our YHG star. For example, it assumes an en-
tirely molecular gas envelope, whereas the envelope of IRAS 17163 might be
significantly atomic due to the high stellar temperature. On the other hand, this
method provides an order of magnitude estimate of the mass-loss rate, allowing
us to make comparisons to other massive evolved stars. Furthermore, previous
modelling of the YHG IRC+10420 which finds similar mass-loss rates (Castro-
Carrizo et al., 2007; Dinh-V.-Trung et al., 2009) also used models developed for
AGB envelopes.
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3.4 Future prospects

The ALMA observing programme which yielded the ACA data for Paper III
has now been completed, with the full array data having a spatial resolution of
1.5”. The combination of the full array data with the ACA and total power ob-
servations will give a more complete picture of the surroundings of IRAS 17163,
and allow us to study its peculiar features in greater detail. There are also sev-
eral other YHGs with detected circumstellar material which could be similarly
studied with ALMA.

Further optical and near-infrared observations of IRAS 17163 with the SPHERE
instrument at the VLT are also forthcoming. With more detailed observations of
the dust shells within 2.5” of the star, coupled with the high resolution ALMA
data, we can directly compare the gas and dust and model the recent behavior
of this star. There are also plans to monitor the optical spectrum of IRAS 17163
to look for short term variability and potential evidence of a binary companion.
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Chapter

Galactic chemical evolution

When stars lose mass, through stellar wind or explosion, their nucleosynthesis
products get incorporated into the ISM. This is the source of the chemical en-
richment of a galaxy: over time, it gains more and more metals. Different stars
will enrich the ISM with different elements, and on different timescales. This is
mainly due to the stellar mass, as the more massive a star is, the faster it will
evolve and the larger the range of elements it can produce. Young galaxies will
mainly show enrichment due to massive stars, as the lighter stars will not yet
have had time to evolve off the main sequence and affect the ISM. Hence, by
studying galaxies of different ages, we can constrain the effects from different
sources of chemical enrichment.

In order to study this chemical enrichment, one could measure the abun-
dances of various elements in galaxies at different ages of the Universe. How-
ever, determining the overall abundance of an element can be difficult, as differ-
ent elements will be preferentially found in different states, e.g., incorporated in
molecules, as neutral atoms, or in various states of ionisation. Luckily, different
sources of chemical enrichment don’t just produce different abundances of ele-
ments, but also different abundances of isotopes of those elements. Determin-
ing isotopic ratios from atomic lines in optical spectra requires very high spec-
tral resolution, as the lines typically lie very close together. On the other hand,
when isotopes are incorporated into molecules they can significantly change the
frequency of their transitions and are therefore easily distinguishable.

When molecules are formed fractionation can occur, which is when molecules
are preferentially formed with a specific isotope of a given element. Fraction-
ation can also be due to selective isotopic photodissociation. It occurs mainly
with light elements, for which the addition of a neutron causes a large relative
change in the atomic mass and hence a corresponding change in the bonding
energy of the molecule. Hydrogen/deuterium fractionation is common, and in
cold, dense clouds carbon and nitrogen fractionation is also seen (Roueff et al.,
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2015, and references therein). However, heavy elements or those in warm en-
vironments are generally not affected by fractionation, so the relative isotopo-
logue abundances of a molecule will be proportional to the isotopic ratio of that
element. Determining the isotopic ratios of various elements at different ages
of the Universe puts constraints on the physics of stellar evolution and the rates
of star formation and destruction.

4,1 Chemical evolution models

Theoretical models of galactic chemical evolution have been developed to ex-
plain the elemental abundances and isotopic ratios measured in different galax-
ies. These take into account the contributions from different types of stars over
different timescales. Often these models will use metallicity as a proxy for time,
as this is easier to relate to observational results. Metallicity is generally defined
as the iron content relative to hydrogen, [Fe/H], as iron is an abundant heavy
element and often the easiest to measure. The abundance ratio is expressed as
the logarithm of the iron abundance in the gas compared with that of the Sun:

o NFe NFe
[Fe/H] B loglo ( NH )gas N logIO ( NH )Sun (41)

where Ny, is the number of iron atoms per volume and Ny the number of hy-
drogen atoms per volume. Hence a positive value of [Fe/H] corresponds to a
higher metallicity than that of the Sun, and a negative value to a lower than
Solar metallicity.

Kobayashi et al. (2011) produce one of the few chemical evolution models to
predict the evolution of different isotopes for a wide range of elements. They
calculate the evolution of the gas fraction and metallicity of the Milky Way as
a function of time, which depends on the star formation rate as well as infall
and outflow of matter. The star formation rate (SFR) is taken to be proportional
to the gas fraction, and they adopt the initial mass function (IMF) from Kroupa
(2008) of n,,, o m~*, where n,, is the number of stars of mass m, and the slope x
is given for three separate mass ranges: + = 2.3 for 0.5 Mg <m <50 Mg,z =1.3
for 0.08 My < m < 0.5 Mg, and x = 0.3 for 0.01 My < m < 0.08 M. They also
include different star formation histories for different parts of the Milky Way, in
order to recreate the observed differences in their metallicity distribution func-
tion (MDEF)?. For example, in the solar neighborhood star formation takes place
over 13 Gyr (billion years) with the SFR peaking at [Fe/H]~ —0.2. There is also
some infall of primordial (zero metallicity) gas from outside the Galactic disk.
In contrast, the bulge has a shorter star-formation timescale, only 3 Gyr, before
it is truncated by a galactic wind.

?An MDF gives the proportion of stars at each metallicity
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The models of Kobayashi et al. sum all the contributions of different stars,
which depend on their initial masses. Stars with initial masses between 0.8
and 8 M become asymptotic giant branch (AGB) stars, which produce a large
fraction of light elements such as C, N, and F. They also produce a significant
amount of s-process elements (see § 1.1.2), and expel their nucleosynthesis prod-
ucts into the ISM via stellar winds. Some elements, such as '?N, are destroyed
rather than created in AGB stars. In cases where the element yield would be
negative, it is instead set to zero to avoid numerical problems, which may affect
the derived isotopic ratios, e.g., the ratio *N/"N.

After expelling most of their material, AGB stars leave behind a white dwarf
star. If a white dwarf exceeds the Chandrasekhar mass of ~1.4 Mg, either by
accreting material (single degenerate scenario) or merging with another white
dwarf (double degenerate scenario), it will explode as a Type Ia supernova. The
lifetimes of double degenerate systems are too short to reproduce the chemical
evolution of the solar neighborhood, as they produce too much Fe at early times.
Hence, Kobayashi et al. consider only a single degenerate scenario. Type Ila
supernovae produce large amounts of elements such as Si, S, and Fe.

Stars with slightly larger initial masses, between 8 and 10 M, become super
AGB stars, for which metal production is predicted to be very small. Hence,
Kobayashi et al. assume these stars produce no metals, but they do leave be-
hind a white dwarf star which could potentially explode as a Type la supernova.
Stars with initial masses between 10 and 50 Mg, will expel material as massive
evolved stars before ending their lives as core-collapse supernovae. These pro-
duce large amounts of O, for example, and all r-process elements. Stars with
initial masses between ~100 and 300 M, end their lives as pair-instability super-
novae, which are predicted to produce large amounts of, e.g., S and Fe. How-
ever, as the number of such stars is expected to be very small, Kobayashi et al.
do not include their contribution in the models.

4.2 Molecular absorption at high redshift

Isotopic ratios provide valuable probes of the enrichment history of the Uni-
verse, and high redshift sources provide some of the most valuable data. When
studying the gas in distant galaxies, an absorbing galaxy in front of a quasar
is the ideal source. As the line strength is not affected by distance (see §1.2.2)
even faint galaxies can be studied in high detail. However, the need for chance
alignment with a background quasar means there are few such systems. Two of
the most well studied are presented below.
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Figure 4.1: MERLIN 5 GHz image of the PKS 1830-211 Einstein ring. North is up and
East is left in the image. Image credit: Australia Telescope National Facility, CSIRO.

4.2.1 The z=0.89 absorber towards PKS 1830-211

PKS1830-211 is a blazar at z=2.5 being lensed by a nearly face-on spiral galaxy
at z=0.89 (hereafter referred to as MAO0.89), discovered by Wiklind & Combes
(1996). MAO0.89 acts as a gravitational lens, splitting the image of the quasar into
two main components, NE and SW, embedded in an Einstein ring, as shown in
Figure 4.1. The two main images are separated by about 1”, and intercept the ab-
sorbing galaxy at about 4 and 2 kpc from the galactic centre for the NE and SW
images, respectively. The SW image shows absorption lines from >50 molec-
ular species (Menten et al., 1999; Muller et al., 2006, 2011, 2014; Miiller et al.,
2015), and some of their isotopologues. These molecules show rotational tem-
peratures consistent with the CMB temperature at z=0.89, 5.14 K, but the kinetic
temperature is much warmer, ~80 K. Hence the observed transitions are sub-
thermally excited, which is consistent with a modest gas density of ~10% cm ™.
The absorbing gas is similar to diffuse or translucent clouds in the Milky Way.
Towards the NE image the molecular column density is about one order of mag-
nitude lower than towards the SW, so only a few molecules are detected there
(Muller et al., 2011).

The isotopic ratios measured in MA0.89 are quite different from those found
in the local ISM. Muller et al. (2006) found low values of the 12C/!3C, 1N /!N,
160 /180, and 32S/34S ratios, at least a factor of two lower than in the local ISM.
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Figure 4.2: MERLIN 5 GHz image of B0218+357. North is up and East is left in the
image. Image credit: Biggs et al. (2001).

They also find a '*0/'"O ratio a factor of 2-3 larger than in the local ISM. All
these results are consistent with a young galaxy, mainly enriched by massive
stars.

4.2.2 The z=0.68 absorber towards B 0218+357

B 0218+357 is a blazar at z=0.94 which is being lensed by a molecular absorber at
z=0.68, hereafter called MAQ.68. This produces two images (A and B) separated
by 0.33”, and an Einstein ring (Patnaik et al., 1993), as shown in Figure 4.2.
The brightest image, A, in the West, is well away from the ring, while image
B is close to the centre of the ring. Molecular absorption from species such as
CO, HCOT, HCN, H,0, NHj;, and H,CO has been found toward image A only
(Wiklind & Combes, 1995; Muller et al., 2007). MAO0.68 is a nearly face-on spiral,
and the absorption occurs about 2 kpc from the galaxy’s center.

Observations of ammonia have shown that the absorbing gas is warm and
diffuse (Henkel et al., 2005), similar to MA0.89. A redshift of z=0.68 corresponds
to a look-back time of nearly half the age of the Universe, so this galaxy has had
much less time for chemical enrichment and evolution than, e.g., the Milky Way.
Hence its ISM should show enrichment mainly by massive stars. MA0.68 is the
subject of Paper IV.
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4.3 Introduction to Paper IV

We have obtained PdBI observations of a galaxy at z=0.68, located in front of
the blazar B 0218+357, and detect absorption lines from HCO*, HCN, CS, H,S,
and some of their isotopologues. We use these to measure isotopic ratios of
32G /341G and 80Q/170, as well as the double ratios *C/'80 and 3C/'°N where
the main isotopologue is saturated. We also estimate the '*C/'*C ratio, and
hence "N/*N and *0/'®0. We find all these ratios to be similar to those found
in the PKS1830-211 absorber at z=0.89. They differ significantly from isotopic
ratios in the solar neighborhood, but are similar to several starburst galaxies,
which is consistent with enrichment mainly by massive stars.

4.3.1 Determining isotopic ratios

For optically thin lines, absorption intensities (I,), measured from the contin-
uum level, can be converted to optical depths (7,) according to:

I,
7, =—1In (1 -7 Ibg) , (4.2)

where I, is the intensity of the background continuum source, and f, the source
covering factor. As the observations cannot resolve images A and B of the
quasar and absorption only occurs in front of image A, we assume a flux ratio
F4/Fp=4.2 and hence a continuum intensity for image A of 0.81, and a source
covering factor of 0.8 (see Paper IV for details).

We convert the absorption lines to optical depths, and fit each line profile
with the same gaussian components, scaled by a multiplicative factor. Hence
we assume the same excitation, continuum illumination, fractional abundances
and isotopic ratios for all velocity components. Next we calculate an integrated
opacity for each line, and convert them to column densities. We derive isotopic
ratios using a Monte Carlo routine to divide the column densities, including un-
certainties, of relevant pairs of lines. This method does not require the assump-
tion of symmetric errors, giving more realistic uncertainties for each isotopic
ratio.

4.4 Future prospects

Further studies of the isotopic ratios towards B 0218 will be best achieved with
detailed ALMA observations, and the resubmission of a proposal to do this is
planned. The resolution and sensitivity of ALMA would allow us to observe
many more molecules and their isotopologues, and multiple transitions of the
same molecule in order to derive physical conditions. There are also a few
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other galaxies seen in absorption towards quasars, for example the absorber
at z=0.25 towards PKS 1413+135, and there are searches for even higher redshift
absorbers. Such systems provide the opportunity to measure isotopic ratios
with high precision at a range of redshifts, which allows us to probe chemical
enrichment timescales, and hence the sources of various isotopes, and provide
observational constraints on models of galactic chemical evolution.
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