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Molecular Astrophysics in Star-forming Regions
with the Odin Satellite
CARINA M. PERSSON
Department of Radio and Space Science
Chalmers University of Technology

Abstract

The interstellar medium is the cradle of life, stars and planets in the evolving Universe.
Stars are born deep inside cold and dark molecular clouds, and affect the dynamical
conditions in local regions by powerful winds, outflows, and by supernova explosions.
Optical light from star-formation is trapped within the clouds because of absorption
by dust grains. However, radiation is able to escape through the gas and dust in the
infrared and radio spectral regions. In addition, the chemical evolution of molecules
is very sensitive to temperature, density and radiation field. Thus, radio and submm
observations of molecules are an excellent probe of both the physical and chemical
conditions in star-forming regions and the interstellar medium in general.
Some important molecules are difficult to observe with ground-based telescopes due
to the Earth’s obscuring atmosphere. Hence observations from space are necessary in
these spectral regions. The launch of the Odin1 satellite in 2001, enabled observations
of molecular oxygen and the ground-state water transition that traces shocks and star-
formation.
One of the big unanswered questions in astronomy is the origin of structure. During
the cosmic Dark Ages after the Big Bang, the Universe evolved from uniformity to the
structures of galaxies, clusters, and voids that we observe today. Direct observations
from the Dark Ages are most commonly believed to be impossible. But our aim in the
search for the Primordial molecules is exactly this – to perform observations of resonant
spectral lines from the cosmic Dark Ages.
To study the conditions in a star-forming region, including an unbiased search for new
molecules, a spectral line survey has been performed toward the Orion KL massive
star-forming region. We have observed 347 spectral lines from 38 molecules including
isotopologues, while 19% of the lines remain unidentified. Six water lines are detected
including the water isotopologues H17

2 O, H18
2 O and HDO. The total emission is domi-

nated by CO, H2O, SO2, SO, 13CO and CH3OH. Species with the largest number of lines
are CH3OH, (CH3)2O, SO2, 13CH3OH, CH3CN and NO.

Keywords: ISM: abundances – ISM: molecules – Astrobiology – Molecular data – ISM:
individual objects: Orion KL – Radio lines: ISM – Submillimeter – line: formation –
line: identification

1Odin is a Swedish-led satellite project funded jointly by the Swedish National Space Board (SNSB), the
Canadian Space Agency (CSA), the National Technology Agency of Finland (Tekes) and Centre National
d’tudes Spatiales (CNES). The Swedish Space Corporation was the prime contractor and also is responsible
for the satellite operation.
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Persson, C.M., and Sandqvist, Aa.,
Odin CO and 13CO J = 5 – 4 mapping of Orion KL – a step towards accurate water
abundances
Astronomy & Astrophysics, 453, 979 (2006)

• Wilson, C.D., Booth, R.S., Olofsson, A.O.H., Olberg, M., Persson, C.M., Sandqist, Aa.,
Buat, V., Encrenaz, P.J., Fich. M., Frisk, U, Gerin, M., Johansson, L.E.B., Rydbeck, G.,
and Wiklind, T.
Upper limits to the water abundance in starburst galaxies
Submitted to Astronomy & Astrophysics

• Berciano Alba, A., Borges da Silva, P., Eichelberger, H, Giovacchini, F, Godolt, M.,
Hasinger, G., Lerchster, M., Lusset, V., Mattana, F., Mellier, Y., Michalowski, M.,
Monteserin-Sanches, C., Noviello, F., Persson, C.M., Santovincenzo, A., Schneider, P.,
Zhang, M., and Östman, L.
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Chapter 1

The Interstellar Medium

1.1 Introduction

A galaxy consist of billions of stars, and in between there is an important con-
stituent of gas and dust particles called the Interstellar Medium (ISM). Of all
visible matter in our Galaxy approximately 15% is composed of interstellar gas
and dust. We observe this very dilute gas by its own emission and by the ab-
sorption of starlight that travels trough it.

The ISM might at first glance seem uninteresting, but there are a number
of reasons to study it. First, it all starts here. The Universe is continuously
evolving, and the stars are born deep within cold molecular clouds. By studying
the ISM we gain information about the necessary conditions for star-formation.

When the stars end their lives (in different ways depending on their initial
mass) they return most of the gas to the ISM. Gas is also lost by the stars during
their entire lifetimes in stellar winds. Almost everything in the Universe is thus
recycled. But when the gas is returned to the ISM, the composition is not the
same anymore. After the Big Bang the primordial composition of the ISM was
about (by mass) 75% of hydrogen and 25% of helium. Today most of the ISM
still has approximately this composition, but now there are other heavier ele-
ments as well, especially in the dust. The elements have been processed within
the hot cores of stars in different nucleosynthesis processes, where the hydrogen
nuclei are combined into helium in the proton-proton chain or CNO-cycle, he-
lium nuclei combine into carbon or oxygen in the triple alpha process, etc. Ele-
ments heavier than iron can only be produced when very massive stars explode
as supernovas. Thus, early generation stars contained (almost) only hydrogen
and helium, while the next generation of stars, and their possible solar systems,
contained all other elements produced by the previous stars. So by studying the
relative elemental abundances of the ISM, we can obtain information about the
chemical evolution in our Galaxy, and the history of star-formation including
different types of supernovae.

1



2 The Interstellar Medium

The ISM is also a unique chemical laboratory characterised by very low den-
sities and temperatures (typically a few tens of Kelvins) not available on Earth,
allowing studies of chemistry otherwise not accessible. For instance the radical
HCO+ was first observed in the ISM and only later observed and confirmed in
the laboratory (summary is given in Rydbeck & Hjalmarson 1985).

Another example of the importance of studies of the ISM is deuterium ob-
servations. Since no efficient processes of deuterium (isotope of hydrogen) pro-
duction are known, almost all existing deuterium today is a relic from the Big
Bang. If we measure the primordial abundance of deuterium in the local or
extra-galactic ISM, a limit on the primordial value of the relative abundance of
[D/H] can be obtained. This value is used to calculate the baryonic density in
the Universe, thus constraining the Big Bang Nucleosynthesis.

The ISM is not a homogeneous gas cloud with equal density and temper-
ature spread evenly throughout the Galaxy. Our Galaxy, the Milky Way, con-
tains ∼4–8×109 M¯ of neutral hydrogen, and about half of that amount exist
as molecular hydrogen. Almost all of the molecular gas is piled up in a ring 4
kpc from the centre of the Milky Way. The neutral gas is found across the whole
Galaxy. The sizes of the clouds range from 0.1 pc for dark, isolated cloudlets to
more than 10 pc for Giant Molecular Cloud complexes. The density is typically
higher in the spiral arms and towards the centre, and can vary by many orders
of magnitude – from less than 1 particle per cm−3 to 107 cm−3 in dense clouds
– while the temperature variation is smaller (from tens of K to millions of K).
To get a feeling for what a dense medium in space means we can compare this
with the best vacuum on Earth, which has a density of 106 cm−3, or the air at
sea level with a density of 3×1019 cm−3.

On small scales (. 1 kpc) the ISM forms a multi-phase medium with dif-
ferent co-existing phases. Low density gas with high temperature is in pres-
sure equilibrium with higher density, lower temperature gas. A warm, diffuse
medium with a temperature of about 8 000 K corresponds to a density of ∼0.1
cm−3, while colder gas of 100 K corresponds to a density of 10 cm−3. The even
denser molecular clouds are gravitationally bound entities. A hot plasma phase
also exists with a temperature of 106 K, and a number density of 10−3 cm−3.
Most of the mass is in the dense phase, but the diffuse plasma occupies most of
the volume. The gas material passes continuously between the different phases.

1.2 Dust grains and ices

In addition to the gas the ISM contains approximately ∼1% (by mass) of small
dust particles (0.01µm-1µm) consisting of solid state molecules heavier than hy-
drogen, such as silicates, graphite, amorphous carbon (soot), and polycyclic aro-
matic hydrocarbons (PAHs). The bulk of the dust grains originates in oxygen-
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rich M giants (silicate dust), radio-luminous OH/IR stars, super-giants, and car-
bon stars (sooty particles). They form near the photosphere of the star together
with molecules and radiation pressure on the grains drives the circumstellar
wind, which injects the dust and gas into the ambient ISM. Supernova shock
waves distribute the dust over large scales, and the dust is subsequently mixed
into the ISM.

Dust particles can absorb and scatter photons, and this shields the interior
parts of a cloud enabling molecules to survive. The absorption of radiation
heats the grains to radiate in infrared, i.e. they can absorb uv- and visible light
and transform the radiation to longer wavelengths. The absorption of UV pho-
tons also causes electrons to be ejected from the grains, which is an important
heating source of the gas.

Many gas-phase reactions demand a ”starter” molecule. This can be pro-
vided by molecular formation on the surface of dust grains, where a complicated
chemistry is occurring including (almost) all of the H2 production. The forma-
tion rate primarily depends on the nature of the grain surface, which creates an
environment to prolong the collision time of the elements, and hence the proba-
bility for a reaction to occur increases. At 10 K the H, D, C, O and N atoms have
sufficient mobility to scan the grain surface to find a reaction partner.

In colder regions the surface is often covered with a layer of volatile material.
This is typically ices of H2O, CH3OH, CO2, CO, CH4, NH3, and OCS. H2O is the
dominant species and CO2 is the second most common with about 20 percent of
the water abundance. However, in the gas-phase CO2 is surprisingly rare. The
dust particles can acquire these icy grain mantles through the slow, but efficient,
accretion of species in the gas-phase. The sticking coefficients are expected to be
close to unity for heavy species at low temperatures. The time for removal from
the gas-phase to the dust is about 3×109/nH years, where nH is the hydrogen
nucleon number density. With a density of 104 cm−3, the depletion time scale
is only about 3×105 years, which is less than the expected lifetime of dense
cores in GMCs (see section 1.4.6). Icy grain mantles have been observed with
SWS (Short Wavelength Spectrometer) on-board the ISO-satellite between 2.5
and 200 µm (Gibb et al. 2004).

In the amorphous ice on the grain surfaces a complex chemistry is taking
place. On Earth atoms and organisms demand liquid water to be able to form
larger species. But at the cold temperatures present in space, the water will be in
the form of ice. The water molecules are then ordered in a rigid crystalline struc-
ture and this recoils other species. However, in vacuum, cold water molecules
behave differently and produce an amorphous ice, which has similar properties
to liquid water. The hydrogen bonds between the water molecules redistribute
constantly and rapidly, and this creates an excellent environment for molecules
to form. As much as 10 percent of the water volume can consist of other species.

The molecules get off the dust grains by different methods: sputtering in



4 The Interstellar Medium

shocks, X-ray or UV-radiation, thermal desorption, cosmic rays, or chemical
energy of reactions (H2).

1.3 Astrochemistry

In radio and sub-mm astronomy we mainly observe the low-energy rotational
molecular transitions from molecular clouds that are too cold to radiate in the
infrared or visible regions of the spectrum. Molecules influence the birth and
distribution of stars and structure of galaxies, and the entire cosmos is on the
large scale chemically controlled. Radio astronomy and the study of molecules
are therefore important parts of astronomy in general. Molecular astrophysics
began with the discovery of CH, CH+, and CN in the late 1930s. The first obser-
vation demonstrating the existence of dense star-forming gas was the detection
of the ammonia J = 1, K = 1 inversion line in 1968 (Cheung, Rank and Townes)
towards the Galactic Centre. The observed lines also made a temperature es-
timation possible, and also showed that polyatomic interstellar molecules did
exist.

Astrochemistry is the study of interstellar molecules, their formation routes
and the use of these species to gain information about the ISM. Since the space
offers low density and temperature, highly reactive, chemically unstable species
on Earth can therefore be quite abundant in certain regions. These include ions
like HCO+, and radicals like OH, CH and CN, which are electrons with un-
paired electrons. But the overwhelmingly most abundant molecule in the ISM
is H2 (99.99% of all molecules). As a consequence of no allowed dipole transi-
tions in the symmetric H2, most of the contents in cold molecular clouds is thus
invisible. Molecular hydrogen can only be seen in infrared, through vibrational-
rotational transitions, in most cases tracing the hot gas. To be able to trace the
cold H2 gas, the second most common molecule CO, with an abundance rela-
tive to H2 of ∼10−4, is used assuming co-spatial existence. CO is easily excited
at modest densities and temperatures and is very tightly bound. HI is observed
in the hyperfine transition at 21 cm (1420 MHz), which is a low-probability tran-
sition in the ground energy level, when the electron changes its spin relative to
the proton. Other detected molecules are very familiar to us like water, ammo-
nia and formaldehyde.

Around 150 molecules have been detected in space as seen in Table 1.1. Com-
pounds of the elements with the highest abundances, hydrogen, carbon, oxy-
gen, and nitrogen, constitute the major part of the detected molecules. Molecules
that form from heavier refractory elements, such as S, Si or Mg, often reside in
the dust particles. Larger carbon-bearing species like polycyclic aromatic hy-
drocarbons, PAHs, may also be present in ISM.
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Table 1.1: Detected interstellar molecules as of October 2006, (149+). Cyclic form is
labelled c-, and linear form with l-. A question mark is added to a not confirmed detec-
tion. Credit: Åke Hjalmarson.

Hydrogen compounds Oxygen

H a
2 HD a H+

3 H2D+ O2

Hydrogen and Carbon compounds

CH b CH+ a C a
2 CH2 C2H

C3 CH3 C2H d
2 l-C3H c-C3H

CH d
4 C4 c-C3H2 l-H2CCC C4H

C c
5 C2H c

4 C5H l-H2C4 HC4H c

CH3C2H C6H HC6H c H2C6 C7H c

CH3C4H CH3C6H C8H C6H c
6

Hydrogen, Oxygen and Carbon compounds

OH b d CO b d CO+ d H2O d HCO

HCO+ d HOC+ C2O CO2
d H3O+ d

HOCO+ H2CO d C3O CH2CO HCOOH d

H2COH + CH3OH d CH2CHO CH2CHCHO HC2CHO
C5O CH3CHO c-C2H4O CH2CHOH c-C3H2O

CH3OCHO d CH3COOH CH2OHCHO (CH3)2O CH3CH2OH

CH3CH2CHO (CH3)2CO HOCH2CH2OH d C2H5OCH3 (CH2OH)2CO ?

Hydrogen, Nitrogen and Carbon compounds

NH a ,d (ND?) CN b ,d N a
2 NH a ,d

2 HCNd

HNCd N2H+ NHd
3 HCNH+ H2CN

HCCN C3N CH2CN CH2NH HC2CNd

HC2NC NH2CN C3NH CH3CNd CH3NC
HC3NH+ HC4Nc C5N CH3NH2 CH2CHCN
HC5N HC7N HC9N HC11N CH3CH2CN
CH3C3N CH2CCHCN CH3C5N c-C2H4NH ? CH2CNH

Hydrogen, Nitrogen, Oxygen and Carbon compounds

NO HNO N2O HNCOd NH2CHOd

CH3CONH2 NH2CH2COOH?

Other species (containing S, Si, Na, K, Cl, F, Al, Mg, Fe, P)

SH CSd SOd SO+ NS
SiH SiCc SiN SiO SiS
HCl NaClc AlClc KClc HF

AlFc CPc PN H2Sd C2S

SOd
2 OCSd HCS+ c-SiC2 SiCNc

SiNCc NaCNc MgCNc MgNCc AlNCc

H2CSd HNCS C3S c-SiC3 SiH4
c

SiC4
c CH3SH C5S FeO CF+

Polycyclic Aromatic Hydrocarbons (PAHs)

a Detected in visible/UV absorption. bDetected in visible/UV absorption, and in
radio. cOnly circumstellar species. dAlso detected in comets.



6 The Interstellar Medium

There are a number of different routes to the production of molecules, where
one major formation process occurs on the surface of dust grains. The problem
of gas-phase reactions is one of energetics. When two atoms collide then cannot
form a bound system unless energy can be removed, for instance in a simulta-
neous collision of a third atom or by emission of a photon during the collision.
Otherwise the atoms will merely bounce off each-other. On Earth the density
is very high and molecules form easily in three-body collisions. In space the
density is too low for this process to occur efficiently, except in the circumstel-
lar envelopes of cold, late-type, post-AGB stars, which offer a warm and dense
environment giving a rich chemistry. As seen in Table 1.1 some molecules such
as C5, C7H, and HC6H among others are only detected in these regions.

Since no three-body collisions occur in the ISM, instead efficient ion-molecule
reactions drive most of the interstellar chemistry, and in high temperature gas it
is neutral-neutral reactions. The colliding species can be atoms or molecules. The
neutral-neutral reactions typically have energy barriers of the order of ∼100 K,
and are only about 1 per cent as likely to occur as are ion-molecule reactions
at low temperatures. With increasing temperature the reactions become more
efficient. Thus a rich gas-phase chemistry needs warm gas or the presence of
ions, which are produced by cosmic rays (relativistic protons or electrons), or
UV-radiation from nearby hot, young stars. The most important ion is H+

3 which
starts most other reactions.

Molecules can also be produced by radiative association, when the energy sink
is a photon. Two atoms collide and form an excited molecule which radiatively
decays to the ground state before it dissociates. But the probability is generally
very low for these reactions to occur.

Destruction of molecules occurs by different processes, such as dissociative re-
combination. An ambient free electron recombines with a molecular ion and cre-
ates an energetic, unstable neutral molecule. The molecule can autoionize again,
losing the electron, or fall apart into its neutral species. This reaction increases
slowly as the temperature falls. An illuminating case is the reaction H3O+ + e−,
which forms more OH + 2 H than H2O + H. Another destruction source is ener-
getic radiation. Molecules do not in general survive if the temperature is about
ten times hotter than in the Earth’s atmosphere. In dense regions very com-
plex molecules can be produced since the outer layer of the cloud is an effective
shield against the UV radiation. But if the clouds are diffuse, the incoming UV
photons destroy larger molecules faster than their production, so only small and
simple molecules can survive. Some molecules like H2 and CO protect them-
selves with self-shielding. This is possible since the destruction process occurs in
a number of very narrow spectral bands. The radiation outside these bands

does not affect the molecule. CO is also shielded by H2.

Diagnosis of molecular clouds depends on molecular physics. An atom or
molecule absorbs and emits radiation at wavelengths that are characteristic of
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Figure 1.1: Energylevel diagrams of O2, CI, 13CO and o-H2O. Credit: Gary Melnick.

the species. The energy level diagrams of O2, CI, 13CO and o-H2O in Fig. 1.1
show some of the lowest rotational transitions within the first vibrational state
for each species. The transitions observed with the SWAS satellite are marked.
The Odin satellite observe all these lines, and more. The magnetic dipole transi-
tion 11 – 10 of O2 at 118.750 GHz is Odin’s most sensitive search tool. Molecular
oxygen has been shown to be orders of magnitude less abundant than expected
from chemical models (Pagani et al. 2003), and just has been marginally de-
tected in the dense molecular core ρ Oph A (Liseau et al. 2005).

An object may appear different in different transitions of the same molecule
or in lines of different species. This is a consequence of the response by the
molecules to the physical conditions in the medium, including temperature,
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abundance, and the background radiation, and this determines the strength of
the spectral features of the species. Some molecules have very high critical den-
sities, e.g. CN or CS. Thus these species radiate most strongly when the density
is high, and are therefore excellent tracers of high-density gas. Other molecules
such as CO have a low critical density and are easily observed from large re-
gions. The excitation temperature can be directly determined by observing an
optically thick transition, whereas the column density is derived from optically
thin transitions (appendix A).

1.3.1 Water

The water molecules is of special interest for a number of reasons – first as a key
molecule for life as we know it (Brack 2002). The origin of water in the ISM and
how it is connected to star-formation is of clear astrobiological interest. Water is
also an important ice constituent on the surface of dust grains, and provides an
excellent environment to form and shield molecular production. It also helps
the coagulation process that produces planets and comets, which are formed
by grains, rocky debris, and ices. Like planets, comets must form around other
stars than our sun, as in fact suggested by Odin’s detections of H2O and NH3

in the mass-loss winds from the C-rich star IRC+10216 and the O-rich star W
Hya (Hasegawa et al. 2006). Their delivery of volatiles to the planets via a
heavy bombardment, as in the case of our young Earth, may be important for
the formation of oceans and atmospheres and the life itself. In addition, water is
vital to the understanding of oxygen chemistry, and also an important cooling
agent in warm star-forming regions, where the abundance is relatively high
(read more in chapter 2.2).

In 1969, Cheung et al. detected water emission for the first time in a high
energy maser amplifying transition, towards three sources – the Orion Neb-
ula, Sgr B2 and W49. But due to the Earth’s atmosphere which is completely
opaque around the strongest transitions, it is necessary to perform observations
from space-borne satellites. The ISO satellite, operational between November
1995 and May 1998, observed water at wavelengths from 2.5 to 240 µm (in-
frared spectral region) and measured the water abundance both in vapour and
solid form (review in Cernicharo & Crovisier 2005). The Spitzer Space Telescope
was launched August 2003, on a 2.5-year mission, to obtain images and spectra
between wavelengths of 3 and 180 µm. The SWAS satellite, launched in Decem-
ber 1998 and operating during 5.5 years, performed extensive, simultaneous
observations of the rotational ground state transition of gas-phase o-H2O, 13CO
J = 5 – 4, and CI 3P1 – 3P0 lines in thousands of lines-of-sight. The Odin satellite
(see Sect. 4.1), launched a few years later in 2001, was a more sensitive next step
after SWAS, and continued the observations of rotational ground state water as
well of its important isotoplogues.



1.3 Astrochemistry 9

The results of all these observations indicate that the water abundance rela-
tive to molecular hydrogen is low in the gas-phase of dark cold clouds, about
10−8–10−9, where it mostly (98%) resides in the ices on the dust grains. In
shocked gas and warm star-forming regions, where water is released from the
ices on dust grains and effective chemical reactions produce large amounts of
water, high gas-phase abundances of about 10−4–10−5 are observed.

Water can be formed in three different ways. At low temperatures the major
route of gas-phase production is the neutral-ion process and involves a chain of
hydrogen-abstraction reactions terminated by dissociative recombination:

H+

3 + O → H2 + OH+

OH+
+ H2 → OH+

2 + H
OH+

2 + H2 → H3O+
+ H

H3O+
+ e− → H2O + H

The gas-phase neutral-neutral reaction is efficient at temperatures above 400 K,
with the major sequence:

H2 + O + 2 980 K → OH + H
OH + H2 + 1 490 K → H2O + H

where the temperatures involved are the energy barriers. In warm gas nearly
all the available oxygen is converted into water due to these fast reactions, on
a timescale of about one hundred years, and produces about 100 times more
water than the neutral-ion process is able to.

The third path of water production is grain surface hydrogenation and pro-
duces large amounts of water ice on the dust grains, which is believed to be a
major reservoir of oxygen. At temperatures above 90 K this ice can sublimate to
gas-phase water.

Figure 1.1 shows the lower part of the ortho-H2O energy level diagram. An
ortho and para H2O energy level diagram including much higher energy states
can be found in Rydbeck & Hjalmarson 1985). The rotational ground state tran-
sition 11,0–10,1 at 557 GHz is marked, as well as other important molecular lines
observed by the Odin satellite. Asymmetric tops with identical hydrogen nu-
clei, like water, are for symmetry reasons divided into two subspecies called
ortho and para states. The dipole selection rules allow the rotation quantum
number J to change by 0 or ±1, while the quantum numbers K−1 or K+1 can
change by ±1 or ±3. The states with even K−1 and odd K+1 are called ortho
states, and vice versa for the para states. No transitions between the ortho and
para states are allowed. The degeneracy is three times greater for the ortho
states, owing to the nuclear spin statistical weights of the hydrogen nuclei.

Water has a relatively large dipole moment, and this implies that many tran-
sitions have large A-coefficients (read more in Appendix A). Higher levels are
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therefore difficult to populate collisionallly. The rotational ground state transi-
tion 11,0–10,1 of ortho-H2O has A-coefficient 3.5×10−3 s−1. With a collisional de-
excitation rate of 2.0×10−10 cm−3 s−1 at a kinetic temperature of 20 K, the critical
density is 2×107 cm−3. Most molecular clouds have densities much less than
this. At low densities the water rotational levels can still be excited by infrared
continuum photons from heated dust grains. Due to the large A-coefficient the
optical depth (Appendix A) will be very high for many transitions including
the ground state rotational transition observed by the Odin satellite.

The high optical depth of the o-H2O line precludes a correct abundance esti-
mation. As substitutes, observations of the optically thin o-H17

2 O and the almost
optically thin o-H18

2 O transitions are used for column density and abundance
determinations (details in Appendix A).

1.4 Molecular environments

There are many different molecular environments in the ISM, with distinctive
chemical characteristics and intimately linked to the formation and evolution of
stars. During a star-formation process the chemical state of the region will be
modified by the increasing temperature of young embedded stars (from 10 K
to a few 100 K), outflows and shocks that can elevate the temperature locally to
more than 2000 K. This high temperature changes the chemical reactions, and
also returns material to the gas-phase from the icy dust grains through evapora-
tion. The evaporated species can have been formed previously in the gas-phase
and then frozen out onto the dust grains, or through chemical reactions on the
surface of dust grains, e.g. the H2 molecule. Cold gas-phase chemistry can eas-
ily produce simple species such as CO, N2, C2H2, C2H4 and HCN, and other
simple carbon chains. These molecules can later condense onto dust grains,
where subsequent reactions produce such species as CH3OH and CO2. Subli-
mation releases the molecules back to gas-phase, where they in turn can act as
precursors for larger species.

The transformation of chemical composition in a protostellar nebula will be
small in the outer cooler part, but in the inner warm part a major reprocessing of
grains and molecules will occur. One important question concerns how much
of the organic material present in comets is pristine interstellar material, and to
what extent it has been processed within the nebula from it was formed.

Close to stars radiating in ultraviolet, the gas will be ionised in HII regions.
Farther away there will be a transition region between the ionised gas and the
cold and dense cloud, a Photo Dissociation Region (PDR). Shocks and outflows
produced by a new-born or a dying star, as well as Hot Cores also play im-
portant roles in astrochemistry. All these regions represent different stages in
the star-formation history. The abundance and distribution of molecules will
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probe these different environments. If the chemical evolution of molecules can
be understood, they can trace these specific physical activities in the protostel-
lar environment, so that our understanding of star-formation increases. This
is done by comparing observations with experimental data and detailed, very
complex modelling, taking into account thousands of chemical reactions and
reaction rates.

However, the reverse is also true – the initial molecular abundances and level
of ionisation affect the star-formation process, including the rate of collapse, and
the efficiency of star-formation in the cloud (see chapter 2). Hence the chemistry
controls the evolution of molecular clouds and stars, and is a diagnostic of the
physical conditions in them.

A short summary follows for a few different molecular environments which
are relevant for the research presented in later sections.

1.4.1 HII regions

Massive and very hot newly-formed O or B-stars radiate large amounts of ul-
traviolet radiation (hν >13.6 eV), and dissociate and ionise the surrounding
molecular and neutral hydrogen isotropically. These fully ionized clouds are
signposts of massive star formation and their distribution across our Galaxy in-
dicates that the formation of massive stars is concentrated in the spiral arms
of dense gas. The gas is heated to temperatures around 10 000 K, which will
cause the hydrogen to emit radiation in visible light. Another name is emission
nebulae. One of the best studied examples is the Orion Nebula.

An HII region can be quite large. A star of spectral type O can ionise a region
up to hundreds of parsecs in diameter (depends on the density of the star),
while a B star will produce a few parsec region. However, these luminous and
very massive stars cannot maintain the UV flux for more than a few millions of
years, since they have rather short lifetimes.

1.4.2 Photodissociation or Photon Dominated Regions

Farther away from a luminous UV-radiating massive star, when the photons
have energies between 6 and 13.6 eV (FUV photons), there is a transition zone
called photo dissociation region (PDRs) between the ionised HII region, and
the dark cold molecular cloud. The FUV photons dominate the physical and
chemical processes in a PDR, thus a large portion of the gas in the ISM resides
in PDRs. The structure is determined by the density and the intensity of the
incident FUV radiation field.

Most high-energy photons are absorbed by the dust and molecules in the
outer layers of the PDR, but a small fraction is able to heat the gas by the photo-
electric effect to a few hundred K, and to ionise atoms and to dissociate the



12 The Interstellar Medium

molecular species. Photoelectric heating is most efficient in the outer parts be-
low a visible extinction of about six magnitudes. This heats the dust grains
which radiate strongly in infrared. A second heating source is photopumping
of H2 followed by collisional de-excitation. Deeper in the cloud cosmic rays
are the main heating source. Cooling occurs mostly from fine-structure lines of
abundant atoms and ions, such as [CII] at 158 µm, and [OI] at 63 µm (more in
Sect. 2.2). Deeper in the cloud neutral atoms and molecules form subsequently
in order of their ionisation and dissociation energies. At the edge of the PDR,
where the temperature can be thousands of Kelvin, there is a thin transition
region (∆AV '10−2) where UV photons with energies larger than 13.6 eV are
absorbed, and the hydrogen atoms changes from being almost fully ionised to
almost fully neutral. The remaining FUV photons will dissociate molecular hy-
drogen and ionise carbon, forming the next region with H+/C+. At a visual
extinction larger than approximately two magnitudes, the flux of dissociating
H2 photons is attenuated, and the composition is dominated by H2. CO is form-
ing at AV '4 magnitudes, when the ionised carbon recombines. The PDR ends
at the O/O2 boundary (AV '30 magnitudes).

In a PDR, gas-phase water probably exists only within a relatively narrow re-
gion near the cloud surface. Closer to the surface than a few AV, water is photo-
destroyed by the UV-radiation, and deeper in the cloud it depletes onto grains.
The highest gas-phase water abundance is therefore found between AV=2 and
4–8.

Interesting examples are the S140 PDR and the Orion Bar and extended PDR,
which is the interface PDR between the Orion KL molecular cloud and the M42
HII region (Wirström et al. 2006).

1.4.3 Hot cores

Hot cores are warm (T∼100–400 K), dense (n∼ 106–108 cm−3) and rather small
regions (diameter .0.1 pc). They can be found close to young stars, and could
be an early stage to a HII region. The warm environment gives rise to a com-
plex and rich chemistry with a different chemical composition than in the cold
and dark clouds. The abundances of saturated (hydrogenated) molecules such
as NH3, H2O, H2S, CH3OH, and (CH3)2O are very high. In Hot cores there
is also an enhancement in the abundance of deuterated species, but there are
few molecular ions which suggests a low ionisation. When the temperature is
rising molecules evaporates from the ice mantles covering the dust grains. In
the gas-phase these molecules can form other complex species. Also, the high
temperature allows for reactions with a barrier (endothermic reactions), e.g. the
neutral-neutral reactions forming water.

The Orion KL nebula has a well studied Hot core (read more in chapter 4.2
and in papers I and II).



1.4 Molecular environments 13

1.4.4 Shocks and outflows

A shock occurs whenever a disturbance through the medium has a speed greater
than the speed of sound, which is about 1 km s−1 in a neutral gas with temper-
ature below 100 K. The energy of a shock with about 30 km s−1 speed (con-
tinuous C-shock), or from energetic outflows from a protostar can elevate the
temperature to thousands of K, and this changes the chemistry in the ISM. In
the stronger J-shocks (Jump shocks) the temperature can be as high as 10 000 K.
At these high temperatures, neutral-neutral reactions are very efficient, even for
those with high activation barriers.

The water molecule is rapidly produced in these conditions, converting all
neutral atomic oxygen to H2O. Molecules from dust grains and even grain core
material are released by sputtering. If the shock speed is too high (above 100
km s−1), the molecules will dissociate.

The sources of shocks include the interaction of Supernova-Remnants with
molecular clouds, cloud-cloud collisions, or molecular outflows from newly
born stars.

During the very early stages of a protostar, when it is still embedded in-
side the parental could, outflows will be seen (Shang et al. 2006 and references
therein). On large scales typically bipolar molecular outflows are seen. They of-
ten have low-velocity (few tens of km s−1) and high masses (solar mass scales).
This suggests that it is molecular cloud material that is swept up by powerful
winds emerging from the new-born star.

1.4.5 Cold dark clouds

The cold (∼10 K) and dark clouds (n∼103 – 105 cm−3) have mostly molecular gas
with H2 as dominant species. Due to the high density there is no penetration
by visible or UV photons, and the ionisation is low. The chemistry is driven by
cosmic rays that penetrate deep into the clouds producing the necessary ions
for a neutral-ion driven chemistry.

Over 60 molecules have been detected in these regions (mostly with radio
astronomy). Here the largest molecules are found in the form of unsaturated
carbon chains (e.g. HC7N, HC9N, and HC11N).

The masses range from about 1 to 500 M¯, with size between ∼1–5 pc. These
clouds can typically form one or two low-mass (.2 M¯) stars.

1.4.6 Giant Molecular Clouds (GMCs)

The majority of all stars form in these very large molecular gas clouds. They
are able to form thousands of low-mass stars and several high-mass stars which
cannot form elsewhere. Once a GMC has formed, the star-formation starts al-
most immediately.
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GMC’s are the most massive individual objects in the Galaxy with masses
from about 104–106 M¯, and a mean density from about 100 to 1 000 cm−3. More
than half the total gas mass in the Galaxy is found in GMC’s. Their sizes are
about 50 pc, but some are elongated with an extent of 100 pc. Their lifetimes are
about 107 years. Once a bright O star is formed the destruction of the GMC will
start due to the intense emission of UV radiation which dissociates and ionises
the molecules and atoms. Since GMC’s are typically found in the spiral arms
this implies also that the lifetime cannot be longer than the travel-time across a
spiral arm, which is about 50 millions of years.

The internal pressure is about ten times higher than the pressure of the am-
bient ISM. This suggests that they are self-gravitating objects, i.e. they are held
together by the mass of the molecular gas within them, otherwise they would
fall apart in about 10 million years.

The internal structure is inhomogeneous with fragments in dense sheets, fil-
aments, cores and large low-density voids. Clumps of higher than average den-
sity gas fill ∼5–10% of the volume of the cloud, and in their very densest central
parts the most tightly gravitationally bound clumps form stars . Most of the gas
in GMCs is thus inactive/sterile.

About 100 molecular species have been detected in GMCs. Examples of
GMCs or GMC complexes are the Orion Molecular Cloud, Sagittarius, and the
Eagle Nebula.



Chapter 2

Star-formation

2.1 Jeans mass and star-formation

The standard theory of star-formation describes the gravitational collapse of a
cold (10-120 K) and dense cloud core. The forces taken into account are grav-
ity, and the opposing thermal pressure. A cloud of gas will collapse under the
influence of gravitation if the mass of the cloud exceeds the Jeans mass

MJ '
(

5 kB T

G µ mH

)3/2
√

3

4π ρo
(2.1)

Here kB is the Boltzmann constant, G is the gravitational constant, T is the local
temperature of the cloud, µ is the mean molecular weight, mH is the hydrogen
mass, and ρ0 is the mean density of the cloud. This equation shows the impor-
tance of low temperature and a high density, thus in the small cores inside the
GMCs star-formation will most naturally occur. Eq. 2.1 also implies the impor-
tance of cooling to keep the temperature and pressure low enough not to stop
the gravitational contraction (see Sect. 2.2).

The collapse starts with a free-fall phase with an almost constant temperature
(iso-thermal phase), and is characterized by a free-fall time

t f f =

√
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32

1
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Note that this time is independent of the initial radius of the cloud, which is
assumed to be spherical. For a cloud of initial density of 10−19 g cm−3, and a
temperature of 10 K, the free-fall time is around 2×105 years.

The rate of mass infall near the core’s centre is given by

Ṁ ≈ a3

G
∼ T2/3

G
(2.3)
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where a is the sound speed which is proportional to the square root of the tem-
perature. The equality holds to within an order of a magnitude. Thus the pre-
dicted infall mass rate does not depend on the initial cloud density, but only on
the temperature. Since a cloud of a fixed mass with higher density has a shorter
free-fall time (Eq. 2.2), the accreted mass will be smaller.

This gravitational collapse scenario explain the formation of stars, but the
actual details of the event depend on the physical conditions in the star-forming
regions. This also determines the mass of the resulting star, and if a double star
or a planetary system will be formed. From observations we know that stars
have masses between 0.08 to ∼100 M¯, where most of the stars are small, and
about half of all stars are double star systems. The star-formation rate per unit
mass varies a lot within our Galaxy, but in total is ∼2-3 M¯ year−1.

However, if the Galaxy contains about 109 M¯ molecular gas, and most of
the gas is residing in GMC’s which are gravitationally unstable, this should
produce a star-formation rate higher than about 200 M¯ each year. Since the
observations shows about a hundred times lower rate, this suggests that an
additional force is counteracting the gravitational collapse.

This force is caused by the magnetic fields which permeate and give support
to the clouds. In order for gravitational collapse to start, the gas cloud must
first lose its magnetic support. This is done with ambipolar diffusion which is
the drift of neutral relative charged particles. The magnetic field is only acting
on the charged particles, while the neutral particles that carry most of the mass
are affected by the inward gravitational force. If the ionisation is high, the time
for the neutral species to drift inwards through the ion gas will be longer than
in the case of low ionisation. The effectiveness of a cloud collapse is therefore
governed by the fractional ionisation in the cloud, which in turn is controlled
mainly by cosmic rays deep into clouds.

The actual onset of a collapse could be triggered by collisions between clouds
streaming across a spiral arm, leading to compression to higher densities.

2.2 Heating and cooling

As governed by thermodynamics, the temperature inside a collapsing cloud
will rise. For a rapid collapse to occur, this thermal pressure support must be
kept low by cooling. As long as the cloud is optically thin and has effective
coolants which can radiate away the gravitational potential energy that is re-
leased during the collapse, the temperature can be kept almost constant and the
collapse will be prompt. However, if no coolants are available or are inefficient,
the cloud will be heated according to Eq. 2.1, which leads to a higher Jeans mass
and the collapse will stop.

Heating and cooling occur by a variety of processes, with radiation as the
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dominant transport mechanism. If matter is exposed to a radiation field it can
extract energy and is heated (see Appendix A). When a high-energy photon
ionises an atom or molecule, the kinetic energy of the electron will be the dif-
ference of the photon energy and the ionisation energy. The electron will share
this kinetic energy with other gas particles through collisions, and thus the gas
will become hotter. Cosmic rays are another heating source, which can reach
deep into dense and dark clouds where radiation is blocked by molecules and
dust particles.

Cooling occurs when ionisation or excitation in an atom or molecule is caused
by a collision, and is de-excited by a radiative transition before another collision
occurs (see Appendix A). The kinetic energy in the gas is then transferred to ra-
diation that escapes the cloud, which therefore is cooling. Atomic hydrogen is
very effective in cooling gas to temperatures around 10 000 K. At lower temper-
atures there are too few collisions that are able to ionise or excite the hydrogen
atoms and the cooling stops.

To be an efficient coolant a species must have a high abundance and have
excitation levels comparable to the average kinetic energy in the cloud. This is
why molecular clouds are colder than atomic gas. Molecules have more avail-
able very low energy levels as compared to atomic transitions. Well-known
molecular gas coolants are CO, C, H2O, OH, and H2, with CO as the most im-
portant coolant at low densities. The first excited rotational level of p-H2 has
an upper state energy of 510 K, OH has Eu = 120 K, o-H2O has Eu = 27 K, C has
Eu = 24 K, while the lowest level in CO is only 5.5 K above the ground state.
In addition CO has closely spaced rotational levels, is easily excited, and is the
second most abundant molecule after H2. Thus cooling by CO produces very
low gas temperatures in molecular clouds. At a density of n(H2) = 103 cm−3, the
isotopologue 13CO starts contributing to the cooling. Despite the much lower
abundance (about 40-70 times lower than 12CO), the 13CO and 12CO cooling can
be of the same order, because the latter is optically thick and the emitted pho-
tons are re-absorbed. Water becomes increasingly more important as a coolant
with higher density and temperature, due to the high dipole moment. At tem-
peratures above 300 K, water is the dominant coolant. At high temperatures and
low densities, H2 is the dominant coolant, while generally unimportant below
100 K.

Other criteria for efficient cooling agents are a high probability for excitation
during the collision. The Einstein A-coefficient should be large to guarantee
a decay occurring before a second collision. The cloud also need to be opti-
cally thin at the frequency of the emitted photon – otherwise the photon will be
trapped and re-absorbed within the cloud.

For diffuse clouds with higher temperatures and PDR’s, the most important
coolants are fine-structure transitions of [CII] at 158 µm (Eu = 92 K), [OI] at 63
µm (Eu = 228K), and [SiII] at 35 µm (Eu = 414 K).
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2.3 The first stars

The gas in the Early Universe mainly consisted of neutral hydrogen and he-
lium, with trace amounts of deuterium and lithium. Efficient molecular hydro-
gen production needs the surface of dust grains since two colliding hydrogen
atoms cannot associate directly. But in the Early Universe no dust grains were
available for molecular production. Instead it was the small ionised fraction
of the gas, that gave two important, but rather inefficient and indirect ways to
form H2. The first one uses an electron as a catalyst. In the first step the electron
attaches itself to an H atom to form the negative ion H− (radiative association).
When this ion collides with an H atom the electron will carry away energy and
H2 will form. The second route involved protons instead of electrons in the
same way. A proton and a H atom radiatively associate to form H+

2 by charge
transfer. Another collision with an H atom will produce H2, while the energy
will be carried away by the proton. The formation by electrons as catalysts is
more efficient than by protons, but still none of the two processes is very ef-
ficient. Furthermore, the produced H2 was easily destroyed by radiation and
energetic collisions with hydrogen atoms. The resulting H2 density was about
one or two molecules per million of H atoms. Even so, this low abundance was
very important. And since there was deuterium present in the primordial gas,
HD was also produced with an abundance of about one molecule of HD to 105

of H2. HD is found to be the main cooling agent at temperatures around 200 K.
The presence of these molecules was crucial for the necessary cooling dur-

ing the star-formation process, and made cooling to temperatures around 100
K possible. But still only a few species with very low abundances were present
and the collapsing clouds were inefficiently cooled. As a consequence, the first
generation of stars, called Population III stars, were very massive and hence
very short-lived. But these stars produced the elements carbon, nitrogen, and
oxygen. When these stars experienced a violent death as supernovas, they
seeded the Early Universe for the first time with trace amounts of these ele-
ments. Thus, the pregalactic gas gradually became more enriched with other el-
ements than hydrogen and helium, and therefore a wider variety of stars could
form, i.e. the masses of the stars could be lower because of the more efficient
cooling.

The first Population III stars are believed to have formed at z=10–20 (Choud-
hury & Ferrara 2006).



Chapter 3

Searches for Primordial Molecules
in the Early Universe

3.1 The beginning

Before about 13.7 billions years ago nothing existed. And then in a process
called the Big Bang, our Universe – both the space itself and the matter within
it — was created. The beginning was extremely hot, but the Universe was, and
still is, expanding and therefore cooling. After about 225 s the temperature had
dropped to about 9×108 K, and the existing nucleons (protons and neutrons)
could combine into helium, and trace amounts of lithium. In the Standard Big
Bang Nucleosynthesis model this was over approximately 3 minutes after the
Big Bang, and about 75% by mass was then ionised hydrogen and 25% helium.
By number: for each 1012 H atoms – 7×1010 4He atoms was formed, 4×107 D
atoms (i.e. 2H), 7×106 3He atoms, and only 150 Li atoms. The temperature was
still high at the time, and no neutral atoms could exist. Instead a plasma of
ionised atoms and electrons existed in a thermal equilibrium with the photons.
The temperatures of matter and radiation were the same. But due to the ex-
pansion of space the radiation became less and less energetic. At a certain time
(approximately 300 000 years after the Big Bang) the temperature had cooled
to about 3 000 K. This is the time of recombination, and the protons could now
combine with the electrons and produce neutral hydrogen.

When this happened the close thermal coupling between the matter and
radiation (previously maintained by Compton scattering of photons and elec-
trons) was lost. From this time forward the temperatures for matter and radia-
tion evolved separately. Thus at the time of recombination the Universe became
transparent to the existing photons which today can be seen as the Cosmic Mi-
crowave Background (CMB). The CMB radiation has been observed by sensi-
tive radiometers on the two satellites COBE and WMAP, and shows the small
density/temperature fluctuations from the recombination epoch.

19
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Figure 3.1: The history of our Universe; from the Big Bang, via the Dark Ages, the
formation of the first stars and galaxies to today. Credit: NASA and Ann Field (STScI).

After the recombination the Universe became dark. The cosmic Dark Ages
began and did not end until the formation of the first stars (Pop III) and galaxies.
During this time the transition from the small density fluctuations left over from
the Big Bang to the strong non-linear structure we observe today took place. We
observe stars, and galaxies on large scale in a structured form of large filaments
between large voids. But still, there is no good understanding of how the first
stars were produced, or how galaxies and clusters formed. We observe the CMB
radiation and obtain information from the recombination epoch. And then we
model a theoretical evolution from the recombination epoch to the structure
observed today, and try to fit the observations. Models predict that the first stars
were very massive and short-lived, and appeared between 100 and 250 million
years after the Big Bang. These stars altered the chemistry in the Universe by
producing the first heavy elements, and influenced the dynamics by heating
and ionising the surrounding gas.

One of the remaining big unanswered questions in astronomy is illustrated
in Fig. 3.1:
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• Origin of structure. How did the Universe evolve from the near uniformity
at the recombination to the structures of clusters, galaxies and voids that
we observe today during the epoch of the Dark Ages?

Direct observations from the cosmic Dark Ages are most commonly believed
to be impossible. But our aim in the search for the Primordial molecules is to do
exactly this – from an initial idea of Dubrovich (1977) as amplified by Zel’dovich
(1978) – to perform observations of resonant spectral lines from cloud structures
evolving during the cosmic Dark Ages.

3.2 Elements of our primordial medium

We start our investigation of the Dark Ages by an inventory of its constituents:

• Atoms/ions and electrons. After the time of the recombination most species
were the neutral H, D, He and trace amounts of Li. The recombination was
sequential in the order of the ionisation potentials, beginning with Li3+

and ending with Li+. Hydrogen became neutral at z∼1100, and helium
already at z∼2500. However, the recombination was not instantaneous,
and since the Universe expanded and cooled faster than recombination
was completed, a small fraction of free elections and protons remained.
For this reason, the recombination of Li+ was not completed.

• CMB photons. The existence of the Cosmic Microwave Background (CMB)
radiation was first predicted by George Gamov in 1946, Alpher and Her-
man in 1949. The discovery in 1965 was inadvertently made by Arno
Penzias and Robert Wilson who shared the 1978 Nobel prize in physics
for their discovery. After many attempts with ground-based and balloon-
borne observations, it became clear that the measurements needed to be
done from space above the Earth’s bright and obscuring atmosphere (the
CMB spectrum peaks at 2 mm). NASA’s Cosmic Background Explorer
(COBE) satellite was launched on 18 November 1989. The first result, only
nine months afterwards, was the most perfect blackbody radiation ever
observed and supported the Big Bang theory. Moreover the CMB showed
density (equivalent to temperature) fluctuations of the order of 1/100 000.
At the time of recombination the temperature was about 3 000 K, while ob-
served today only 2.73 K. The decrease in temperature is due to the cosmo-
logical expansion of the Universe. These observations were major achieve-
ments and the 2006 Nobel prize in physics is awarded to John Mather and
George Smoot, who were in charge of these measurements. The Wilkinson
Microwave Anisotropy Probe (WMAP) was launched in June of 2001 to
continue to map the CMB temperature fluctuations with higher resolution,
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sensitivity, and accuracy than COBE. In February 2003 WMAP released re-
sults from the first year of flight data (Bennett et al. 2003), and the third
year results are available since March 2006 (Spergel et al. 2006).

Figure 3.2: Fractional abundances in the Early Universe of molecules and ions as a func-
tion of redshift z. The calculations assume cosmological parameters Ω0 = 1, Ωb = 0.0367
and h = 0.67. Credit: Lepp et al. 2002.

• Molecules. When the temperature in the Universe had dropped sufficiently
the production of molecules started. Even though the BB models pro-
duce only three elements and a few isotopes, a surprisingly complicated
chemistry emerges. About 200 reactions contribute to the abundance of 23
atomic and molecular species which might be important in the early Uni-
verse. But the resulting abundances are highly uncertain due to difficulties
to compute or measure all the reaction rates in the typical conditions in
the early Universe. Also cosmological parameters affect the production of
molecules. If a dark energy is incorporated in the models by invoking a de-
caying cosmological constant the matter temperature will decrease much
faster. This would shift molecular formation to a much earlier epoch, and
the limiting abundance of H2 would be doubled. Based on a Standard Big
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Bang Nucleosynthesis model, Fig. 3.2 shows the evolution of the fractional
abundances of the molecules as functions of redshift z. This is one of the
more recent models from Lepp et al. (2002).

Figure 3.3: Rotational-vibrational lines for LiH, arbitrary intensity scale. Credit: de
Bernardis 1993.

3.3 Resonant scattering

Since the densities of the elements are very low, absorption and emission pro-
cesses are ineffective. The most efficient process to couple the CMB photons
with molecules, ions, and atoms is resonant scattering. In this process a photon
is first absorbed and then re-emitted at the same frequency, but not in the same
direction (elastic scattering). The cross-section for this scattering is several or-
ders of magnitude larger than the Thompson scattering between the CMB and
electrons.

This scattering does not alter the CMB spectrum, but it could smear out the
primordial spatial distribution of the CMB and produce secondary anisotropies.
However, since the CMB is a diffuse background, scattering is not enough to
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produce a signal – a peculiar velocity for the scattering source is also needed,
i.e. a source velocity that is not from the cosmic expansion.

The optical depth for the transition depends on the product of the abundance
and the dipole moment of the considered species. Due to the frequency depen-
dence of the cross-section, rotational or ro-vibrational lines will appear. Figure
3.3 shows rotational-vibrational transitions for LiH with an arbitrary intensity
scale (de Bernardis et al. 1993).

τi j =

∫

source
σres,i j ni ds ∼ 3.37 · 10−19

∫

source
|~d|2 νi j

∆ν
ni ds (3.1)

where σres,i j is the cross-section for the resonant scattering, ni is the density of
the species in state i, ν is the frequency of the transition, ∆ν is the width of the
line, and d the dipole moment of the species.

The lines can be emission- or absorption-like depending on the sign of the
radial peculiar velocity of the primordial cloud. The line width and intensity
depend on the dynamics of the primordial clouds which can be divided into
three different phases:

• Linear evolution. The perturbation in the primordial gas clouds follows the
Hubble expansion of the Universe. Within the cloud different parts will
fulfil the conditions for resonant scattering for different redshifts. Hence
the line-widths will be very broad and the signal very weak, since they
depend on the extension in redshift of the perturbation, i.e. mass and red-
shift. ∆ν/ν can be as high as 0.01 for a 1014 M¯perturbation at high z.

• Turn-around phase. At this moment the gravitational force in the primordial
gas clouds matches exactly the Hubble flow and the cloud appears to be
non-moving. All the scattered photons will contribute to the signal at the
same frequency. This will produce the narrowest and strongest signals,
where the line width is due to thermal broadening (∆ν/ν ∼10−6).

• Non-linear collapse. The gravitational collapse of the primordial clouds be-
gins. The line shape will depend on the ratio of the peculiar velocity and
collapse velocity.

The most favourable regimes for detections are during the turn-around phase
and the non-linear collapse.

When we observe a moving source the observed lines will be redshifted as

νobs =
ν0

1 + z
(3.2)

where z is the cosmological redshift, which is a measure of the distance and
time we look back in the Universe. This also implies a very low probability
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to have more than one source along the line of sight with the same dynami-
cal and molecular conditions. Hence, we are looking for spectral lines emitted
from a well defined primordial source at a certain redshift. Increasing the band-
width will improve the explored redshift range. Another advantage of a broad
band width is the possibility to detect several lines of the same species, which
is needed to confirm the origin of the line.

The intensity of the lines can be approximated as

∆I

I
∼ vp

c
τi j (3.3)

where vp is the peculiar velocity of the moving cloud.

3.4 Implications

The detection of redshifted spectral line patterns from primordial molecules
would tell us about:

• The existence of a protostructure at a given z.

• The chemical composition, peculiar velocity and mass of the primordial
clouds via the properties of the line, thus constraining structure-formation
models.

• The accuracy of Big Bang Nucleosynthesis models.

• The epoch of first star formation and setting constraints on the time of
reionization

The only spectral signature produced before the epoch of the first Pop III
stars is the resonant spectral lines. Hence a serious detection attempt should be
one of the main cosmological items.

3.5 Observations

3.5.1 Previous observations

The only previous observations were made with the IRAM 30 m telescope in
1992 by de Bernardis et al. Seven high-latitude regions were investigated with
a 1 GHz band at 3 different frequencies in the 1.3, 2 and 3 mm atmospheric
windows where two ro-vibrational bands of LiH are expected from z∼180. No
lines were seen, but upper limits (depending on the redshift of the cloud) of the
order of 20 mK for the intensity of the LiH lines were calculated.
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3.5.2 Our Odin observations

When looking for primordial resonant lines, several things need to be consid-
ered. A broad band is needed to explore a wide range of redshift, and also to
enable observations of several lines from a species to check the origin of the line.
Since the lines are expected to be very weak, a low noise-level is also required.

Since the abundance determinations are very uncertain, it is difficult to pre-
dict what species and lines we are looking for. Ten years ago, LiH was believed
to be the best candidate for a resonant line detection, due to its high dipole mo-
ment and the, at the time, believed high abundance of ∼10−10 after freeze out.
More recent models find an abundance of ∼10−18–10−20. In this case, a signal
will not be possible. Today, HeH+ is considered as a more interesting species,
with an abundance of ∼10−14 at a redshift of ∼100, and a dipole moment of 1.78
Debye. Other interesting species are H2 with an abundance of ∼10−5–10−6, H+

2

with ∼10−13, and HD with ∼10−10–10−12.
Satellite observations also have the advantage of the absence of spectral line

poisoning by the terrestrial atmosphere.

Figure 3.4: Part of spectral line survey towards a WMAP hot spot.

• Already performed observations.

A Swedish-French Odin-team has performed a Spectral Scan with the Odin
satellite towards two WMAP Hot Spots (Bennett et al. 2003) during the
summer 2004 in the frequency band 547–578 GHz (31 GHz). The resolu-
tion is 1 MHz. To cover this wide bandwidth 340 orbits were spent on the
observations.

Fig. 3.4 shows part of the 31 GHz spectral scan with a resolution of 1 MHz
(0.5 km s−1). As seen the rms noise level is ∼65 mK, which was reached
by an integration time of each LO setting (i.e. 5 orbits for each setting) of
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∼3000 s. No lines are detected, but the resulting data set is not yet fully
analysed.

Since we do not know the exact width of the resonant lines, the resolution
can be increased in steps, gaining a lower noise level.

• Planned observations

The distortions in the CMB background are not only spectral in character
but also spatial. The angular size of a primordial cloud at turn-around or
during the non-linear collapse can range from arcseconds to many arcmin-
utes. Since the size of the clouds or their redshifts are not known, we have
an observational problem. The resulting spectrum from the observations
is the difference between an on- and an off-position. If the off-position is
too close to an emitting source, a possible signal would disappear.

Figure 3.5: Observing strategy for Primordial molecule observations during winter
06/07 with the Odin satellite.

We have therefore developed a new observing strategy for the upcoming
Odin observations illustrated in Fig. 3.5. We have been awarded time for
new observations with the Odin satellite – 10 full weekends, which means
about 430 orbits in total. We will perform a spectral line survey in the fre-
quency ranges 542.0-547.5 GHz and 486.5-492.0 GHz towards four differ-
ent points, i.e. in total 11 GHz spectral line survey for each position. There
are a number of different redshifted lines that can fall into these frequency
bands, such as the HeH+ J = 1 – 0 transition which shifts to 545 GHz at
z=2.7, the J = 2 – 1 from z=6.4, and the v = 1 – 0 R(0) shifts to 545 GHz at
z=162. The position of the first point is the same as used in previous ob-
servations, a Hot Spot as detected by the WMAP satellite with coordinates
R.A. 05h26m00s.0, Dec. -48◦30’00”.0 (J2000). The positions of the second,
third and fourth point are 5’, 20’ and 30’ away from the first point in dec-
lination. We will have four times more integration time for every setting
in this spectral line survey as compared to our previous observations, to
lower the noise. In addition we will have six different spacings with obser-
vations of only four positions as seen in Fig. 3.5. This will allow us to test
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six different combinations of positions and hence sizes of the primordial
clouds.

3.6 Future prospects

Our next future step will be to use ESA’s Herschel Space Observatory1, which
is much more sensitive than Odin and also allows coverage of a very large fre-
quency range.

However, what we really would need is a dedicated space mission for this
key cosmology project!

1http://sci.esa.int/science-e/www/area/index.cfm?fareaid=16



Chapter 4

Introduction to Paper I and Paper II

4.1 The Odin satellite

The accurate determination of the water and oxygen abundances in the various
phases of the ISM poses a severe observational difficulty. Due to the absorp-
tion by water and oxygen, the terrestrial atmosphere is completely opaque at
frequencies around 119, 487 and 557 GHz. Any observations in these spec-
tral regions have to be done from space or balloon experiments. The Odin
sub-millimetre wave spectroscopy satellite is especially designed to solve these
problems. And despite the use of advanced technology and the combination
of two scientific disciplines on a single satellite – astronomy and aeronomy –
Odin is a small, low-cost, and successful spacecraft. The astronomical scientific
objectives are to study the water and oxygen chemistry in the ISM and star-
formation regions, comets and circumstellar envelopes, while the aeronomers
study molecules relevant to ozone depletion. Additional lines from species like
ammonia, and carbon monoxide with isotopologues are also observable and
can aid the analysis of water and oxygen, .

The Odin satellite was launched on 20 February 2001 by a Start-1 rocket from
Svobodny in far-eastern Russia. The orbit is sun-synchronous at an altitude
of about 600 km. Odin has successfully been operating for almost six years
while the promised life-time was only two years. Nordh et al. (2003) and the
subsequent papers in the A&A ”Special Letters Edition: First Science with the
ODIN satellite” describe the satellite and its first science in detail. More recent
progress is discussed by Hjalmarson et al. (2005).

The Odin satellite is a next sensitive step after the SWAS satellite which had
a 3’.3×4’.5 beam size, and non-tunable receivers (Melnick et al. 2000 and sub-
sequent ApJ papers in that issue). Odin is equipped with an offset Gregorian
telescope of diameter 1.1 m, with beam widths of 2’.1 and 10’.0 at 557 GHz and
119 GHz, respectively. The receiver package is actively cooled to about 140 K
and consists of four tunable sub-mm Schottky mixers. The frequency bands

29
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covered are 486–504 GHz and 541–581 GHz. In addition a fixed-tuned HEMT
receiver at 118.750 GHz for sensitive O2 searches was added in the later phase of
the extended instrument planning. Any combination of three receivers can be
simultaneously used together with a broadband acousto-optical spectrometer
(AOS): BW=1 050 MHz, resolution 0.6 MHz, and two flexible hybrid autocor-
relation spectrometers (AC1 and AC2): BW=100–800 MHz, resolution 0.125–1
MHz. The main beam antenna efficiency is close to 0.9 which makes the inten-
sity calibration very accurate.

The tunable receivers enable Odin to perform a full spectral line survey in a
spectral region previously unobserved, as described in Sect. 4.3 and in Paper I
and Paper II.

The Odin satellite addresses several key-questions to be even more accu-
rately addressed by ESA’s up-coming Herschel satellite (launch planned early
2008). It will be located at the second Lagrange point (L2) of the Earth-Sun sys-
tem, and will cover the full far infrared and sub-millimetre wave-band (60–670
µm) with an order of a magnitude more sensitive SIS mixers and a 3.5 m mirror
– the largest civilian mirror ever deployed in space. The Odin science can there-
fore serve in important pilot studies, as e.g. our current searches for Primordial
Molecules and the Odin spectral scan survey of Orion KL.

4.2 The Orion nebula

At a distance of only ∼450 pc, the Orion KL (Kleinmann-Low) region is the
closest and most interesting high mass star-forming region, where O and B star-
formation is on-going (see Genzel & Stutzki 1989 and references therein for a
review). This source is very complex and chemically structured and contains
extremely young and massive embedded stars which are not yet visible due to
the surrounding dust. It is the brightest infrared region in the 1◦ large Orion
Molecular Cloud OMC-1 complex, situated about 1’ NW behind the Trapezium
stars in the sword of the Orion constellation. The Trapezium is one of the most
famous high-mass star-forming regions. The brightest object is Θ1 C Ori, with
spectral type O6 and a mass of 33 M¯. These stars are situated close to the
centre of a dense cluster, where the stellar density near the centre is about 10 000
stars per pc3. About half of the cluster members are optically visible, which is
possibly to due to the UV-radiating O stars that have cleared away much of
the ambient gas. Their intense radiation has ionised the surrounding gas in the
M42 HII region in front of OMC-1. The interface between M42 and OMC-1
constitutes one of the famous PDR regions in Orion (Wirström et al. 2003).

The chemical richness in such a star-forming region and its proximity, makes
Orion KL an ideal target for spectral line surveys at millimetre and sub-mm
wavelengths. And indeed, this is one of the best studied regions of the inter-
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Figure 4.1: The Odin beam overlaid on a colour composite image of the central part
of the Orion Nebula, M42, also showing the BN/KL region, based on 81 images ob-
tained with the infrared multi-mode ISAAC instrument on the ESO Very Large Tele-
scope (VLT) at the Paranal Observatory (ESO PR photo 03a/01 2001). The red emission
at 2 µm comes from shock excited H2 caused by a strong bipolar outflow wind from a
very young massive star newly born. This is adressed in considerable detail in paper II.
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Table 4.1: Angular scales of the Orion nebula at a distance of 450 pc, as compared to
angular resolution of different telescopes.

Angular scale of Orion
Inner solar nebula Outer solar nebula Presolar nebula Cloud core Cloud
5 AU 100 AU 1000 AU 0.05 pc 0.5 pc

0”.01 0”.2 2” 23” 4’

Angular resolution at frequencies
Telescope 115 GHz 230 GHz 345 GHz 810 GHz

ALMA a 0.05”–4” 0.02”–2” 0.02”–1.5” 0.007”–0.6”

OVROb, BIMAc, IRAMd 4–7” 1–2” – –

30 m IRAMd 22” 12” 7” –

15 m JCMTe/SESTf 44” 20” 15” 6”
10 m CSOg – 30” 20” 9”

3.5 m Herschelh – – 13”–45” at 1600–480 GHz
1 m Odini 126” at 557 GHz

aThe Atacama Large Millimeter Array (ALMA). bOwens Valley Radio Observa-
tory. cBerkeley-Illinois-Maryland Array. dInstitute de Radio Astronomie Mil-
limetrique. eJames Clerk Maxwell Telescope. fSwedish-ESO Submillimetre Tele-
scope. gCaltech Submillimeter Observatory. hThe Herschel Space Observatory;
the largest ever IR space observatory when it is launched in 2007. iThe Odin sub-
millimetre satellite (Sect. 4.1).

action of young massive stars and their parental molecular cloud. Fig. 4.1 shows
a colour composite image of the Orion Nebula. The Odin beam is drawn around
the central position of our observations, which is the position of the most lumi-
nous infrared object in the region Orion KL region, IRc2.

In addition to the chemical structure, the Orion KL region also has a com-
plicated velocity field. In summary the large Odin beam (2.1 arcminutes at 557
GHz) encompasses the following subsources: the bipolar Low- and High-Velocity
outflows, the Hot Core, the Compact Ridge and Extended Ridge, and the extended
PDR region. They all have different sizes, are situated at different LSR veloci-
ties, and have different velocity fields. This will yield lines with characteristic
line widths at characteristic LSR velocities from each subregion, which enables
an interpretation of the origin of the transitions. In addition, comparison can be
made with interferometric data for the small subsources.

But – analysis of a spectral line is not always straightforward. For example
the emission from a single molecule is not restricted to one single subregion in
Orion KL, but may be the result of a complicated blend from several regions
and this leads to complicated line profiles. Thus, when we attempt to derive
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column densities and abundances, we have to separate the overall emission
into its constituent parts.

Observations have different spatial resolutions (as well as spectral ones) de-
pending on the size of the telescope. This determines what emission will fall
into our beam. When observing with a high resolution telescope, or by inter-
ferometry, we see emission only from small scales. Everything larger than the
beam will not be seen. So a combination of observations with high and low spa-
tial resolution is required to perform a complete description of the region of
interest. The scale of the studied objects in the Orion Nebula, is illustrated in
Table 4.1, both in physical length (pc) and angular scales, along with the spa-
tial resolution of several well known telescopes. As is clearly seen, the required
high resolution to observe the smallest inner parts will not be available until the
ALMA interferometer is in operation on the high-altitude Llano de Chajnantor
(5000 m elevation) in the Chilean Andes1. Each of ALMA’s movable antenna
dishes will measure 12 m wide. The array will measure 150 m to 14 km, and will
cover a frequency range from 30 to 950 GHz. The construction of ALMA started
in 2003, will become incrementally operational from 2010 on, and is planned to
be completed in 2012,

4.3 Summary of Paper I and Paper II

A spectral line survey is an ideal opportunity for an unbiased search of new
species, and to establish which molecules are present and their abundances in
the observed gas. The derived abundances and temperatures are then used
to constrain chemical models of molecular production in regions with varying
temperature, density and physical conditions such as shocks or outflows.

Many ground-based spectral line surveys have been made of the Orion KL
region, at both lower and higher frequencies, but due to the absorption by wa-
ter and oxygen, the terrestrial atmosphere is completely opaque at frequencies
around 487 and 557 GHz. To cover these frequencies we have used the Odin
satellite to perform a spectral line survey in the frequency ranges 486–492 GHz
and 541–577 GHz, not possible to observe from ground, filling the gaps between
previous spectral scans.

After extensive data-reduction work, a long spectrum of total 42 GHz was
obtained. The next step was then to decide what features should be called lines
– or only noise. When this was done, all the 347 lines needed identifications –
if possible. The most important aspect of line identification is to have accurate
frequencies of the transitions. We have used several databases for this purpose,
such as the SLAIM∅3 molecular line catalogue2 available on CD (Lovas 2003),

1http://www.eso.org/projects/alma/
2Not available on-line, but some of its content is found at http://physics.nist.gov/PhysRefData/



34 Introduction to Paper I and Paper II

the Cologne Database for Molecular Spectroscopy3 (CDMS, Müller et al. 2001)
and the Jet Propulsion Laboratory4 database (JPL, Pickett et al. 1998) and the
Leiden5 database (Schöier et al. 2005). In these databases frequencies of tran-
sitions in these spectral regions can be found, as well as other molecular pa-
rameters (upper state energy, transition quantum numbers, A-coefficient or line
strength). Unfortunately, these databases are not complete. The spectroscopy
still is sparse at higher frequencies and a number of unidentified lines in our
survey are likely to be poorly known transitions of the identified molecules and
their isotopologues, including their vibrationally or torsionally excited states.

Line identification is not only finding a frequency of a transition that matches
the observed feature. Very often, many transitions lie well within the observed
line width and are therefore possible candidates of origin. But the chemistry
and abundance of a species can suggest an origin of the lines, and as a start-
ing point previously observed species can be considered. The line shape and
strength have to be taken into account as well as the presence of other expected
line features from the same species. As a first approximation an LTE model
is assumed thereby giving the integrated intensities of the transitions from the
various upper states.

Some of the results from the Orion KL spectral line survey:

1. We have detected 38 different molecular species with a total of 347 lines.

2. The unidentified lines are 19% of the total. Some tentative assignments
of a few of them have been made such as the first interstellar anion, SH−,
SO+, ND and CH3OCHO.

3. The total emission in our survey is dominated by CO, o-H2O, SO2, SO,
13CO and CH3OH. Species with the largest number of lines are CH3OH,
(CH3)2O, SO2, 13CH3OH, CH3CN and NO.

4. Six water lines are detected including the ground state transition 11,0 – 10,1

of o-H2O, and isotopologues o-H18
2 O and o-H17

2 O. A weak line feature at
489.054 GHz is identified as the 42,3 – 33,0 transition of o-H18

2 O with an up-
per state energy of 430 K. Hot Core emission from water is observed from
the p-H2O transition 62,4 – 71,7 with upper state energy 867 K. We have also
observed the HDO 20,2 – 11,1 transition from the Low Velocity Flow and
Compact Ridge, and have a tentative detection of the high energy transi-
tion (581 K) 62,4 – 62,5 of HDO.

5. The 10 – 00 transitions of NH3 and the isotopologue 15NH3 are observed.

3http://www.ph1.uni-koeln.de/vorhersagen/
4http://spec.jpl.nasa.gov/
5http://www.strw.leidenuniv.nl/∼moldata/
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6. Abundance ratios of [D/H], [12C/13C], [32S/34S], [34S/33S], [18O/17O], and
[O/S] are calculated.

7. Different methods are used to obtain rotation temperatures and column
densities. For 8 different species which had at least four lines and a suffi-
cient energy range in the transitions, the rotation diagram method is ap-
plied. The other methods used as comparison models are the LTE approx-
imation for a single line, and the forward model.

8. Abundances are estimated for the observed species from the different sub-
regions, and we find very high gas-phase abundances of H2O, NH3, SO2,
SO, NO, and CH3OH.

9. The number of lines is 4 – 20 per GHz, with a mean of 8 per GHz. This
is comparable with larger telescopes (∼10 GHz−1), showing the excellent
performance of the Odin satellite.

10. The apparent noise level is higher than expected from the integration time,
which suggets that we are approaching a line forest of unidentified lines
(the ”confusion limit”).

11. A lower limit to the line-to-continuum ratio is 0.2, which is consistent with
previous estimations.
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Paper I

A spectral line survey of Orion KL from 486 – 492 and
541 – 577 GHz with the Odin satellite.

I. The Data

To be submitted to Astronomy & Astrophysics
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Paper II

A spectral line survey of Orion KL from 486 – 492 and
541 – 577 GHz with the Odin satellite.

II. Data analysis

To be submitted to Astronomy & Astrophysics
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Abstract of poster

Progress in searches for primordial resonant lines using
the Odin satellite

IAU Symposium 231, Astrochemistry: Recent Successes and Current Challenges
231, 241, 2005
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Appendix A

Tools of astronomy

A.1 Radiative transfer

With the equation of radiative transfer we describe how the intensity changes
when the radiation travels from a source through a medium towards us. Pho-
tons can be added to the original beam of radiation from the medium it travels
through. They can also be removed by scattering or absorption. If no local emis-
sion or extinction occurs, the intensity stay constant along the way.

To describe the amount of intensity added by local photon emission to the
beam, we use the frequency-dependent emission coefficient jν , which is defined
as:

jν ≡
dEν

dV dt dν dΩ
=

d Iν(s)

ds
. (A.1)

This expression describes the energy dEν that is added in the form of photons
to a beam with solid angle dΩ, over the bandwidth dν, during a time dt, within
the volume dV. This is the same as the change of intensity along the travelled
path ds. The dimensions of jν are [erg cm−3 s−1 Hz−1 sr−1].

The removal of emission from the beam is proportional to the number of
extinguishing particles and to the supply of photons. The frequency-dependent
proportionality constant is called the extinction coefficient, and can be defined
per particle, per gram, or per cm2.

d Iν ≡ −σν n Iν d s ≡ κν ρ Iν ds ≡ −αν Iν ds. (A.2)

where n is the density of the absorbing particles [cm−3], σν is the effective cross-
section per particle [cm2], and κν is the monochromatic mass extinction coeffi-
cient (the opacity, [cm2 g−1]), and ρ is the mass density [g cm−3], and αν is the
monochromatic linear extinction coefficient [cm−1]. In this section the transport
of radiation is described with the extinction per cm, αν .

Using the emission- and absorption coefficients the change of intensity as it
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travels through a medium can be written as:

d Iν
ds

= jν − αν Iν . (A.3)

This is the equation of radiative transfer, and can be used generally except
when the absorbing particles are large with respect to their mean distance, or if
they are not randomly distributed in the medium.

A.1.1 Optical depth and source function

To further simplify Eq. (A.3) we use the optical depth concept:

dτν(s′) ≡ −αν ds′ (A.4)

The total optical depth is obtained by integrating (A.4) over the total path, s,
travelled from the source to us.

τν = −
∫ s

0
αν ds′ =

∫ 0

s
αν ds′. (A.5)

The optical depth is thus integrated against the direction of travel with τν=0 at
the observer and τν = ∞ at an infinite distance. It measures the photon-escape
from a medium, and therefore describes the radiation as we see it.

The opacity can also be viewed upon as the inverse of the average distance
travelled between collisions, or the mean free path, l, which is

l =
υ t

n σν υ t
=

1

n σν
=

1

αν
. (A.6)

The number of mean free paths, as measured along the ray’s path is therefore another
expression for the optical depth. If the extinction is high a photon will travel only
a very short distance before it collides, and therefore it will be trapped within
the medium. The radiation cannot escape the medium unless the optical depth
is about one or less. Note, that the mean free path and the optical depth are
different for photons of different frequencies.

The ratio of emission- and absorption coefficient is called the source function

Sν ≡
jν
αν

. (A.7)

The source function depends only on the local temperature of the cloud.
The dimensions are the same as for the intensity, and these two quantities can
be added or subtracted. The source function specifies the addition of photons
along the path of the beam.
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We can now rewrite Eq. (A.3) as

− dIν
αν ds

= Iν −
jν
αν

(A.8)

dIν
dτν

= Iν − Sν . (A.9)

A.1.2 Solution of the transport equation

For pure extinction jν = 0, and the transport equation will be reduced to

dIν
dτν

= Iν , (A.10)

which has the solution

Iν = Iν,0 e−τν . (A.11)

The infalling intensity decreases exponentially by the optical depth along the
ray.

The limit between small and large extinction is found at 1/e, and τν = 1. The
gas is called optically thick if τν > 1 and optically thin if τν < 1. An optically
thin medium is one in which a photon can traverse the medium without being
absorbed, whereas in an optically thick medium the photon will be absorbed.

In addition to extinction there is also emission

dIν = jν ds = Sν dτν (A.12)

which must be added to the equation. This emission must be multiplied by a
diminishing exponential to correct for the absorption from the emitting cloud.

With both these contributions the solution of the transport equation will be:

Iν(τν) = Iν,0 e−τν +

∫ τν

0
Sν(τ ′

ν) e−(τν−τ ′
ν ) dτ ′

ν . (A.13)

If we assume that the cloud is homogeneous and the source function Sν is con-
stant, the solution will be simple:

Iν(τν) = Iν,0 e−τν + Sν(1 − e−τν ). (A.14)

Here, the first term represents the damping of the infalling intensity when
the radiation passes through the cloud. The second term is the emission con-
tribution from the cloud, corrected for absorption when it travels through the
cloud. The resulting frequency dependent intensity is thus depending on the
properties of the medium it travels through, such as the absorption coefficients
and the density of the gas-particles, and also of the temperature.
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Figure A.1: Special cases in (a) the optically thick limit, (b) the extreme optically thin
limit, and (c) the optically thin limit. Credit: Kaj Silander

A.1.3 Special cases

There are three special cases which have ever more simple solutions than shown
by Eq. (A.14), which occur in the optically thin and thick limits.

• Optically thick limit, |τ | >> 1.

If the gas is very dense and opaque then the optical depth will be very
large and we will have

Iν ≈ Sν . (A.15)

When we observe an optically thick medium we will obtain information
about the emission from the surface of the cloud, as shown in Fig. A.1(a).
The radiation can escape from the medium at a mean optical depth of
approximately one and therefore an optically thick medium effectively
blocks all infalling radiation as well as radiation from within the medium.
The emergent intensity is only depending on the local temperature, and
therefore observation of optically thick emission gives direct temperature
information.
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• Optically thin limit |τ | < 1.

In the less extreme thin limit, but still with little intervening gas absorbing
the intensity, the optical depth will be smaller than one. The exponential
can then be expanded with a Taylor-series, e−τν ≈ 1 − τν and we will get:

Iν(τν) ≈ Iν,0(1 − τν) + Sν τν = Iν,0 + (Sν − Iν,0)τν . (A.16)

This simplification is correct within 5% to 10% for an optical depth of 0.1
and 0.2, respectively. The source-function can very often vary substantially
over a narrow frequency band, and this will give emission lines if the dif-
ference between Sν and Iν,0 is positive, or absorption lines if its negative.

If there is no infalling radiation we will have

Iν ≈ Sν τν (A.17)

Observations of optically thin emission or absorption gives information
about the total integrated emission along the line-of-sight as illustrated in
Fig. A.1(c). Information about the density or column density (see Sect.
A.3) can therefore be obtained.

• Optically extreme thin limit |τ | << 1.

When the density of the intervening gas is very low and the optical depth
is much below one, as seen from Eq. (A.17) the emergent intensity will
simply be:

Iν(τν) ≈ Iν,0 (A.18)

There is another special case that will not be treated any further in this work
and that is when the optical depth is negative:

τν << −1. (A.19)

As seen from Eq. (A.13), a negative optical depth will increase the intensity
exponentially with τν . In this case we have maser amplification.
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A.1.4 Discrete processes – spectral line theory

Atoms and molecules have discrete energy levels as described by quantum the-
ory, which means that the radiation is quantised. There are various types of
discrete energy levels, for example:

• Electronic states of atoms and ions. Transitions involving valence electrons
have energies typically a few to hundreds of eV and the spectra are seen
in visible or UV. When transitions involve inner shells the energies can be
>keV and fall in the X-ray region.

• Electronic states of molecules. The energy is typically tenths to a few eV and
the spectral region is infrared through the visible to the UV.

• Vibrational states of molecules. Molecules can also vibrate, and within the
electronic states there are vibrational levels. The energy is typically a few
tenths to one eV, and emitted in sub-mm or infrared.

• Rotational states of molecules. In addition to vibrational levels, the molecules
can rotate at discrete energy levels. Within the vibrational levels there are
rotational levels with very low energy differences. The emission of rota-
tional lines are typically 10−4 – 10−3 eV, and the spectra are therefore seen
in the radio-regimes (mm and sub-mm). Fine- and hyperfine splittings of
rotational states have even lower energies.

Figure A.2: A two-level system with transitions between the upper state u and the
lower state l. The three radiative processes are described by the Einstein coefficients.

There are five processes for excitation or de-excitation between two states as
illustrated in a two-level system in Fig. A.2. The energy difference between the
states is ∆E = hν. However, in any real system, there are many levels which
may be connected by possible physical transitions.
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The Einstein coefficients describe the probabilities for emission and absorp-
tion through the various processes. The Einstein A-coefficient is the transition
probability for a spontaneous de-excitation per second per particle in the upper
state u [s−1]. This is only depending on atomic or molecular parameters and not
on the environment, and can be calculated as:

Aul =
16π3 ν3

ul µ
2

3 ε0 h c3

Sul

gu
, (A.20)

where µ is the molecular dipole moment which is measured in laboratories,
and gu is the statistical weight of the upper level. This is the number of states
with the same energy. For linear molecules gu=2J+1, where J is the rotational
quantum number. Sul is the intrinsic line strength and the calculations depend
on the symmetry of the molecule. The line strength and dipole moment can
be found in different databases (see Sect. 4.3) or in the literature. The average
lifetime in a state u is 1/∑i Aul, where the summation of Aul is over all lower
states l.

The next process is the radiative excitation which is described by the Einstein
Blu coefficient together with the frequency- and angle averaged intensity Iν0

.
Blu Iν0

describes the number of radiative excitations per second per particle in
state l.

The Einstein coefficient for stimulated emission is the de-excitation per sec-
ond per particle in state u, described by Bul Iν0

. The de-excitation is stimulated
by a photon with the same energy as the difference between the upper and
lower state, and the result is two photons with the same energy, in the same
direction. Blu and Bul have dimensions of [W−1 m2 Hz s].

The last two processes are collisional excitation and collisional de-excitation. The
Clu and Cul coefficients describes the number of collisional excitations, or de-
excitations, per second per particle in state u or l, respectively [cm−3s−1]. The
coefficients depend on the velocities between the colliding particles, on the den-
sity, and on the nature of the interaction. Collision partners may be electrons,
H, H2 or He, with H2 as the dominant collision agent in dense molecular clouds.
As an example, a transition from state i to state j from a collision between an
atom an an electron is described by:

ni Ci j = ni Ne

∫ ∞

υ0

σi j(υ) f (υ)υ dυ (A.21)

with ni as the number density in state i, Ne is the electron number density, σi j

is the collisional cross section, f (υ) is the velocity distribution, and υo gives the
threshold kinetic energy by 1/2mv 2

0 .
Generally, the Einstein coefficients are related to each other through

Aul =
2hν3

ul

c2
Bul and Bul =

gl

gu
Blu (A.22)
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(a) (b) (c) (d)
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Figure A.3: An illustration of transitions between two states by different processes,
which creates, destroys, scatter or converts photons. Credit: Kaj Silander

A.1.5 Photon creation, destruction, scattering and conversion

• There are different kinds of interaction between discrete energy states. If a
radiative excitation is followed by a collisional de-excitation, then a photon
will be destroyed. Radiation will be transferred into kinetic energy of the
gas which will heat. This is shown in Fig. A.3(a).

• If collisional excitation is followed by a radiative de-excitation (sponta-
neous or induced) a photon will be created, Fig. A.3(b). When this hap-
pens the kinetic energy in the colliding species will be transferred to radi-
ation. By this process a gas is able to cool if the optical depth is low and the
created photon is able to escape the cloud.

• When a radiative excitation is followed by radiative de-excitation the pho-
ton will change direction and the radiation will be re-distributed, Fig.A.3(c).
In elastic scattering (resonant, Rayleigh or Thomson scattering) the fre-
quency is maintained, while in inelastic scattering, such as Compton or
inverse Compton scattering, the frequency will be altered. In the special
case of stimulated emission, the direction is preserved.

• In the last shown process in Fig. A.3(d), a species is radiatively excited, and
then followed by de-excitation in two (or several) steps. This will change
the energies of an energetic photon into two or mores photons with lower
frequencies and thus with lower energies. By this the gas is able to cool if
the cloud is optically thin for the created photons.

In the first two processes, the local kinetic energy of the gas particles and
the radiation energy in the photons are transformed into one another. If these
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processes are frequent, there will be strong coupling between the local radiation
field and the local particle velocities, which is the same as the kinetic tempera-
ture of the gas. Thus, there will be equipartition of energy and thermodynamic
equilibrium (TE) or Local TE applies (see Sect.A.1.6). However, if these pro-
cesses are rare the temperatures of the radiation field and the gas may not be
the same (Non-LTE case). In this case the photon might have been scattered
several times after its creation. Thus, the radiation we see might not tell the
observer anything about the conditions from where the photons are emitted.

A.1.6 Types of equilibrium

• Thermodynamic Al equilibrium (TE).

This occurs in a very optically thick medium. For every subprocess de-
tailed balance holds. This means that Iν = Sν = Bν , where Bν is the Planck
function which describes the emission from a black-body

Bν =
2hν3

c2

1

ehν/kT − 1
(A.23)

where h is the Planck constant, c is the speed of light, and k is the Boltz-
mann constant. In TE the flux of emission is zero and no emission or ab-
sorption lines appear, only a thermal continuous emission as described by
the Planck function.

The population of each level in TE is described by the Boltzmann equation,
which is the number density in the upper state compared to that in the
lower state. This also defines the excitation temperature Tex

nu

nl

=
gu

gl

e−hν/kTex (A.24)

where gu and gl are the statistical weights of the upper and lower states,
and hν=Eu-El.

To compare the number density in state u with the total, we may write

nu

ntot
=

gu

Q(T)
e−hν/kTex (A.25)

where Q(T) is the partition function and is the sum of all statistical weights,
gi, from all possible states:

Q(T) =

∞
∑
i=0

gi e−Ei/kTex (A.26)

The partition function depends on the excitation temperature but also on
molecular constants and will therefore be different for different molecules.
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The principle of detailed balance also holds for the collisions, which leads
to a definition of the kinetic temperature TK

Clu

Cul

nu

nl

=
gu

gl

e−hν/kTK (A.27)

This relation holds generally, even outside TE.

When collisions dominate there will be strong coupling between the lo-
cal radiation field and the local particle velocities. Thus, the temperature
of the gas and radiation is in equilibrium and is the same, the gas is ther-
malised and Trad=TK=Tex.

• Local thermodynamic equilibrium (LTE)

The mean free path of the particles is smaller than the scale of tempera-
ture variations, therefore the matter will experience a local TE and will be
in equilibrium with the ambient kinetic temperature. However, the radia-
tion temperature might deviate from the kinetic temperature and can vary
slowly through the medium, but Tex ≈ TK. Hence Sν = Bν , but Iν 6= Bν .

The Boltzmann equation still holds in LTE since the energy-distribution of
matter is maintained locally by collisions and not by radiation.

• Statistic equilibrium (SE).

The assumption of statistical equilibrium implies that the radiation and the
level populations are time independent and all upwards and downwards
processes are balanced and

Nl (Iν0
Blu + n Clu) = Nu (Iν0

Bul + n Cul + Aul), (A.28)

with Iν0
as the frequency- and angle-averaged intensity, n as the number

density of the collision partner, and Nl and Nu as the level populations in
the lower and upper levels, respectively.

Since the temperatures are not the same, and might also differ between
transitions in the same species, this calculation must be performed for ev-
ery pair of states.

A.1.7 Critical density

When the collisions in the gas start to dominate the downward transitions, in
the two-level system the density is able to bring Tex midway between Trad and
TK. This density is referred to as the critical density. A commonly used first order
approximation in a two level system is

ncrit =
Aul

Cul

(

1 +
1

e hν/kT − 1

)

≈ Aul

Cul

. (A.29)
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The approximation holds if hν >> kT and is widely used as a first approxima-
tion of ncrit. A lower limit to the density in order to produce observable emission
may be approximated by

nmin & 1011 Aul

√
TK

T0
[cm−3] (A.30)

where we have used a mean velocity of the gas particles < υ >≈104
√

TK [cm s−1],
a cross-section approximated by the dimensions of a molecule, σ ∼10−15 cm−2,
and Cul ≈ nσ < υ >. This value must be multiplied with TK/T0 for the excitation
temperature to be at half the value of the kinetic temperature.

A.2 Radioastronomy

In the radio spectral region the wavelengths are longer than in the visible and
infrared light (from sub-mm to meter). This means that hν << kT and the ex-
ponent in the Planck function can be Taylor expanded to the Rayleigh-Jeans law

Bν(T) =
2ν2

c2
kT. (A.31)

In radioastronomy also very often a radiation temperature J(Tex) is used, and
is defined as

J(Tex) =
hν

k

1

e hν/kTex − 1
≈ Tex, (A.32)

where the approximation is valid only if hν << kTex. For temperatures T ≈
100 – 200 K, and frequencies ∼550 GHz, the radiation temperature will differ
from Tex by approximately 10 – 15%. Accordingly, J(Tex) and not Tex should be
used in calculations.

The most important property of Rayleigh-Jeans law is the proportionality of
the temperature and the radiation. This is so useful that the radiation from an
extended source is measured by its brightness temperature, Tb

Tb =
c2

2kν2
Bν . (A.33)

This is the temperature that would result in a given radiation if put into Rayleigh-
Jeans law. Calibration procedures at radio telescopes, using thermal loads, al-
lows J(T) to be expressed as Tb.

If this is applied to the equation of radiative transfer, Eq. (A.14), for an ex-
tended (i.e. the source fills the beam) isothermal medium we will get:

Tb = Tb(0) e−τν + Tex(1 − e−τν ). (A.34)
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With no background radiation and for optically thin transition (A.34) sim-
plifies to

Tb = Tex τν (A.35)

In case of an optically thick transition (A.34) simplifies to

Tb = Tex (A.36)

A.3 Column densities

Two properties of the gas are especially interesting: the temperature and col-
umn density which is defined as

N =

∫ s

0
n ds′ (A.37)

in units of [cm−2]. If we know the geometry of the source the density can then
be calculated.

The column density can be obtained through different methods. With ob-
servations of a single line, either LTE is assumed and N can be calculated, or
a statistical equilibrium model can be used. If a number of transitions are ob-
served the rotation diagram method can be used, which is also described and
used in Paper II. The resulting formula for the column density is found by ex-
pressing the absorption coefficient in terms of the Einstein coefficients

κν =
hν

4π
(nl Blu − nu Bul)φ(ν) (A.38)

where the normalised line profile φ(ν) is

φ(ν) =

√
4 ln 2

∆ν
√

π
e−4 ln 2( ν

∆ν )
2

. (A.39)

The optical depth of a transition from an upper state, u, to a lower state, l,
with the use of (A.25), (A.22) and (??) may be written as

dτν = κνds =
hνul

4π
(nl Blu − nu Bul) φν ds (A.40)

=
hν

4π

(

nl
gu

gl

Bul − nu Bul

)

φν ds (A.41)

=
hν

4π

(

nu

nl

nle
hν/kTx − nu

)

c2

2hν3
Aul φν ds (A.42)

=
c2

8πν2
Aulnu(e hν/kTul − 1) φν ds (A.43)
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After integrating this along the line-of-sight we obtain

τν =
c2

8πkν2
ul

Aul Nu

(

e hνul/kTex − 1
)

φν (A.44)

Integrating over an assumed Gaussian line profile, using the Boltzmann
equation Eq. (A.25) for a relation between Nu and Ntot, and switching from
frequencies to velocities (which is most common in radioastronomy) with the
substitution dν = ν/c dυ we get

τmax =

√

ln 2

16π3

c3

ν3
ul ∆v

Aul Ntot
gu

Q(T)
e−Eu/kTex (e hνul/kTex − 1) (A.45)

With the assumption of optically thin emission, neglecting the background
radiation, and assuming that the source fills the antenna main beam, the beam
averaged upper state column density can be obtained from Eq. (A.44)

Nu =
8πkν2

ul

hc3

1

Aul

∫

Tb dv (A.46)

The total column density of each species can then be found if we assume
LTE, where all the excitation temperatures for all the energy levels are the same.
The molecular population of each level is then given by the Boltzmann equation
and the beam-averaged total column density becomes

N tot =
8πkν2

ul

hc3

1

Aul

Q(T)

gu
eEu/kTex

∫

Tb dv (A.47)

assuming optically thin emission.

A.3.1 Rotational diagram

If we want to calculate the total column density of a molecule we observe an op-
tically thin transition, measure the integrated intensity and use it in (A.47). But
the excitation temperature is still an unknown quantity. If we don’t know it, we
can make an educated guess and still be able to calculate the column density. A
better way to establish the temperature is to use the rotational diagram method.
If many transitions of the same species are observed, and LTE is assumed, which
means that only one temperature characterises all the transitions, the excitation
temperature can be calculated.

When we have observed a number of lines having a wide range of upper
state energies, we can use the rotation diagram method. If we take the logarithm
of the Boltzmann equation, Eq. (A.25), we obtain
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ln
Nu

gu
= ln

Ntot

Q(T)
− Eu

kTex
. (A.48)

The left hand side in this equation is identical to the logarithm of Eq. (A.46)
divided by the statistical weight gu. We plot this quantity as a function of the
upper state energy Eu in a semi-log plot. A least squares fit to the data will then
produce a straight line with slope −1/Trot. If we extrapolate the line to Eu = 0
K, we obtain the total column density from the intersection of the y-axis, y0 and

Ntot = Q(T) e y0 . (A.49)

The importance of a correctly calculated partition function is obvious.
However, the population distribution may not be characterised by a single

rotational temperature. The temperature can vary due to density, excitation gra-
dients along the line-of-sight, IR flux, sub-thermal excitation etc. This method
also require optically thin transitions. The optical depth can change the slope
of the rotation diagram and thereby affect both the rotation temperature and
the column density. Once a transition has become optically thick, the value of
Nu/gu cannot increase any further. Then the derived total column density will
be too low and need an optical depth correction factor (see Paper II).
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